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PREFACE

This third volume of "A Course in Astrophysics and Stellar Astronomy"

deals with observational results and their interpretation. It is not the aim

of this book either to present all existing astrophysical theories and hypo-

theses or to discuss systematically general problems in the modern theories

of cosmogony and cosmology. Such subjects have been treated in special

textbooks and monographs. * However, in all the astronomical literature

so far there has been no book which gives a systematic presentation of

observational results together with methods for their interpretation. This

fact has determined the nature and the scope of this text. It mainly presents

facts, and the principal theoretical studies related to an interpretation of

the observational data are given only briefly (they are often just mentioned

in the references). As far as possible, we have tried to avoid controversial

theoretical questions for which no definite answers have yet been found,

since this book does not represent a survey of astrophysics and stellar

astronomy iF the sense of the volumes edited by Kuiper on the sun and the

solar system. Rather, it constitutes a textbook for young astronomers,

both graduates and undergraduates. For this reason, it was impossible to

include a systematic discussion of general and complex problems related to

cosmology and cosmogony, the proper place for which is in more specialized

monographs.

For the teaching of astrophysics in a university, this book should be

used in parallel with a course in theoretical astrophysics. Consequently,

in our presentation it is assumed that the reader is already familiar with

the rudiments of theory.

This volume, Volume Ill, is divided into two parts: i) The Sun, and

2) The Planetary System (planets, comets, and meteors).

Part I mainly stresses so-called solar activity, that is, the processes

occurring on the surface of the sun. These processes are inevitably

interrelated, since they represent different stages in the development of

large-scale motions on the solar surface. These motions produce so-called

active regions, which in a certain sense may be compared with terrestrial

cyclones and anticyclones.

The study of solaL- activity hs._ a direct bearing on various geophysical

problems: on changes in the magnetic field and ionosphere of .... ca -+_,tile _ _,. On

the influence which solar phenomena have on weather and climate, and on

other related questions. All these problems, which until fairly recently

remained largely subjects of statistical speculation, are now being put upon

a sound physical foundation; this has been possible because, during the last

two decades, solar physics, thanks to the introduction of new research

* Ambartsurnyan, V.A., E.R. Mustel', A.B.Severnyi, and V.V.Sobolev. Teoreticheskaya astrofizika

(Theoretical Astrophysics). -- Gostekhizdat. 1952 [English translation published by Pergamon PressJ.



methods, has at last begun to justify its name. At present, spectrophoto-

metric and speftroheliometric investigations and radio-astronomical data

make possible a detailed study of the physical conditions on the solar sur-

face. In addition, it is now possible to determine, for individual solar

formations, the atomic concentrations of different elements in different

stages of ionization and excitation, the concentrations of free electrons,

the temperature, the magnetic-field strength, and various other physical

quantities. We are therefore in a position to offer a quantitative descrip-

tion of the processes occurring on the surface of the sun and to explain the

influence which these processes have on terrestrial phenomena, both of

which subjects require a familiarity with the main properties of the ultra-

violet-radiation fluxes and corpuscular streams ejected by active solar

regions.

Unfortunately, the relation between solar activity and phenomena in the

earth's atmosphere and in the geomagnetic field, as well as the influence

of the cyclic solar activity on climate, and other earth-sun problems too,

could not be included in this text, since to do so it would have been necessary

to ask a group of geophysicists to participate in the preparation of this

volume.

Some very basic changes have also occurred in the study of the planetary

system. Especially, many new data are now available on comets, which

by virtue of their structure may be regarded as unusual objects in the solar

system. In chemical composition, comets are not unlike the major planets,

whereas they in no way resemble the asteroids, which until recently were

regarded as bodies related to comets. New data have also been obtained

on the atmospheres of the terrestrial planets and on the properties of their

surface structure. A radical change has taken place in our conceptions of

the major planets, whose internal structures place them in an intermediate

category between the stars and the terrestrial planets. Consequently, the

part of the text dealing with the solar system has been revised considerably

and expanded, in comparison with the 1936 edition.

Although the authors have endeavored to include in this work all the

advances which have been made to date in astrophysics, still this field

develops so rapidly that it is impossible to tell whether, after10 or15 years,

a substantial portion of the material in this book will not have to be revised

in turn and a new edition prepared.

The Editorial Board



PART I

THE SUN

V. P. VYAZANITSYN

Chapter I

INTRODUCTION N 67- 1548 

The sun is an ordinary member of the stellar universe, a typical star

at a certain stage of stellar evolution. At the same time, it is the central

body of the planetary system to which the earth belongs. The physical study

of the sun (solar physics) is one of the most important and comprehensive

fields of astrophysics. In a certain sense, an "accidental" factor, namely

the nearness of the earth to the sun, is in the final analysis the only reason

for the special significance attached to the study of this star.

The high intensity of the solar radiation received by an observer enables

him to use instruments with maximum resolving power and dispersion for

spectroscopic investigations of the sun, instruments which are inapplicable

in stellar spectroscopy. Moreover, the sun is the only star which has

observable angular dimensions. All this is conducive to an especially

detailed and thoroughgoing study of the structure and physical state of the

upper solar layers. However, the results obtained for the sun may also,

with certain reservations, be applied to other stars as well and thus serve

as a basis for the development of astrophysics as a whole.

Astrophysicalresearchis quite valuable from the viewpoint of general

physics, since it is concerned with the properties of matter which often

exists under conditions which cannot yet be reproduced in terrestrial

laboratories. In this respect, solar physics contributes abundant data of

great variety, and in the past it has been of considerable assistance in the

development of various branches of physics. It suffices to mention, as an

example, the role played by solar research in the development of spectro-

scopic analysis. However, our understanding of the physical conditions

under which matter exists on the sun is in many cases still not thorough

enough, as is evident from the difficulties involved in the interpretation of

certain observed phenomena within the framework of modern solar physics.

Finally, solar research is of great importance in geophysics, since the

conditions at the earth's surface and in the terrestrial atmosphere are

determined by the flux of energy received from the sun. Solar activity

(sunspots, flocculi, chromospheric flares) causes such terrestrial

phenom_,,o.........................._o ,_gn,_+_ ¢+r_-rn_ _nd ,nnl_v m_rnras, and it also affects radio-

communication conditions. The study of the dependence of terrestrial

phenomena on solar phenomena is one of the most important aspects of contem-

porary solar physics.

§i. General data. The main distance measure within the solar system

is the astronomical unit, which is equal to the average distance a

between the earth and the sun. Ifthe solar parallax is taken as p-- 8".7984

(Rabe, 1950), this apparently being the most exact figure available, and if



the equatorial radius of the earth is taken as /_ = 6378.2 km (Krasovskii),

then a is given by the relation

a 206'265_R
=--7-- 5=1.4953.1013 cm _ 150.10 _

Because of the ellipticityof the earth's orbit, this distance varies annually

by 1.6% in either direction, that is, by 2.5 million kin. Light covers a

distance equal to a in 498 sec. As a comparison, let us recall that the

annual parallax of the star nearest to the solar system (a Centauri) is only

0".75, which corresponds to a distance of 4.3 light years, or about 270,000
astronomical units.

The angular diameter of the sun varies from 32'31" at perihelion to

31'27" at aphelion, and has avalue of 31'59".26 at the average distance

from the earth. The last value, obtained by Auwers (189l) from many

series of heliometric measurements, is the one accepted in all astronomical

almanacs. Given the distance and the corresponding angular size of the
sun, we find its linear radius to be

R® = 695,700 kin,

which is 109.1 times the radius of the earth. A comparison of the linear

and angular dimensions of the sun shows that 1" on the solar surface

corresponds to about 725 km.

The solar diameter is 1] 107.4 of the average distance between the eartt _,

and the sun. This is, incidentally, the basis for the useful practical rule

that the diameter of the solar image at a telescope focus, expressed in

centimeters, is approximately equal to the focal length of the telescope,

expressed in meters.

Many authors, starting with Secchi and Rosa in the last century and

including such contemporary names as Cimino (1944), Meyermann (1950),

and Gianucci (1955), have concluded, on the basis of a long series of

measurements, that the solar diameter is subject to slight periodic

variations which are in phase with the 1l-year (or 22-year) cycle of solar

activity. Different authors have obtained different amplitudes for the

diameter fluctuation, ranging from several arc seconds down to one or two

tenths of an arc second, and sometimes one or more secondary periods have

also been detected. However, the actual existence of this phenomenon is

still open to question, due to the considerable systematic errors in the

relevant measurements. At any rate, the fluctuation amplitude for the

solar diameter, if there is any variation at all, should be substantially less

thanl'. The difference between the equatorial and polar diameters of the sun

reported by some authors is also uncertain. Although the accuracy in these

measurements is higher, because the difference in the diameters rather than the

diameters themselves is measured, stillthe probable measurement error is

comparable with, or even greater than, the difference detected (some tenths or

hundredths of an arc second). Waldmeier found that, if at all detectable,

the difference in diameters characterizing the solar oblateness cannot
exceed 0".01, which corresponds to _7 km.

The solar mass, according to the data of celestial mechanics, is 332.488

earth masses (Rabe, 1950). Taking the mass of the earth as 5.975.102_ g

(Birge, 1942), we find that the solar mass is 1.9866.1033g. Thus, taking



into account the dimensions of the two bodies, we find that the average

density of the sun is 0.256 of that of the earth, namely 1.41 g.cm -3. On

the basis of the same initialdata, the acceleration of gravity at the surface

of the sun is found to be 273.8 rn/sec 2, which is 28 times that at the earth's

surface.

Various authors have compared the brightness of the sun with that of the

stars. After an analysis of various measurements, Russell (1916) estab-

lished that the visual magnitude of the sun is -26".72 and that the photo-

graphic magnitude is -25m.93. Somewhat more recent researches (Kuiper,

1938; Woolley and Gas coigne, 1948; de Vaucouleurs, 1949) have put the average

photovisual magnitude of the sun at -26".88. From Russell's figures it

follows that the absolute visual magnitude of the sun is +4m.85, whereas its

color index is +0 _. 79; thus, the sun is a yellow star located in the main

sequence of the spectrum-luminosity diagram. More precisely, spectrally

the sun belongs to the class of dG2 stars, which have temperatures of

_6000 °.

§2. The total solar radiation. The study of the physical nature of the

sun and stars is based on an analysis of the solar and stellar radiation

reaching the earth. All the properties of the radiation emitted by a source

(blackbody) in a state of thermodynamic equilibrium are expressed by the
familiar laws of radiation (the Stefan-Boltzmann law, Planck's law, and

others) and are determined by a single parameter, the temperature.

However, the radiation of the sun deviates from that of a perfect blackbody,

as is evident, for example, from the simple fact that the solar disk is not

uniformly bright, becoming darker from the center to the limb (radiation

nonisotropy). Different temperatures will thus correspond to different

properties of the solar radiation, and the only correct procedure in this

case is to obtain the various characteristics of the radiation directly from

observations.

In order to form a complete picture of solar radiation, it suffices to

study the absolute distribution of energy in the spectrum of the solar disk

(either the entire disk or some point on it) and the decrease in disk bright-

ness from center to limb at various wavelengths. In practice, the solution

of the first problem is connected with the determination of the s o lar

c o n s t a n t (see Volume I, Chapter XXXI), which characterizes the total

radiation of the sun and is a very important parameter in meteorology.

The procedure currently used to determine the solar constant has been

described elsewhere (Vol. I, Chapter XXXI). It consists in combining

pyrheliometric measurements of the total solar energy at various zenith

distances with spectrobolometric measurements of the relative distribution

of energy in the solar spectrum. An extrapolation beyond the terrestrial

atmosphere of the spectrobolograms for separate points, using Bouguer's

formula, gives the true relative distribution of energy in the spectrum,

•.,_,_ . ,...... ;_,_._,_e+h,__np_t.nhnln_r_m areas with the correspondin_

pyrheliometer readings makes it possible to express the intensity in absolute

units. The area of the final curve obtained after the appropriate reductions

have been made (reduction to average earth-sun distance corrections for

infrared absorption bands of water vapor and for spectrum edges cut off by

the atmosphere) gives the solar constant.

Measurements of the solar constant have been made by many researchers.

Those which are of greatest significance, both with regard to instrument



accuracyandmeasuringtechniqueandwith regardto theobservational
dataobtained,are thestudiescarriedoutbytheSmithsonianInstitution
(Abbotandco-workers)beginningin 1903andlastingthroughseveral
decades.Thestandardvalueof thesolar constantobtainedfromAbbot's
observationsis

1.94cal/cm_min.

However,theabsolutescaleonwhichAbbot'smeasurementsareexpressed
("therevisedSmithsonianscale"of 1913)is apparentlytoohigh,ashis
latesi observationsindicate. After the introductionof anappropriate
correction, first computedbyUns61d(1938),thesolar constantis foundto
be

1.90cal/cm2rain.

Nevertheless,thesolarconstantcanbespecifiedat presentonlywithin
accuracylimits of severalpercent,mainlydueto theinsufficientprecision
of theabsoluteintensitymeasurementsin the infraredandultraviolet
regionsof thespectrum. Discussionsof thesecorrectionsin recent
publicationshaveindicatedthatAbbot'ssolar constantmaybesomewhat
low. For example,accordingto Allen(1950)thesolar constantshouldbe
increasedto 1.970,while Nicolet (1951)givesavalueof 1.98. Thereare
reportsthatrocketmeasurementsof thesolar constant,carriedoutusing
bolometersequippedwithtrackingsystemswhichcontinuallypointthem
towardthesun, giveavalueof about2.00cal/cm_minat analtitudeof
around65km. A determinationof thesolarconstantusingtheordinary
methodof spectral-curveintegration,butusingrocketdataontheshort-
waveregionofthesolarspectrum,alsogaveavalseof2.00+0.04cal/cm2 rain.

It is easy to calculate that a solar constant of 1.90 cal/cm 2 rain corresponds to

a total solar-radiation flux (the radiation emitted from 1 crn 2 of solar surface per

second in all directions) of 6.121-101° erg/cm2sec. Consequently, applyingthe

Stefan-Boltzmann law, * we find that the effective temperature of the sun is

T = 5732°K.

A solar constant of 2.00 cal/cm _ rain corresponds to an effective tempera-

ture of 5806°K.

§3. Fluctuations in solar radiation. The question of whether or not the

amount of energy emitted by the sun varies is of considerable importance

both in solar physics and in meteorology.

Two methods have been used to study possible fluctuations in solar

radiation: the actinometric method, according to which direct measurements

of the solar constant are made, and the astrophysical method, based on

comparing the apparent brightness of the planets illuminated by the sun

with the brightness of stars. The astrophysical method is superior to the

actinometric method, in that it is independent of variations in the trans-

parency of the terrestrial atmosphere. However, on the other hand, the

astrophysical method does not allow for temporary turbidity and other

changes in the planetary atmospheres, which may introduce analogous

systematic errors into the results. The series of photoelectric measure-

ments of planetary brightness obtained by GuthnickandPrager in 1917 and

* The most recent value of the Stefan-Boltzmann constant is a = 5.6716'10 "$ erg cm "2 deg "4 sec -1.



1921 at the Babelsberg Observatory (for Jupiter and Saturn), the measure-

ments of Stebbins (for the satellites of Jupiter), and also those of Stebbins

and Jacobson in 1927 at the Lick Observatory (for Uranus), have shown

very definitely that, if the solar brightness fluctuates at all, then the

variation is less than I%. The reason for the long-period fluctuations in

planetary brightness is stillnot quite clear, since no definite correlation

has been established as yet between these fluctuations and solar activity or

between the fluctuations for different planets.

+/
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FIGURE 1

Although the accuracies of relative measurements of the solar constant

are at least ten times higher than those of absolute measurements, the

direct effect which the variable atmospheric transparency has on the

measurement results greatly complicates the problem of detecting actual
fluctuations of the solar constant. This effect can be eliminated by a

statistical comparison of the solar-constant values obtained simultaneously

at different stations widely removed from one another. Such comparisons

have been carried out by several authors, and the results have invariably

indicated a positive correlation between the different series of measure-

ments. For example, Kron obtained a correlation coefficient of +0.51 for

measurements made at Mount Wilson and at Algiers in 1911- 1912.

Bernheimer (Smithsonian -Institution stations, 1920 and 1921 -- 1922) obtained

coefficients of +0.29 and +0.34, Kimball (same stations, 1922-- 1924)

obtained +0.18, etc. These results apparently indicate that fluctuations in

the solar constant do exist. However, it should also be kept in mind that

sometimes a temporary turbidity of the earth's atmosphere may be present

over enormous territories. For example, after the eruption of Mr. Katmai

in Alaska in 1912, a reduced atmospheric transparency due to the presence

of volcanic dust was observed for over a year at stations in America,

Europe, and Africa. Consequently, even comparatively high correlation

coefficients cannot be regarded as adequate proof of the existence of solar-

constant fluctuations, since they may to a large degree be due to variations

in the state of the earth's atmosphere. This is directly confirmed by the

studies of Bernheimer and Marvi_i, --'-- _-'-^*_ a ..... 1_+_ h,_+,.,,_n +h,_

value of the solar constant and the coefficient of atmospheric transparency.

In order to check the existence of the long-period fluctuations of the

solar constant, Abbot in 1926 proposed the method of "selected pyrhelio-

metry," according to which measurements made in different years are

compared under conditions which are as close as possible (during the same

month, on days of equal transparency and humidity, at equal zenith distances,

etc.). The resulting curve [solid line in Figure 1] shows a very close fit

with the solar-activity curve (dashed line in Figure 1).
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Angstr6m obtained a coefficient of +0.63 for the correlation between the

yearly average values of the solar constant (according to the above-

mentioned observations at Mount Wilson, 1910-- 1920)and the solar activity

(Wolf numbers); thus, the agreement between the two was fairly good.

However, the results of analogous comparisons carried out by various

authors have turned out to be very contradictory. For example, according

to Waldmeier the solar constant (solid line in Figure 2) for the years 1920--

1939 showed no definite correlation with the solar activity (dashed line in

Figure 2). On the other hand, Aldrich and Hoover, on the basis of the data

of the Smithsonian-lnstitutionstations for 1923 to 1952, concluded that the

solar constant varies in accordance with the sunspot number.
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On the whole, it can only be stated that the question of solar-constant

fluctuations is still insufficiently clear and that further research is

required. The fluctuations observed are undoubtedly determined to a

certain extent by the variations in the earth's atmosphere, and it may be

that this factor is entirely responsible for the short-period fluctuations.

The existence of the long-period fluctuations appears to be quite plausible,

although as yet no conclusive proof has been produced.

In apparent contradiction to the minor variations in the solar constant,

large-amplitude fluctuations in the intensity of the ultraviolet radiation of

the sun are observed. However, as early as 1923-- 1925 it was established

that the intensity of short-wave radiation is subject to considerably larger

changes than that of long-wave radiation; also, more recent studies at the

Smithsonion Institution (Abbot and others) have shown that on the whole the

variations decrease sharply with wavelength.

Systematic measurements of the ultraviolet radiation were carried out

by Pettit at Mount Wilson from 1925 to 1938. He measured the ratio of the

intensity of the ultraviolet radiation in a small spectral region near

)_-- 3200 _, which is outside the ozone-absorption band, to the intensity of

the green emission near _= 5000 _ (this ratio was arbitrarily set at unity

for June 1924). Pettit's observations showed that the ultraviolet radiation

of the sun fluctuates by as much as 20% or more, that is, its fluctuations

are about ten times those of the solar constant. However, Bernheimer has

shown that these fluctuations are to a large degree due to the terrestrial

atmosphere. In addition to the annual variation in ultraviolet-radiation

intensity, attributed to the variation in atmospheric transparency, there is

also a distinct long-period fluctuation which brings about a change from

year to year. A comparison of the intensity curve of the ultraviolet radia-

tion for 1925 through 1938 with the Wolf-number curve for the sunspots

(Figure 3) shows a close correspondence up to 1931, after which the



radiation curve maintains a fairly constant level in spite of the increase in

solar activity. Waldmeier cites the reduction in the sensitivity of the

measuring apparatus by 0.55 units from 1925 to 1938 as a possible reason

for the observed noncorrespondence of the two curves.
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§4. The energy distribution in the solar spectrum. The main difficulty

encountered in determining the energy distribution in the continuous solar

spectrum is how to take into account the distortions introduced by partial

absorption of the solar energy in the atmospheres of the earth and the sun.

The continuous absorption in the terrestrial atmosphere (extinction)

produces an overall weakening of the solar spectrum, with an increase in

the degree of attenuation from red to violet. In addRion, there are present

numerous lines and molecular bands, both telluric (oxygen, water vapor,

carbon dioxide in the red and infrared regions, and ozone in the ultraviolet

region) and solar in origin. The lines become more frequent in the violet

region, so that in the ultraviolet it is actually difficultto detect the line-

free continuous background.

In order to allow for extinction in the earth's atmosphere, the intensity

of the solar spectrum is always measured, as mentioned in §2, for various

zenith distances of the sun, after which the measured intensities are

extrapolated beyond the atmosphere, using Bouguer's formula. When

comparing the measurement results of different observers, we must

distinguish clearly whether the results refer to: 1) either the undistorted

continuous spectrum between the lines or the diffuse-line spectrum obtained

with low-resolution instruments and 2) either the spectrum of the integral

solar radiation (that is, the spectrum of the radiation emitted by the entire

solar disk) or the spectrum of some particular region (usually the centei)

of the disk. A reduction for attenuation of the spectrum by absorption lines

or for the limb darkening of the solar disk is introduced in the respective

cases.

After Larnansky s initial measurements in 1871, many researchers have

continued the study of the energy distribution in the solar spectrum. Table

I gives the intensities of the integral solar radiation (in erg cm 2see -I over



1 A of the spectrum and per unit solid angle) accordingto Abbot's measure-

ments for 1920-- 1922, reduced to absolute units by Minnaert (for a solar

constant equal to 1.946 cal/cm2min); in the region of _ from 15,000 to

22,000 A, Peyturaux's corrections have been introduced. These intensities,

which are not corrected for the attenuation of the spectrum by Fraunhofer

lines, characterize the solar radiation reaching the planets.

TABLE 1

34t5k

3504
3600

3709

3853
3974

4t27
4307

45t6
4753

5026

5348
5742

14.4.t05
t5.5
16.4
17.5
16.6
t8.8
26.5
26.4

30.2
3t.2

30.t

27.9
27.0

598O k

6238
6530

6858
7222

7644

8t20
8634

9220
986t

10620

11460
12250

26.8.t05
25.2

23.8

22.6
20.2

t7.8
t5.6

t3.5
tl.6

t0.4

9.3
7.9

7.0

13020 A
13770
14520

15280

16030
16700

17380

18700
2OOOO

21230
22420

23480

6.0.i05

52

4.6

4.0
3.5

3.t

2.6

2.0
t.5

t.2
0.9

t.t

In order to correct the energy-distribution curve of the solar spectrum

for the Fraunhofer lines, we should determine the total absorption in the

lines for small successive spectral regions. This may be done, for example,

using the calibration of Rowland estimates of line intensities (see Chapter II)

or the Utrecht photometric atlas of the solar spectrum. Such a study was

carried out in 1934 by Mulders, who found that on the whole the lines absorb

8.3_7_ of the solar radiation, although the correction is far from uniform for

different spectral regions (it increases from _1% near _=8000 Ato _24%

near k -- 3500 fl,). Table 2 gives the energy distribution in the spectrum for

the center of the solar disk obtained by Minnaert, who combined Abbot's

measurements corrected by Mulders (and of course reduced to the disk

center) with Peyturaux's measurements.

TABLE 2

3200 k
3400

3600
3700-

3700 +

3_00
4OOO

4200
4400

46OO

48OO
50OO

52O0
54OO

24.3. t05
28.2

3i.8

33.5
45.2

45.6
46.0

45.9
45.3

44.3

43.2
4t.6

39.8
38.0

560O k
5800
6OOO

6200
640O

6600

68OO
70OO

75OO
8OOO

85OO

9OOO
95OO

t0000

36.3. t06

34.7
33. t

3t.6
30.0

28.5

27. t
25.6

22.4
t9.5

t7.2

t5.2
t3.6

t2.t

11000 k

t 2000
13O00

14OOO
15000

16000

17000
18000

19OOO
20000

21OO0

22O00
230OO

t0.9. iO 5
7.8
6.6

5.4

4.5
37
3.0
2.5
2.0

t.7
|.4

i.2

t.0

The results of the two authors show considerable discrepancy, especially

in the ultraviolet and infrared regions, and further research is clearly

necessary.

Figure 4 gives the spectral curves of the energy distribution for the

entire solar disk (a) and for the center of the disk(b), according to Tables

10



1 and 2. It is interesting to note how rapidly the intensity of the spectrum
drops in the short-wave region; another remarkable feature is the "Balmer

discontinuity" (k = 3647 _). For comparison purposes, Planck's curve (c)

for 6000 _K is also given.
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The energy distribution in the continuous spectrum of the sun cannot be

described exactly by using Planck's formula, and consequently it cannot be

characterized by a single color temperature for the entire region

observed. Thus, different color temperatures are computed for individual

limited regions of the spectrum. For example, Brill found the following
color temperatures for the integral solar radiation'. 5835°(3100 - 5070A),

6075 ° (4200- 7000 _), and 5775 ° (infrared region), while Woolley gives
6500 ° (3800-- 6700 /_).

The spectrum changes somewhat from the center of the solar disk toward

the limb. According to Minnaert, the integral solar spectrum is identical

with the spectrum of the disk at a distance 0.749 to 0.775 of a solar radius

from the center of the disk. The temperatures obtained for the central

parts of the disk are therefore considerably higher. Brill found Planck

temperatures at the center of the diskof6190 °, 6435 °, and 60?5°for the photo-

graphic, visual, and infrared regions, respectively; Canavaggia and
Chalonge obtained values of 6500 ° (3300- 3600 A) and 7500 ° (3700-- 5000A).

TABLE 3

Distance
I Lma x, A

0.00 l 4580

0.20 4630
0.40 4670

0.55 47t0
0.65 4740

Distance )'max" A

0.75 4780

0.825 4830
0.875 4890

0.92 4960

0.95 5050

The temperature of the sun can also be calculated spectrally using Wien's

law: _m._xT = 0.2880 cm deg. The values of _,,,x for spectra at various

II



distancesfrom thecenterof thedisk, accordingto Abbot'smeasurements,
are giveninTable3. However,sincethepositionof theenergymaximum
in thesolar spectrumhasbeendeterminedonlyvery inaccurately,these
valuesof T cannot be taken so seriously.
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One of the most important tasks of the solar physicist is to widen

the portion of the solar spectrum which can be studied, and some

important achievements have already been made in this direction. The

ozone bands (the equivalent ozone layer for the atmosphere is 2 to 3 m.m

thick) occur in the solar spectrum in the ultraviolet near k -- 2900 /_.

The attempts of various researchers to penetrate beyond this limit by

making observations on high mountains and by using sounding balloons did

not on the whole meet with spectacular success. It was only in the postwar

years, due to the development of rocket technology, and due to the high-

altitude ascents of rockets carrying measuring apparatus, that a rapid

advancement was made into the short-wave region of the solar spectrum.

Starting in 1946, American scientists launched many V-2 (170 km), Aerobee

(110 kin), and Viking (220 km) rockets. Spectrographs with high light-

gathering power and other instruments with wide fields of view were

designed, and special measures were taken to stabilize the Viking rockets.

Also, special stabilizingdevices were developed enabling the instruments to

track the sun by means of servosystems. The spectral region from 3000 to

1900 _ was given a first-order study using concave-grating spectrographs

(600 lines per mm and radius of curvature from 40 to 60 cm) with slits and

without slits, Due to the difficulties involved in achieving long exposures o

with rocket-borne instruments, the extreme ultraviolet, beyond k = 1900 A,

was studied using nonspectroscopic methods (thermoluminescent phosphors
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and photon counters connected to various filters were used), and the results

were telemetered back. In 1948, X-rays were recorded photographically through

the beryllium windows of a V-2 rocket; t_e X-rays were then photographed

repeatedly onto beryllium-coated (< 7 or 8A) or aluminum-coated (8 to 15 A)

film. Thermoluminescent phosphors and photon counters were also used in

conjunction with beryllium or aluminum windows. These studies are still

in progress.

Figure 5 shows the intensity of distribution in the solar spectrum from

= 3400 _to _ = 2000 A, as obtained in 1953 at the Naval Research

Laboratory (USA) from measurements OfoPhOtographs taken using rockets.

The relative intensities down to _ =2200A were based on measurements of

the angular-arc spectrum, and then the curve was extrapolated down to

= 2000A. The absolute scale was derived from measurements of the

energy distribution throughout the entire solar spectrum, taking into account

a new revision of the solar constant. The curve shows that the intensity of

the solar spectrum decreases between _= 3400oA and X= 2000_, relative to

the Planck curve for T = 6000 ° . Near _ = 2200A the solar radiation

corresponds to a temperature of 4900 ° .

The application of photography to the study of the infrared region of the

solar spectrum is limited to the range below X=13,000 _ ffi 1.3_. PbS cells,

which have been used predominantly for infrared research in recent years,

raise this limit to 3.5 _t, but the instrument which actually reaches farthest

into the infrared is the bolometer. Nevertheless, the existence of solar

radiation has so far been reliably verified only up to _ 24 _.

The measurable solar spectrum was widened considerably with the

discovery of solar radio emission. This high-frequency radiation, which

reaches the terrestrial observer in the wavelength interval between several

millimeters and 12 m (the lower shielding limit of the earth's atmosphere),

originates in the upper layer of the solar atmosphere (the chromosphere and

corona).

§5. Limb darkening. Any photograph of the sun will show that the solar

disk is not uniformly bright, and that the brightness decreases noticeably

toward the limb (limb darkening).

In Figure 6, let s be an element of the solar surface at the center of the

disk and let s' be an analogous element at a distance r (or sin _}= r/B) from

the center; sO is the direction of the observer. Since the sun is spherically

symmetric, the intensity of the radiation emitted by element s' in the

direction O' is obviously equal to the intensity of the radiation from element

s in the direction F, which is at an angle t} to the normal. Thus it follows

that the radial variation of the solar-disk brightness characterizes the

angular distribution of the radiation intensity of a solar-surface element.

Limb darkening arises because, as we look at points further from the

center of the solar disk, the line of sight cuts through the upper layers of

¢_***v utl L %J1

radiation from the deeper, hot layers decreases due to the increased

absorption in the outer, cooler layers. A quantitative study of limb

darkening is essential for the derivation of the temperature gradient of

the photosphere and for the construction of photospheric models.

The radial intensity distribution of the solar disk in integrated

(polychromatic) light was already studied by various scientists during

the last century. A comparison of different series of measurements

indicates that substantial random and systematic errors exist, and of

13



these the systematic error introduced by light scattering in the atmosphere

and in the measuring instrument is quite important. Julius observed that

limb-darkening measurements should be made during

total or annular eclipses, so as to reduce this error

to a minimum. His measurements during the eclipses

of 1905 and 1912 actually gave a steeper drop in solar-

disk brightness toward the limb. However, Julius's

method is not free of systematic errors, either.

The transit of the lunar shadow is accompanied by a

drop in temperature, and consequently by a drop in

atmospheric absorptivity as well, so that the emission

/I curve for the eclipsed sun is nonsymmetric relative

to the eclipse center [midtotality].
It should be noted too that when the limb darkening

_ F is measured directly using integrated light (for
example, with a thermoelement), the results for the

O various spectral regions have incorrect "weighting

FIGURE 6 factors ." due to the variation of atmospheric
absorption as a function of wavelength. Therefore,

it is better to calculate the limb darkening in white

light from measurements of the darkening at individual wavelengths, by

taking into account the energy-distribution curve for the solar spectrum.

The results of Milne (1922), obtained by this means using Abbot's measure-

ments, are given in Table 4, where I (_)denotes the radiation intensity at
a distance sin _} from the center of the disk.

TABLE 4

sin 0 0.05 0.40 0.55 0.65 0.75 0.825 0.875 0.92 0.95

1('_)/I(0) t.()O0 0.955 I 0.9i2 I 0.87t 0.822 0.769 0.722 [ 0.a85 0.612

Studies of the ]uminosity distribution over the solar disk at various wave-

lengths commenced about 70 years ago, and since then numerous measurements

have been made over a wide region of the spectrum, using a diversity of methods.

These studies showed that the limb darkening of the solar disk is a function of

wavelength, and that the brightness attenuation increases for shorter wave-

lengths. The most complete results obtained were those of Abbot (and co-wor-

kers), who made systematic measurements over several years. The procedure

used consisted in shiftingthe solar image across the slit of a spectrobolometer

or a monochromator connected to a thermopile or photocell. Some observers

have conducted measurements in monochromatic light using the above-men-

tioned method of Julius (the first to do this was Schwarzschild in 1903).

Figure 7 gives the curves for the limb darkening I x (0)/I _(0) as a function of

the wavelength k, for various points on the solar disk defined in terms of the dis -

tancesin0 (Minnaert). ThecorrespondingdataaregiveninTable5. Table 5

and Figure 7 illustrate with satisfactory accuracy the nature of the darkening

toward the solar limb over a large spectral region. It is interesting to note that

there is a Balmer discontinuity near I=3700A, the magnitudeofwhichagrees

with the theoretical prediction.
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TABLE 5

sin 0

).,A
0.000 0.200 0.400 0.550 0.650 0.750 0-825 0,875 0.920 0950

3220

3700
40OO

450O

5O03
5500

6OO9

7000
8000

90OO

to000
t5003

20009

30003
60000

100000

0.960

0. 984
0.982

0.984

0. 987

0.989
O.99O

0.992

0.993
0. 994

0.897
0. 934

O. 929

0.939

0. 947
0. 953

0. 958

0. 966

0.970
0. 974

0. 976
0.984
O. 988

O. 990

O. 994
O. 997

0.835

0. 871
0.863
0.883
0.896
0.907
0.914

0.929
0. 938
0.946

0.775
0.811
O. 892

O. 827

O. 846
0.86L
0.873

O. 894
O. 997

O, 920

O. 926

O. 952
O. 968

O. 973

O. 982

O. 992

O. 690

0. 730
0. 720
0. 755
0. 783
0. 803

0.819
0. 847
0. 866

0. 884

0. 894

0. 927
O. 945

O. 958

O. 972

O. 986

0. 600
0. 652

0. 645

0. 682

0.7t3
0. 740
0. 762

0.797
0.82t
0. 846

0.857
0. 902
0. 922

0. 944

0. 963

0.979

0.530
0.580
0.566

0.610
0.650

0.684
0.712
0.754
0.782
0.811
0.820
0.875

0. 900
0.930
0.955

0.974

0.452
0.499
0.495

0.538
0.580

0.618

0.649
0.698

0.733

0.766

0.775
0.840

0.87.5

0.911
0.940
0.963

0.382
0.432
0.430
0 474
0.5t9

0.560

0.593
0.647
0.687
0.72,
0.736

0.807

O. 846

O. 889
0.924

0.953
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Also of considerable theoretical interest is the brightness variation of the

disk just at the limb, but the corresponding measurements are exceedingly
difficult due to limb fluctuations and to other effects. Such measurements can

be made duringtotal solar eclipses, prior to the onset of or immediately upon
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completion of the total phase. Observations during eclipses have shown that the

brightness decreases most rapidly just at the edge of the disk. For example,

according to the measurements of Lindblad and Kristensen in 1945, the limb

brightness decreases over 1 "by a factor of 1 00. This fact explains the apparent

sharpness of the edge of the solar disk. The observations which have been made

so far are still inadequate for establishing the exact law governing the brightness

attenuation at the limb in various spectral regions.

TABLE 6

_., _ Io/F r r )_. ]t Io/F r

3230
370O
386O
4330

4580
4810

1.487
t.361

t.407
t.371

1.326

1.302

0.758

0.749

0.750
0.752
0.753

_., k Io/I_'

5010 1.287
5340 t. 265
6040 t. 226

6700 t .201
6990 I. t90

8660 t. 158

0.750

0.751
0.750

0.758
0.751

0.763

10310
12250

16550

20970

1.130
1.118

1.088

1.077

o_62

0.774
0.775

Table 6 gives the results obtainedby Minnaert (1924) for the ratio of the

intensity I0 at the disk center to the average intensity F of the disk for

various wavelengths; the distance r from the disk center at which the actual

intensity is equal to the average intensity for the particular wavelength is

also given. The table shows that the values of r for the entire spectrum lie

within a very narrow interval, between 0.749 and 0.775 of the disk radius.

_6. Solar rotation. One of the most important solar phenomena is the

rotation of the sun about its axis. The solar rotation is directly observable

from the daily shifting of :carious formations on the solar disk (sunspots,

faculae, flocculi, filaments). The measurement of the exact coordinates

of these formations at successive times enables us to derive the rotation

elements of the sun, that is, the constants which specify its rotation.

Since all the solar formations also possess proper motions over the solar

surface, it is possible to distinguish the rotation from the apparent motion

only if we make some assumptions concerning the nature of the proper

motions. For example, assuming that thc proper motions are random, we

can determine the solar rotation by measuring a sufficiently large number

of individual formations whose proper motions can on the whole be taken as

zero.

Because of the rotation, all the lines in the spectrum of the eastern

solar limb are displaced toward the violet, relative to the positions of these

lines for the disk center, whereas the spectral lines for the western limb

are shifted toward the red. If the Doppler shift at a wavelength X is Ak for

some point on the sun at a distance _) from the central meridian, then it is

easy to show that the linear velocity of rotation is

hLc
O=

_. sin _ cos ¢:Po '

where _0 is the heliographic latitude of the disk center and c is the velocity

of light. The measurement of the Doppler shift of the lines in the solar-

limb spectrum provides us with an alternative means of investigating the

solar rotation. The advantage of the spectroscopic method is its independ-

ence of transient and variable formations (sunspots, etc.) and also its
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applicability to latitudes outside of the sunspot zone. The measurements

should be made differentially, by simultaneously photographing the spectra

of two diametrically opposite points on the solar limb side by side, since

such a procedure doubles the apparent shift of the lines and moreover

reduces the effects of various systematic errors.

The orientation of the solar rotation axis in space is specified by two

elements, the inclination angle i between the solar-equator plane and the

plane of the ecliptic and the longitude _ of the ascending node of the equator.
A third rotation element is the period v of sidereal rotation about the axis

(at the equator; see below) or the corresponding angular velocity ¢0 = 360 _/7

(generally in degrees per average solar day).

Various authors have determined the solar-rotation elements from

measurements of the sunspot positions.* In 1928, by international agree-

ment the Carrington rotation elements (see Vol. I, §201) were adopted as a

standard; these elements, derived from visual sunspot observations, have

the following values:

i = 7%25, _ = 73°.6667 _- (T-- 1850).0°.01396.

x=25_.380, (0=14°.t844.

The second term in the expression for P_ takes into account the precession

for the date T (expressed in years). In present studies of the solar rotation,

T is the only one of the three rotation elements which is usually determined,

as being of astrophysical significance, and i and _ are invariably taken

according to Carrington.

Obviously, the synodic-rotation period for the sun (the time interval

between successive transits of a solar formation through the central

meridian) (_ >T, and the daily synodic rotation angle 360 °/o is equal to (0

minus the daily orbital motion of the earth, which is 360°/365.26 = 0°.9856.

Using Carrington's value for _), we obtain a = 27J.27.

However, the sun does not rotate as a rigid body. Its angular rotation

velocity is a function of the heliographic latitude, a fact which was noted by

the earliest sunspot observers but first studied systematically by Carrington.
The spectroscopic measurements of Dun_r (1887-- 1889 and 1899-- 1901) not

only verified the solar-rotation law established from sunspots for the ±45 °

zone but also indicated its validity outside this zone (up to +75°). Much

attention was paid to the study of solar rotation during the following decades.

The rotation law was determined by many investigators, either from the

various solar formations or else spectroscopically, using the different
spectral lines.

Various formulas are used as empirical expressions for the velocity of

solar rotation as a function of the heliographic latitude, the commonest of

these being Faye's formula:

v=a--bsin2%

where a is the equatorial velocity and b is a coefficient known as the equa-

torial acceleration. (An analogous formula describes the angular velocity.)
At present this formula is used as a standard expression for various results

related to solar-rotation studies. The average equatorial velocity of the

* For the derivation of the corresponding equations, see /1L
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rotatinglayer, whichhasbeencTeterminedspectroscopicallybymany
observers, is closeto 2.00km/sec(14°.38per day),whichis 1%less than
thevalueobtainedfrom sunspots.However,themeasurementsof different
authorsshowa scatteringof as muchas 10%.

A comparisonof theresultsof determiningthesolar-rotationlaw
accordingto thevarioussolarformationsshowsthattheangularrotation
velocityis notconstantin all the layers, but increaseswith theheightof
thelevel (sunspots_ flocculi --+prominences).This result appearsto be
confirmedbyspectroscopicmeasurements,whichindicateanincreasein
rotationvelocityfor higherorigin levelsof thelinesusedin themeasure-
ments(metalliclines--+Ca4247,*H_, NaD-line, andothers--+emissionH_
andK3). However,theconclusionthattherotationvelocityincreaseswith
altitudeis still notdefinite. Despitetheir highinternalaccuracy,the
measurementscontainlargesystematicerrors, as is evidentfrom the
sizablediscrepanciesbetweentheresults of differentauthors. The
questionof thevariationin rotationvelocitywith time(in particular, in
phasewiththe ll-year solar-activitycycle)is alsoundecidedasyet, for
thesamereason.

REFERENCES FOR CHAPTER 1

1. WALDMEIER,M. Ergebnisse undProbleme der Sonnenforschung. -- 2 Auflage, Leipzig. 1955.
2. KU1PER, G. (ed.). The Solar System. Vol.!,TheSun, Chap.lll, Chap. I. §9. --Russian Translation

from English, Edited by V.A.Krat. 1957.

* [Apparently the ,1227 line ts meam here.]

18



N67-15 s6
V. P. VYAZANITSYN

Chapter II

THE SOLAR LINE SPECTRUM

§7. The normal solar spectrum. Spectrum atlases and line catalogs.

The normal spectrum of the sun, that is, the spectrum of an undisturbed

part of the solar disk or the spectrum of scattered sunlight, is an absorption

spectrum. Against the background of a bright continuous spectrum a great

number of thin, dark lines, called Fraunhofer lines, may be distinguished.

These lines originate in the lowest layer of the solar atmosphere, due to

the absorption of radiation with certain characteristic wavelengths by the

atoms of various elements. The Fraunhofer lines in certain spectral

regions (mainly in the ultraviolet) are so closely spaced that the small

portions of undisturbed background are barely detectable between them.

Wide bands, made up of groups of very fine lines, are also present, due

to absorption of radiation by the molecules of chemical compounds. Many

lines and molecular bands in the Fraunhofer spectrum are nonsolar in origin,

and appear due to absorption in the earth's atmosphere (telluric lines and

bands).

Studies of the continuous spectrum make it possible to determine the

temperature of the sun, as was shown above (Chapter I). In addition,

if the intensity distributions (over the solar disk) for frequencies of the

continuous spectrum are measured, the theory of radiation equilibrium

gives us information concerning the structure of the photospheric layers. An

even more powerful tool for investigating the structure and physical state

of the solar atmosphere is the Fraunhofer spectrum. The observed position,

intensity, and profile of a Fraunhofer line reflect to a certain degree the

effects of many factors characterizing the state of the atmosphere (tempera-

ture, pressure, diverse macroscopic motions, magnetic and electric fields,

etc.), and they also depend upon the mechanism of the re-emission of

different parts of the line in the atmosphere (absorption, coherent or

incoherent scattering, etc.). A detailed study of these characteristics of

the Fraunhofer lines thus yields a variety of data on the physical conditions

in the solar atmosphere. One of the main problems which has been solved

by Fraunhofer-spectrum study is the analysis of the chemical composition
of the sun.

The absorption lines in the solar spectrum were discovered by Wollaston

in 1802 and later rediscovered independently by Fraunhofer in 1814;

Fraunhofer was the first to subject the solar spectrum to a detailed study.

He recorded 674 lines, and his drawings represented the first actual atlas

of the solar spectrum. Fraunhofer's letter notations for the strongest solar

lines are in part still used.

However. the full significance of this discovery was grasped only in 1859,

when Kirchhoff. on the basis of laboratory experiments, gave a qualitative
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explanation of the origins of the various spectra (the continuous spectrum

and the emission and absorption line spectra). He also compiled an atlas of the

solar spectrum, in which some of the Fraunhofer lines were identified with lines

from terrestrial light sources.

An atlas of the visual spectrum of the sun was also published by _ngstrSm

in 1863. Since he used a diffraction grating rather than a prism, _ngstrSm

obtained constant-dispersion spectra, so that the lines in his atlas could be

arranged according to wavelength. He identified many of the Fraunhofer

lines. _ngstrbm's atlas was supplemented by the results of Cornu, who

in 1874 and 1882 investigated the ultraviolet region of the solar spectrum.

In 1895-1897 Bowland published an excellent atlas, as well as the first

catalog of the solar-spectrum lines. These remained unsurpassed for

several decades and played an important role not only in the development of

solar physics, but also of astrophysics in general. He carried out his own

observations using a concave diffraction grating. Rowland's atlas, which

is a photographically enlarged copy of the spectrograms in the )J_2967-6953

region, includes about 20,000 lines and has a total length of 13 m. A

comparison of the solar spectrograms with laboratory spectrograms of the

chemical elements obtained using the same spectrograph enabled Rowland

to identify about 1! 3 of all the lines in the catalog.
At a convention of an international commission on solar research in 1905

it was decided to remeasure the wavelengths of the solar-spectrum lines,

taking as a reference not the wavelength of the sodium D 1 line ()_ 5896.156),

as done by Rowland, but the red line of cadmium ()_ 6438.3696), which had
o

been measured interferometrically to an accuracy better than 0.001 A. The

choice of this line as the primary standard for the wavelength system is

explained by the fact that, unlike most lines, even the strongest instruments

cannot resolve it into components; the standard meter is now expressed in

terms of the wavelength of this line as well (1,55 3,164.13 wavelengths,

according to Michelson). As secondary standards (basic lines of 2nd order)

were chosen the lines of iron (voltaic arc), which are separated from one

another by 50 _,; the latter lines were related interferometrically to the

cadmium line. In 1922 a series of neon lines was adopted as the secondary

standard, and also tertiary and auxiliary standards were suggested, mainly

the lines of neutral iron. The second-order lines were related by means of

diffraction spectrogcaphs to iron lines of 3rd order (numbering 383), at

intervals of 5 to 10 _ and with a final error less than 0.006 A. The totality

of these standards comprises the international wavelength system. The

measurement of a large number of solar lines with reference to these

standards, a project which was carried out at the Allegheny Observatory in

collaboration with the Bureau of Standards (Burns, Meggers, and Kiess)

and at the Mount Wilson Observatory (St. ffohn and Babcock), has made it

possible to reduce the Rowland lines to the international system (the actual
corrections range from -0. 100 _ near )_ = 3000 Ato -0.225 A near k-- 6600 _).

Nevertheless, for various reasons there is some discrepancy between

the wavelengths of the solar lines reduced to the international system and

the laboratory wavelengths for the vacuum-arc spectrum. For example,

there is a Doppler shift of the lines in the spectrum of the solar limb relative

to the lines for the center, due to the rotation of the sun about its axis.

Incidentally, this effect is utilized in order to discriminate between the solar

lines proper and the many telluric lines, particularly in the infrared. In
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1917Meggersfoundthat evenafter solar rotationis allowedfor there
remainsa certainresidual"center-to-limb" shift, which(according to

Hunter's measurements of high-dispersion spectra) can be as high as

+0.005 /_. The red shift of the solar lines predicted by the theory of

relativitYo(Einstein shift) amounts to +0.008 A near _ =3800 _ and increases
to +0.014 A near k -- 6600 A, and on the whole this has been confirmed by St. John

in his comparison of the wavelengths of the solar lines and of lines in the spec-

trum of avacuum source. Minor deviations from the predicted values were

attributed by St. John to differences in the levels of origin for the corres-

ponding lines, these residual shifts increasing algebraically with the level

height. By measuring the lines in the limb spectrum in the _)_3600--6750

region, St. John established that the residual shift exceeds the Einstein

shift on the average by 0.0015 _, and this constitutes the "limb effect. "

Using the iron lines, Evershed found residual limb effects of +0.0060

near )_= 3932 &, +0.0050_k near X= 4433 _, and +0.0119 _ near)_= 6200 _;

this led to the conclusion that the limb effect varies with wavelength, as

also noted by Adams. The minor shifts (generally toward the red) in the

solar lines after the Einstein shift has been taken into consideration, and

also the limb effect, have not yet been satisfactorily explained. Thus, a

further study of this problem on the basis of measurements of high-disper-

sion spectra, as well as a thorough consideration of all the complicating

effects (turbulence in the solar atmosphere, the asymmetry or spreading

of lines, etc.), are required.

A ten-year project dedicated to revision of Rowland's tables was under-

taken at the Mount Wilson Observatory (St. John, Moore, Weaver, Adams,

and Babcock), and it culminated in 1928 in the publication of the "Revision

of Rowland's Tables of Solar Spectrum Wavelengths."

This catalog (The Revised Rowland) includes 21,835 lines in the region
from _2975.483 to X10,218.6, for whichthe wavelengths and intensity

estimates on the Rowland scale are given. The wavelengths are reduced to

the international system, which is based on the standards adopted in 1922.

In 1928 the International Astronomical Union adopted a number of improved

standards (iron lines), and minor corrections should correspondingly be

introduced in the wavelengths of the Revised Rowland (ranging from -0.0006

to -0.008 _ for the various spectral regions) in order to make them agree

with the new standards. In the catalog 12,502 lines are identified (57% of
all the lines listed). The catalog also gives the intensities of the lines in

sunspot spectra relative to the line intensities in the normal solar spectrum.

Finally, a temperature classification of the lines, a line classification

according to profiles as a function of pressure, and the excitation potentials

are also given.
In 1947 Babcock and Moore published a catalog including about 7400 lines

in the XX6600--13,495 range. These authors also extended the Rowland

table into the ultraviolet; wavelength measurements and in_e,,_ityestimates

were made for 665 lines in the Xk2935-3060 range.

About 26,000 solar lines have been recorded so far in the Xk 2935--13,495

range. In addition to the wavelengths, visual estimates of the line intensities

on the Rowland scale are also given, and these extend from very weak lines

(0000 on the Rowland scale or -3 in the Revised Rowland) to the familiar

strong lines which have letter notations (H_, H_ .... for hydrogen, H and K

for calcium, D t and D_ for sodium, etc.).
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Althoughthemethodof estimatingtheintensitiesof Fraunhoferlineson
theRowlandscaleis very simpleandconvenientandis widelyaccepted,
still it doesnotmeettherequirementsof modernspectroscopicsolar
research,andsuchintensityestimatesmustbe replacedbymoreexact
linecharacteristics. Onthebasisof spectrophotometricmeasurements,
Allen determinedthecentralintensitiesandequivalentwidthsof the
Fraunhoferlines in theXX3924-11,830range. Ofspecialsignificancein
this respectis theUtrechtphotometricatlasof thesolar spectrumpublished
in 1940.This atlasdescribesthesolar spectrumdirectly in termsof
intensitiesandcoversa rangeof X_3332-8771.Thescaleof theatlasis
2 cm/_. In ]951, at theMcMath-HulbertObservatoryanatlasof the infra-
red solarspectrumwaspublishedfor _8465-25,242.

Thespectroscopicdata,bothsolar andlaboratory,whichareavailable
to datearenowbeingutilized in aprojectwhoseaim is to extendandto
supplementtheRevisedBowland to cover thekX2935--13,495 range of the

solar spectrum. The line wavelengths in this catalog will be reduced to the

1928 international scale, and the intensity estimates on the arbitrary scale

will be replaced by the equivalent widths measured according to the Utrecht
photometric atlas. Both the identification of atomic and molecular lines and

the values of the excitation potentials will be re-evaluated as well.

§8. The identification of Fraunhofer lines. The primary problem in

solar physics which can be solved with the aid of the normal solar spectrum

is that of the qualitative chemical composition of the sun; this problem obviously
reduces to an identification of the solar lines with the lines of chemical elements.

The identification of the lines in solar and stellar spectra is one of the most

difficult tasks of astrophysics, since a spectrum is determined by several

physical conditions which, even in the case of the sun, are insufficiently

understood and very difficult to reproduce in the laboratory.

The simplest identification procedure is to compare directly a photograph

of the solar spectrum with a photograph of the spectrum of some chemical

element. In this procedure not only coincidence of the wavelengths of the
solar and laboratory lines is taken into consideration but also the relative

intensities of these lines. If in the solar spectrum the wavelengths of weak

lines coincide, but the strong lines of the element in question are absent,

then the agreement is accidental. The permissible discrepancy between

wavelengths depends onthenatureof the lines, on their intensity, width,

spreading, asymmetry, etc. The comparison should be made with laboratory

spectra obtained under various physical conditions. The blending of lines
which may belong to the same or to different elements introduces a further

complication.

It is very important that on the sun, as in the laboratory, it is possible

to study the spectra corresponding to various physical conditions, such as

limb and disk spectra, and sunspot and chromosphere spectra. In the

spectra of sunspots, the solar disk, and the chromosphere, many lines differ

appreciably in intensity, although their wavelengths (after appropriate

reductions) agree well with one another. These differences are analogous
to those observed respectively in the laboratory spectra for an electric

furnace, an arc, and a spark. A sunspot is about 1000 ° cooler than the disk,

so that for a transition from the disk spectrum to the sunspot spectrum the

lines of atoms with low ionization potentials (Ca, Sc, Ti, V, etc.} are

strengthened, while, conversely, arc lines with high excitation potentials
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and spark lines are weakened. This fact was discovered at the beginning

of the present century and served as a stimulus for the ambitious program

undertaken by King at Mount Wilson Observatory, designed to provide a

temperature classification of the laboratory lines observed in electric

furnaces and arcs at various temperatures (classes I through V). Hundreds

of lines of molecular origin which are present in sunspot spectra but absent

in the disk spectrum differ from the atomic lines due to the magnetic fields

of the sunspots (Zeeman effect), and this provides a further check for many

identifications.

Most rare-earth lines, due to their relatively low ionization potential,

are observed only in a singly ionized state both on the disk and in sunspots.

Menzel and Thackeray demonstrated that in the spectra recorded at the

onset and end of a total solar eclipse the spark lines for the rare earths,

contrary to other lines, do not show an abrupt reversal upon transition from

the emission spectrum of the chromosphere beyond the solar limb to the

absorption spectrum of the disk; these lines are visible in emission far
into the disk. This remarkable feature of the rare-earth lines is very

useful for their identification.

The development of ionization theory and quantum theory, which explain

the mechanism by which spectra are formed, increased considerably the

possibilities for identifying solar lines, in comparison with the possibilities

using the "coincidence" method. Given the measured wavelengths, the
estimated intensities, and the temperature classification of the lines in a

laboratory spectrum, we can compare these with the energy levels predicted

by the theory of atomic structure. These levels correspond to the configura-

tion of the surrounding electrons and are expressible in spectroscopic

terms, so that we can identify the lines in the given spectrum of an element

in a certain ionization state.*

Multiplets are particularly important for the identification of solar lines,

since the relative intensities and positions of the multiplet components must

be the same in both solar and laboratory spectra. For example, by apply-

ing the theoretical intensities for multiplets, we can derive the component-

line intensities from the total intensity of the blended line. In order to

verify the presence of a certain element on the sun, we first look for the

multiplets containing the strongest lines with the lowest ground-level

excitation potentials. If these lines are accessible to observation but are

not present in the solar spectrum, then we may conclude that the element in

question is absent from the solar atmosphere. For many elements these

lines lie in the k < 2950 _ range, for which only low-dispersion rocket

spectra are available so far.
Lines can often be discovered in the solar spectrum if their exact

positions, as predicted from the energy levels, are known. More than 1250

Fe I lines have been found on the sun by this method and later confirmed in

paL-t by "-'- ..................... ÷° Th,_ ,-_nA_¢inn_ nn the sun flow density

and thick photosphere) are more favorable for the creation of these weak

lines than conditions in a laboratory arc. For quite abundant elements,

lines of higher excitation potential should also be observed in the solar

spectrum; in this case as well the strongest lines of the corresponding

multiplets in the accessible region are first sought.

* The U.S. Bureau of Standards has published a summary of all known energy levels, derived from an analysis

of optical spectra.

23



As noted previously, of the 21,836 lines in the Revised Rowland, 57%

were identified; also, 57 chemical elements were identified. Almost all

the unidentified lines are very weak. Only a few of them have Rowland

intensity estimates of more than 3, and 98% of the unidentified lines in the

catalog lie in the intensity interval from 1 to -3. The elements corres-

ponding to the strongest Fraunhofer lines of solar origin in the visual

spectrum are listed in Table 1.

TABLE 1

Line, _ Rowland Rowland
intensity Element Line, ,_ intensity Element

3934
3969
4t02
4227
434t
4862

t0oo
709
40
40
20
3O

Ca+
H
Ca
H
H

5167
5173
5t84
5889
5898
6563

t5
2O
3O
3O
20
40

Mg

Na

H

At present, of the 26,000 lines registered in the photographic region of

the spectrum about 70_/F have been identified. 68 different elements have

been found to exist on the sun (Table 2), although the certainty of the

identification differs for different elements. For example, only a single

line was available for the identification of A (the forbidden k 5536 line in the

coronal spectrum, identified by Edl_n as A X), Cd, Au, and Th; the

presence of Tb, Er, Ta, and other elements is still not certain.

TABLE 2

IH
2 Ho
3Li
4 Be
5B
6C
7N
80
9F

II Na
t2 Mg
13 Al
14 Si
i5 P
i6 S
i8 A
19 K
20 Ca

2t Se
22 Ti
23 V
24 Cr
25 Mn
26 Fe
27 Co
28 Ni
29 Cu

30 Zn
3t Ga
32 Ge
33 As
37 Rb
38 Sr
39 Y
40 Zr
41 Nb

42 Mo
44 Ru

Pd

48
49
50 Sn

H Sb
}(; Ba
_7 La
_8 Co
_9 Pr
_0 Nd
52 Sm
)3 Eu

64 Gd
65 Tb
66 Dy
68 Er
69 Tu
70 Yb
71 I.u
72 Hf

73 Ta
74 W
76 Os
77 Ir
78 Pt
79 Au
82 Pb
90 Th

The solar spectrum contains numerous metallic arc lines, the average

ground-level excitation potentials of which are only _ 1 eV. On the other

hand, nonmetallic lines with high ionization potentials have also been

encountered: He 20.9 eV, H 11.1 eV, N 10.0eV, O9.3eV, C 7.5eV. S 6.5eV.

However, these lines are few in number and, with the exception of hydrogen,

are weak.

Some elements are represented in the solar spectrum by spark lines as

well as arc lines, while others have spark lines only. Of these elements

the most important (with respect to the number of lines) are Ti +, V +, Cr +

Fe +, Zr +, La +, Ce +, Nd +, Sc +, Y+, Sm +. Table 3 lists the elements

which, according to the Revised Rowland, have over 100 lines in the solar

spectrum (neutral and ionized states combined).
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Further work on the identification of solar lines, in conjunction with

studies of laboratory spectra of the elements, will apparently lead to the
discovery of still more elements in the solar atmosphere. The weakness

(or even the total absence in the solar spectrum) of the lines of these

elements may be attributed either to their low abundance (Ho, Re, T1, Bi,

Po, At, Rn, Ra, Ac, Pa, U) or to their high excitation potentials (Ne, A,

Kr, X, C1, Br, I, Se, Te, Cs, Hg).

TABLE 3

Element

No. of lines

FelTi crlco

3288 i085 i028 785 I

Ni V

628 6t8

Mn

458

Zr Ce

371 249

Se Ca Y I Nd

t50 I 127 120 I 107

In addition to atomic lines, the solar spectrum (particularly sunspot

spectra) includes molecular bands, of which the following have been

identified: CN, C__, CH, NH, OH, Call, MgH, AIH, Sill, H_. SiF, BO,

A10, TiO, FeO, and ZrO. The identification of SiN, CP, Nail, and PH is
less certain.

Many lines and bands in the solar spectrum are telluric in origin. This

is particularly the case in the red and infrared regions, where telluric lines

predominate over solar lines. Telluric lines were first described by

Brewster in 1890 and have since served as objects of study for many

scientists. They differ from lines of solar origin in that their numbers

and intensities vary considerably depending on the elevation of the sun above

the horizon and on the state of the earth's atmosphere. This factor, and

also the absence of Doppler shift due to solar rotation in the telluric lines

present in the solar-limb spectrum, enable us to distinguish quite easily

between lines of solar and terrestrial origin in the solar spectrum.

The most pronounced telluric lines are found to occur in groups which
have a certain regularity of structure. Some of the more well-known line

groups are the following: group a in the )O_ 6272 --6335 region, including 38

oxygen lines; group Bbetween k6868 and _6961, including 27 pairs of

oxygen lines; group A between )_ 7594 and )_ 7699, including 27 pairs of

oxygen lines; a group in the )_6929--7028 region, including 45 H_O lines;

and a group between )_5862 and L6030, including 243 H20 lines. Ozone
lines occur in the ultraviolet spectrum, between _),2900--3150. On the

whole, the telluric lines are mostly from O 2, N2, 03 , CO2, and H20. The

presence of CO, N20, CH, OH, and some isotopic compounds of C 1_, O _s,

O 18 , C _3, and Ol 6 has also been demonstrated.

In recent years considerable progress has been made in the study of the
infrared region of the solar spectrum. However, a huge amount of work

still remains to be done in identifying the infrared lines recorded.

§9. Equivalent Fraunhofer-line widths. Growth curves. Studies of the

p r o file s (see Vol. I, §I 79) of Fraunhofer lines give the most complete

and thorough information on the physical state and structure of the solar

atmosphere (photosphere). However, such studies are limited by the fact

that the spectrographs used for measuring the true intensity distribution

in the lines must meet very high specifications, mainly with respect to

resolving power. Therefore, for spectroscopic solar research, and even

more so for stellar spectroscopy, the total intensities or the
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equivalent widths of absorption lines are usually used (loc. cir.),

since these are independent of the resolving power of the spectrograph and

thus can be determined from _he observations with a high accuracy. It

should be noted that visual estimates of line intensities on arbitrary scales

(such as the Rowland scale) are at present of secondary significance.

Equivalent widths constitute an effective means for obtaining various

important physical parameters.

Data on the equivalent widths of Fraunhofer lines can be found in works

such as that of Allen /3/ or else they can easily be obtained from the

Utrecht photometric atlas of the solar spectrum. The equivalent width of

a Fraunhofer line depends on the number of atoms participating in the

formation of the line. The main task of the theory of Fraunhofer lines is

to establish this dependence, which forms the basis of the study of the

physical characteristics of stellar atmospheres and which, in particular,

can be used to solve one of the most important problems in astrophysics,

the quantitative chemical analysis of the stars and the sun.

Let us consider the simplest case, when the line originates due to the

transmission of continuous radiation through a homogeneous absorbing

layer, in which no re-emission takes place. We may write the following

expression for the line profile:

I_ = I_,e-k(x)R', (I)

and by definition the equivalent line width is

aa

0 0

(2)

where I[ and Is are the intensities of the incoming and outgoing radiation.

respectively (for a given wavelength ),), l is the layer thickness in centi-

meters, R is the number of classical oscillators per cm 3, and k is the

coefficient of absorption for a single oscillator. According to quantum

theory R = hi, where n is the number of absorbing atoms per cm 3 and ] is

the oscillator strength corresponding to the given atomic transition. ".' It

is clear from (2) that for very weak lines (optical layer thickness of kRl <_.l)

the equ(valent width may be assumed to be proportional to the number of

absorbing atoms, but for intermediate and large equivalent widths this

dependence becomes more complicated and is determined by the variation

of the absorption coefficient with wavelength (that is, it is determined by

the line-broadening factors for the given case).

There can be various reasons for the broadening of lines in solar and

stellar spectra: a Doppler effect due to the thermal motion of atoms and

to gas motion', radiation damping; damping due to collisions with other

atoms, ions, and electrons; a microscopic Stark effect (for hydrogen and

helium lines); a Zeeman effect (for example, in sunspots); hyperfine

structure and isotopic effects (for certain lines in the solar spectrum).

The thermal Doppler effect and radiation damping are the two line-

broadening factors which have usually been studied the most thoroughly both

in the laboratory and theoretically. In Volume I (§8) formulas were given for

the absorption coefficient, taking into account these two factors (both

* The values ot f lot lines of astrophysical interest, and also a list of the relevant retcrences, can bc round,

for example, m /4/.
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separately and acting together).

absorption coefficient has a complicated integral form:

where

When both factors are present, the

a I e--Y (3)

ko= V'_-e_ X] (4)
rnc 2 A_, D

is the coefficient of absorption at the center of the _o line, and where

a --
%0 --£

a_.v 70 and v:-- (5)
A_.D -- _ A)_ D

are dimensionless auxiliary terms introduced for simplicity. Here, Ak D

(or Ac0D in terms of angular frequencies) is the Doppler broadening, AkN =

= 1.18.10-4A is the natural line width, and y0 = 0.220/_ is the radiation-

damping constant.* In the case of a mixed Doppler effect (for example,

due to both thermal atomic motion and to turbulence), supplemented by

damping of various kinds (for example, both radiation and collision damp-

ing), the absorption coefficient can be expressed using the same formula

(3), but the Doppler constants must be combined by adding up the squares

of their values and the damping constants must be simply added together.

It should be noted that, according to Minnaert and Mulders, the Doppler

broadening and the damping are sufficient to describe almost all the afore-

mentioned effects, with the exception of Stark broadening. Various authors

have tabulated the integral in (3), and also convenient series expansions

have been derived enabling a determination of the absorption coefficient for

various values of a and v in (5).
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FIGURE 8
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The broadening of Fraunhofer lines is due mostly to the combined

influence of the Doppler effect and damping of various kinds. However,

under stellar atmospheric conditions the Doppler broadening h_ o exceeds

the damping width y considerably, that is, a << 1. The absorption coefficient

* The notation used here is identical to that in Vol.l, §8.
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(3) in thisparticular case,whichis theonlycaseof astrophysicalsignifi-
cance,becomes

k (v)= ko [ 2ve-_'
0

This expression shows (see Vol. l, §8) that near the center of the line (small

v), the absorption coefficient is determined by the Doppler effect only

(k_e-"'), whereas in the outer parts of the line (large v) it is determined

only by the damping (k _ )-) Figure 8 illustrates the variation in line
V2 •

profile as the number of absorbing atoms increases. Initially the line has

a Doppler profile; the depth of the line increases rapidly with Rl, but its

half-width varies only gradually, especially when the line center becomes

completely dark. Subsequently, extended wings appear due to damping, then

the wings intensify, and finally the profile assumes a form which does not

change when Blis further increased. The total absorption W for a line

varies in accordance with the profile. ForB/<10 I° cm -2 the total absorption

increases in proportion to Rl, after which the growth of W slows down, until

at Bl _lO Is or 1016 (when the wings appear} W again starts increasing at a

higher rate. For Rl>1016the total absorption (and also thehalfwidth of

a line)increases in proportion to l/my.

Equation (2} cannot be integrated in its general form, but integration is

possible in particular cases and the formulas obtained are convenient for

calculating the equivalent widths. For instance, in the case of pure Doppler

broadening (a = 0), the following series expansion is obtained:

W l_a Xo(l Xo X_ X_2_= 2 --2_P_ =_ :_V_- 4_¢_'") ' (7}

which applies for X0 < 3, where Xo = koN] is the optical thickness of the

layer at the line center, with N = nl. This formula is also valid in the

presence of damping, provided the values of N/ are sufficiently small (at

least up to W <A_.D). Thus, for a << 1 we have

')_212

w = I/h Xo_XX.=:_ NI. (8)

On the other hand, for very large values of N], when the broadening is

determined by damping only, the equivalent width may be expressed as

w = _ ,vtv. (9)

In cases when both line-broadening factors are significant, so that the

absorption coefficient must be expressed in its general form (6), W may

be determined by numerical integration.

The curve relating the equivalent widths W with the number of absorbing

atoms N x ] (both variables are generally plotted on a logarithmic scale) is

called the curve of growth. Figure 9 shows growth curves for various

values of parameter a. according to Held. On the ordinate axis is plotted

wx /_z , F X_ A'/ ",,
g2AXD and on the abscissa axis is plotted lg _DD:=Ig_-2"_C_'XD ). On curves
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obtainedfrom astrophysicalobservations(a<<1)threeregionsmaybe
clearly distinguished,namelythe linear region, the"saturation"region,
andthewingregion; in all of theseregionstheequivalentwidthdepends
onlyon /tl and is mainly determined by the Doppler effect or by damping. *
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The application of growth curves to solar and stellar research presup-

poses the possibility of plotting the corresponding curves directly from

observations as well. This can be done using multiplets whose components

have known relative oscillator strengths ]_. We choose a multiplet whose

components have a common ground level, and thus an almost equal number

N_ of absorbing atoms, and then we plot lg W as a function of Ig/_h to

obtain a section of the growth curve. The various curve sections obtained

by this method from different multiplets are next joined to form a smooth

curve by means of translation along the abscissa axis. Since a growth

curve depends on wavelength, as shown by formulas (7), (8), and (9), the

o_)_ntif_r !g (W_ i W c_ 1_ W I..,_-_ _ iS _L_ ,1,u_ _)_-uu_tu_ v_±u_lLyl• -....... k ' or !g 'X_0' "s AXD X....... _)

is substituted for lg W in order to eliminate this dependence when matching

multiplets from different spectral regions to form a single curve. * *

Although, strictly speaking, only lines with a common ground level should

be used, since only then is it certain that the lines will originate in the

same solar layer, in practice the solar atmosphere as a whole is often

considered and an average growth curve is plotted combining multiplets

which originate in different layers.

• For a comprehensive theory of growth curves, see /6, 7/.

'_* In this case _. also enters into (9), but in the radicand.
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w
If an "observed" growth curve of lg (y)as a function of lg], drawn

to scale on tracing paper, is moved across the graph in Figure 9, then we

can find the theoretical growth curve which agrees best with the observed

data. This establishes the value of parameter a. The velocity _0 is then

obtained from a comparison of the ordinates of the two curves. Next, given

a and A_D, we can derive the damping constant y. Once the observed and

theoretical growth curves have been matched, we can use the observed value
w

of lg (k-) to find the corresponding value of lg N/ for any line, and thus ff
the absolute value of ! is known we can compute the number of atoms N.

Once we have determined the relative populations of the various atomic

levels from the growth curve, we can verify the Boltzmann distribution and

calculate the corresponding excitation temperature. In order to do this,

however, we may also apply a somewhat different procedure for constructing

the growth curve /6/. First, to construct the growth curve we measure

along the abscissa axis the quantity

lg Xj = lg g/ko _ _y_/_,,5040- (I0)

where g/ is the observed laboratory line intensity (g being the statistical

weight), E is the excitation potential of the multiplet ground level, and T is

the excitation temperatures for the given atoms. The temperature and all

other physical quantities are obtained from the growth curve by successive

approximations.

Many authors have constructed growth curves for the sun. Until recently,

only average growth curves were plotted, particularly since the initial data

(the /-numbers and equivalent widths) for individual elements were few and

inaccurate. Valuable contributions to growth-curve construction were

made by the laboratory work of A. King and R. King (who determined the

relative /-numbers for many lines of Fe, Ti, V, and other elements), by the

studies of several physicists of Rozhdestvenskii's school, and by many

other scientists.
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Figure 10 gives the most complete and accurate growth curve for Fe I,

constructed by Mitrofanova (Pulkovo Observatory) in 1952. It was plotted

using 178 multiplets comprising 650 spectral lines. The laboratory

intensities g! for the lines covering the upper and middle parts of the growth

curve were remeasured by Vyazanitsyn, while theoretical intensities were

used for the lower part of the curve, which corresponds to lines which are

excited with difficulty. The equivalent widths used were the averages of

three independent values: those obtained from special observations, tho_e

taken from the Utrecht photometric atlas of the solar spectrum, and those

borrowed from Allen's tables.

TABLE 4

Author FeI TlI

Menzel, Baker .......

Goldberg ..........
Wright ............

Goldberg and Pierce . . .

Gottschalk ..........

Mel' nikov .........

Mitrofanova ........

4t50 ° -4- 50 °

4750 _ i50
4770

4800 -q- 200

4580 _ tO0
4535 :J: iO0

4350o-b2OO o
44OO

4575-{-125

4640±290

As observed previously, one of the most important physical character-

istics which can be obtained from the growth curve is the excitation

f I I I f

I Z 3 4 5

tgE

FIGURE 11

temperature of the reversing layer of

the sun. The excitation temperatures
found from the lines of different elements

vary over a wide range. For example,

from the Cr I lines Sandage and Hill

(1951) obtained a value of T = 3790 ° .

On the other hand, the V I lines gave

5400 ° (King and Wright, 1947) and 5110 °

(Sandage, 1950). The results of several

determinations of the excitation temper-

atures from the Fe I and Ti I lines are

given in Table 4. Apparently, the
observed differences in T for the differ-

ent elements actually exist. The fact

that these values of T are generally

lower than the effective solar tempera-

ture (5710°), although sometimes they

are close to it, still has not been

explained convincing]y.

In order to verify to what extent the

assumption of a Boltzmann distribution

of atoms according to energy states is satisfied, the assumption upon which

the excitation-temperature distribution was based, we should compare the

values of lgN (the number of atoms in a given state per cm 2 along the line

of sight) and E (the excitation potential). The corresponding graph for the

FeI atoms, plotted by Mitrofanova (Figure 11), indicates a linear
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dependence between the two quantities, and thus confirms the applicability

of Boltzmann's formula to the reversing layer for E from 0 to 5 eV.

The halfwidths of the weak Fraunhofer lines, as noted by several

authors, exceed the Doppler halfwidth considerably, due to thermal motion

of atoms. This led to the conclusion that turbulent motion exists in the

reversing layer. Different investigators (Redman, Allen, ten Bruggencate,

and van de Hulst) found velocities of 1.0 to 1.8 km/sec (radial component).

On the basis of empirical growth curves, some authors obtained velocities

of similar magnitude: 0.9 (Wright), 0.6 (Rubinstein), 1.2 (Claas), 0.0 [I.0?]

(Mitrofanova), and 1.5 km]sec (Hubenet). Thus, the turbulent velocities in

the reversing layer vary between about 1.0 and 1.5 km]sec.

The damping constant has been determined from the growth curves by

various authors. The observed damping constant ¥ for the sun is in most

cases substantially higher than the radiation damping constant _}o. For

example, Minnaert and Mulders, and also Allen, found a value of ¥/yo-- 10,

Wright found 15, Voigt found 100, Bell found values from 14 to 300, etc.

These results indicate that collision damping is of considerable importance

in the reversing layer of the sun, in addition to the radiation damping there.

._10. The quantitative composition of the solar atmosphere. The chemical

composition of the solar atmosphere was first investigated quantitatively

by Russellin 1929, on the basis of the Revised Rowland, the only source then

published. Russell's method essentially amounts to a calibration of Rowland's

estimates of intensity for the solar lines in multiplets, in terms of the
relative "numbers of atoms."* Then, if we know the average temperature

and average electronic pressure in the solar atmosphere (Russell gives

T = 5040 ° and p, = 3.1 bars), it is possible to apply the formulas of

Boltzmann and Saha to find the total number of atoms of the element in

question. Table 5 gives the results of calculating the numbers of atoms of

various elements per cm 2 of solar surface in Russell units. In order to

convert to absolute values of N, the normalizing factor N0=/V[ must be

introduced for the line of Rowland intensity 0; this factor was derived by

Russell by comparing his results with the N/ values obtained by Unsbld from

observations of line profiles assuming pure radiation damping, and the

value obtained was lg No -- 12.67.** Despite the manifest simplification

and shortcomings of this method (for instance, the assumption of a single

calibration curve for all lines regardless of intensity, etc.), Russell's

results have not in general been modified essentially by later studies. For
some of the heavier elements, Russell's data are still the only source of

information available.

Subsequently, however, considerable progress was made in the field of

the chemical analysis of the sun and stars, on the basis of the development

of Fraunhofer-line theory and due to the use of exact measurements of the

line intensities instead of visual estimates on an arbitrary scale. At pres-

ent, two basic methods are used to determine the chemical composition of

the sun. The first method amounts to an application of the general theory

of growth curves, which was illustrated in the preceding section. The

equivalent width and the growth curve are used to determine the population

of a certain atomic level, and then the Boltzmann and Saha formulas are

* One unit oil the Russell scale ct_rresponded to the number of atoms reproducing a line of Rowland intensity O.

* * According to Uns61d, Ig NO = 11.8 (see Reference/7/). The possible error in the Russell logarithms for
the contents of the elements is estimated by Uns51d as +1.
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used to compute the relative populations of all the other excitation and

ionization levels (the average temperature and average electron pressure

are assumed known). As a result, it is possible to determine the total

content of atoms of the given element in the solar atmosphere. Because of

the imperfection of the present theory of growth curves, this method does

not always ensure satisfactory accuracy and reliability of the results, but

its relative simplicity and certain other features make it the most applicable

one. The main defect of this method is that it proceeds from an extremely
simplified model of the solar atmosphere, which is visualized as a

scattering reversing layer above the photosphere, the optical thickness of

the layer being assumed constant for all lines.

TABLE5

Element tg N lg N

Lffi 11.5:2.0:

Be i.87.4:

N 7.6?9.0:
Na 7.2

78
Si 7.35.7:

K 6.8:

Ca 6.7
Sc 3.6

Element

Ti
V

Cr
Mn

Fe

Co
Ni
Cu

Zn

Ga
Ge

As
Rb

Sr

5.2

5.0

5.7
5.9

7.2
5.6
6.0

5.0

4.9

2.0
3.0

0.6?
t.7:

3.3

Element

Y
Zr

Nb
Mo

Ru

Rh
Pd

In
Sn

Sb
Ba

La

lg N Element lg N

2.6 Ce 2.4
2.5 Pr 0.6:

t.O: Nd 2.0
t.4 Sm 1.5

t.7 Eu 1.4:

0.5 Gd t.t:

t.t Dy t.6:
1.0 Er 0.t"

2.2: Hf 0-4
0.0: W 0.2

t.2 lr 0.2?

0.8 Pt t.6
3.3 Te t.4?
t.8 Pb t.2

TABLE 6

[ Menzel I

Ele- and co- I UnsSld

ment workers [

H 24.40 24.40
He 23.70 23.70

Li 19796 20769

20.49 21.0t
20.96 21.t3

Na t8.96 t8.68

Mg 20.79 i9,91
AI i8.79 t8.73

Si 20.27 t9.69
S i9.97 t9.32

K i7.49 t7.60

Ca t8.97 i8.63
Sc -- 15.73
Ti t6.97 17 36

Claas

24.40

1_-.48

21-05
18.73

t9.97

t8.57
t9.52

t7.4i

18.86

I Menzel [

Hunaerts Ele- and co-

merit workers

24.40 V t649
-- Cr t7.27

Mn 17.49__
21.46 Fe t9.39

2t.42 Co i7.09

21.63 Ni iB.79
Cu t6.79

ZB 17.97

-- Sr --
-- y --

-- Zr --

-- Mo --
-- Ba --

-- Pb --

-- Hg --

UnsBld Claas Hunaerts

t6.46 -- --
t7.98 -- --

17.86 --

20. i2 20,02 --
t7.43

18.36
t6.63 t7.--20 --

t7.18 t6.92 --

t5.75 15.28 --
t5.61 -- --

14.77 -- --

t4.t8 -- --

t5.35 I 14.78 --
t5.0 , --

-- , 15.38 --

I

The second method for determining the chemical composition is more

exact. It is based on the study of line profiles and uses a model which takes

into account both the scattering and the actual absorption. In this method

a certain initial chemical composition is assumed and the absorption param-

eters are computed for various levels in the photosphere; integration of

the transport equation for several values of the relative abundance of the

element then indicates the line profile which best agrees with the observed
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profile andthusgivestheabundanceof theelement. Oncetheabundances
of all theelementsare determined,wemayrefineour pictureof the
structureof thephotosphere,etc. A definiteadvantageof this methodis
that it requirestheuseonlyof weakandandvery weaklines(inaddition
to otherfactors, theselinesare independentof the impact-damping
constants,whichare inaccuratelyknownandvarywithdepth). The
applicationof this methoddoesnotrule outtheconstructionof growth
curvesaswell, but theymusthavea morerigoroustheoreticalbasis.

A greatnumberof investigationsof thechemicalcompositionof the
solar atmospherehavebeenmadeusingthesemethodsin their different
alternativeforms. Table6 givestheresultsof somerecentstudies/8/.

The values of lgN are listed, where N is the number of atoms of the

given element per cm 2 of solar surface; for hydrogen it was assumed in

all cases that lgN= 24.40. The most comprehensive analysis was that

of Unsbld, who applied the growth-curve method. Claas mainly used the
method of weak lines. Hunaerts derived the abundances of the elements

from an examination of molecular spectra. The satisfactory agreement

of the abundances obtained by the different methods verifies their actual

worth. However, the error in the relative abundances (lg N) was still

as high as 0.5 to 0.7 or even more. For the hydrogen content different

authors give values ranging from 10 _4 to 5.1024 atoms/cm 2.

The inaccuracy in the determination of the element abundances is in

some cases (for the lines of H, He, C, N, O, Si, etc., and especially for

ionized elements) due to the uncertainty in the Boltzmann correction for

transitions from high energy levels (_5eV). Ontheother hand, the solar

spectrum contains no He lines at all except for _10,830. All these cases

require special analysis and verification. For example, from the molecular

bands of CH, OH, CN, NH, and C 2 in the solar spectrum Hunaerts (1950)

determined the abundances of H, C, N, and O. The abundance of oxygen

was also determined according to the weak forbidden lines, which are

absorbed by low atomic levels and which were recently discovered in the

solar spectrum (Bowen, 1948; Cabannes and Dufay, 1948). According to

Gauzit, who identified two weak infrared lines of N I, its abundance is

almost equal to the abundance of O I. The helium content of the sun can be

identified with the helium existing in the chromosphere and the prominences,

although the estimate will remain uncertain as long as the mechanism of

the helium emission in these formations remains insufficiently clear.

TABLE 7

Number

Elements of atoms

(in_,)

H 83 224
lie 16615

C, N. O 0.t2t
Mg. Si. Fe 0.0083

Other metals 0.00t3

For illustrative purposes it is convenient to break down the composition

of the solar atmosphere according to groups of elements, as is done in
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Table7 /8/. This table illustrates several interesting features of the

chemical composition of the solar atmosphere. -_The most remarkable fact

is the predominant abundances of the two lightest elements, H and He.

Hydrogen atoms constitute 83.2% of all the atoms and are 5 times more

abundant than helium atoms, which constitute 16.6%. Thus, the sum total

of the atoms of hydrogen and helium together makes up 99.8% of all the
solar atoms. The most abundant elements after H and He are C, N, and O,

so that the solar atmosphere can actually be regarded as composed of these

five elements. Elements with atomic numbers greater than 10 occur as

"impurities ." Of the metals, Mg and Fe (which are common on the earth)
are the most abundant. The total number of atoms of these metals constitutes

86% of all the metal atoms in the solar atmosphere. Hydrogen atoms are

8 or 9 thousand times more abundant than the sum for all the metals. In

general, the abundance ratio of hydrogen atoms to metal atoms represents

an important astrophysical constant, one which has been determined by

many authors. The best results are apparently those of Strbmgren and of

(NH I = 3.9 and 3.95, respectively.
Claas, who give lg __N_m

TABLE 8

Com -

pound OH CH NH CN Cz

17.52 i7.3i I t6.98 16.32 i4.96
lgN

The most abundant chemical compounds in the solar atmosphere are OH,

CH, NH, CN, and C 2. The numbers of molecules of these compounds,

according to Hunaerts (1948), are given in Table 8. It is evident that the

total content of molecular compounds in the solar atmosphere is even far

less than the content of metals.

Finally, let us consider the results of some recent determinations of
the content of deuterium (D or H 2) in the solar atmosphere. The deuterium

line is wide and is observed in the form of a depression of about 1 or 2% on

the wing of the Balmer line. A new determination of the deuterium abun-

dance was made by de Jager, who found D/H -- 1.45.10 -4 , which is fairly
close to the terrestrial abundance. Shklovskii obtained D/H < 10 -6

according to the flash spectrum. From photoelectric measurements of the

profiles of the H_ and H e lines, Severnyi found a solar deuterium abundance

which was several times greater than the terrestrial abundance.
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V.A.KRAT

N67-!5487 Chapter III

THE STRUCTURE OF THE PHOTOSPHERE: GRANULATION,

SUNSPOTS, AND FACULAE

§11. The general appearance of the solar surface. Granulation. The

surface of the sun (when examined on a screen or photograph) consists of

individual tiny bright spots projected onto a darker background. Since

these tiny spots sometimes resemble rice grains {granules), the nonuni-

formity of the brightness distribution, between the tiny bright spots and

the background, is known as granulation. In addition, sunspots appear,

develop, and eventually disappear on the solar disk; these sometimes

attain prodigious size and may even be visible to the naked eye. A sunspot

consists of two basic parts: the central, darkest part, called the u m b r a,

and the lighter surrounding fringe, called the p e n u m b r a. Penumbrae

are observed for large spots only. Sunspots generally form into groups,

sometimes comprising several tens of spots of various sizes. Near spot

groups, and in some case independently of them as well, strings of very

bright granules, called faculae, are observed. Faculae, like sunspots, are

transient formations on the solar surface. All these formations occur in

the layer of the sun known as the photosphere.

The photosphere is the immediate source of almost all the solar

radiation in the visible spectrum. The absorption and emission of light

over a continuous frequency range occurs in the photosphere, and since

the photospheric gas is partly transparent, radiation reaches us from various

depths in the photosphere. However, no direct luminous flux is received

from depths greater than 400 km, and so the thickness of the photosphere

has sometimes been set at 400 kin. This conclusion is a fairly arbitrary

one, though, since this value was not obtained from observations but rather

from theoretical computations. An intensive emission and absorption of

light (mostly by scattering} in the main range of the Fraunhofer lines takes

place in the photosphere. The modern conception of the photosphere can

therefore be identified with the older idea of a reversing layer, which was

previously thought to be a gas layer located above the photosphere and

producing just the line spectrum, the photosphere being the source of the

continuous spectrum.

At a depth of about 400 km below the upper boundary of the photosphere,

practically in th_ lowest photospheric layers, tt_e convective zone begins.

Since the opacity of the gas rises rapidly with the increasing gas density

at greater depths, the temperature gradient of a gas in radiative equilibrium

should become more adiabatic at sufficient depths. Under such conditions,

convection sets in automatically, and the energy transfer occurs mainly by

convection. In this process the increase in the degree of ionization of

hydrogen is of great significance, since it reduces the ratio of the specific
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heats  of the gas  a t  constant p r e s s u r e  and volume (the adiabatic index), and 
consequently r educes  the adiabatic t empera tu re  gradient as well. 
center  of the disk the convective zone s t a r t s  a t  a n  optical  depth of z = 2. 
There fo re ,  about 13% of the radiation in this  c a s e  r eaches  us  directly f r o m  
the convective zone, and the r e su l t  is that the photosphere appears  to be 
translucent to it. 

A t  the 

FIGURE 12 

Figure 1 2  shows a photograph of the sun taken a t  Pulkovo Obse rva to ry  

Transient  so l a r  formations,  sunspots  and faculae included, are  known 
with a horizontal  so l a r  telescope. 

to occur  in greatest  number at  m o r e  o r  less regu la r  intervals ,  and the 

Individual spots  and faculae are  visible.  
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averageyearlynumberof observedsunspotsandfaculaevarieswitha
periodof about11years. Duringtheepochsof maximum,spotsandfaculae
areobservedin abundance,whereasduringepochsof minimum,thesolar
disk is oftenalmostentirelydevoidof theseformations.

Thestudyof thegranulationis quitedifficult, sincetheangulardimen-
sionsof the individualgranulesareexceedinglysmall. Observationscan
bemadeonlyusinghigh-qualityopticalinstrumentsandonlywhenthe
solar imageis exceptionallyquietandclear, whichis very rarely thecase.
Air turbulencecausestheimageto fluctuateandto becomeblurred,which
greatlycomplicatestheobservations.In addition,streamsof heatedair,
mainlyin thesurfacelayer neartheobservationpointbutsometimesin the
instrumentitself, canblur manyof thefeaturesofa solar photograph.
Finally, certainpartsof thephotographmayappearslightlydisplaced
relativeto otherparts, or elsesometimesdistinctandblurredpartsof a
photographcanalternateto form a moreor lessregulargrid (previously
suchpatternswerethoughttobeactualsolar phenomena(Janssen)).

Detailedphotographicstudiesof thegranulationwereinitiatedbyJanssen
(1877-1894)at Meudon/1/, byGanskii ]2](1905-1907) at Pulkovo, and by

Chevalier (1906--1912) at the Z6-S@ Observatory in China. The most com-

plete and reliable information on solar granulation has been that obtained

in recent years with the horizontal solar telescope at Fulkovo and with a

special camera carried by a stratosphere balloon to a height of 32 km

(Schwarzschild, USA).

The smallest granules do not exceed 100to 150 km in diameter. Because

of the tendency of small granules to collect into groups (sometimes including

a hundred or more granules which almost merge together), the so-called

medium-sized granules (400 km = 0".7 in diameter)can actually be regarded

as groups of 3 or 4 small granules. The lifetimes of these granules vary for

the different parts of the solar surface and for different years; the average

lifetime ranges from 1 to 2 minutes.

Most of the granules, as shown by the l_ulkovo observations and in

particular by the excellent photographs of Schwarzschild and his co-workers,
are about 1".5 (1000 km) in diameter. These are the so-called "second-of-

arc" granules, which can also be observed without difficulty under terrestrial

conditions. Such granules have an average lifetime of about 5 or 6 minutes

(according to Schwarzschild). The observations of Kerimbekov, made at

Pulkovo somewhat earlier with a motion-picture camera, gave almost the

same results. Thus, there is reason to believe that, the larger the granule

or group of granules, the longer will be the average lifetime.

The granulation is most easily discerned in the central parts of the solar

disk (Figure 13, photograph taken with Pulkovo horizontal solar telescope).

At the limb the granules undergo foreshortening, become narrow, and blend

together. On the basis of his observations, Chevalier concluded that the

granulation has the very same appearance during both maximum and

from 1951 to 1957 /3/ show that Chevalier's conclusion was somewhat

premature, since the nonuniformity of the granule distribution over the solar

disk varies from year to year. The contrast between the granules and the

darker background between them is very slight. The Pulkovo observations

give an average contrast of 5 to 6% in the photographic part of the spectrum.
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Photoelectric observations a t  Pulkovo have revealed a n  interesting 
The granules are observed as fluctuations feature  of the granulation. 

superimposed onto large-scale background fluctuations. 
impression is fo rmed  that ce r t a in  large waves in the photosphere become 
dissipated,  decaying to fo rm s m a l l e r  waves with lower ampli t rdes  and 
wavelengths. 
much as 10 to 13%. 

Consequently, the 

The  total  amplitude of a brightness fluctuation may be as 

I I b U I < E  1 i 

The low lifetimes of the granules ,  together with the absence of s table  
s m a l l  f ea tu re s  on the s o l a r  su r f ace  f rom which the granule  coordinates  
could be reckoned, r ende r  impossible  a d i r ec t  determination of the horizon-  
ta l  motion of the granules o r  their  motion in a n  image plane over  the s o l a r  
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surface. The granule velocities determined previously by Ganskii were

shown to be illusory by Macris, on the basis of a study of a series of

granulation photographs obtained by Lyot at Meudon. This conclusion has

been verified by recent results at the Pulkovo Observatory. The order of

magnitude of the granule velocities in the photosphere can be determined

only by measuring the radial [line-of-sight] velocities. According to

Richardson and Schwarzschild, who obtained a good spectrogram of the

granulation field, and according to the many granulation spectrograms

obtained by Plaskett, random motions with velocities of some tenths of a

kilometer per second prevail above the granules in the reversing layer.

However, this conclusion pertains not to individual granules but to granule

groups 2000 to 4500 km in size.

It is quite difficult to obtain good granule spectrograms, since photo-

graphy of the solar spectrum onto a fine-grain emulsion, using a fairly

high resolving power and a high dispersion, requires comparatively long

exposure times, of the order of several tenths of a second (direct photo-

graphs of the photosphere are taken with exposures of about 0.001 sec).

During such long exposures, a strong blurring of the solar disk due to

atmospheric vibrations may be produced. Thus, granule spectra can be

obtained only under exceptionally favorable conditions. In 1960 at Pulkovo,

granulation spectrograms were obtained which showed the spectra of the

"second-of-arc" granules. It was established that the radial velocities for

these granules are virtually the same as those for granule groups. Only for

the sodium D 1 and D_ lines, whose cores originate in the uppermost photo-

spheric layer, were the radial velocities much higher. On the average these

velocities were 1.7 km/sec. It is interesting that there is no distinct

dependence between the brightness fluctuations and the radial velocities.

An increase in brightness may correspond to either ascent or descent.

Only a slight correlation exists to indicate that an increase in brightness

often accompanies an upward motion of the gas. All this can be explained

provided we remember that the brightness fluctuations are actually produced

in the deepest layers of the photosphere (those of higher temperature),

whereas the absorption lines originate in the intermediate and upper parts

of the photosphere. The distance between these layers amounts to 200 or

300 km. If the gas motion in the photosphere is considered to be a propa-

gation of acoustic waves (or, more precisely, of gravitational-acoustic

waves) generated by convective currents below the photosphere, then the

fluctuations observed within the photosphere will naturally have a different

phase. The fluctuation amplitude should increase with a decrease in the

gas density, reaching a maximum value at the boundary of the photosphere.

In certain regions of the photosphere, mainly near spot groups and

faeulae, large-scale motions are observed which cover areas of the order

of 109 or 101°kin 2. In some places the gases ascend, while in others they

kilometers per second. The presence of such motions makes it impossible

to determine the rotation velocity of the sun accurately from measurements

of the radial velocities (Chapter I), and large systematic errors may creep

in.

The strings of faculae and the spot penumbrae also consist of individual

granules. The facular granules are on the average brighter than the

ordinary photospheric granules, although the two kinds of granules do not

differ as far as lifetimes and sizes are concerned. The background
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against which strings of faculae appear is generally brighter by a few per-

cent than the intergranular background of the undisturbed photosphere. The

strings of faculae and the large facular granules are usually exceptionally

stable and may remain unmodified for an hour or more. On the other hand,

they can also form and disappear almost instantaneously, within the course

of a minute. While they are easily visible near the solar limb, where they

sometimes appear as prominences, facular granules are hardly discernible

near the center of the disk. Near the limb the contrast between the bright-

est facular granules (according to the data of the latest Pulkovo photographic

observations) and the surrounding background is from 30 to 40%, while near

the center the contrast with the photospheric background is only a few

percent higher than the average contrast of the ordinary granules. This

situation can naturally be explained by the fact that a facular granule is

situated over a photospheric region whose temperature is lower than the

average for the photosphere. In other words, the temperature gradient

in the facula is lower than that in the undisturbed photosphere. Because of

this_ T is greater in the upper layer and less in the lower layer than the

value in the surrounding gas.

According to Fddington's approximation, the temperature Tof the photo-

sphere is related to the optical depth • by the following formula /4/ (gray

matter):

where T0 is the temperature at the boundary of the photosphere. Such a

variation of T with _ leads to the following brightness distribution over the

solar disk:

G)(' cos ) (2)

whereB(t)) is the brightness at a distance b from the disk center. The

(7).coefficient preceding cos 0 represents the gradient of the variation of To

with "_. The brightness distribution in a facula is different:

where u <1.5 at the disk center and B (0) =Bf (0).

becomes

T_ = T_, f (1 + ucos'b).

Formula (I) for a facula

(4)

When(3) is divided by (2), we obtain

Bf(_) t+_ cos,_ Bf (-_-) (5)

Since the radiation at the solar limb comes essentially from the surface of

the photosphere, therefore
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According to the Pulkovo observations, the integrated-light contrast

between the brightest facular granules near the limb and the photosphere

is 1.69 (for cosb = 0.231). If we insert this value into (5) and take into

account that

,+u_, (7)

then we obtain

(-To, f ,._4
u=0.13 and ',,-Y_-o/' =2.2.

Thus, setting To = 4950 °, we have

To. _ = _/_. 4950 ° _ 6000 °.

For • = 1 the temperatures of the facula and the photosphere are equal.

For • > 1 the temperature below the facula becomes considerably less than

the temperature of the photosphere surrounding the facula.

Recently Mustel' and Mitropol'skaya have established that facular regions

(regions of facula clustering) act as sources of slow corpuscular streams

moving (at the distance of the earth) with velocities of only a few hundred

kilometers per second. These corpuscular streams are responsible for

the recurring variations in the earth's magnetic field.

§12. Sunspots. Sunspots were discovered by Galileo, using the newly

invented telescope, and then independently by Fabricius in 1610. According

to various chronicles, large spots visible to the naked eye had often been

observed on previous occasions, but Galileo was the first to maintain that

they belonged to the surface of the sun.

The formation of a sunspot may be described as follows. First, a dark

pore (a small spot 1500 to 3000 km in diameter) appears somewhere in the

photosphere. The appearance of a pore is often preceded by the formation,

at the same place, of a group of bright facular granules, which then appear

to separate, revealing the underlying pore. Once the pore has appeared,

it w.illdevelop, sometimes within a few hours, into a sunspot with an umbra

and a penumbra. Most often a whole group of spots will form, made up of

two main spots located at the group edges and a few small spots between

these. The westernmost spot in the group, which due to the solar rotation

is the first to emerge from beyond the east limb of the disk, is called the

leading spot. The small spots within the group soon disappear. Then

toward the end of their lifetime, the large spots break up into several small

spots which gradually shrink and finally are lost against the granulation

field. Throughout the entire lifetime of a spoL, its boundary vemeti,_ _harp

and its contrast with the photosphere remains essentially unchanged.

The lifetime of a sunspot varies from several hours to several months;

in 1840--1841, a sunspot was observed which existed for over 18 months.

The largest spot was observed in 1858, and had a diameter of 230,000 km.

Spots measuring more than 40,000 km are visible to the naked eye. Large

spots generally represent a group of several spot centers surrounded by a

common penumbra and separated by photospheric "bridges." Figure 14
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shows a l a r g e  spot photographed on 16 Ju ly  1905 a t  Pulkovo by Ganskii. 
Some spots  develop v e r y  rapidly. 
observed a spot  56,000 km in d iameter  which formed f rom th ree  pores  
which had appeared on the previous day. 
became highly elongated in one direction, reaching a length of 108,000 km. 

For example, on 24 July 1865 Secchi 

Then, on the next day, the spot 

FIGUIII' 14 

The mutual dis tances  between the spots  in a group do not v a r y  much. 
According to Greenwich so la r  observat ions ove r  many y e a r s ,  and a l s o  
according to the observat ions of Ganskii, the  r a t e  of change of these  re la t ive  
dis tances  i s  some tenths of a ki lometer  pe r  second. Recently, Gnevysheva 
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discovereda tendencytowardrotationalmotionin somespot groups.
Finally, Brunnerhasshownthatthe inclinationof thespot-groupaxis(the
line joiningthetwomainspots}to thesolar equatordecreasessystematically
with thedevelopmentof thegroup.

Thegranulesin thepenumbrausuallyhavetheir majoraxesoriented
parallel to thespotradius, whichgivesthepenumbraanappearancesome-
whatlike a thatchedroof. Accordingto someastronomerstheinnerparts
of thepenumbraareslightlybrighter thantheexterior, butotherobservers
donotconfirmthis phenomenon.Thephenomenonmayquitepossiblybe
transientin natureandthusmaybeattributedto thesamecauseasthe
appearanceof photospheric"bridges"overthespotumbra, thesebridges
beingalmostalwaysbrighternotonlythanthepenumbrabutalsothanthe
surroundingphotosphere.

Accordingto theGreenwichphotographicobservationsfor 1889to 1923,
theareaof theumbraconstitutesontheaverageonly0.165of thetotalspot
area. Thespotcenterappearsdarkonlybycontrast. However,it is very
difficult to determinethebrightnessof theumbrarelativeto thatof the
photosphere(whichis takenasunity), sincethelightof thesky(thesolar
aureole)andthelight in the instrumentlensare themostscatteredat the
solar disk. Imagefluctuationsdueto atmosphericagitationalsohavea
pronouncedeffectonmeasurements.Consequently, all data on the bright-

ness of the umbrae of small sunspots are unreliable and only the results

obtained for large spots deserve attention.

The latest data on the ratio (Bs) between the brightness of a spot umbra

and the photospheric brightness are those obtained by T.V. Krat from

accurate spectroheliographic and spectrographic observations in spectral

regions which are virtually free of absorption lines (Table 1).

TABLE 1

_' "_ I 4895 5358 6687 8250

Bs 0.t44 [ 0.197 I 0.278 I 0.350

Sitnik, who carried out sunspot observations using a thermal integrator

(see Vol. I, §164), has shown that Bs :s independent of the position of the

spot on the solar disk. In other words, the contrast between the spot and

the surrounding photosphere remains constant regardless of whether the

spot is near the center or near the limb. Sitnik's observations refer to the

integrated radiation from the spots and the photosphere.

In 1774 Wilson, in Glasgow, observed the following phenomenon. For a

circular spot located near the center of the solar disk, the umbra and

the greater will be the displacement of the umbra center from the penumbra

center; the umbra center is shifted toward the center of the solar disk

regardless of whether the spot is situated to the west or to the east of the

disk center. Wilson explained this by assuming that the level of the umbra

is lower than that of the penumbra, namely that a spot is a depression in

the photosphere. He estimated the (average) spot depth as 2000 km. Later,

Chevalier used an extensive series of observations at Z$-S@ Observatory
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to givea somewhatdifferentestimateof thespotdepth,namely750km(1").
OtherobservationshaveonthewholeconfirmedWilson'sassumption,but
onlystatistically. Theproblemis thatthis phenomenoncanbeobserved
onlyfor perfectlycircular spots,whosepenumbralrims areof equal
thicknessonall sides. Realspots,however,canneversatisfythis condi-
tion exactly. It mightappearthatinsofarasthethicknessof thephotosphere
is lessthan400kmWilson'sphenomenonis impossible,sincespots,
faculae,andgranulationshouldexistonthesamelevel. Suchaconclusion,
however,is wrong. Thethicknessof thephotosphere,asdeterminedfrom
thedegreeof its opacity,hasnodirect relationto theprofilesof the
surfacesof equalabsorptivity. Funnel-shapedspotsmayoriginatebecause
thephotosphericgasin thegivenregionhasa lowerabsorptivity,sothat
the"lowerboundary"of thephotosphereappearsto recedefurther down.

In order to facilitatethedescriptionof sunspotgroups,a 9-classsystem
wasworkedoutat theZurichObservatory.Theclasses,basedonthe
externalappearancesof thegroups, representdifferent stagesof group
development.Wewill nowgiveabrief descriptionof theZurichclasses.

A. A groupconsistingof a singlesmall spotor a small groupof small
spots. Sucha groupoccupiesanareaof 2or 3squaredegreesof solar
surface. Groupsin this categoryshownostructuralregularities; the
spotshavenopenumbraandare usuallyshort-lived.

B. A binary(double}groupof twosmall spotswithoutpenumbrae.The
groupaxis is orientedapproximatelyalonga solar parallel. Still smaller
spotsandporeshavea tendencyto concentrateat thewesternandeastern
edgesof thegroup.

C. A binarygroup,like B, but in whichat leastoneof thespotshasa
penumbra.

D. A binarygroupin whichthetwoprimary spotshavepenumbrae.
E. A largebinarygroupof complexstructure. Eachof thespotshas

a penumbra.Thereare manysmallspotsbetweenthemainspots. The
grouphasalongitudinalextensionof at least10°.

F. A very largebinarygroupor compositegroup(oneincludingseveral
largespots). It hasa longitudinalextensionof at least15°.

G. A large binary group without small spots or pores. Its longitudinal

extension is at least 10 °.

H. A single spot with penumbra, sometimes of complex structure. The

spot diameter > 2_.5. Small spots and pores may sometimes be distributed

around it.

I. Similar to H. The spot is usually circular with a diameter <2°.5.

The Zurich classification of spot groups is very approximate and is

purely descriptive. However, it is widely used in practice in the Solar

Survey, since it covers almost all the possible configurations of spot

groups.
§13. Solar rotation, as determined from spots and faculae. After it

appears at the eastern limb of the sun, a spot moves across the disk from

east to west due to the solar rotation. Seven days later the spot crosses

the central meridian, and fourteen days after its appearance it disappears

behind the western limb. Many spots (and spot groups) appear several

times in succession, and they are called recurrents. The rotation period

of a sunspot relative to the central meridian is about 27 days. Because of

the inclination of the axis of solar rotation to the plane of the ecliptic, a
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sunspot describes an approximate elliptic arc over the solar disk. The

eccentricity and the position angle of the axis of this ellipse change during

the course of the year, due to the revolution of the earth about the sun and

due to the inclination of the solar equator to the ecliptic. On about 6 .June

and about 7 December, the spots seem to move in straight lines; between

6 June and 7 December the spot trajectory is convex toward the south, and

during the rest of the year it is convex toward the north. The position angle

of the northern end of the solar-rotation axis, the heliographic latitude of

the disk center, and also the heliographic latitude in the Carrington system

(see Vol. I, Part V) are listed in astronomical almanacs.

The angular velocity of sunspots (the rotation velocity of the sun) is

different at different latitudes, as first demonstrated by Carrington. The

angular velocity _ is generally specified as the angle through which the sun

rotates relative to the stars during one mean solar day. Faye was the first

to suggest the following formula for _ as a function of _ (the heliographic
latitude):

_=a--bsin_% (8)

where a is the angular velocity at the equator and b is a coefficient called

the equatorial acceleration (it would be more accurate, of course, to call

it a deceleration of rotation at higher 9). On the basis of Carrington's

observations for 1853-1861, Faye found that

= 14°.37 -- 3°.I0 sin _ q_. (9)

A very thorough study of the solar rotation using sunspots was carried

out by Maunder, who based his work on the Greenwich photographs of the

sun for ]879-1901. Maunder found that

= t4°.44 -- 2°.01 sin2 %

The most accurate values of constants a and b, however, are those

obtained at Greenwich from studies of long-lived spots (lifetimes of 25 days

or more), using photographs for the period from 1879 to 1933. Such spots

are usually circular and appear as the leading spots in groups. A total of

579 spots were investigated, at latitudes up to i30 ° and over four solar-

activity cycles. The sidereal-rotation period of the equatorial zone of the

sun is 25 days, and it increases to 26 days at 30 ° latitude. Recently,

Newton and Nunn /5/ extended the Greenwich computations up to 1944, and

the final formula is

= 14°.38 -- 2°.77 sin"-q_. ( 1O)

Wilsing at Potsdam in 1888 was the first to study the solar rotation on

the basis of faculae. However, he arrived at an erroneous conclusion, that

the sun rotates as a rigid body. The inaccuracy of Wilsing's conclusion

was demonstrated in 1891 by Belopol'skii, using Pulkovo-Observatory

photographs. The first reliable determinations of a and b for faculae were

those of Stratonov, who used measurements of the Pulkovo photographs for
1891-1894 to obtain the formula

_= 14°.56--2:.78sin:q ".
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At Greenwich solar photographs for the period from 1888 to 1923 were

used for this same purpose. In this case the procedure for determining a

and b was somewhat different. First, photographs were chosen which were

representative of the situation near the solar-activity minimum, and then

small isolated facular regions were identified on these photographs for the

duration of one complete solar rotation. The results of these investigations

were in good agreemenl with the data of Stratonov, and the formula obtained

was

= 14°.54 -- 2°.8t sin' q_. (1 1)

A comparison of formulas (10) and (11) shows that the equatorial acceler-

ation is the same for sunspots and for faculae. On the whole, however, it

appears that the velocity _ calculated from faculae is higher than the value

calculated from sunspots. Let us note, though, that when determining the

velocity of solar rotation from sunspots and faculae we are actually dealing

not with a geometrical but with a statistical problem. Even at a single

latitude spots have various velocities of rotation about the solar axis due

to their proper motions, which show up as changes in the mutual distances

of spots in a group and changes in the motions of spot groups in the photo-

sphere. It has been established, however, that the latitudinal (proper)

motions of sunspots average out to about zero (that is, they either rotate
or move at random).

Although spots are relatively stable, faculae, on the other hand, which

are made up of strings of facular granules, are quite emphemeral and

cannot be regarded as formations which are traceable for considerable

lengths of time. Faculae remain in more or less the same place for a

fairly long time, however, so that facular granules which have decayed can

reform in the same place as before, with the result that the process of

facula formation is comparatively localized in the photosphere. That the

solar rotation calculated from faculae is higher than that calculated from

spots should be considered as due to a shifting of the facula-formation foci

in the direction of solar rotation, relative to the spot groups.

The exact position of the solar-rotation axis is determined by analyzing

the apparent spot trajectories over the solar disk; long-lived recurrent

spots are particularly useful in this respect. The first determination of the

inclination angle i of the solar equator to the plane of the ecliptic and the

first determination of the ecliptic longitude f_ of the ascending node of the

solar equator were made by Carrington. He obtained

i=6°58 ' and _=74°22 ' (1850).

In 1913 Dyson determined these values from photographic observations
made at Greenwich from 1874 to 1912. He obtained

i= 7°10'.5 and _= 73°46'.8 (1850).

In 191 50rlov and Tsimmerman determined i and f_ from photographs of

observations at Odessa from 1894 to 1911, to obtain

i= 7°6 ' and _2=73°48 ' (1850).
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Finally, Servajean recent ly  obtained the following values: 

i=7"0' and Q=74"2' (1930). 

The l a t t e r  determinat ions show that Car r ington ' s  values a r e  quite re l iab le  
and can be  used in most  s tudies .  

Special fea tures  of the l ine s p e c t r a  of spots  and faculae. 
spec t r a  of spots  and faculae are usually studied by means of a compar ison  
with the spec t rum of the adjacent photospheric regions,  Such compar isons  
are made easy  by the fact that spots  are, as a ru le ,  spectrographed by 
center ing  the spec t rograph  s l i t  onto a spot o n  the solar image in such a 
way that the spec t rogram simultaneously r e c o r d s  the spectra of the spot  
umbra ,  the penumbra, and the adjacent regions of the photosphere. Faculae  
are spectrographed in the  s a m e  way. A spec ia l  photographic atlas of the  
spec t r a  of sunspots  and the photosphere, covering the region f rom 4600 to 
7200 A, has  been compiled a t  Mount Wilson Observatory. 

J14. The 

FIGURE 15 

In comparison with the spec t rum of the photosphere, the l ines  of ionized 
a toms of var ious elements  are attenuated in the spot spectra .  F igu re  1 5  
shows pa r t  of the spec t rum of a sunspot and the surrounding photosphere 
(photographed a t  Pulkovo Observatory with a horizontal so l a r  te lescope and 
a diffraction spectrograph) .  Several  molecular bands a re  present  in the 
spot spec t rum but a r e  not vis ible  in the spec t rum of the photosphere. 
spec t r a  of different spots  have the s a m e  appearance,  which indicates that 
they have identical physical s t ruc tu res ,  

var ia t ion  in the emit ted flux a t  a given frequency ( the effect of th i s  [select ive]  
absorpt ion a t  g rea t  depths is weakened by the continuous absorpt ion in the 
overlying s t ra ta ) .  
given element  i n  the spec t rum depend on the number of act ive a toms 
occur r ing  in var ious  energy s t a t e s  i n  a photospheric column 1 cm2 in section 
(henceforth r e f e r r e d  to s imply as the number of a toms) ,  para l le l  to  the 
o b s e r v e r ' s  l ine of sight. 
t empera ture ,  on the gas  p re s su re ,  and on seve ra l  constants charac te r iz ing  
the a tomic  energy  s ta te  (excitation, ionization). 
showed that the l ine intensi t ies  for  spot spec t ra  can be computed on the 
basis of the hypothesis of so-cal led local  thermodynamic equilibrium, using 
the fo rmulas  of Boltzmann and Saha. Therefore ,  a comparison of the 
equivalent widths of the s a m e  spec t r a l  l ines  in the photosphere and spot 
s p e c t r a  will make  i t  possible to determine the temperature  of the spots  and 

The  

Let  u s  define act ive a toms as those which abso rb  light and cause  a 

Then ,  we must  a s sume  that the line intensi t ies  for  a 

This  number of a toms depends in turn on the 

In 1947, T. V. Kra t  /6/ 
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theratio of theelectronpressures(andconsequentlythe total pressuresas
well) in thespotsandin thephotosphere.However,it shouldbekeptin
mindthatthegrowthcurves,whichexpresstheequivalentlinewidthsas
functionsof thenumberof activeatoms,aredifferentfor spotsandfor the
undisturbedphotosphere.Linecomparisonis thusjustifiedonlywithina
singlegrowthcurve; for example,this maybeacomparisonof the lines
of neutralandionizedelementsor a comparisonof the linesof a single
elementbutwhichoriginateat differentenergylevels(withdifferentground-
levelexcitationpotentials). It shouldalsobekeptin mindthatthelines in
sunspotspectrashowZeemansplitting,sincethemagneticfields of sunspots
areconsiderable.In order to avoidhavingto taketheZeemaneffectinto
consideration,it is possibleto useonlythevery widelines(thehydrogen
lines, the linesof ionizedandneutralcalcium, thegreenmagnesiumtrip-
let, theD1 andD2 sodiumlines, etc.), whoseequivalentwidthsareprac-
tically unalteredbytheZeemaneffect.
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FIGURE 16

The first study of this kind, based on naked-eye estimates of the line

intensities in sunspot and photosphere spectra, was carried out by Moore

in 1931. More reliable data were obtained by ten Bruggencate and von

Klilber /7/ and by T.V. Krat /6/, using exact methods of photographic

spectrophotometry and taking into account the various systematic errors

due to the earth's atmosphere and to instrument effects. Ten Bruggencate

and yon Klilber plotted separate growth curves for the photosphere and the

sunspots (Figure 16), in order to determine the ratios between the numbers

of atoms in given energy states. For these curves, they considered only

the large spots, whose spectral lines are not distorted by atmospheric

vibration of the solar image. Since on photographs of the solar disk all

spot umbrae (with the possible exception of pores) show the same contrast

with the photosphere, it is clear that such spectrophotometric studies of

the large spots will ensure the most reliable results.

The growth curves plotted by ten Bruggencate and yon Kliiber for the

normal photosphere and for sunspots are shown in Figure 16. The abscissa
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is the logarithmof a quantityproportionalto thenumberof oscillators(the
productof thenumberof atomstimestheoscillator strength),whilethe
ordinateis thelogarithmof theequivalentwidth(A_)dividedby 2A_D,
where A_D is the so-called Doppler line width.

Recently the studies of ten Bruggencate and yon Klfiber were repeated by

Abhyankar and Ramanathan /8/ using Cr, Ti, and Fe lines and by Kornilov

using Ti, Fe, V, Ti +, and Fe + lines. Their growth curves came out very

close to those plotted by the earlier authors.

Since the growth curve illustrates graphically the equivalent line width

as a function of the number of atoms, therefore if these curves are speci-

fied for the spot umbra and for the photosphere then we can obtain the

desired ratio of the numbers of atoms of some element (the curves are

plotted for neutral iron and for titanium) in the spot umbratothe correspond-

ing numbers of atoms in the photosphere.
Let us first write Boltzmann's formula separately for the spot (s) and

the photosphere (p):

•lg (_) = C--X,0,, (12)

lg(_) = C--X,08, (13)

5040° 5040°
p=-TV/' °'=-_7-, "

Here the term C contains the statistical weights of the states, no is the

number of atoms per cm 3 located in the ground energy state, n: is the

number of atoms in the /th energy state, and _ is the excitation potential.

Subtracting (12) from (13), we have

hi., = lg _ --Xl (0, -- Op).)g-_-p (14)

If we denote the difference 0. -- 0p as A0 andwrite relations such as (14) for

the different energy states of a given atom, then we obtain a system of

equations in two unknowns, namely A0 and lg n_,,, If we take into account
hi, p"

that for weak lines the n_ values are proportional to the equivalent line

widths, then it is easy to find lg _ and from this the unknown lg n0.pn°'--z.Once

the numbers of neutral atoms and ions in the ground state are known, we

can apply Saha's formula to calculate the ionization of the gas. Then, for

the spots and for the normal photosphere we will obtain two equations:

lg(_-_ ) +lg (p,),= --ZoO,-}-SlgT,+C ', (15)

(:_) +lg(pe). _ .....
X J-U!lg = -- %0tip+ 2 lg Tp -}-C',

where C' is a constant depending on the statistical weights of the ionized

and neutral states of the atom, and Pe,. and Pe,p denote the electron

pressures in the spot and in the photosphere. By subtracting (16) from (15),

we obtain

n0+,, , 1_Pc,, no, 5 T, (17)
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WhenAO, T, n$., and n0., are known, it is easy to determine the ratio P_'°
Tp' _ no, p P¢,I_

According to ten Bruggencate and yon Klfiber, A0 = 0.33, Tp = 5040% and
T° = 3800 °. Thus, by applying equation (17) for Ca II (H and K lines} and
Ca I (line 4227 A), T. V. Krat obtained

lg pe,, = --t.60 and P"_ t
Ps, p Pc, p : "-_ "

Mustel' maintains that these numbers characterize p_., for large spots

only. For small spots the ratio pe._ may be closer to unity. Unfortunately,
Pe,p

it is not yet possible to perform exact spectral-line photometry for small

spots, because their umbrae are blurred by vibrations of the image on the

spectrograph slit. At any rate, it is clear that Pe,, << Pe._. This is mainly

due to the fact that over a spot umbra the gas is more rarefied than over

the hotter regions of the photosphere. The lower ionization of the gas in the
sunspot also has some effect.

Analogous studies of the Fraunhofer spectra of faculae were carried out

by T. V. Krat /10/ and later by Mitropol'skaya /11/. As we have seen (see

§3), a facular granule (as well as the facula proper, which is an accumula-

tion of several such granules) can best be regarded as a thin layer of gas

on the photosphere surface which is over 1000 ° hotter than the surrounding
photospheric gas. Measurements of the contrast between the faculae and

the photosphere at various wavelengths support this conclusion; the contrast

increases for shorter wavelengths. Quantitatively this contrast is usually

small, but the facula spectrum is blurred by the photospheric spectrum

because of atmospheric vibration of the solar image. The image-vibration

amplitude for low vibration frequencies is almost always much greater than

that for high frequencies. Thus, short-exposure photographs come out

sharper than long-exposure photographs, since the latter are blurred by
low-frequency vibrations.

Recently Mel'nikov and Zhuravlev /12/, who assumed a facula to be

transparent in the continuous spectrum with its brightness superimposed

onto that of the undisturbed photosphere, obtained speetrophotometric

facula temperatures 1000 to 3000 ° in excess of the temperature at the
center of the solar disk.

T. V. Krat obtained the equivalent line widths for Ca 4227 _ and Ca II K;

Fe I 5049.83; 5051.64; 5109.66; 5110.41; 5133.70 _ and 5139.26, 5139.48 A;

Fe II4923.93 and 5018.45 _; Tii5007.22,5022.88, 5024.85, 5025.57 A; and
TiII 5154.08 _. It was noted that the lines of ionized Fe and Ti in the

spectra of faculae are stronger than in the photospheric spectrum, while,

on the other hand, the lines of neutral Fe and Ti are weaker. This fact

definitely indicates a higher ionization of metals in the facular granules.

The calcium lines are somewhat anomalous in their behavior. Both the K

line and the Ca 4227 line are weaker in the facula spectrum, the degree of

attenuation being greater for the 4227 _ line. According to T. V. Krat, this

may be a consequence of the fact that a large proportion of the calcium

atoms are ionized to the Ca III state. Mitropol'skaya, who agrees with this

conclusion, goes on to observe that the increased calcium ionization may

be due to ultraviolet radiation beyond the limit of the Lyman series. How-

ever, this has not, in our opinion, been proved definitely. The problem is
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thatthe ionizationpotentialof CaI is Xo= 6.09V, whilethat of CaII is
X,-- 11.82V. Undersuchconditionstheionizationmaybe increasedby
electronicimpact,a factorwhichbecomessignificantfor a rise in T of

1000 , and to a certain extent it can even be increased by photospheric
radiation below the Lyman limit.

A growth curve for faculae was first constructed by Mitropol'skaya.

She also studied in detail the profiles of the H= and H_ lines of hydrogen in

the spectrum of the faculae. Simultaneously with Ismailov, she concluded

that the line profiles in this case are determined by two gas layers of differ-

ent temperature, a low, cooler layer and an upper, hotter layer. This

conclusion, moreover, is consistent with the present-day concept of facular
granules (§11). However, this factor complicates the derivation of the

quantitative characteristics offaculae considerably: the electron pressure,

the excitation and ionization temperatures, etc. The problem is very
difficult from a theoretical point of view as well, since the conditions for

local thermodynamic equilibrium are not observed in a thin heated gas layer,

with the result that the formulas of Boltzmann and Saha do not apply.

§15. Magnetic fields of spots. The general magnetic field of the sun.

The first reliable information on solar magnetic fields was obtained from

the Zeeman splitting of lines in the spot spectra. If the line of sight is

perpendicular to the magnetic lines of force surrounding a light source,

then the spectral lines are split into three components: a central component

which does not shift in wavelength and two components located symmetrically

one on each side of the line center. The light of all these line components

is linearly polarized; for the central component it is polarized parallel to

the lines of force and for the lateral components it is polarized perpendicular

to them. If, on the other hand, the line of sight is parallel to the magnetic

lines of force, the central component is not observed and the spectral line

appears to be made up just of two components. The light of these compo-

nents is circularly polarized in opposite directions. The distance between

the outer components in either case is proportional to the magnetic-field

intensity, as the following formula shows:

AI = 4.67. i0-SHk ', (18)

where _ and A_ are in centimeters and H is in oersteds. In reality, the

splitting is more complicated. The field intensity H can be measured from

the lines of simplest form, which to a first approximation coincide with the

classical Zeeman triplet and which also show the greatest splitting. The

amount of splitting is determined by the so-called Land6 g-factor. When g
is introduced into (18), we obtain

AX = {.67 !0-SHg,L *.

For some lines which are particularly convenient for determining H,

Table 2 (compiled by von Kliiber) gives the values of 10 l° gXz.

From 1917 on, the magnetic-field strengths and polarities for all the

visible spots have been determined daily at Mount Wilson Observatory.

The polarity is determined from the intensity ratio for the split line compo-

nents. If the relative intensities of the three components are iv (the short-

wave "violet" component), ie (the central unshifted component), and i r (the

long-wave "red" component), then for all i we obtain the following functions

53



of the angle (y) between the line of sight and the intensity vector of

the magnetic field:

• t (l-cos_f, " tto=_- t_=_sin2y, it= t(1 +cos¥)_,

iv + ic-_ ir= 1.

From the attenuation of the oppositely polarized components iv and ir, we

can determine the sign of the field intensity (whether it is "north" or

"south" polarity). The magnetic fields of sunspots were previously studied

at Mount Wilson using a diffraction spectrograph with a Nicol prism and a

quarter-wave plate ahead of the slit. Recently, however, in order to obtain

a higher resolving power and also a higher accuracy of the results, yon

Klilber used equipment incorporating a Fabry-Perot interferometer, in

which the diffraction spectrograph just plays the role of the primary mono-

chromator. The average error in H in this case is about ±25 oersteds.

TABLE 2

Line

5t3t.478
5247.576
5250.2t8
6t73.348
6258.578
6302 508
6733.162
8468417

10288.87

Element
Rowland intensity

photosphere I sunspot

Fe 2
C 3

Fo 2
Fo 5
V t
Fo 5
Fo t
Fo 2
Si

3
5
3
5
2
4
0
4

tOlOg_2

66
69
83
95

t32
t00
tt4
t80
2t2

The most important result of the Mount Wilson observations was the

derivation of the law of the magnetic polarity of sunspots, discovered by

Hale. it was established that spot groups can be divided into the following

three classes (Halc and Nicholson /14/).

a) A unipolar group includes either a single spot or a group of spots

which all have the same magnetic polarity.

b) A bipolar group includes, in the simplest case, two spots (a binary

group) with opposite magnetic polarity. The axis of the group (the line

joining the spots) makes only a small angle with the solar parallel. Often

instead of two spots we observe two groups of small sunspots, which con-

stitute the leading and following components of the group and which, like

the individual spots, have opposite magnetic polarity.

c) A complex spot group consists of spots of different polarity, arranged

very irregularly.

Strictly speaking, unipolar groups either are still undeveloped or else

are very old bipolar groups in which one of the spots has been replaced by

a region of opposite magnetic polarity. Hale called such regions "invisible

sunspots" and detected their presence by the presence of the magnetic field.

In some cases the magnetic fields presumably occupying the places of the

second spots in bipolar groups had intensities of about 200 oersteds (and not

higher than 5(]0 oersteds). Complex groups are in all probability hetero-

geneous formations which originate due to the overlapping of several bipolar

54



groups. The bipolar group is the basic and most characteristic formation

among sunspot groups.

The study of the magnetic fields of bipolar groups led Hale to discover

the law of magnetic-polarity reversal in sunspots. It was established that

within one (11-year) solar-activity cycle all the leading spots (that is, those

going ahead of the group during solar rotation) have the same polarity. In

other words, all the bipolar groups have the same longitudinal orientation.

When a new cycle commences, however, this orientation becomes reversed,

so that if in the preceding cycle all the leading sunspots were of north

polarity then in the new cycle they will all be of south polarity. About 98%

of all the bipolar groups obey this law. Therefore, the initial magnetic-

field distribution in the sunspot groups on the solar surface is restored

only after 22 or 23 years.

The presence of strong magnetic fields in sunspots also affects their

curves of growth. As shown by Mel'nikov and Zhuravlev /13/, magnetic

splitting intensifies the absorption lines; thus, if this strengthening is

interpreted as an effect of Doppler "turbulent" motions, then the "turbulence"

in the gas is also increased. It is clear, however, that the "turbulence"

is in this case purely fictitious.

Also of great interest is the general magnetic field of the sun. The first

data on this field were obtained by Hale in 1912. His observations led him

to conclude that the sun may be regarded as a magnetized sphere (dipole).

According to Hale's data, the magnetic poles of the sun are close to the

poles of the rotation axis, the north magnetic pole being located in the

northern hemisphere, just as on the earth.

The studies made at Mount Wilson Observatory in 1914 and 1916 by Hale,

Seares, van Maanen, and Ellerman gave the following results:

the inclination of the magnetic axis to the solar rotation axis is i = 64.0 ± 0_.4;

the rotation time for the magnetic pole is Tm = 31.52 ± 28 days;

the field intensity at the poles is Hpol = 50 oersteds.

/-

!
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FIGURE 1'7
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Later HalereducedthevalueofHpo! to 20oersteds/14/. More recent
studies, however, have not confirmed the results of the Mount Wilson

astronomers. Thiessen, usinga Fabry-P4rot interferometer, foundHpol
to be 1.5 oersteds in 1949 and 2.5 oersteds in 1951. Von Kl_ber obtained

the value Hpol = 0, with a possible upper limit of 1 oersted. Even more

recently, careful investigations of the weak magnetic fields on the sun have

been carried out by Babcock and Babcock /15/ at the Hale Solar Laboratory

in Pasadena (California}. These investigators employed avacuum spectro-

graph with a diffraction grating 13 × 20 cm in ruled area and with 600

grooves per ram, using fifth-order green light. The dispersion was

11 mm/_ and the resolving power was 600,000. The splitting of the 5250

line was recorded as follows using a modulation photoelectric photometer

[detector]. The double slit was centered onto the wings of the line profile

(Figure 17). Photomultipliers were placed opposite each slit (A, and A2}

in order to record not the total luminous flux but only the differences in the

fluxes passing through the two slits. For a line with Zeeman splitting this

difference (provided the observations are made in polarized light) will

naturally be a function of H. A Nicol prism and an electro-optical retarda-

tion plate made of ammonium dihydrogen phosphate were used as an analyzer.

The solar image, which was 40 cm in diameter, was allowed to drift across

the spectrograph slit. The effect of the magnetic field, which increases

the splitting of the line, showed up as a shift in a point of light on an

oscilloscope screen which recorded the photocurrent. The oscilloscope

screen was photographed on a moving film, which showed the profiles of

the magnetic-field sections in the direction of motion of the solar image
across the slit.

Some recordings of H are shown in Figure 18, the vertical distance

between lines being one oersted. The accuracy of the given oscilloscope

recording is ±0.1 oersted(the accuracy depends on the slit width, that is,

on the signal amplitude}. A superficial examination of the Babcock chart

indicates that no general magnetic field of the sun exists. However, in both

the northern and southern solar hemispheres, weak local fields appear

near the poles, which have intensities up to one oersted and like polarities.

Near the equator the weak magnetic fields are generally opposite in sign.

These facts enable us to interpret the general magnetic field of the sun as

a statistical mean of many weak local fields, which for some still-unknown

reason are oriented by the solar rotation. For this mean field Hpo I -- 1
oersted. There is some reason to believe thatH for the mean field varies

during the ll-year solar cycle. Of particular interest, in view of their

relation to geomagnetic phenomena, are the weak but extensiw, (10 to 30 _

in longitude) unipolar fields, which possess high stability. The maximum
value of H for these fields does not exceed 1 oersted.

The Babcock charts show quite well the magnetic fields averaged over

areas occupied by strings of faculae. These fields often exceed 10 oersteds

(and may reach 20 or 30 oersteds).

Recently, magnetograph observations have been carried out at the

Crimean Astrophysical Observatory /16/ and at Pulkovo Observatory /17/,

using equipment similar in principle to the magnetograph setup of Babcock and

Babcock. On the whole, these have confirmed the conclusion concerning the

irregular structure of the magnetic field on the solar surface;however, since the

recording was made using a narrow slit (up to several arc seconds in width},
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it was  found that  v e r y  loca l  magnetic f ie lds  o n  the sun have H values  which 
are s e v e r a l  t imes  g rea t e r  than those obtained by Babcock and Babcock using 
the i r  wider  slit. Obviously, the magnetic field possesses  a comparat ively 
f ine s t ruc tu re  which is b lur red ,  o r  more  precisely is averaged out, in 
wide -slit recordings.  
who recorded  the magnetic f ie lds  of faculae and constructed cha r t s  of the 
H isol ines  fo r  facular  regions.  Stepanov and Petrova found that, although 
the loca l  maxima of H in facular  regions are higher than those in undis-  
turbed regions of the sun (they may r each  s e v e r a l  tens of oers teds) ,  s t i l l  
the  positions of these  maxima do not coincide with the cen te r s  of Ha-line 
emiss ion  for faculae, which fo rm over  photospheric faculae. The  faculae 
appear  to be s i tuated on the downward par t  of the H curve ,  near  the 
maximum, as if the facular  emiss ion  were  actually due to cu r ren t s  induced 
around a crowding of the magnetic l ines  of force .  For H < 50 oers teds ,  the 
faculae coincided with the maximum of H. T h e  overal l  pat tern,  of cour se ,  
does not cor respond to any s imple  model. The  magnetic field posses ses  
many i r regular i t ies  (near  the maxima), and the distribution of facular  
granules  is even more  i r regular .  The very  fact that faculae a r e  divided up 
into granules  denies the existence of regular  annular cu r ren t s  in the photo- 
sphe re  and of any other  v e r y  extended cu r ren t s  as wel l .  

A l so  v e r y  interest ing a r e  the r e s u l t s  of Stepanov, 

FIGURE 18 

$16. G a s  motion in sunspots. The  Evershed effect. Evershed  (1909, 
1916) was the f i r s t  to begin a systematic  study of the motion of gas  in sun -  
spots ,  by means  of measurements  of the rad ia l  velocities a s  ref lected in  
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the spot spectra. The Doppler shift of the spectral lines which he discovered

in sunspots is known as the Evershed effect. Ifa spectrograph slit is oriented

along the radius of the solar disk, then the edge of the spot penumbra closer

to the disk center shows a Doppler shift toward lower wavelengths, while

the opposite edge (the one toward the limb) shows a shift toward higher

wavelengths. This shift becomes more pronounced toward the edge of the

penumbra, and abruptly disappears immediately upon transition from the

penumbra to the surrounding photosphere. The magnitude of the shift

increases as the sunspot approaches the limb. The Evershed effect is

generally interpreted as an efflux of gas from the spot umbra, which takes

place in an almost exactly horizontal direction. The efflux velocity at the

outer edge of the penumbra usually reaches 2 km/sec.

St. John (1931) studied the Evershed effect in more detail and established

that the phenomenon is actually more complicated than just a simple efflux

of gas from the umbra. Such an efflux can be distinguished only according

to the weak lines of metals (preferably the Fe lines). For stronger metal

lines (Fe, Mg), the Evershed shift is practically zero. This also applies

to the Ca 4227 line, which shows a very slight shift, but in a direction

opposite to that of the H_ line; the D I and D 2 (Na), bl, and b_ (Mg) Fraun-

hofer lines, however, show a substantial reverse shift. The reverse shift,

which corresponds to an influx of gas into the sunspot, is the strongest for

the H_, H_, and Ha lines, and particularly in the central cores of the H and

K lines (Ca If). The influx velocities for the H and K cores can reach

3 km]sec. The cores of strong Fraunhofer lines are formed in the upper

layers of the solar atmosphere, since light emitted by the lower strata

actually becomes absorbed due to the opacity of the solar atmosphere to the

corresponding wavelengths. The phenomenon of gas efflux from spots thus

characterizes the motion of gas in the upper layers. The pattern of the gas

flow in sunspots is reminiscent of the terrestrial breezes which blow over

the cooling land of islands. The cool air must flow out toward the sides,

while warm air descends from above. However, the analogy is not perfect,

since the gas motion which ceases at the outer edge of the penumbra does

not change into a vertical stream but definitely continues along below the

surface of the photosphere.

In 1926 at the Arcetri Observatory (Italy), Abetti once again studied the

Evershed effect. On one occasion he observed a small sunspot whose

umbra underwent violent changes. In this umbra the efflux velocity was

6.6km]sec, and various photographs showed that the maximum efflux

velocity was observed not at the [spot] periphery but at the edge of the

umbra', the velocity decreased nonlinearly with the distance from the

umbra.

In 1915 Evershed observed in a certain sunspot a phenomenon which

later became known as the Evershed effect of the second kind. When this

spot was located on the eastern side of the solar disk, the eastward part of

the penumbra had a higher velocity than the westward part. When the sun-

spot crossed the central meridian, this pattern reversed and the westward

part of the penumbra acquired a greater velocity. This phenomenon was

observed repeatedly at the Arcetri Observatory. A correct explanation was

given by Moncinelli. According to Moncinelli, the efflux of the gases is

not horizontal, but slopes downward, making an angle of from 2 to 29 ° with

the surface of the sun. Thus, it follows that the spot penumbra represents

1526
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during the greater part of the sunspot lifetime the magnetic field remains

constant, whereas the spot area, once it has reached a maximum, steadily

decreases. Therefore, it looks as if the magnetic field does not form

together with the sunspot but rather appears to emerge to the surface and

then to sink down again below the photosphere.

Field Area Field Area

JO O_ ' ' ' dg O

Days Days

FIGURE 19

At the center of the sunspot the lines of force are almost vertical. At

the inner edge of the penumbra they slope outward, making about a 25 °

angle with the vertical. This angle (0) varies with the distance (r) from

the spot center as follows:
o r

e=90 T, (19)

where b is the radius of the outer boundary of the penumbra. The field

intensity H depends on the maximum sunspot area (during its whole lifetime)

and may be as high as 4000 oersteds for the largest sunspots. Inside the

sunspot, according to Broxon (1942) and Thiessen(1953), His related to

Hm (the field intensity at the center) by the expression

Near the solar limb the field intensity H of a sunspot decreases, which

may be due to the variation of H toward the upper regions of the atmosphere.
In this case the effect is completely analogous to limb darkening. In both

cases a raising of the effective level of the emitting layer is caused by an

increase in its optical thickness due to the oblique (relative to the horizontal

plane) path of the rays. The quantity H actually does decrease rapidly with
dHm

altitude. For large sunspots Houtgast and van Sluiters obtained dh -

5.7 oe/km.. On the other hand, the divergence of the lines of force observed

by Hale and Nicholson sets this gradient at 0.5 oe/km. Moreover, King
...... -_ e__ _._.,_ o+_,_g_t _nd weakest Fraunhofercompared the H values 1,,_,,,

lines and referred them to the different effective depths of origin, and he

dHrn

obtained -_-= 2.5 oe/km. All these estimates agree roughly, indicating

that the sunspot field pattern in the solar atmosphere is approximately that

in a vacuum.

Solar gas is a good conductor. Near the surface of the sun, at T _ 10 4

degrees, the conductivity (o) is about 10 -8 electromagnetic units. On the
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anelevationabovethesurfaceof thephotosphere,whichcontradictsthe
Wilsoneffectsomewhat,but is neverthelessconsistentwithcertaindirect
observations.

Evershed,St. John,andAbettialsoattemptedto determinetherotation
velocitiesof sunspots.In thesestudies,thespectrographslit wasaligned
parallel to theradiusof thesolar disk(for a sunspotnearthesolar limb).
Undersuchconditions,of course,onlythevelocitycomponenttangential
to thepenumbrawasdetermined.Therotationvelocityvaried inboth
magnitudeanddirectionfor differentsunspots.FromtheK3line St.John
obtainedarotationvelocityof 1.59km/secfor five sunspots.Abetti(1932),
onthebasisof observationsof 26spotgroupsfrom 1926to 1930,showed
thatthedirectionof sunspotrotationobtainedfrom themetallic lines is
generallyoppositeto thedirectionof motionof thehydrogenvortexes(see
nextchapter)whichshowuponspectroheliograms.In 1934Calamaifound

that the gas in sunspots moves along logarithmic spirals.

§17. The nature of sunspots. Most of the sunspot theories which have

been formulated are now of historical interest only. Of these the theory of

Stepanov /18/ is perhaps the one which is hydrodynamically the most sound.

However, even this theory cannot be accepted completely, since it essentially

neglects the role of the magnetic fields of the spots, these being of prime

importance in all hydromechanical computations. The greatest problem

at present is not how to interpret the gas motion in sunspots but rather how

to explain the origin of the magnetic fields which specify the physical

conditions in sunspots. For example, Biermann /19/ has shown that the

temperature drop in a spot can be considered as an immediate consequence

of the presence of the magnetic field. An intense magnetic field located

below the photosphere can stop the convection almost completely, since the

gas masses, which are good conductors, will move along the lines of force

of the field. During convective motion, on the other hand, gas currents

will inevitably intersect the magnetic lines of force. Consequently, under

a sunspot energy is transferred by radiation only. Since the radiative

temperature gradient is greater than the gradient in the convective zone,

the temperature in a sunspot will naturally be lower than the normal photo-
spheric temperature.

The origin of the magnetic fields of sunspots has still not found a satis-

factory theoretical explanation. Gurevich and Lebedinskii /20/ were the

first to attribute the origin of the solar magnetic fields to the motion of a

conductor. For instance, in particular, the compression of a conductor

with "rigid" magnetic lines of force may increase the number of lines of

force per unit volume considerably, that is, it may increase the field

strength. Large-scale hurricanes apparently occur in the interior of the

sun, at depths of 104 or 105 km below the photosphere, and their mechanical

energy is partly converted into the energy of magnetic fields. The mecha-

nism of this conversion, however, is still unknown, and the theory describing
this phenomenon has not yet been developed.

The magnetic fields of sunspots are exceptionally stable. In 1946

Cowling /21/ used data on sunspot magnetic fields obtained at Mount Wilson

to make a preliminary attempt at describing the development of a spot field.

His curves relating the magnetic field to the spot area are shown in Figure

19. The curves are averaged, and nonsystematic daily fluctuations of the

magnetic field have been smoothed. It is evident from these curves that
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earththis valueis closeto theconductivityof saltwater(a_ 10"_electro-
magneticunits). Thus, thegasconductivityis nothighbutjust intermediate.
Thebehaviorof individualprominencesabovesunspotsindicatesthatthe
sunspotmagneticfield mayextendto greatheights(theprominencesoften
movealongthelines of forceofthesunspotfield). It is still notclear to
whatextentthevariationof// ina sunspotis relatedto theEvershedeffect.
Thereis apparentlynodirect relationbetweenthetwo, sincetheeffluxof
gasin a sunspotrepresentsaone-wayprocess,whereasthevalueof H in

a spot is subject to considerable fluctuation. Nevertheless, it is almost

certain that the variation in H must play an important part during the epoch

of most rapid sunspot growth; this variation actually causes the field, and

consequently the sunspot itself, to emerge to the surface of the photosphere.

Gas should flow out of a sunspot mainly along the magnetic lines of force.

Therefore, if the gas flow slopes downward, below the photosphere, then

this must also be the direction of the magnetic lines of force. The existence

of the sharp boundary of the penumbra and sunspot, however, is still

puzzling. Why should all apparent motion cease at this boundary, despite

the fact that the sunspot magnetic field can extend over greater distances ?

No theoretical answer has so far been given for this question.

§18. The cyclic variation of photospheric phenomena. Although the

number of sunspots observable on the solar disk varies greatly from day

to day, the average yearly number of sunspots behaves differently. If we

calculate the yearly average of the number of sunspots observed each day

and plot a curve of these sunspot numbers over many years, then we obtain

a smooth curve. The German amateur astronomer Schwabe (a druggist by

profession) was the first to establish, from his observations in 1843, that

the number of sunspots shows a definite periodicity. Schwabe estimated

the period between two maxima at 10 years. Wolf of Zurich became

interested in Schwabe's discovery and studied all the sunspot observations

from the time of Galileo to his own period. Wolf confirmed Schwabe's

results and established an average period of 11 years. In order to charac-

terize sunspot activity properly , Wolf introduced the concept of the "rela -

rive sunspot number" (Wolf number). If g denotes the number of sunspot

groups observed on any given day and ] is the number of individual spots

on that day, then the relative spot number is defined by the empirical
for mula

R=k(lOg+]), (20)

where k is a coefficient depending on the instrument employed and on the

observer. In the determination of k we must not only take into account that

different telescopes have different resolving powers, so that some observers

will see more small spots than others will, but we must also consider that the

procedures for distinguishing individual spot groups u_d b2_ different

observatories may be different as well. Obviously, the number of groups

(g) will have a very high weight in the definition of R.
For his Zurich observations Wolf took k = 1. He made his visual esti-

mates using a refractor with an 8-cm objective and a magnifying power of

64. Wolf's observations were continued by Wolfer, his successor at Zurich,

and then by Brunner. Wolfer noted that when calculating the relative spot

numbers Wolf had omitted pores and had neglected umbral fragmentation
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in sunspots following the leading spot, so that his g and ] values were both

systematically low. To avoid the necessityof modifying the system of Wolf

numbers, it was decided in Zurich to introduce a conversion coefficient of

0.6 which would reduce the new Zurich observations to the original Wolf

system. At present the Zurich system is accepted as an international

standard, and the results of all other observatories are reduced to this

system. There is, however, considerable uncertainty involved in reducing

R to a single system. The problem is that, as demonstrated by Slonim /22/,

the coefficient k does not remain constant even for a given observatory.

For example, for the Tashkent Observatory system, which is one of the

most stable systems in existence, k varied from 0.6 to 0.9 for different

years. This being the situation, we obviously cannot count on a high

accuracy for the values of R; the errors in the average values can easily

reach 20°/(, or more. Table 3 gives the Wolf numbers R in the Zurich system "

for over 200 years (1749--1958). The years of maximum are marked with

an asterisk.

TABLE 3

Year

t749

t750'
t75t

t752

t753
t754

t755

t756
t757

t758
t759

t760
176t*

t762

t763
1764

t765

t766
t767

t768

t769"
1770

t77t
t772

t773

1774
t775

1776
t777

1778"

t779
t780

t78t
t782

t783

R

t
80.9

83 4
47.7

47.8
30.7

t22

9.6
i0.2

32 4

47.6
54.0

62.9

85.9
6t.2
45. t

36.4

20,9
tt ,4

37.8

69.8
t06. t
t00.8

Year R

L
i784 I t0.2
t785 / 24.t
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t792
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t794
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t800
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1820

t82i
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t824
89,9 t825

66,6 t826

60.0 t827
46.9 t828

4t.0 1829

2t.3 1830"
16.0 t831

6.4 t832
4.t t833

6.8 1834
14.5 1835

34.0 1836

45.0 t837"
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23.9

15.7

6.6

4.0
t,8
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t6.6
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8.5
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56.9

i2t.5
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36.8
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1866
t867

t868
t869

t870"

t87t

t872
t873

t874

t875
t876

R Year R Year

20.6 t924
6.7 i925

4.3 t926

22.8 t927
54.8 t928

93.8 t929
95.7 t930

77.2 i t931

59.1 t932
44.0 1933

47.0 t934

30.5 t935

16.3
7.3

37.3
73.9

139, t

IiII,2Ot .7
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44.7

t7.1
tt.38i.6 t806

66.5 t807

34.8 t808
30.6 t809

7,0 t8t0

t9.8 t8tt
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t54.4 t8t3

t25.9 t8t4
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t848"
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t0.7
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40. t
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t880
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1883"
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t885

t886
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t2.3
3.4

6.0

32.3

54.3
59,7

63.7
63.5
52.2

25.4
t3.i

6.8

t889 6.3 t6.7

t890 7.t 44.3

t89t 35.6 63.9
t892 730 69.0

t893' 84.9 77.8

t894 78.0 65.0
t895 64.0 35.7

t896 4t.8 2t.2

t897 26.2 11.t
t898 26.7 5.7

1899 t2.1 8.7

t900 9.5 36.t
1901 2.7 t936 79.7

902 5.0 1937' tt4.4
903 24.4 t938 1t09.6

t904 42.0 t939 88.8
t905" 63.5 t940 67 8
t906 53.8 194t 47.5

t907 62.0 t942 30.6

t908 48.5 1943 t6.3
1909 43.9 t944 tt.0

t910 18.6 t945 33.2

t9tl 5.7 t946 92.6
t9t2 3.6 t947" t5t.5

t913 t.4 1948 t36,2
t9i4 9.6 t949 t34.7

t915 47,4 1950 83.9

t9t6 57.t t95t 69.3
t9i7't03.9! t952 3t.5

t9t8 80,6 t953 t3.9

t9t9 63.6 t954 4.4

t920 37.6 t955 38.0
t92t 26.t 1956 i14t.7
t922 t4.2 t957 i89.9
t923 5.8 t958 t84.8

The table shows that the length of the period varies over a wide range,

from 7 to 17 years. It is thus more correct in this case to substitute the

term "cycle" for the term "period."

A solar-activity index which is somewhat more accurate than the Wolf

numbers is the average (for some specified period) sunspot area. However,
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the statement that this index is more accurate is to a certain extent conditional.

Duringyears of sunspot minimum, when the spot area must be estimated accord-

ing to one or two small sunspots, the error in the daily sunspot areas is almost as

high as the relative error in the area of a single sunspot {that is, almost 20%).

Duringyears of maximum, however, when the estimate is obtained by adding up

the areas of the numerous sunspots on the solar disk, the error of the sum in-

creases approximately in proportion to l/n, where n is the number of sunspots

measured, while the relative error decreases inproportion to ]/n. Therefore,

in year s of maximum the sunspot area may be d etermined with a higher accuracy

than in years of minimum, and the random error is no more than a few percent.

The average daily spot area is expressed in millionths of the visible

surface of the solar hemisphere. The spot areas, as well as the areas

occupied by faculae, were previously published in Greenwich Observatory

reports. The variation in facula area (upper curve in Figure 20) agrees

in general with the variation in spot area, except that in years of minimum it

does not dip as low as the area curve. However, since its accuracy is low,

the facula area cannot be regarded as a reliable activity index (Figure 20).

Starting in 1932, the sunspot areas, as well as the Wolf numbers, have

been published in the Proceedings of the Pulkovo Observatory, according
to the data of Soviet observatories.

75,_

0

.............. r ....... ",, .... _ .... _"t,

",,,L I ,A , ,, li .....................i i i

_00 _fO f370 _

0

FIGURE 20

ZQ#_' ,"

1500

lg60 f_f_ 7_60 76_0 f_O0 f_lO I_20 13JO f_

FIGURE 2]

From the curves of the Wolf numbers or spot areas (Figure 21) it is

easy to see that the different maxima vary in height. The maxima appear

to be affected by a second wave of longer period. This long-period variation

was first indicated explicitly by Gleissberg. Table 3 shows that high
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maximaoccurredin 1778,1837,and1957. The1957-1958maximumwas
higherthantheonein 1947,andwasactuallythehighestobservedduring
thelast 200years. Theintervalbetweenthemaximaof 1778and1837is
69years, whilethatbetween1837and1957is 120years. Therefore,it is
moredifficult in this caseto reachanyconclusionconcerninga definite
periodicitythanit wasfor the 11-yearcycles. Theaveragedurationof
thelongcycleis apparentlycloseto 90years. Ontheotherhand,aswe
observedabove,the 11-yearcyclescomein pairs accordingto the lawof
magnetic-polarityreversal, sothatit wouldbemoreaccurateto refer to
22-yearcyclesrather thanll-year cycles. RecentlyGnevyshevandO1'
showedthat thepairs of 11-yearcycleshaveanalmostfunctionalrelation-
ship, whereasa relationshipwith cycleslocatedin theseriesbutnot
includedin thegivenpair almostdoesnotexist.

Ofparticular interestis the latitudinalmigrationof thesunspotzone
duringthecourseof the ll-year cycle. At thebeginningof a cycle, new
sunspotsinvariablyform in bothhemispheresat comparativelyhigh
latitudes:30°..<_-.<40°. Higherthan40°, onlysmall short-livedsunspots
are occasionallyobserved.Subsequently,thesunspotzonebeginsto drift
asa widebelt (about20°wide)towardtheequator,until at theendof the
cycle, withtheadventof theepochof minimum,thesunspotzonereaches
theequator. Individualspotshavebeenobservedalmostat theequator.
Thediagram(Figure22)constructedbyMaunderin 1922clearly illustrates
this phenomenon.In this diagrameveryspotis plottedagainsttheaverage
dateof its observation(theabscissa)asa small streakin thelatitude
interval (theordinate)in whichit hasbeenobserved.Theresultingfigures
resemblethewingsof butterflies, sothatMaunder'sdiagramis calleda
"butterfly" diagram. Thelatitudinaldrift of thesunspotzonewasdiscovered
in 1858byCarrington. Later, Spbrer(1894)traced the variation in the
spotlatitudesbackto 1621,sothatthevariationbecameknownas Spbrer's
law. Recently,GnevyshevandGnevyshevahaveshownthat, althoughthe
yearly spot-numbervariationwithina single11-yearcyclediffers greatly
from thespot-numbervariationin another11-yearcycle, still theyearly
variationin theaveragespotlatitudeis thesamefor all cycles. A definite
relationshipexistsbetweenthevariationin spotlatitudeandthevariation
inspotnumber,namelythatthegreaterthenumberof spotsin acycle is, the
higherwill bethelatitudeat whichthecyclecommencesandthehigherwill
betheaveragelatitudeof thespotsin theyearof maximum. In other
words,duringthestrongestcycles(thosewith thehighestspotnumbers),
thespotsstart formingat thehighestlatitudes. Thus,theheightof a new
cyclecanbepredictedfrom thelatitudeat whichthefirst spotsappear.

Theasymmetryof thesunspotformationin thenorthernandsouthern
solarhemispheresis alsoof interest. Thefirst reliable dataonthis
asymmetrywereobtainedby Maunderin 1922. Later, this phenomenon
wasobservedfor a largenumberof cyclesbyVsekhsvyatskii,andfinally,
therecsntstudiesof Bezrukovarepresenta comprehensiveanalysisof the
subject.Bezrukovastudiedthebehaviorof theaveragespotareafor the
entiretime coveredbytheGreenwichobservations.Figure23showsthe
activitycurvesfor thetwohemispheres(thesolid line is thenorthern
hemisphereandthedashedline is thesouthernhemisphere).Thefigure
showsthatthedistributionof spotsin thesolar hemispheresis notrandom.
In somecyclesthesunspotactivity appearsto be"depressed"in oneof the
hemispheres.
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Many authors have tried to establish an analytical formula describing

the I l-year cycle. The most successful in this respect is the study of

Stewart and Panofsky, who obtained the following empirical formula for the

Wolf number (/_):

R = FO% -bo, (21 )

where F,a, and b are constants, and 0 is the number of years which have

elapsed from the beginning of the cycle to the epoch in question. The

constants F, a, and b vary for different cycles, and Stewart and Panofsky

have established that F and b are functions of a. The advantage of formula

(21) is its simplicity, but the "eruptive" nature of a spot cycle cannot be

established by a formal examination of some purely extrinsic general

property of function (21) and the actual functions describing eruptive

processes.

Although the latitudinal position of the sunspot zone is specified by

SpOrer's law, the longitudinal distribution of spots is not far from random.

Nevertheless, many observers have noted that spot groups repeatedly appear

at almost the same longitude. There appears to be some kind of active

longitude within which the solar-activity center remains for several months,

and sometimes for over a year. In time this longitude becomes inactive,

and the activity centers shift to other longitudes. These facts, as we have

already observed, are in good agreement with present-day conceptions of

the stability of sunspot magnetic fields. The spots do not disintegrate, but

rather appear to just "sink" into the photosphere, and thus may emerge in

the same place on some later occasion.
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§19. The cyclic nature of sunspot formation. The regular reversal of

the magnetic polarities of sunspot groups, the regular latitudinal drift of

sunspot zones, and the ll-year cycles governing all surface phenomena on

the sun all seem to indicate that a single mechanism is responsible for

solar activity.

The first to attempt to understand how this rnechanism operates was

Bjerknes (1926), who observed that nonuniform rotation of the sun is

possible only in the presence of a general circulation of gas masses in the
solar interior. Gas streams should move

toward the poles at great depths below the

photosphere, and then should return to the

equator near (or actually at) the surface of the

photosphere (Figure 24). Such a circulation

could even be caused by the solar rotation.

Actually, at about the same time, von Zeipel

and later Eddington /20/ showed that, given a

radial energy transfer from the center of the

sun, the temperature at an equipotential surface

of a rotating star (in this case the surface of

the photosphere can be regarded as such) should

be proportional to _r_- (where g is the acceler-

ation of gravity). In other words, the tempera-
FIGURE 24

ture at the solar poles should be higher than

that at the equator. Later, V.A.Krat /2a/

demonstrated that the Blerknes convective flux is stationary, that is, that

it cannot be destroyed by viscosity forces. Finally, Rubashev has recently

proven that the circulation currents on the sun should split in the longitudi-

nal direction, thereby forming alternating regions of high and low pressure

at the surface of the photosphere. According to Bjerknes, sunspots are

vortex tubes which are transferred by the currents of the general circulation.

Since near the photosphere the circulation is directed from high latitudes

toward the equator, Bjerknes assumed that this explains Spgrer's law of

latitudes. The ll-year periodicity of sunspot formation, however, cannot

bc explained by the Bjerknes theory. In fact, all the foregoing ideas were

created by analogy with various terrestrial phenomena. The existence of

a general circulation of gas masses in the earth's atmosphere led some

authors to attempt to construct a hydrodynamic theory of circulation for the

sun. However, such atheory must of necessity be incomplete, and even

to some extent fallacious, since solar phenomena are shaped to a great

degree by electrodynamic forces, and, in particular, by the forces of induced

magnetic fields, which are apparently irregular in nature. These magnetic

forces should act primarily as ponderomotive forces resisting the motion

of the gas currents. For example, if a sufficiently strong dipole magnetic

field were set up on the sun, then circulation would be altogether impossible.

Currents intersecting the magnetic lines of force of the dipole would either

stop due to the field resistance or else would deform the field, transforming

it from a dipole field into some very complicated twisted pattern of lines

of force. In the latter case the field would be transported by the circulation

currents.

No satisfactory magnetohydrodynamic theory has been developed so far

to explain the cyclic nature of solar activity. Many recent theories (those of

Alfvdn, Wal6n, and others) have proved to be inconsistent /20/.
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V.P.VYAZANITSYNandV.M.SOBOLEV

H67-15488 Chapter IV

THE CHROMOSPHERE

§20. The flash spectrum. General properties of the chromosphere. Just

prior to the onset ofa total solar eclipse it is possible to observe, byplacinga

spectrograph slit tangent to the solar limb, that after the gradual attenuation

of the solar spectrum the dark Fraunhofer lines are abruptly transformed

into bright lines. The corresponding emission spectrum, which is observed

for about 1.5 seconds near the 2nd eclipse contact (and analogously near the

3rd contact, but in reverse order), is called a flash s pectrum. The

abrupt reversal at the onset of the total phase is actually observed for weak

Fraunhofer lines only, whereas for stronger lines the reversal is not
instantaneous.

The emission spectrum at the solar limb pertains to ararefied gas layer

10" high, located adjacent to the photosphere. This layer is known as

the chromosphere (Lockyer), because of the bright-red color it presents

to the naked eye. The flash spectrum actually originates in the lower part

of the chromosphere or, to use the older terminology, in the reversing

layer. The latter term came about due to the initial conception of a flash

spectrum as an exact reversal of the Fraunhofer spectrum, which was

assumed to originate in this layer. Since its discovery in 1870 the flash

spectrum has been an inseparable part of the program of every eclipse

expedition, and it has been studied quite intensively. The exact wavelengths

of the chromospheric lines have been measured, their intensities estimated,

and the lines identified; in addition, the observable spectral region has been ex-

tended in both directions and the observational techniques have been perfected.

Total solar eclipses provide the most favorable conditions for observations

of the chromosphere, which are otherwise severely restricted by the masking

effects of thebright solar light scattered in the earth's atmosphere and in the

instrument. Consequently, eclipse observations still represent the main

source of information on the physical properties of the chromosphere.

On the basis of several instantaneous photographs taken with prism

cameras during the 1 898 eclipse, Fowler and i,ockyer first demonstrated that

the flash spectrum does not constitute an exact reversal of the Fraunhofer spec-

trum. This was evident from the presence of helium lines, from the higher

number (compared to the Fraunhofer spectrum) of Balmer hydrogen lines,

and from the increased intensity of spark lines (which were the most numer-

ous for Ti and Fe and fewer for Cr, V, and I) relative to arc lines. Fowler

and Lockyer measured a total of 856 lines, most of which could be identified.

They noted the great heights into the chromosphere of H, He, Ca, and also

of the line _ 4686, later identified by Fowler as He + .

During the same eclipse, Evershed traced out the spectrum in the
ultraviolet region to k = 3342 _ he obtained 30 Balmer lines and discovered

the continuous spectrum of the chromosphere and the prominences.

Evershed decided that the flash spectrum originates in the upper part of
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thegaslayer responsiblefor theFraunhoferspectrum.In 1906Dyson
published the results of a study of slit spectrograms taken du_ing the

eclipses of 1900, 1901, and 1905. About 1200 lines were recorded in the

RA 3300--5875 region of the flash spectrum, and a relative strengthening

of the helium lines in the upper part of the chromosphere was observed.

The increased intensity of spark lines relative to arc lines in the

chromospheric spectrum was universally acknowledged after the 1905

eclipse, in particular due to a more accurate determination of the line

wavelengths. The interpretation of this phenomenon, however, met with

considerable difficulties. Since spark lines (which are produced by ionized,

as distinct from neutral, metals) are assumed to correspond to a higher

temperature, it appeared that the chromosphere was hotter than the under-

lying layers, which was considered to be an absurd result. This problem

was solved only with the development, by Saha (1920), of the theory of

ionization equilibrium, according to which the degree of ionization of a gas

is determined by pressure (more precisely, by the partial electron

pressure), as well as by temperature. The high ionization could thus be

attributed to a low pressure in the chromosphere. Recently, however, with

the discovery of a temperature inversion somewhere between the photo-

sphere and the corona, the situation has become somewhat more complica-

ted. The ionization of metals observed in the flash spectrum, though, no

longer requires higher temperatures than those in the photosphere and is

fully explainable in terms of a lower pressure.

During the 1926 eclipse Davidson and Stratton used a quartz slit spectro-

graph to photograph the kk 3066--4216 region of the chromospheric

spectrum. The line wavelengths were measured and most of the lines were

identified. The resulting line catalog also listed line-intensity estimates

on an arbitrary scale for the flash spectrum and for a high prominence. The

Balmer hydrogen lines were resolved up to Hs6, after which they became

a continuum. Photographs taken with two prism cameras were used to

derive, from the lengths of the chromospheric arcs, the "heights" of the

lines in the R_ 3820--6678 region; the overall level of most of the weaker

lines was found to be 400 to 500 km, while for many of the lines it was

< 400 kin. On the whole, the longest arcs correspond to the strongest lines,

helium constituting an exception since its arcs are long but quite weak.

During the same eclipse Curtis and Burns photographed the infrared

chromospheric spectrum; they distinguished the O triplet k_, 7772, 7774,

7775, and the Ca+ lines A18542 and 8662.

One of the most important general studies of the flash spectrum was

that carried out by Menzel, on the basis of the spectrograms taken by

Campbell during the eclipses of 1900, 1905, and 1908 /1/. After processing

a large amount of observational material, Menzel compiled a catalog of

about 4000 lines of the flash spectrum in the _ 3229--5328 range. This

catalog included the following basic data: the line wavelengths, the line-

intensity estimates on the Rowland scale for the base of the chromosphere

(the point at which the background continuum disappears from photographs),

and the "heights" of the lines (from the base of the chromosphere). These

basic data were also supplemented by several other items of information

(depths of the line-reversal point below the chromosphere base, identifica-

tion of lines, etc.).

The excellent catalog of flash_spectrum lines compiled by Mitchell from

his own observations during several solar eclipses / 2 / has been exceptionally
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important not only for solar-atmosphere research but also for astro-

physics as a whole. Mitchell's catalog was first published in 1913, on the

basis of photograph_ of the 1905 eclipse. Subsequently, as new data became

available (the other spectrograms of Mitchell for 1905 and his spectrograms

in 1925, 1930, and 1937, as well as, in part, the observations of Davidson

and Stratton in 1926) and the observational techniques became perfected,

the catalog was enlarged and completely revised twice (in 1930 and 1947),

in order to ensure the accuracy of the data and the uniformity of the scales

used. The main apparatus used by Mitchell was a slitless spectrograph

with a parabolic grating, the spectra being photographed onto celluloid

films. In the latest edition (1947) the catalog included 3500 lines in the

_ 3066 --8863 region.* The basic data listed in the catalog are the line-

intensity estimates for the flash spectrum on the Rowland scale and the

"heights" of the lines as determined from the lengths of chromospheric

arcs on the photographs. These data in Mitchell's catalog represent the

"weighted means" of four eclipses, where the averaging was made over

conditions which depended on the photographic plate or on the particular eclipse.

The catalogs of Menzel and Mitchell include a very comprehensive body

of observational data derived from general studies of the flash spectrum.

These data represent a valuable addition to the information on the solar

spectrum contained in the Revised Rowland. They have also served as a

basis for various theoretical investigations and have led to many important

conclusions concerning the chromosphere. For example, using the line-

intensity estimates, Menzel, and also Mitchell and Williams, were the

first to make a general quantitative chemical analysis of the chromosphere

(see §3), andfromthe "heights" of the lines they determined the density-

distribution gradients of various elements over the height of the chromo-

sphere. It should he noted that, although at present no real significance

is attached to the observed line heights, still Wi]dt in a more recent work

/3/ has determined the composition of the chromosphere and has derived

the density gradients of the elements exclusively from the data for the

"heights" of the lines.

Table 1 lists the brightest lines in the spectrum of the chromosphere,

according to Mitchell /2/. Herel_ is the Rowland estimate of the corrcs-

pondingline intensity for the solar spectrum, lc is the intensity estimate

of the chromospheric line on the same scale, H is the "height" of the line,

and E.P. is the excitation potential of the line in electron volts.

We see from Table 1 that on the whole the brighter lines have greater

"heights." This is consistent with the assumption that the emission

gradients of lines of the different elements do not differ much from one

another, since the observed line "heights" actually represent some mini-

mum emission intensity for the chromosphere, as specified by the sensi-

tivity threshold of the photographic plate in the given spectral region. A

typical example of the decrease in line "height" with the decrease in line

intensity is provided, in particular, by the Balmer series of hydrogen.

Helium lines, on the other hand, constitutea noticeable exception, since

they reach much greater "heights" than equally bright lines of other elements.

The brightest lines in the chromospheric spectrum are the lines of ionized

calcium, the Balmer lines of hydrogen, and the D sline (A5875.6) of helium.

Accordingly, the greatest "heights "are attained by calcium lines (14,000 kin)

hydrogen lines (13,000 kin) and helium lines (7500 km).

* The ffcviscd Itowland, by the way, starts at )_=2975 /_.
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A comparison of the line intensities for the solar [photospheric] spectrum

and the flash spectrum shows that: 1) the relative line intensities do not

correspond to one another for the two cases; 2) the intensities of ionized

lines relative to those of neutral lines are higher in the flash spectrum than

in the solar spectrum; 3) no helium lines are observed in the solar

spectrum (not even the bright D a helium line); and 4) the number of hydro-

gen lines in the solar spectrum is much lower than in the flash spectrum.

One of the basic problems of the theory of the chromosphere is how to

explain the fact that, in spite of the comparatively low overall level of

excitation for atoms in the chromosphere (E. P. _ 3 to 5 eV), the flash

spectrum contains bright lines of hydrogen (E.P. _ 13.5 eV) and helium

(E. P. ,_ 23.5 eV), and even contains the He + line 4686 A (E. P. = 50.80 eV).

$21. Spectrophotometric measurements and chromospheric-line

profiles. E s t im at e s of line intensities are now of secondary importance.

Beginning in the 1920's, the method of exact spectrophotometry acquired a

basic and ever-increasing significance, since it makes it possible to obtain

more reliable and detailed data on the physical state of the chromosphere.

However, because of the complexity of the technique and for certain other

reasons as well, only relatively few trustworthy spectrophotometric

measurements of the chromosphere have been obtained.

The first spectrophotometric study of the chromosphere, the results of

which until recently were primarily used in all theoretical computations,

was carried out by Cillid and Menzel, using the flash-spectrum photographs

obtained during the 1932 eclipse* /4/. The observations were made using

two spectrographs, the photographs on both spectrographs being taken

simultaneously. The measurements gave absolute line intensities in the

)t_ 5876--3323 range, for successive heights of the lunar limb (not above

2570 km), for two regions in thelower chromosphere (the normal and high-

excitation regions). The intensities were expressed as the radiation (in

ergs per second) emitted in all directions by a strip of chromosphere 1 cm

wide, perpendicular to the solar limb. Some values were also obtained for

the intensities of the Balmer continuum at k_ 3640 and 3500.

On the basis of their observations, Cillid and Menzel calculated several

important characteristics of the chromosphere. For most of the lines

measured, the emission gradients of the normal chromosphere were

derived from the intensities for lunar-limb heights of 670 and 1500 kin.

The electron density at the base of the chromosphere was found from the

intensity of the Balmer continuum (see §7). By applying the theory of

growth curves to take into account the self-absorption in the H and K lines

of Ca II and in the first lines of the Balmer series for hydrogen, Cilli_ and

Menzel established the densities at the base of the chromosphere and the

concentration gradients of the corresponding atoms (see §5). A comparison

of the observed and theoretical line intensities for multiplets confirmed the

conclusion of Pannekoek and Minnaert ] 5/ that self-absorption occurs for

metals in the lower chromosphere. Estimates were made of the concentra-

tion gradients of some metals, according to their emission gradients, by

means of determining the differences in the heights at which the components

of the corresponding multiplets have equal intensities. It was found that

for all elements the concentration gradient for neutral atoms is greater than

that for ionized atoms, a situation which is clearly due to an increase in

ionization with height in the chromosphere.

* In their discussion the authorl also refer in part to observations made during the 1930 eclipse.
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Spectrophotometric studies of the chromosphere were carried out during

more recent solar eclipses by Vyazanitsyn /6], V.A. Krat ]7], Lindblad

and Kristensen ]8/, Athay, Billings, Evans, and Roberts]9], Houtgastand

Zwaan ]10/, and others. These studies have widened the observable

spectral region and the range of heights in the photosphere and have made

it possible to improve the results of previous measurements (of the line

intensities, the gradients, etc.).

Mg,_$

QOJ

xs Q00

T_."37£3

FIGURE 31

in ,_)

The most reliable data on the line profiles are at present obtained during

extra-eclipse observations utilizing high-dispersion spectrographs. Such
observations were made at Fulkovo from 1953 to 1959 with a horizontal

solar telescope giving a solar image 160 mm in diameter /ii, 12/. The

dispersion of the spectrograph was about l _k/ram in the second order.

The spectrograms ,vere carefully processed, and the effects which scattered

sky light and image vibration have on the line profile were taken into

consideration. Some profiles of chromospheric lines are given in Figures

25 through 31 (Figure 25 shows the H_ profiles at various heights, while

Figures 26, 27, 28, 29a, 29b, and 30 show the profiles of H_., Ha, H,,

H(Ca+), K(Ca+), and D 3 respectively. The I_ profiles were obtained from

two spectrograms for I0 May 1954. Figure 31 shows profiles of Mgk 3838,
Ti+k 3759 and_ 3761. Circles indicate observed data and crosses indicate

reduced values). The curves show that the line profiles of hydrogen,

ionized calcium, and magnesium at low heights are double-peaked. This

is apparently the case because the emission in these lines is produced by
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the scattering of photospheric radiation. Therefore, the radiant flux at the wings

of the profile will be greater than at the center. The profile of a chromospheric

line in part reflects the profile of the corresponding Fraunhofer line.

Consequently, the intensity at some point on the chromospheric-line profile

a distance x from the line center will, to a first approximation, be propor-

tional to the intensity of the Fraunhofer line at a point which is also a

distance x from the line center. After these effects are eliminated,

"rectified" line profiles will be obtained which are single-peaked, in con-

trast to the observed double-peaked profiles. There are also some other

factors which cause the double-peaked profiles. Light-scattering effects

result in a gradual reduction of the radiation density in the medium,

particularly at points of high optical thickness (at the center of a strong

line). As a result, the radiation deficit at the line center may produce

some depression of the profile.

The principal conclusion to be drawn from measurements of the profiles

of chromospheric lines concerns the presence of random motion ("turbu-

lence") in the chromosphere. This was first established by Uns61d, from

the profiles of the H andKlines of CaII and theD 31ine of He /13], and it

was confirmed by later observations, although different observers have

obtained different mean turbulent velocities ] 1, 14, 15/. It can be shown
4000i

that constancy of the quantities A)_D y is possible only when the mean

turbulent velocity is virtually independent of the height h and when the

temperature of the chromosphere is so low that thermal expansion is

indistinguishable from expansion due to the radial velocities in the gas.
4000A

If we assume that hi0 --%-- for hydrogen has an average value of 0.29 A,

and that for Ca II it is equal to 0.30 ,_, then we obtain mean turbulent

velocities which are almost equal (about 22 km/sec).

$22. The chemical composition of the chromosphere. The quantitative

composition of the chromosphere was first determined by Menzel in 1931

from Lick Observatory eclipse spectrograms /1], and then somewhat later

by Mitchell and Williams on the basis of Mitchell's 1930 flash-spectrum

catalog /16]. In both studies Russell's method was applied (see §10), but
in this case to emission lines.

The values obtained for lg A, where A indicates the relative abundances

(numbers of atoms) of the elements, are listed in Table 2. This table also

gives the values of lg A for some of the most abundant elements in the

reversing layer (that is, in the photosphere), expressed on the original

Russell scale and representing averages of the determinations of Russell,

Menzel, Goldberg, Unsbld, Hunaerts, and Claas /17/.

A comparison of the results for the chromosphere with those for the

reversing layer indicates that, to a first approximation, the relative

abundances of the elements are the same in both cases. Neve_theless, it

has been established that hydrogen and the rare earths (not shown in Table

2) are at least 10 times (and according to Menzel hydrogen is 100 times)

more abundant in the chromosphere than in the reversing layer, and that

the chromosphere is also richer in Sc, Ti, and Cr but is poorer in Fe, Co,

and Ca. The abundances of the rare earths are especially inaccurate, due

to the lack of suitable spectroscopic data and due to the weakness of the

corresponding lines in the flash spectrum. On the other hand, in addition
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to the calibration errors, the relative abundances depend strongly on the

corrections for deviations from thermodynamic equilibrium, which are

determined empirically; in practice, moreover, it is very difficult to

distinguish between the two sources of error. This factor is particularly

significant for elements with high excitation potentials, such as hydrogen

and helium. According to Menzel, He I is at least 10 6 times, and He II is

1025 times, more abundant than the values given by thermodynamic

considerations.

TABLE 2

Element

tH
2 lie

3C

4N
50

tl Na

12 Mg
t3AI

t4 Si
16 S

19K

20 Ca
2t Sc

22 Ti

23 V
24 Cr

25 Mn

26 Fe
27 Co

'28Ni

29 Cu
30 Zn

38 Sr
39 Y

40 Zr

56 Ba

Photo-

sphere

t2.0
tt .3

8.t

8.7
8.9

6.5
7.8

6.4

7.4
6.8

5.5

6.5

3.4
5.0

4.4
5.5

5.5

7.3
5.8

5.8
4.6

5.0

3.2
3.0

2.4
2.9

Menzel

t3.6

7.2

7.4

6.2

5.7

6.6
3.8

5.7
5.6

6.1

6.4
7.0

5.0

6.0

4.3
3.t

3.5

3. t
3.7

Chromosphere

Mitchell

and
Williams

7.6

7.7

4.1
5.4
4.7
6.0
5.6

6.5

4.6
4.9
3.5

4.9
3.9
3,7
3.8

38

Wildt

ti.7

(_.2
6.4

7.8

6.3

6.5

_.2

._.7

Col:oBa

tt .7

6.0

7.5

6.i

Sun

t2.0

1t .3
8.t

8.7
8.9

6.5
7.8
6.3

7.5
6.8

5.6

6,4
3.1;

5.i
4.4

5.6

5.6
7.2

5.0
5.7

4.4

5.t
3.4

3.2

2.4
3.3

The hy0rogen abundance is reduced to the average scale for the other three elements.

Wildt /3/ studied the chemical composition of the chrcmosphere on the

basis of Mitchell's 1947 catalog; for this purpose Wildt used the line

"heights" rather than the total line intensities, since the latter cannot be

rid of the influence of the density gradients.

If we compare the various results for the abundances of elements in the

chromosphere, then we see that the values are not the same in every

particular case but that on the whole the discrepancies are of the same

order of magnitude as the differences between the abundances in the

chromosphere and in the reversing layer. This suggests the highly probable

conclusion that the reversing layer and chromosphere have identical

chemical compositions. Table 2 also lists the relative abundances of H,

Ca, Fe, and Ni observed in the solar corona, according to the calculations

of Woolley and Allen /18/. This result was also obtained previously by

Shklovskii. The relative abundances in the corona appear to be approxi -

mately the same as those in the chromosphere and reversing layer. Taking

into account the great difference in the physical conditions in the photosphere,
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chromosphere, and corona, we reach the very definite conclusion that the

chemical composition of the solar atmosphere is identical for all levels.

This composition is apparently best represented by the values in the last

column of Table 2, which were obtained by averaging the most reliable

results for the reversing layer and chromosphere according to Mitchell
/17/.

The special features of the general composition of the reversing layer'

or photosphere which were discussed previously (§ 10) thus also apply to

the chromosphere. The most important factor in this respect is the very

great predominance in the solar atmosphere of the element hydrogen, the

atoms of which comprise 83.2% of all the atoms there (and together with

helium comprise 99.87% of all the atoms).

§23. The density distribution with height in the chromosphere.

Measurements of the chromospheric-line intensities at various distances

from the solar limb make it possible to establish in each case the variation

in the density (concentration) of the emitting atoms with height in the

chromosphere, provided the chromosphere is once again regarded as a
homogeneous layer.

/

T

P

2-

FIGURE 32 FIGURE 33

Since the resolving powers of the instruments used at present are

insufficient, direct measurements of the chromospheric-line intensities

at various distances from the solar limb, using slit or slitless stationary

spectrographs, are very difficult. For such measurements, several

successive spectrograms are generally used, taken near the 2nd or 3rd

eclipse contact with a slitless spectrograph. The intensities of the lines

(the chromospheric arcs) measured on these spectrograms represent the

total emission of the part of the chromosphere which, at the given point on

the solar limb and at the _iven eclipse moment: protrudes past thp lunar

limb. Accordingly, the line-intensity measurements are related to the

volume of the chromosphere bounded by three planes parallel to the line

of sight (see Figure 32): the plane T tangent to the lunar limb L, and the

two parallel planes A and B separated 1 cm from one another and oriented

perpendicular to the solar limb S at the given point. Let us denote E(x) as

the emission in a given spectral line within the specified volume of the

chromosphere in a solid angle (0 = i, where x is the distance of the lunar

limb from the solar limb at the point in question and at the given moment
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of the eclipse. The derivative of this function is the emission intensity of

the chromosphere at the corresponding height:

dE (x)
_ = I (x). (1)

The function I(x) can be derived purely empirically from the function E(x)

without introducing any additional hypothesis.

The function E(x) can be approximated roughly by interpolating some of

its measured values, and Menzel has proposed the following interpolation

formula:

E (z) = Eoe-_, (2)

where E0 = E(0) and a (the gradient) is a constant which is to be determined

from the observations. Experience has shown that, within the limits of

measurement accuracy, this simple exponential formula gives a satisfactory

description for most of the lines in the flash spectrum. In other cases the

observations can be satisfactorily represented by a combination of two

exponential terms,

E (x) = [z',e.... + E_e .... , (3)

and it is only seldom that a third term is necessary.

If we insert (2) into (1), then we obtain

I (x) = aEoe -ax = aE (x), (4)

that is, the emission intensity [(x) of the chromosphere at a given height

x can be determined by multiplying the total emission of the chromosphere

above this level times the intensity gradient a. It should be noted especially

that I(x) is in this case expressed bythe same exponential function as E(x).

If the chromosphere is transparent to radiation at the wavelength of the

given line, then from the intensityI we can compute the number of emitting

atoms N_in a column 1 cm 2 in cross section, parallel to the line of sight,

from the expression

1 NsAsrhv
4_ ' (5)

where As, is the Einstein coefficient for the spontaneous-transition proba-

bility. In the given case the variation in line intensity with the distance

from the solar limb corresponds to the variation in the number of atoms

__, If the line in question is characterized by appreciable self-absorption,

then the measured intensities must be reduced to an optically thin layer

(see _24).

Let us assume that S is the surface of the sun, with the solar center at

C (Figure 33), T is the line of sight, M is the point of contact of the line of

sight T with the lunar limb at the given moment, and P is an "instantaneous"

point on the line of sight. In addition, we denote the solar radius as R, the

heights of points M andP above the solar surface as x and h, and the

distances from the center as r = R +x and Q = R + h.

Ifn(Q) is the number of atoms per cm 3 at a distance Q from the center of

the sun, whileN(r) is the number of atoms in a column 1 cm 2 in cross
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section parallel to the line of sight at a distance r from the center of the

sun, then according to Figure 33 these two quantities are related by the

following expression:

co

N(r)=2 _n(Q) QdQ
_,¢-w--,," (6)

If we now insert Q = R + h and r----R +x, then since h and x for the

chromosphere are negligible in comparison with R we obtain

co

n (h) dh

_v(_)=V'_ _ _.
(7)

This is an Abel integral equation, the general solution of which has the

form

n (h) = t d i _ (x) dx (8)
V'_ eh _¢7------_ "

h

Let us next assume that the number of atoms N decreases exponentially
with the distance from the solar limb:

N (x) = NOe-_, (9)

where N O is the value of N at x = 0. Then, when (9) is substituted into (8),

we find that the concentration of atoms is

n (h) = nOe-_, (10)

where no is the atom concentration at the base of the chromosphere, defined

as

nO= V/-2-_R No. (II)

Conversely, by substituting (10) into (7) we can find formula (9) for N(z).

Therefore, if the distribution of atoms over the height follows the exponen-

tial law (10), then the number of atoms in the line of sight varies with height

according to an analogous formula with the same gradient, and vice versa.

It is evident that this conclusion will also apply for the two-term (or three-

term) exponential formulas.

Using formulas (5) and (4), we can express N o directly in terms of E0,

that is, in terms of the total emission of the chromosphere:

NO = 4uaEo (12)
Asrh v '
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so that, taking into account (ll), we obtain

nO= 4:ms/2z" (13)
Asr h'v _ "

Finally, if we integrate (10) from h = 0 to h = co, we will find the number

of atoms over 1 cm 2 of the base of the chromosphere:

no (14)
N' =_-.

Table 3 gives the values of lgEo (erg. sec -1) and the gradients a (cm -1)

for several chromospheric lines. The values were averaged by Vyazanitsyn

from observation results for the solar eclipses of 1941, 1945, and 1952 /6/

(see Figure 34).

TABLE 3

Line lg E0 a.10S Line lg EO _.|08

H_ 6562.8
H_ 486i.5
H v 4340.6
H 8 4101.8

H 8 3889.2
H9 3835.5

Hto 3798.0
Hit 3770.7

Hi2 3750.2
Hi3 3734.4

Hi6 3722.0

Hi5 3712,1
Ht8 3703.9

Hi7 3697.2

His 369t .6
He 5875.6

He 47J3.2
He 4471.5

He 4026.3

He + 4685.8
Ca 4226.7

Ca+3968 7

Ca + 3933.9
Sr+ 42i5.7

Sr + 4077.8

Mg 5183.6
Mg 5172.6

Mg 5167.4
Na 5896.0

Na 5889.t

Ba+ 4934.1

t5.69

i5.48
15.t6

t4.97

t4.73
t4.67

t4.t6
t4.0t

t3.90

t4.06
i3.86

t3.64
t3.53

t3.13

12.99
15.06

t3.30
t3.85

t3.47

t2.t5
t3.41

15.39

15.48
t3.80

t4,19

t4.05

14.22

t4.32

13.37

0.82
t.t0

t.t7

t .23
1.18

t .4t

1.30
t.32

t .4o
t. 53

t.46

t .49
t .47

1.35

1.51
O. 86
0,88
0.92

0.83

0.44
t .70

0.82
0.79

t.46
t.49

t .62

t.68

2.36

2.26

Ba+4554.t
Sc + 4246.9
Mn 4034.5

Mn 4033.1
Mn 4030.8

Cr 4254.4

Fe 4383.5
Fe4063.6

Fe 4045.8

Fe 3859.9
Fe + 50i8.4

Fe + 4924.0
Fe + 4583.9

Fe + 4522.7

Fe + 4233,2
Ti + 4572.0

Ti + 4563.8
Ti + 4549.6

Ti+ 4534.0

Ti+ 450i.3
Ti+ 4443.8

Ti+ 4_95.1
Ti + 4300.0

Ti + 4294.1

Ti + 4290.2

Ti + 3913.6
Ti+ 3,900.5

Ti+ 3761.9
Ti+ 376i,3

Ti + 3759.3

Ti + 3685.2

t3.45

13.44

t3.3t

12.86

t3.19
13,27

t3.57
t3.59

t3.62

t3.43
t3.32

J3.t2

13.t9
13.13

t3,51
t3.3t

t3.39

t3.09
13.32

t3.51

t3.28

13.87

13.35

t3.43

t4.04

t3.68

t .79
t .62

t.44

1.60
t.77

2. t0
2.t0

t.55

_.57
t. 66

t.92

t. 39
t .61

1.99

3.30
t. 65
2 .'33

1.63

2.tl

2.07
t.9i

2.58

t.35

t.5t

t.tl

t. 20

Several interesting features of the chromospheric spectrum, some of

which were discussed above in ._20, emerge from Table 3:

1) helium lines are observed, and the hydrogen lines are more numerous

than in the solar [photospheric] spectrum;

2) the H and K lines of ionized calcium, and also the lines of helium

{particularly He + 4686), have very sma]l gradients;

3) the gradients increase with the number of the line in the Balmer

series;

4) the gradient of a neutral element is invariably higher than the gradient

of the corresponding ionized element, which indicates that the ionization

intensifies with height;
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5) all the observed emission gradients  are considerably lower than those 
expected f o r  the gradients of density dec rease  in the presence of gravitational 
equilibrium, even the,hydrogen density gradient (a  = 6.6.10-8); 

6) t he re  is no correlat ion between the gradient and the  atomic weight. 
The  study of the height distribution of a toms  in  various excitation s t a t e s  

is of in t e re s t  f rom the point of view of the var ia t ion in  t he  excitation f ac to r s  
over the height in the chromosphere,  provided the chromosphere is r ega rded  
as a homogeneous layer .  However, t h e r e  is another subject which is of 
considerable independent interest ,  namely the distribution of a 11 the a toms  
(o r  ions) of a given element over  the height, or, which is practically the 
s a m e  thing, the distribution of the a toms  in the ground s t a t e .  
of emission in l ines with low excitation potentials (at l ea s t  up to  5 or 7 eV) 
can be definitely attr ibuted to s o l a r  radiation. In this case,  it is easy  t o  
der ive the following formula for computing the  number of a toms  Ni in the 
ground s t a t e  according to  the number of excited atoms (at  the base  of the 
chromosphere):  

(15) N :  = N: (E a) $=-- 8ne K, - aE, - 1 

The  excitation 

is gz i4 gz As1 4 ' 

where I,, is the intensity of the exciting radiation, which is almost  constant 
throughout the chromosphere.  

FIGURE 34 

Table 3 contains the resonance l ines of Wa, Ca, Sr', .aid Gz', O - -  I U I  .-7L:-L " Y l l l L l l  

the transit ion-probabili ty coefficients a r e  known. 
observed gradients  and intensit ies to compute from formula (15) the values 
of IVY fo r  t hese  elements .  
Table  4, which also l i s t s  the values of A , ,  and I A .  
exciting radiation was assumed to equal the central  intensity of the c o r r e s -  
ponding Fraunhofer  l i n e ,  taken from the Utrecht photometric a t l a s  of the 
s o l a r  spec t rum 1191 a n d  expressed i n  absolute units, a dilution factor  of 112 

Thus, we can use the 

The r e su l t s  of these computations a r e  given in  
Here,  the intensity of the 
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being introduced. The Te× column in Table 4 gives the corresponding excitation

temperatures. It should be noted that, if in the lower layers of the chromo-

sphere the lines are widened considerably by turbulence, then a somewhat

, . higher 1_ should be taken and, accordingly, the computed numbers of atoms

should be reduced. Successive ionization potentials of the elements being

considered are listed in Table 5.

TABLE 4

Line

Ca 4227
Sr+ 42t6
Sr + 4078
Ba + 4934
Ba + 4554
Na 5896
Na 5889

Asr. iO-?

2.83
4.95
3.25
9.15

t0.71
6.33
6.45

I_,. i 0 -xl

4.70
2t .2
t8.7
25.0
40.4
48.4
45.t

I I

Ig N_ Tex [ lg NO lg nO ] 18 N'
I I

14.41 3460 ° 18.52 8.81 16.59

t4.52 4085 ° t4.55 4.82 t2.65

13.23 4130 ° 13.44 3.78 11.47

13.34 3710 ° 18.29 8.66 t6.28

TABLE 5

Ele-

ment Xa Xt Xs

Na 5.t2 47.0
Ca 6.09 tt.82 5.0
Sr 5.87 10.98
Ba 5.19 9.96

According to Saha_s formula, almost all the Na atoms are singly ionized

at all the temperatures reached in the chromosphere. The neutral states

of the other three elements can be neglected with equal certainty, but this

does not apply to the doubly ionized state. However, since the H and K lines

of Ca + in the chromospheric spectrum are exceptionally bright, it is highly

probable that most of the calcium atoms are singly ionized. A comparison

of the number of Ca + ions at the base of the chromosphere (lgN_ -- 18.52)

found by us (see ,_24, Table 9) with the number of Ca atoms (lg NI = 14.41)

makes it possible to calculate the ionization temperature for calcium. If

we assume the electron concentration given by Cillie and Menzel (lg n_

--11.59), then we find that Tt= 5240 ° . Then, for this temperature we can use

Sahafs formula and the data in Table 4 (column 4) to calculate the number

of Na + ions, as well as the number of doubly ionized atoms of calcium,

strontium, and barium. When these values are added to the original

numbers listed in Table 4, we will have the amount of all the atoms of Na,

Ca, Sr, and Ba in a column 1 cm 2 in cross section (parallel to the line of

sight) at the base of the chromosphere. These quantities (lg N o) are also

listed in Table 4. The corresponding atom concentrations n 0 at the base of

the chromosphere and the number of atoms in 1 cm 2 of the chromosphere

base, calculated from (13) and (14), are listed in the final two columns.

§24. Self-absorption in the chromosphere. For most chromospheric

lines the self-absorption is negligible, at least to a first approximation.

However, this effect can have a substantial influence for some of the

brighter lines and for the deeper levels of the chromosphere. For example,

this is undoubtedly the case for the H and K lines of Ca II, as indicated by
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the presence of intense line wings and by reversal in the central parts of

these lines in the lower layers. Self-absorption should also be consider-

able in the first Balmer hydrogen lines, especially in the H= line. Thus,

taking self-absorption into account in these cases is a necessary condition

for passing from the measured line intensities to the numbers of atoms;

it is, however, a very laborious task and it complicates the interpretation

of spectrophotometric measurements considerably. Let us now look at

this problem as it applies to the interpretation of eclipse observations of

the chromosphere, which yield absolute line intensities.

We assume that I, is the emission of the chromosphere at a frequency

v at some point having an optical thickness zv parallel to the line of sight,

tv is the optical thickness of the chromosphere in the same direction, xv is

iv is the
the absorption coefficient, lois the emission coefficient, and J_=--_-

so-called yield function. If we solve the equation of radioactive

transfer

dI_._= -- I,_ + J , (16)
d'_.o

then we obtain

t v

Iv = I J_'e-% d'rv,
0

(17)

so that we can integrate over the frequency to find the expression for the

intensity of a chromospheric line in the presence of self-absorption:

l-= I dv I J,e-% d_v.
0

(18)

The main difficulty involved in allowing for the self-absorption is that

the yield function Jv is unknown, chiefly as a result of the sparseness of

available data on the mechanism of atomic excitation in the chromosphere.

The absorption coefficient is generally assumed to vary with frequency

mainly due to natural damping and due to the Doppler effect (thermal

velocity and turbulence). This coefficient also depends on the concentration

of absorbing atoms. All these quantities differ for different levels in the

chromosphere, but our information on the way in which they vary over the

height (for example, the turbulent velocities at various heights) is still

highly inaccurate. This indicates quite well how difficult it is to take self-

absorption strictly into account. The physical difficulties, moreover, are

augmented by purely i-L_athcmatic._] complications. For example, the

formula for the absorption coefficient when the two previously mentioned

line-broadening factors are present has a complicated integral form. Also,

considerable difficulty is involved in calculating the integral in the first

part of (18) for the general case.

In order to simplify the problem, let us assume that coefficients j_ and

u_, and thus also the yield J_, remain constant along the line of sight. Then,

integrating (18) over x, and substituting t_= avArT, where av is the atomic

absorption coefficient and Nr is the number of absorbing atoms in the line
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of sight, we obtain

I = I J" (l -- e-%N_) a,_'. (19)

Regardless of the mechanism of atomic excitation (the scattering of solar

radiation, fluorescence, electron-impact excitation), the function Jv will

vary relatively little with frequency inside the line, so that we may set

Jr= ], where J is the average value of J_. Finally, we have

I=2 I (t --e-%_Vr)dv. (20)

Theoretical studies of the chromospheric self-absorption, as well as
ways of taking it into consideration, can be found in the works of Pannekoek

]20/, Menze] /1/, and Cillie_and Menzel /4/. It was assumed that excitation

of chromospheric atoms is due to the absorption of photospheric radiation

and that in a given line J_(x) = constant = J for all heights in the chromo-

sphere. Menzel applied the general expression for the absorption coeffici-
ent (natural damping plus Doppler effect).

By analogy with the theory of growth curves for absorption lines (see

Chapter II), we may use equation (20) to construct the corresponding curves

for emission lines, which give the variation of the equivalent width

W=A
j (21)

as the number of absorbing atoms /Vr in the line of sight is increased.

Here, in each case a definite mean velocity of the atoms is assumed, or,

equivalently, a definite ratio of the natural and Doppler half-widths a=aXNAkD '

In order to calculate I/J Menzel proposed four alternative forms of formula

(21), corresponding to different optical thicknesses a,Nr /4/.

When the densities increase exponentially with the height into the

chromosphere, the number of atoms in the line of sight also decreases as

an exponential function of the distance from the solar limb (see _23). On

the basis of this fact Menzel represented the curve of growth as a function

of the equivalent width for a definite gradient a but for an arbitrary line-of-

sight number of atoms N_ near the solar limb. The quadrature integration

of this curve for various heights z gives the growth curve, which relates

the equivalent widths of the chromospheric emission above a certain level

to the height of this level.

By means of successive approximations (a variation of the parameter a),

we find the curve which best fits the observed E(x) curve. Since a variation

of N_ produces just a lateral translation of the curve, while a variation of

fdisplaces it vertically, the shape of the curve remaining unchanged in

either case, this method enables a determination of the three independent
parameters a, N_, and J.

Taking into account the self-absorption for hydrogen
lines. The emission gradients of the first Balmer lines decrease in the

lower layers of the chromosphere, and this phenomenon intensifies as we

pass from H_ to H_ (Figure 35). This should apparently be attributed to

self-absorption. Without discussing the significance of a certain reduction

of the gradients of these lines in the upper layers, let us apply the preceding
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methodfor taking the self-absorptionintoaccountinorderto determine
thefollowingphysicalquantitiesin thechromosphere:thenumberof
hydrogenatomsN_ at the second level in a column 1 cm 2 in cross section

along the line of sight at the base of the chromosphere, the density gradient

a, and the "excitation function" Y. Let us set ,7_ P_, where P is Planck's

function and • <t is a coefficient allowing for the variation of emission

with depth (assumed constant for simplicity).

tge
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FIGURE 3-5
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The damping constant in this case (which is virtually constant for all the

Balmer lines) is 6.6.108 sec -I If we take v-- 9 km/sec as the average

velocity of the hydrogen atoms, which corresponds to T= 4830 °, then we
obtain for the lines from H_ to H6 the following range of the parameter:

AkN
a = _-_= 0.008 to 0.005. Next, usingHetd's tables /21/, we can find the

equivalent widths W for several values of N2. Then, after selecting a value

of a, successive approximations are used to find for every line which

of the intensities (equivalent widths) I W dz over the heightdistribution curve

best fits the observational results. The theoretical curves for the H_, H_,

H v, and H6 lines are shown in _Figure 35, and the corresponding density

gradients are listed in Table 6. A comparison of the readings along each
of the coordinate axes for the observed _nd thenretica! curves ('.:'henthcse

agree, as in Figure 35) gives the constantsN_ and 7 (inerg-cm-2-sec -Iper

of the spectrum per unit solid angle), which are also listed in Table 6.

As expected, the emission gradients of the first Balmer lines, reduced

to an optically thin layer, are higher than the observed values (see Table

3), and they approach the gradients of the upper lines in the series, which

are free of self-absorption. The average gradients of the lines from H_ to

H 8 practically coincide with the average gradients of the lines from H I0
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to H18 in Table 3 (_ -- 1.43.10"8). The systematic variation of IgN, ° from

H_ to [-I6 shouldbe attributed to the extreme schematization of the chromo-

spheric conditions which is typical of this means of taking into account the

self-absorption. The function J does not vary much from H_ to H 8. The

corresponding values of the temperature (T) calculated from Planck's

formula (Table 6) establish the minimum temperature of the excitation

source (_ -- I). Since in the chromosphere _) <I, we conclude that the

hydrogen in the chromosphere is excited by some source which is more

powerful than just the photospheric radiation.

TABLE 6

v=9 km/see

Line [
oz. tOa IgN_ lgJ T

H_ 1.30 14.53 6.54 6450°

H_ 1.45 14.80 6.74 6700
H v 1.45 14.84 6 69 6550
H 6 i.60 15.40 6.38 5750

Average 1.45 t4.89 -- 6350 °
J

v=gkm/sec, v'=i 5kin/se<

Ig N o IgJ T

14.82 6.25 5450°
15.09 6.45 5850
15.13 6.40 5800
15.69 6.09 5200

15. i8 -- 5559 °

The existence of chromospheric turbulence was disregarded in the

previous computations. On the basis of an estimate of the maximum

deviation (from the above results) of lg N_ and lg J" when turbulence is

taken into account, we obtain v'= 15 km/sec. Thus, the resulting velocity

of the atoms is 17.5 km/sec. Since the shape of the theoretical curve is

determined mainly by the gradient, we can retain the previous values of the

gradients for all four lines. The final results of the calculations for this

situation are given in the second half of Table 6.

Taking into account the self-absorption for the H

and K calcium lines. Let us now make an analogous calculation for

the H and K lines of Ca + . The damping constant for these lines is 1.55.108

sec-I and the thermal velocity of calcium atoms at T-- 4830 ° is 1.4 km/sec.

Consequently, a= AkN/Ak D_0.007. Next, using successive approximations

we obtain the curve of growth. The corresponding values of the gradient a,

the number of atoms N o in the ground state, and the excitation function

j= P_), as well as the Planck temperatures T derived independently accord-

ingly to the K and H lines, are given in the left half of Table 7.

Line

K Ca+
H Ca +

_verag

TABLE 7

v----l.4km/sec v=i.4krn/sec, t,'=7 km/sec

a.-iO' IgNO lgJ T tz.iO' lgNO-ll Jg T

2.1 18.50 6.20 5450 ° 2.5 20.20 5.50 4400 °
2,1 18.53 6.16 5350 ....

e 2.t 18.52 -- 5400° ....

i
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If we assume a turbulent velocity of _, 7 km/sec, then we find {using

successive approximations} the curve of growth for Ca+K whose constants

are listed in the right half of Table 7. The low excitation temperature is

consistent with the universally accepted assumption that the chromospheric

emission in the Ca+H and K lines is due to resonance scattering of the

photospheric radiation.

§25. The temperature and the electron concentration. Chromospheric

models. The physical state of the chromosphere, which is not in thermo-

dynamic equilibrium, is described in terms of various arbitrary "tempera-

tures." These temperatures, which are actually parameters specifying

various properties of a system in thermodynamic equilibrium, are: the

electron temperature T,, which generally equals the kinetic temperature

Ta, the excitation temperature Te×, the ionization temperature Tl, etc.

The electron temperature can be found from the distribution of energy

in the Balmer continuum. This emission, which arises due to proton-

electron recombination /22/, is equal to

2.63. lO-aanpnoT'_She (xl-hv)/hT° dv erg. cm "3 - sec" 1, (22)

where np and n, are the concentrations of protons and electrons, respectively,

and X2 " 3.40 eV (second-level binding energy for hydrogen).

After measuring from the 1932 eclipse photographs the emission at

_ 3640 and 3500 _for two chromospheric layers (at heights of 670 and 900

kin, respectively), Cillie _ and Menzel obtained values of To = 5250 ° and 4020 °

from formula (22).* Previously, Davidson, Minnaert, Ornstein, and

Stratton (for the 1928 eclipse} found T, - 3600 to 4000 ° (at heights from 400

to 700 km), while Zanstra (1950) calculated T, = 6 000 ° from the measurements of

these authors. V. A. Krat (for the 1945 eclipse} found T,-- 6200 ° for the upper

chromosphere (7000 to 8000 km).

Athay, Billings, Evans, and Roberts /9[, using photographs taken during

the 1952 eclipse, measured the intensities of the Balmer continuum at four

wavelengths and at different heights. From formula {22) they found the

corresponding values of T,, which increases from 4300 ° at 400 km to 11,100 °

at 2400 km, the average for this layer being 2", = 6200 °. If the chromosphere

is assumed to be isothermal, which, as pointed out by these authors, is

definitely inconsistent with their measurements, then the average tempera-

ture over the given layer is found to be 8000 ° .

The kinetic temperature can be determined from line profiles which

show Doppler broadening. In the absence of self-absorption, the Doppler

profile of an emission line is given by the formula

where

cS t_,_XO)=

I(z)----XVC_ e x_v, , (23)

V== v*-t- _= (24)

* Actually, temperatures of _ 10,000 ° were obtained, but subsequently it was established that an error had

been made in the calculations /3l
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v=V2- _ being the most probable velocity of thermal motion of the atoms

and _ being the turbulent velocity. By measuring the line profiles, we can

find V and thus also T, and _. Obviously, if _ >> v, then for equal intensities

the lines of all elements must have almost identical profiles, whereas if

v >> _ the line width must decrease with an increase in atomic number.

Redman determined the chromospheric temperature from the weak sharp

lines of hydrogen, helium, and the rare earths, using a flash spectrum from

the 1940 eclipse ]23/. He found that the profiles of these lines correspond

to a Gaussian distribution of the velocities of the emitting atoms, where the

mean velocities for the different elements have the following values:

H, 13.5; He, 8.0; La, 1.6; heavy elements, 1.75 km/sec.

The velocities were thus approximately inversely proportional to V-_, which

would indicate mostly thermal velocities. More precisely, it was established

that in the lower chromosphere (1500 km) the turbulent velocity does not

exceed --- 1 km]sec and the temperature T, -- 35,000 °. However, from

measurements during the 1952 eclipse Redman found turbulent velocities

up to 2 km]sec and Ts values of at most 10,000 °, with possible values of

6000 ° /24].

Similarly contradictory results were obtained for the excitation and

ionization temperatures of elements in the chromosphere. Metals are

excited and ionized at _4000 to 6000", and the excitation temperature of

orthohelium is about the same. On the other hand, to explain the observed

hydrogen emission (by applying the combined Boltzmann-Saha formula) a

temperature of ---10,000 ° is required, while ionization equilibrium of helium

corresponds to ,_20,000 °. From an analysis of the Balmer decrement,

Thomas (1950) found T-- 35,000 °. On the other hand, Woolley has shown

that for this chromospheric temperature the ionization in the earth's

atmosphere would have to be much higher than that actually observed.

The fact that Te, TK, Te×, and T, in the chromosphere are all different shows

that the chromosphere is far from being in thermodynamic equilibrium.

However, there is still no comprehensive theory of the physical state of the

chromosphere, and an interpretation of the various observations from a

single viewpoint is a difficult problem, particularly since the observational

data themselves are known to be contradictory. Whereas some observations

(line widths, density gradients, helium ionization, and Balmer decrement)

indicate a high chromospheric temperature, other observations (energy

distribution in the Balmer continuum, excitation of helium and of metals,

radio observations, and ionospheric disturbances) indicate a low

temperature.

Another important conclusion concerning the temperature regime of the

chromosphere, one reached only during the last 10 or 15 years, points

toward the existence of a positive temperature gradient in the chromosphere.

This is consistent, of course, with the high temperature of the solar corona

(see Chapter VII), and also with the existence of a maximum for helium

lines in the chromosphere (see §21).

Another important characteristic of the state of the chromosphere, in

addition to the temperature, is the electron concentration. Various

techniques have been proposed for its determination. Measurements of the

1526
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intensityof theBalmercontinuumnearthelimit of theseries(k --3640_)
at variousheightsin the lowerchromosphereweremadeby Cilli_ and
Menzel. Theseauthorsthenusedformula(22)to find

n_eT_ 812= i.45.10V.e -i'5_' io-8. (25)

Then, by setting np=n_ and To = 10,000 °, they obtained for the base of the

chromosphere lgn, = 11.59 (or an electron pressure of 0.55dyne/cm2).

It is important to note that the concentration n, is not very sensitive to changes

in Te; for example, for Te = 5000 ° we obtain lg n, = 11.36. The electron-

concentration gradient according to Cilli_ and Menzel is 0.77-10 .8 cm -1

For this same purpose Wildt /3/ used the formula of Inglis and Teller

/25/:

lg c = 23.26-- 7.5 lg n, (26)

which gives the principal quantum number n of the last resolvable line in
the series as a function of the concentration of charged particles c (the

lines blend due to the broadening of the statistical Stark effect). For

temperatures less than 10S/n, the quantity c is the number of ions plus the
number of electrons (c = 2n_), while for temperatures over lO_/n the

electrons do not contribute to the broadening (c = ne ). According to the

Mitchell catalog the last detectable Balmer line in the flash spectrum is

n = 37 and the last detectable line in the Paschen series is n = 40; conse-

quently, Wildt found lg ne = 11.50 and 11.24, respectively (for the 500 km

height), which is in close agreement with the result of Cilli_ and Menzel.

Naturally, the insufficient resolving power of the spectrograph and the

Doppler broadening of the lines will increase the determined value of _e

somewhat. The electron-concentration gradient according to Wildt is

0.46-10-8cm -1. Previously (1938), Pannekoek had used an analogous

method to obtain the value lg no = 11.78.

According to the previously mentioned measurements of American

astronomers during the 1952 eclipse ]9/, lg n_ varies from 11.62 at 400 km
down to 10.97 at 2400 kin; the corresponding electron-concentration

gradient is _1.05.10-8cm -1.

Finally, let us consider the electron concentrations at various heights

in the chromosphere established by Vyazanitsyn from intensity measure-

ments of the Balmer lines from H= to H17 during the solar eclipses of

1941, 1945, and 1952 /6/. Vyazanitsyn used the combined Boltzmann-Saha

formula for hydrogen:

na 3 5040
lg nrn. = lg _--i- _ lg T_---y_- (Xo-- X,) A- t5.684,

(27)

where np is the proton concentration, and X0 is the ionization potential of

hydrogen. The initial data (the average values for the three eclipses) were

the numbers of hydrogen atoms in the 2nd state at various heights (as
_ietermined from the line intensities) and the corresponding Boltzmann

temperatures averaged over all the lines. These quantities are listed in

the first two rows of Table 8. The third row gives the atom concentrations

at the various heights calculated from formula (13). According to Boltz-

mann's formula, as we approach the series limit (X,--X2--_ 3.38 eV)withT
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constant, the number of atoms in the s state n_, per quantum cell approaches
gm

_a

a certain limit. If we insert this limit value of _, into (27) and set X, = X,,

then we find the value of lg n_,. If it is taken into account that the elec-

trons are mainly products of the ionization of hydrogen (for which np=ne),

then we can find the electron concentration he. The resulting values of

"-_ and ne are given in Table 8.
g,,

TABLE 8

h, km 500 i500 2500 3500 4500 5500 6500

lgN2 t4.58 13.94 t3.32 12.u8 12.06 11.42 10.79
Te 6t70 ° 6240 ° 3260 ° 6280 ° 6t60 ° 6330 ° 67i0 °

lgn2 4.84 4.20 3.58 2.94 2.32 1.68 t.05
lg (n_/g,) t.i8 0.56 1.96 1.33 2.65 2.08 3.61

lg ne tl.28 t0.97 10.67 t0.36 t0.0t 9.73 9.52
lg n_ 1t.22 t0.92 10.62 10.3i 9.95 9.67 9.45

7250

t0.32
5660 °
0.58
4.66
8.99
8.90

\
7/

...... ?'
2 4 S d h _'[#'ak m

Figure 36 shows lg ne as a function of the height h, and the graph

indicates that n, decreases exponentially with height. The solution of the

conditional equations specifying the

position of the straight line on the graph,

using the method of least squares, gives

the following values of the electron

concentration at the base of the chromo-

sphere and the electron-eoncentratior_

gradient: lgn_ = 11.45 and a= 0.724.10 -s

cm -1. Consequently, the value of lg n o is

in excellent agreement with the results of

other authors who used entirely different

methods. The electron-concentration

gradient, moreover, agrees with the result

of Cilli_ and Menzel (0.77.10 -8 ) for the

lower chromosphere.

The last row of Table 8 gives the

electron concentrations lg n; for V =

= 1 75 km/sec, computed in a similar way. The

FIGURE 36 following values were obtained in this case

for the electron concentraticn at the base

of the chromosphere and the electron-concentration gradient: lgn, ° : 11.41

and a= 0.734-10-Scm -1. Consequently, allowingforturbulence(_= 15km/sec)

practically did not affect the values of the electron concentration and the

gradient of its decrease with height in the chromosphere.

Many attempts have been made recently to construct a chromospheric

model which would explain the observational data. The main feature of

these models which distinguishes them from earlier ones is the recognition

that the chromosphere is nonuniform, namely that cold and hot regions are

present in it. No theory representing the chromosphere as a homogeneous

gaseous layer with a definite height distribution of n, and :re could explain
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the simultaneous existence in the flash spectrum of the lines of metals,

hydrogen, helium, and ionized helium, whose excitation potentials differ
sharply from one another. The nonuniformity of the chromosphere is

verified directly by observations of the spicules and the chromospheric
fine structure, which show up on spectroheliograms in the light of the H,_

and H and I< Ca II lines when the atmospheric conditions are favorable.

Models of a nonuniform chromosphere have been suggested by Giovanelli

]26], Hagen 127/, Woltjer/281, Athayand Menzel 129l, Shklovskiiand

Kononovich ]30l, andV. A. Krat and his co-workers 131,32l. The last

three models deserve a more detailed consideration.

Athay and Menzel, after processing observational data for the chromo-

spheric helium spectrum of the 1952 total solar eclipse, obtained the

following expression for the intensity per unit volume as a function of the

height of the chromosphere:

g. = -_. (2.7. i0-"e - i.26h __ 4.3e--3.?h "4-15e -4"6a -- 6.8. 102e--9"2h), ( 2 8)

t .
where _ zs a numerical factor which is different for different lines. The

equation is valid for h >1000 kin. From equation (28) it is possible to

determine the populations of various levels, since self-absorption is

virtually nonexistent.
Let us write the Boltzmann-Saha equation in the form

n. = 4. t4. lO-ltniineT-_ t/' 9" i0s°i° x__, (29)

where nzz is the concentration of helium ions, g. is the statistical weight,

and _¢n is the excitation potential of level n. If we write this equation for

the various levels, inserting in each case the level population n,, found

from the observations, then we obtain a graph of n. as a function of Xn, from

which the following expression may be derived:

nxzne = 1.3. t014, (30)

which gives the value of the right side of equation (29) for Xn-- 0.

The authors then suggest that cold and hot regions exist in the chromo-

sphere, with fractional volumes a, and a2=t--a,, respectively, so defined

that the thermal emission arises from regions of type 1. Equation (29) can

now be rewritten as

rt _ ,.rSls t.3.t0z4 a>(h') (31)
Z1"e'l = -- _ _>(t.5) '

wll_L-e ¢ (h') is dcfincd in equation (2_) Equation (31) then may be combined

with Boltzmann's equation to give no and T,. Analogously, we can determine

the characteristics for the regions of the other type, provided we introduce

observational data for the continuum in the regions of ), 3640 and k 4700 and

the intensities of the He II line at k 4686.

The result is a height distribution of the electron temperatures for the

two regions (hot and cold), as shown in Figure 37. The cold regions are

identified with spicules and the hot regions with the interspicular matter.

Figure 37 shows that the boundary of the lower chromosphere is located
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at 3500km, wherethecoldregionscorrespondto T_ = 6300 ° and the hot

regions to Te_19,000 °. Above 3500km, the temperature of the cold regions

increases to 19,000 °, and that of the hot regions to 100,000 °. Figure 38

shows a schematic model of the different chromospheric regions.

Y.2

_0

Height ( 10s km)

// 6

spioulos

_z

,;" } 6
0

FIGURE 37 FIGURE 38

Hydrogen ]

17_'rl H eliun (al)

However, as shown by Shklovskii and Konon3vich /30/, the model of

Athav and Menzel is inconsistent, especially with radio observations. They

compared the data of radio observations in the centimeter range, obtained

during the same year (1952), with the model of Athay and Menzel, and found

that these data give an equivalent temperature of the chromosphere of

11,250 ° for ),= 3.2 cm and 38.600 ° for k= 10 cm. Shklovskiiand Kononovich

computed the optical thickness of the chromosphere for these wavelengths

according to the model of Athay and Menzel for the hot and the cold compo-

nents, and they found that the spicules should be opaque to radio waves in

the centimeter range.

In order to ensure that the radio emission originates in the hot compo-

nent of the upper chromosphere, on the other hand, the electron concentra-

tion must be one third of that prescribed by the model of Athay and Menzel.

Moreover, if according to Athay and Menzel T,= 100,000 ° in the interspicular

matter of the upper chromosphere, then the brightness temperature for

)_= 3.2 cm should be 48,000 °, whereas the observations give 11,000 °.

Consequently, the model of Athay and Menzel cannot explain the chromo-

spheric radio emission. In addition, Shklovskii and Kononovich made a

rough calculation of the number of quanta emitted by the helium atoms

according to the model of Athay and Menzel, and they concluded that the

observed order of magnitude of the line intensities for helium cannot be

explained by this model either. Finally, the application of Boltzmannts

formula to calculate the populations of the various helium levels is not

entirely iustified.

On the basis of radio data, Shklovskii and Kononovich calculated n, and T,

for various heights in the chromosphere, and then, on the basis of optical

observations, they attempted to construct a chromospheric model which
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would explain both the optical and radio observations. These authors also

concluded that the chromosphere is made up of hot and cold components,

and their model is illustrated in Figure 39. In contrast to the model of

Athay and Menzel, the spicules here represent the hot component, which

is responsible for the helium emission.

However, both the Athay-Menzel and Shklovskii-Kononovich models are

based on calculations of helium ionization and excitation which are too
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rough, and they frequently use

Boltzmann's formula, which is not

always applicable. In order to better

validate these models, stationarity

equations must be constructed for the

two components, in which the basic

processes leading to a population of the

the various levels and to a decay of
the excited states are taken into

account. Finally, the observed popula-

tions must be compared with the

theoretical results obtained from the

stationarity equations. This procedure

is recommended not only for helium

but also for hydrogen and the metals.

V. A. Krat and his co-workers /31,

32/ proposed a different chromospheric

model, based on the concept of a

dynamic chromosphere consisting of
a multitude of filaments with various

physical characteristics. Since in

the theoretical explanation it is

difficult to operate with a continuous spectrum of physical quantities

specifying the state of the chromospheric filaments, therefore these quanti-

ties were divided arbitrarily into groups characterized by certain average
conditions.

The main index from which we can learn about the properties of these

filaments is the spectra of the various elements. The filaments in which

the lines of ionized helium are the most intense are called subcoronal

filaments: for these, To -- 100,000 to 150,000 ° and ne = 10 l°. The so-called

helium filaments are cooler, and in them optimum conditions for photohelium

emission ( Te _ 25,000 ° and n_ = 1011) are reached. Finally, there are two groups

of cold filaments: hydrogen filaments with T_=6000 to 8000 ° and nil-- 1013,

where optimum conditions for hydrogen emission prevail, and metal filaments

withT, <6000 ° , which are responsible for the emission of the metal lines.

visual plane are superimposed, the interpretation of the chromospheric

spectrum generally- involves certain average quantities, whose distributions

can be described by statisticalequations. One such equation is the quasi-

barometric formula for the distribution of atoms over the height:

n = nov -_h.

When the theory of a homogeneous chromosphere predominated among

astrophysicists, this equation was interpreted as a barometric law
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describing a density distribution in a gravitational field. Since observations

give different gradients _ for the lines of different elements, however, such

a result was inconsistent with the theory of a homogeneous chromosphere.

Consequently, theories of anomalous excitation, anomalous ionization, and

anomalous forces maintaining the chromosphere were developed. The new

model eliminates all these anomalies, and the quasibarometric formula

describes the variation with height not of the atomic concentration but of the
concentration of filaments.

The differences between the chromospheric filaments are regarded not

as intrinsic properties conserved throughout the entire filament lifetimes

but rather as manifestations of various stages of certain elementary

dynamic processes. Part of the chromospheric filaments may possibly

have intermediate values of _, but values which are not favorable for

hydrogen or helium emission and which therefore are difficult to observe.

The absence of lines in the spectrum of some particular part of the

chromosphere does not indicate a real "cavity" in this region. Neverthe-

less, together with the various kinds of chromospheric filaments there

should also exist chromospheric "cavities, "or "windows,"as well. The data

on radio emission in the centimeter range also indicate this.

The decrease in the intensity of the chromospheric lines with height

points not to a change in the atomic concentration but rather to a change in

the number of filaments in the line of sight. The fraction of the space

within a unit volume element of the chromosphere which is occupied by

chromospheric filaments of a certain kind will be called the concentration

of these filaments. Let us denote the concentrations of metallic, hydrogen,

helium, subcoronal, and intermediate filaments and the concentration of

coronal matter as _,, _, ¢08, ¢0_, us, and,_6, respectively. Observations show
that

co,= ,_l, 0e-p_, (32)

where i -- 1,2,3,4, and where

(33)

If we take the following observed values for _ :

_,=_=l.O, _3=0.65, _4=0-40,

and if we measure h not from the level of the photosphere but from the level

h -- 1 (where unity here denotes 1000 km), then we find that 0_6= 1 for h -- 14,

while for h = 1 we have (05+_6-- 0, as well as _,,0 = co2,0= _,,0= 0.2 and

_,0 = 0.4. Then, by applying equations (32) and (33), we obtain the following

limits for the propagation of the various types of filaments:

h,=hs=5.3, hs=9.3, h,=13.2.

In order to verify these estimates, let us n_w calculate the height at

which fluctuations of the hydrogen filaments will result in the jagged edge

of the chromosphere apparent in H_ light, that is, the level at which the

hydrogen chromosphere starts breaking up into spicules. Although the spicules

may exist at all levels of the chromosphere, they mask one another in the lower
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layersandcreatethefalseimpressionofa continuousmedium.Wedenotethe
concentrationof hydrogenfilamentsin a spiculeas_,, andweassumethat
onespiculeremainsin the line of sightat someh ---- h_. Above hm separate

spicules are observed. If we integrate all the _2 along the line of sight,

assuming that ¢0. in every chromospheric volume is described by (32), then
we find that

V2nR® _ _
(34)

The quantity ¢0._,0cannot differ substantially from _,, since for n = 1 the

chromosphere consists of the same spicules, which occupy the entire space.

We may thus take m2,0 = ¢o,. Then, for _2 = 1.0 we have

66.2e-(h-l) = t,

that is, h,, = 5.2. Observations show that this is in fact the height at which

the chromosphere begins tobreakup into separate spicules. The spicules

themselves cannot be regarded as hydrogen filaments, since if we set oJ,= 1

in (34) we obtain hm = 4.3, which is inconsistent with the observations.

Hydrogen filaments must have cross sections of only one third of a spicule

or less.

The nature of the hydrogen excitation is determined from the ratios of

the numbers of hydrogen atoms in the various energy states. The Balmer

lines are generally used for such studies, starting with H_ or H_ and

continuing up to H 8 or H 9, since these lines are all free from self-absorp-

tion. If we know the populations for some levels, we can choose values of

T_ and nH for which the observed n_ agree with the theoretical calculations.

On the basis of various observations, we find that for nH -- 101Sto 1014 and

T_ = 9000 to 10,000 ° the theoretical values of n_ agree with the observed

values. These quantities nH and T, actually characterize the hydrogen

filaments. The main excitation mechanism for the Balmer lines in hydrogen

filaments is scattering of the phctospheric radiation, as is also confirmed

by a study of the profiles of these lines. However, some observations

indicate that this mechanism is to a considerable degree supported by

excitation due to electron impact and recombination ]32/. Finally, it

appears that the electron temperature of the hydrogen filaments increases

with an increase in solar activity.

The characteristics of the other types of chromospheric filaments may

be determined analogously. For helium filaments, we use the line intensi-

ties of the helium triplets to compute the populations of the corresponding

levels, which are then compared with the populations obtained when the

system of stationarlty equations is solved. Table 9 gives the ,-_lativ= liiie

intensities for helium, both calculated theoretically and obtained from
observations.

The observed level populations appear to be in good agreement with the

theoretical calculations for n, = 109 to 10 l° and 7, -- 20,000 to 30,000 °, which

represent the mean characteristics of helium filaments. The principal

mechanism for the excitation of helium triplets is an excitation of the

23P level by electron impact, followed by the absorption of photospheric

radiation at the frequencies of the corresponding lines.
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§26. Chromospheric spicules. Photographs of the chromosphere taken

during total solar eclipses or during extra-eclipse observations using a

polarizing interference filter, as well as spectrohelioscopic and spectro-

heliographic observations, all show clearly the jagged structure of the

chromosphere, which some observers have compared to a prairie fire.

Roberts called the individual projections of the chromosphere "spicules. "

According to many observers, the width of most spicules ranges from I to

2", while the average height of a spicule above the solar limb is about I0"

No spicules are observed below 6". According to Roberts /33/, spicules

are short-lived formations, their average lifetime being about two minutes.

Some spicules are parallelto the continuation of the solar radius, whereas

some are oriented at a certain angle (_ 20 °) to it; the inclination of these

does not vary much over large parts of the solar disk. There is a difference

between polar and equatorial spicules, and this is more pronounced during

years of minimum solar activity. According to Secchi, the spicules are

predominantly inclined poleward, but Bugoslavskaya has found that in quiet

regions they are mainly directed equatorward. Their inclination may

correspond to the inclination of the coronal formations, which may be due

to local magnetic fields.

The first data on the spectra of chromospheric spicules were obtained

by Michard /34/, who determined the average line-of-sight velocity of the

spicules from the displacement of the brightness centers of nodes in the

upper chromosphere. The profiles of spicules in Ha were investigated by

Smith /35/. According to his data, spicules were observed up to h-- 12,000
o

km and had a very large Doppler halfwidth, ranging from 1.2 to 1.9 A. The

observed profiles could only with great difficulty be described by the

ordinary Doppler formulas. Smith's conclusions were confirmed by Athay

/36/. Spicule spectra were also studied at Pulkovo Observatory in 1956,

1958, and 1959 /37/. [n these observations, the spectrograph slit was

oriented tangent to the solar disk. The spectrograms of highest quality

were then processed, which corresponded to typical chromospheric forma-

tions. The spicule spectrum was photographed simultaneously in Ha and

in D3; Figures 40 and 41 show the profiles of the H a and D 3 lines and the

H and K lines of Ca + in the spicules. Tables I0 and II give the equivalent

widths (w),the halfwidths (A'I), the radial velocities (vr), and the absolute

line intensities (I) for H= and D 3 and for H and K. In all cases the profiles

of the spicular lines are not Gaussian, indicating that the physical conditions

in spicules are different from those in the chromosphere. Therefore,

velocities recorded using a motion-picture camera should be regarded with

98



some reservation. These may not be the displacement velocities but rather

may be rates of growth or decay of the formation. The Doppler shifts of

spicules are such that they almost never reach beyond the limits of the core

of the Fraunhofer H_ line for scattered sky light. The average radial

velocity obtained for all the spicules measured at Pulkovo had a magnitude

of 3.6 km/sec. From the observed third-level populations of hydrogen

atoms and from the population of the 33D level of helium, it is possible to

determine T_ and n e in the spicules. It appears that n e is about 10 l° to 1011,

while the concentration of hydrogen atoms is about 101°. Electron-tempera-

ture calculations for the helium component of the spicules give possible

values of T e = 20,000 °, while for the hydrogen component T e N 10,000% All

these conclusions are highly tentative, due to the insufficiency of observa o

tional data. However, it may be assumed that the spicules represent a

phenomenon which is a kind of chromospheric flare, and that they form as a
result of the condensation of coronal matter.

Date

11 May 1958

TABLE I0

H a D$

vr,
km/sec a'x,A w. to4, A l't°-a A'_,, _ 10. t01, /_ I" t0-S

CGS CGS

29 September 1959

-}-2,3 t.93 tl2 39 0.48 t7 60
+4.6 0.97 355 102 0.47 34 tt9

-}-4,1 1.64 254 70 0,50 36 t23
--t.8 t.20 282 78 0.48 26 91

+5.5 t,64 2i0 58 0.47 28 98
--2.3 t.55 272 75 0.55 29 t02

--4.t 1.6t 224 62 0.54 30 t05

+2.3 t.49 320 88 0.54 26 9t
0.0 t.40 78 22 0.60 34 tt9

-36.5 0.55 24 7-5.5 1.81 410 i,7 o_2 _ 158
+4.6 t.60 220 61 0.53 33 1t6

0.0 t.59 220 6t 0.64 27 94
0.0 0,87 310 85 0,49 t6 56

+7.8 1.03 560 t60 0.59 3t t09

+2.3 t.73 287 79 0.78 29 i02
--9.t t.42 700 200 0.84 22 77
--4.1 2.38 427 t22 0.9t 52 182

0.0 t.04 426 t22 0.80 24 84

--4.6 t.37 260 72 0.59 t6 56

+4.6 t.52 252 70 0.58 32 fi2
+t.4 t.24 2t6 60 0.75 27 94

0.0 1.28 200 55 0.83 t4 49
0.0 t.66 237 65 0.73 8 28

--t.4 t.32 60 t7
-46 iz5 1t5 3z o_ _ 75

0.0 0,89 i49 4t 0.97 tt 38

--1.4 t.04 3tl 86 0.62 t4 49

+2.3 t.i6 35t 97 t.3t 51 t78
0.0 t.02 328 90
t,8 t.05 372 106 0_6 _ F0

--t.4 t.42 368 t05 0.94 40 t40

---0.9 t.04 278 77 0.64 t6 56

--0.9 0.94 458 i3t 0.73 20 70

vr,
km / sec

TABLE II

A'%,A w. t04, i l-tO-s
CGS

--3.8 0.38 t3.5 4.8
--4.6 0.33 t0.7 4.6

+25.8 0.34 7.0 3.0
--t5 0.34 2.8 1.2

H

h'_, /_ w-J04. A I' lO-aCGS

0.40 6.0 2.6

0.34 5.2 2.2

0.34 3.5 t.5

-- i.3 0.6
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$27. The ultraviolet radiation of the chromosphere. The far-ultraviolet

region of the chromosphere, which consists of both a continuum and

emission lines, is the main factor responsible for the formation of the

ionospheric layers in the earth's atmosphere. Even before rocket data

on the far-ultraviolet region were obtained, Woollev and Allen /38/

computed the chromospheric and coronal emission on the basis of certain

assumptions concerning the nature of the chromosphere. Table 12 gives

the results of these computations [as quoted by van de Hulst in '_Fhe Sun,'r

edited by Kuiper].

TABLE 12

Emission

Continuous emission, lower chromosphere

( blackbody, X <_ 912 _) ............

Continuous emission, upper chromosphere..

Line emission, upper chromosphere,

_912_ ....................

The same, )_ <_ 912/_ .............

Quanta / cm t. sec

( × ]011)

1400

260

3000

3000

Radiation flux,

erg/cm2, sec

( at solar

surface)

3000

I000

6000

I0000

Starting in 1954, rocket observations of the far-ultraviolet spectrum

were made; in 1958 and 1959 data were obtained for the spectrum from
1215 to 83 _/39/. The most numerous measurements are those of the

intensity of the L_ line of hydrogen. Although there are discrepancies

between the different observations, due to errors and also possibly due to

actual changes in the intensity of the L_ emission as a function of solar

activity, still the mean intensity of the L_ emission of the sun is now known

quite definitely to be about 3 erg/cm 2- sec (near the boundary of the earth's

atmosphere). The other strong line in the far ultraviolet, the He II )_ 304

line, was found by Ivanov-Kholodnyi and Nikol'skii /40] during their

analysis of the spectroscopic data published in ]39/ to have an average

intensity of 1.2 erg/cm 2. sec at the boundaryof the earth's atmosphere. In/39/

a list of the lines in the ultraviolet spectrum obtained during rocket

measurements is given, together with visual estimates of the relative

intensities of the various lines. On the basis of these data Ivanov-Kholodnyi

and Nikol'skii constructed a model of the transition region between the

chromosphere and the corona, which in their opinion represents the source

of the observed ultraviolet spectrum. They showed that the computations

of Woolley and Allen were wrong, since they were based on an inadequate

chromospheric model due to the lack of the required data on the ultraviolet

spectrum of the sun at that time. Ivanov-Kholodnyi and Nikol'skii computed

the theoretical intensltic_ of var!"ous l_nes in the ultraviolet region,

assuming that the ionization and excitation are mainly due to electron impact;

thus, they obtained the distributions of the ions of various elements,

according to the degrees of ionization, as functions of temperature. Their

estimates are consistent with the observational data obtained using rockets

and also with radio-emission data, although the calculations were based on

excessively rough values for the effective ionization and excitation cross
sections.
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From the point of view of the theory of an inhomogeneous chromosphere,

the chromospheric emission in the far ultraviolet can be explained by the

fact that the ions responsible for the observed lines emit partly in helium

filaments (AI If, Mg If, A1 III) but mostly in subcoronal chromospheric

filaments (there may be several kinds of the latter). The main mechanism

of the excitation is electron impact. The L., radiation of hydrogen should

originate in both the hydrogen and helium filaments /32/; in the hydrogen

filaments the L_ radiation is due to scattering of the radiation set up by

the weak facular field which virtually covers the entire solar surface. By

taking into account that the hydrogen filaments cover 50% of the total area,

due to their preferred normal orientation, we can roughly estimate the

total line-of-sight intensity of L=. The distance traversed by a ray along

the normal to the surface is

L=2o)_ o f e-fJz'_dh= co2,o --0 4.10 8 cm,

o

and the population of the second level is 3.5-10 4. Thus, in the absence of

self-absorption,

IL= = 8.5.10 8 (CGS units).

However, due to the strong self-absorption, it follows from the theory

of growth curves that the intensity will increase in proportion to ]/_ and

not in proportion to N_, where N_ is the number of atoms in the line of

sight. Consequently,

IL= = 3.10 4 CGS units,

and since radiation is emitted by only 50% of the hydrogen filaments, we

have

IL== 1.5.104 erg/cm 2. see.

In the helium filaments the second-level hydrogen atoms originate because

of electron impact and recombination, and n2-- 104forT_ --25,000 °. The

distance traversed through the helium filaments is

co

L = 2m8,0 I e-P=h dh = 1.2.10 8.
0

The line-of-sight intensity of the L_ radiation of the helium filaments,

taking into account self-absorption, is 2.5.10 4 CGS units. Thus, the total

emission intensity of all the filaments is

IL= =4-104 erg/cm2.sec.

Consequently, at the boundary of the earth's atmosphere the corresponding

intensity will be 0.2 erg/cm2.sec, a value ten times lower than that

observed, since the theoretical calculations do not allow for the presence

of the facular fields which generate most of the L_ radiation.

At present, observational data for the far ultraviolet ofthe solar spectrum

are few and insufficiently accurate, so that they are not yet suitable to
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render more precise our knowledge of the physical conditions in the
chromosphere.

§28. The theory of chromospheric heating. With the discovery of the

"anomalous" distribution of the atoms of different elements over the height

of the chromosphere, a distribution which did not correspond to lhe equation

of gravi*ational equilibrium for the solar surface (where g : 2.74.104 cm- sec -2

and Te _ 6000°), the problem arose of the nature of the forces "supporting"

the chromosphere. Various attempts have been made to solve this problem

during the last decades.

Saha's suggestion (1920) that selective radiation pressure may be an

important supporting factor was used as the basis of the first theory,

developed by Milne in 1924 to 1928, as applied to the calcium chromosphere

/41/. Chromospheric atoms absorbing radiation coming from below

must acquire a certain outward momentum (_), where the selectivity of

the radiation pressure will correspond to the observed difference in the

heights of different elements. This hypothesis seemed particularly likely

for the calcium chromosphere, since the resonance lines of ionized calcium

are not far from the maximum of the energy-distribution curve of the solar

spectrum, while in the chromosphere most of the calcium atoms are ionized.

Assuming monochromatic radiation equilibrium in the H and K lines, Milne

derived a theoretical density distribution for calcium, as a function of

height, which fitted the observations. However, in the 1930's Milne's

theory underwent a thorough revision and criticism from both the observa-

tional and theoretical viewpoints, and it was shown to be inconsistent in its

interpretation of the chromosphere and the prominences.

According to Rosseland's theory (1933), the chromosphere support and

the formation of the corona are due to a continual ejection of electrons from

the sun, the initial electron velocities being close to the velocity of light.

The effect which the resulting positive charge of the sun (set up during the

emission of these electrons) has on the state of the atmospheric envelope

depends on the degree of its ionization. If the ionization is low, a rapid

vertical motion is imparted to the ions, while the greater part of the

envelope remains in equilibrium, For total ionization the electric forces

act on the entire envelope, which expands until it reaches a state in which

the constant flux of ions offsets the loss of electrons. Rosseland considered

an atmosphere in which neutral atoms and electrons are maintained in

hydrostatic equilibrium, while the ions participate in an outward diffusive

motion. By integrating the equations of hydrodynamic equilibrium for these

three types of particles, Rosseland found a density distribution which agreed

with the chromospheric observations (one or several exponential terms were

required) . This theory, which was developed only very tentatively by the

author, was later abandoned.

After the failure of the theory of selective radiation pressure, McCrea

/42/ proposed a theory which explained the low density gradient of the

chromosphere as being due to random macroscopic motions, or turbulence.

Spectroscopic determinations of the mean turbulent velocity in the chromo-

sphere were made repeatedly, and the results of different authors are fairly

consistent (N 15 km/sec for the line-of-sight component). Consequently,

the thermal component is negligible in comparison with the turbulent

component for all elements except hydrogen and helium. For T = 6000 ° the
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hydrogen gradient a is 1.8" I0 -ecm -1, which is approximately one third of

the purely thermal gradient and agrees more or less with the observations.

Some general considerations on the origin of turbulence in the solar

atmosphere were later advanced by Severnyi (1947). Distinguishing between

turbulent motions of different scales, Severnyi maintained that energy of

"large-scale" turbulence (of stellar size) is continually converted into

energy of "smaller-scale" turbulence. The large-scale turbulence may

originate due to the decay of laminar rotational motion inthe stellar interior,

when the angular rotation velocity increases quite rapidly as the axis of

rotation is approached.

The conclusion that high kinetic temperatures exist in the chromosphere

has had an important influence on the development of the theory. This high

kinetic temperature, which is much higher than the temperature of the

radiation field, is apparently connected with the existence of a mechanical

source which supplies the atmosphere with energy. Therefore, the

properties of the atmosphere are mainly determined by the field of the

mechanical-energy transfer, rather than by the radiation field, which is

incidentally the reason for the observed deviations from conclusions based

on "equilibrium" models. This proposition is now adopted as a basic

premise in all theoretical works dealing _ith the explanation of the high

chromospheric and coronal temperatures. However, with respect to a

specific interpretation of the source and mechanism of the energy transfer,

a somewhat different point of view is required.

Thomas /43] has suggested that the energy is supplied by the ejection of

matter from the photosphere in the form of streams moving at superthermic

velocities, whose directed mechanical energy becomes partly converted

into thermal energy as they move through the atmosphere. He identifies

these superthermic streams of matter with the chromospheric ejections

or spicules, whose visibility is due to their density being higher than that

of the surroundings. According to Thomas's calculations for definite (albeit

very hypothetical) values of the parameters involved (the initial velocities

of the spicules, their density, etc.), the total energy of the spicular system

is 1032 erg/sec, and about 10T0 of this energy is used to heat the chromo-

sphere; such a quantity of heat would be quite sufficient to compensate for

the radiation of the chromosphere and to maintain its kinetic temperature

at about 35,000 °. A similar point of view was expressed previously by V.A.

Krat.

M. Schwarzschild ]44/ considered the mechanism responsible for

maintaining the high temperatures in the chromosphere and corona to be a

flux of pressure waves (sound waves) caused when the motion of solar

granules from the convective zone is braked by the overlying stable photo-

spheric layers. Such a braking process would transfer mechanical energy

to the upper atmospheric layers (designated in general as the "corona'_

and would impart it to the coronal matter via dissipation. The energy

transferred by the granules to the boundary of the convective zone is,

according to Schwarzschild, equal to 103o erg/sec, a value which is much

higher than the heat discharge of the corona by radiation, * the latter being

6"1025 erg]sec. The efficiency of the energy dissipation depends on the

ratio of the material velocity winthewave to the sound velocity V in the

corresponding layer. Consequently, when the mean noise velocity w reaches

• The coronalemission isdue to free-freeelectron'tra_sLtionsin proton fields.Electronscatteringobviously

does not enterintothe heat balance of the corona.
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m

a certain critical value Wcr defined as

(where p is pressure, Q is density, and _ < 1 is a constant coefficient},

even the strongest waves will decay rapidly. At the top of the granulation
layer, according to Schwarzschild, w_0.1 km/sec and V= 7 km/sec, so

that the waves propagate upward without dissipation and the energy flux

_V (and thus also the temperature} remains constant in the lower layers.

However, as the density decreases in the outward direction, w- increases

until at a certain height (arbitrarily termed the '%ase of the corona'_ it

reaches 2 km/sec and dissipation sets in. Between the top of the granula-

tion layer and the base of the corona _ increases by a factor of about 20,

so that Q decreases by a factor of about 400; according to the hydrostatic

law this corresponds to a layer 800 km thick. This layer includes all the

photospheric layers, so we may conclude that the noise flux from the

granules transfers its energy through this region without affecting the

dynamic or thermodynamic equilibrium there, in agreement with the

observations. The noise energy becomes dissipated only in the chromo-

sphere and in the corona, and thus it serves as a heat source for these

layers.

An analogous theory was developed independently, and in greater detail,

by Biermann ]45/, on the basis of the results of theoretical hydrodynamics

describing the oscillation_ of an isothermal atmosphere whose density

decreases exponentially in the outward direction. Pressure perturbations

with frequencies m_<m0 (where mo is the natural frequency of the atmospherel,

set up in the photosphere by the pressure of the granules, will cause

oscillations only in the part of the atmosphere adjoining the boundary of the

convective zone, or else they will produce sustained oscillations of the

entire atmosphere (standing waves). Such oscillations are not very effective

as agents of energy transfer from the convective zone to the upper atmos-

pheric layers, which can be provided by traveling waves only (to> m0).

During the outward propagation of sound waves the attenuation due to friction

and heat conduction is insignificant, and the decrease in the density Q is

offset by an increase Av _ Q-'/,in all the velocity amplitudes.. Consequently,

the outward energy flux remains, to a first approximation, constant as long

as Av << V. WhenAv becomesequalto V(the case of finite amplitude), then

shock waves leading to turbulence are set up, and the energy (whose further

transport is rendered impossible) is subject to intense dissipation due to

friction and heat conduction. Because of the exponential decrease in density,

the dissipation rises greatly toward the outer layers. The physical state

of the outer layers of the sun is determined by the fact that the energy

brought upward by the pressure waves and dissipated there (its quantity can
bc cstirnated fr_rz_.,obser_._at_on_ of the turbulent velocities) is greater than

the energy absorbed from the photospheric radiation; consequently, it

follows that the temperature of these layers increases. For tl=echromo-

sphere this temperature rise amounts to several thousand degrees, if we

assume the radiation to be confined mainly to the Lyman continuum.

Although Biermann applies his theory to explain various principal features

of the chromosphere (such as turbulence, overexcitation, etc.), he, unlike
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Schwarzschild, does not maintain that these same considerations can be

extended to the corona. Although from a purely energetic standpoint the

application of this mechanism to the corona seems quite probable, still

certain facts (turbulent velocities which do not even approximately explain

the density gradient or the discontinuous change in the spectrum upon

transition from chromosphere to corona, etc.) indicate that the conditions

here are radically different and that entirely different interactions must be

considered. Moreover, difficulties arise even in connection with the

application of the theory to the chromosphere" just like any theory in which

the energy is supplied primarily in the form of energy of collisions, this

theory is inconsistent with the factthat the chromospheric spectrum

corresponds better to radiation excitation, although the necessity for a

large energy supply to the upper layers is obvious. The theory was

developed further in this direction by Schatzman (1949) and Miyamoto (19497.

Mustel' /46/ divides the chromosphere into two regions according to the

height distribution of elements: the lower chromosphere (up to 5000 or

6000 km), where all the chromospheric elements occur (in particular,

relatively heavy elements such as Ti, Mg, Se, Sr, and O7, and the upper

chromosphere (above 6000 kin), where only H, He, and Ca occur. In

Mustel's opinion, a probable explanation for the greater heights and lower

gradients of H and He is to be found in the high kinetic temperature of the

chromosphere, which according to IRedman is N30,000 = (hydrostatic

equilibrium). The presence of calcium at heights up to 14,000 km and the

low calcium gradient are explained by Milne's theory, since the equality of

the selective radiation pressure and gravity in the upper chromospheric

layers could hardly be accidental. With regard to the other elements (the

lower chromosphere), their anomalously low gradients can be attributed

to the overwhelming abundance of hydrogen, taken in conjunction with the

continuous ejection of matter into the chromosphere from the underlying

layers. The moving ejected matter is retarded, scattered, and then

becomes diffused (with the exception of H) back downward. Under the effect

of gravity only, an atom would fall from a height of 6000 km to the photo-

sphere in 200 seconds, and no very high chromosphere could form',

however, the abundance of hydrogen slows down this fall greatly. For

example, the equation for the rate of diffusion of gases gives this falling

time as 108 sec _3 years.

The works of Alfv_n /47/ also deserve mention. This author discusses

the heating of the chromosphere and corona by magnetohydrodynamic waves

generated by the motion of the granules in a magnetic field. According to

Alfv@n's calculations, a field of 25 gauss is sufficient to give rise to such

waves, which would then travel up into the upper atmospheric layers.

Dissipation occurs mainly due to heat conduction (Joule heat); it increases

proportionally to P-I/4 (where P is pressure) and is the strongest somewhere

in the chromosphere or inner corona. These waves cannot exist separately

from sound or shock waves.

Recently, Dubov /48/ developed a theory of chromospheric heating by

compression waves (similar to sound waves), these being generated in the

turbulent region connected with the convective zone of the sun. Part of the

energy of the convective elements in this zone is converted into energy of

random turbulent motion, which gives rise to compressions and rarefactions

(that is, it generates acoustic-type waves which, due to the disordered

nature of the turbulence, constitute acoustic noiseT. These waves propagate
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upward and travel through the photosphere without being absorbed. As

they progress, the sound waves become transformed into weak shock waves.

Then, having reached a low-density level (namely the chromospheric

layers), these waves begin to dissipate and their energy is converted to

heat which becomes absorbed by the chromosphere and the corona. At

certain temperatures and densities a balance will be reached between the

energy released and the energy removed by radiation. This balance will

be provided by different deexcitation mechanisms at different heights. The

entire structure of the chromosphere will be determined by the amplitude

of the energy flux transferred by the sound (shock) waves. It is just these

shock waves which will be responsible for the formation of regions of

different temperature in the chromosphere.

§29. Bright flocculi. The chromospheric formations also include bright

calcium and hydrogen flocculi, sometimes referred to as chromospheric

faculae. The strongest flocculi occur in active regions. These formations

are actually parts of the chromosphere where the self-radiation of the gas

above the photosphere is increased. The calcium flocculi on spectrograms

are "mottled, " without any filamentary formations, whereas the hydrogen

flocculi have a distinct vortical structure, especially near sunspots.

Figure 42 shows spectroheliograms in H= and K of Ca II. Considerable

difficulty in obtaining good definition is encountered during studies of the

physical properties of hydrogen flocculi, since their H= and H_ emission

shows up just as an elevation (and, for H_ and H_, even as a depression)

of the central parts of the corresponding lines, which vanishes entirely at

the wings of the profile. Therefore, it is very difficult to distinguish the

self-radiation of the flocculi from the total radiation emitted by the lower

layers of the solar atmosphere. Moreover, there are data which show that

the emission of the hydrogen flocculi originates at various levels, that is,

that Ha emission is received from layers outside of those emitting Hv and

H_.

Mustel' /49/ has discussed in detail the vertical localization of floccular

emission in various Balmer lines, during his study of the degree to which

the radiation excess at the center of the H lines is due to the chromosphere.

He compared the number of excessive quanta emitted at the center of an H=

line with the number of quanta emitted directly by the chromosphere, and

he concluded that the chromosphere may be responsible for an emission

excess comparable to that obtained from the observations. The H= emission

of the flocculi is thus entirely due to the chromosphere, while for other

lines, starting with Hv, the situation is different. The role of the chromo-

sphere in the formation of the H_, H_, and H, lines is negligible, and the

emission in these lines is due to the outer photospheric layers. Since the

effective level of floccular emission is located at different heights for

different Balmer lines, therefore the emission mechanism may differ

correspondingly for the different Ba!mcr lincs. Two mechanisms HJay be

indicated as responsible for the excitation of the floccular emission in H_

and H_: i) electron impacts and 2) recombination. After studying these

mechanisms and taking into account that the electron temperature in the

flocculi is less than 7000 to 8000 °, Mustel' /49/ concluded that recombina-

tion plays the main part in excitation. Calculations show that for T_ <7000 °

the recombination processes alone are sufficient to provide the H_ emission of

the flocculi. For T, --7500 °, electron-impaq, t excitation becomes as important

as recombination.
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On the bas i s  of m o r e  re l iab le  data on the hydrogen-level populations, 
V. A.  Kra t  and T. V.  Kra t  1 3 7 1  computed the line-intensity ra t ios  for  Ha, H,, 
and H, andcompared  the r e s u l t s  with observat ions.  By applying to  these 
lines the formulas  for  a quasihomogeneous two-component f loccular  model, 
they found that the Balmer  decrement  of the f loccul i  should be very  s teep.  
The  intensity of the flocculi in H, is therefore  low, while in H, no f l 0 C C d i  

a r e  observed.  

FIGURE 32 

A detailed study of the calcium f loccul i  was  made  by Mustel '  1501, whose 
calculations show that t h e  exci ta t ior  of the H and K l ines  of Ca+ is due to 
e lectron impact, the combination being negligible. If the ca lc ium and 
hydrogen flocculi a r e  a s sumed  to emi t  a t  the s a m e  spot, then the I3 l ine i n  
the flocculi ( i n  the c a s e  of recombination excitation) would be 30 t i m e s  
s t ronger  than the K line, which does not cor respond to the observa t ions .  
Moreover, computations show that thc number of quanta emi t ted  in the  H 
and K l incs  arc' considerably g r e a t e r  than the number expected in the case 
of recombination alone. Finally, by compar ing  the theore t ica l  l ine  

I o x  



intensities of the _ 3737 and _ 3706 lii'fes of Ca +, on the one hand, with those

of the H and K lines of Ca+, ontheother hand, assuming a pure recombination

mechanism, we concluded that the k 3706 emission line should be one fourth

as strong as the H line, whereas in reality no emission is observed at

3706 even in cases of very strong H and K lines. Consequently, the

emission mechanisms for the calcium and hydrogen flocculi are different,

which is in full agreement with the overall difference in the general

appearance of the calcium and hydrogen spectroheliograms.
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V. P. VYAZANITSYN and V. M. SOBOLEV

Chapter V

PROMINENCES

§30. Historical remarks. Prominences were discovered in the previous

century, when astronomers first began to make physical studies of solar

eclipses. During the eclipse on 8 July 1842 in southern Europe, which was

observed by the outstanding astronomers and physicists of that time (such

as Arago, Struve, and Airy), prominences were recorded by all the observ-

ers and aroused considerable interest. In addition, heated discussions

took place concerning the question of whether the prominences (and the

corona) belonged to the sun or to the moon, or whether they were just an

optical illusion. This lively discussion continued for some years, and it

was only after the reappearance of prominences during the eclipse of 28

July 1851 in Sweden and Norway that most astronomers reached the correct

conclusion that prominences belong to the sun and are gaseous formations. All

doubts were dispelled once and for all when Secehi and de la Rue, during

the eclipse in Spain on 18 July 1860, were able to obtain successful photo-

graphs of the prominences. In addition to giving valuable new information

on prominences, Secchi's photographs enabled him to establish the

existence of a layer (later called the chromosphere) which surrounds the

entire sun and consists of the same luminous matter as the prominences.

A particularly important stage in the development of studies of promi-

nences was the famous solar eclipse of 18 August 1 86 8, when the spectro-

scope was first applied successfully to an eclipse observation. All the

observers (Jannsen, G. Herschel, Tennant, Pogson, and Rayet)obtained

results for the spectrum of the prominences which were on the whole

consistent with one another, and it was established that the prominences

constitute masses of hot gaseous material, the main component being

hydrogen. The bright yellow line in the spectrum of the prominences was

subsequently attributed by Lockyer to a new element, as yet unknown on

the earth; he called it helium, and in 1895 this element was also discovered

on the earth by Ramsay. Then, Jannsen and Lockyer established independ-

ently that prominences can be observed at times other than during solar

eclipses, and that it is even possible to measure the heights and draw the

shapes of prominences by successively displacing the solar image relative

to the spectroscope slit. Lockyer also discovered the chromospher_ using

spectral methods.

In 1869 Huggins proposed and first applied in practice a simpler method

for prominence observations, namely the use of a widened spectroscope slit,

and this method subsequently became the universally accepted one. Therefore,

s_(stematic visual observations of prominences on a large scale, including

measurements of their positions, heights, and areas, as well as studies of their

forms and motions, date from this period. Large numbers of observations have

since been made in Italy, Switzerland, Hungary, England, India, China, and
other countries.
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With the further development of photography, more refined techniques

have been devised for the photographic observation of prominences. The

scope of spectrographic prominence studies was increased considerably

with the advent of the spectroheliograph, a device which not only made it

possible to obtain larger and sharper photographs of prominences in the

solar-limb emission but also enabled scientists to observe them on the disk

itself in the form of dark absorption f il a m e n t s. The duration of continu-

ous prominence observations became longer, and limb observations which

were only 1 to 2 days long were replaced by combined limb and disk

observations over periods of almost 2 weeks. The spectrohelioscope,

which was developed by Hale in 1924, represented a valuable addition to the

spectroheliograph. In the years after World War I Lyot's polarizing

interference filter (PIF) became widely used for monochromatic solar

observations, and particularly for observations of prominences. Finally,

motion-picture methods have become especially important in prominence

studies, chiefly when prominence motions are observed. Such methods were

first applied for this purpose at the McMath-Hulbert Observatory (USA) at

the end of the 1930's and they have since become very popular. In the

Soviet Union, motion-picture photography of solar prominences has been

carried out continually at the Crimean Astrophysical Ouservatory since

1948.

During the study of prominences we encounter a combination of exceeding-

ly complex phenomena having a wide physical scope. For instance, one of

the most important features of these formations is their various motions.

Prominence studies in the present century are associated to a considerable

extent with the name of Pettit, who, during the course of thirty years at the

Yerkes and Mount Wilson Observatories, collected a large volume of data

on the shapes and motions of prominences at the solar limb and also

discovered several new facts and regularities, An important contribution

was also made by the McMath-Hulbert Observatory, which was founded in

1937 and which was devoted exclusively to the study of solar prominences

during the first years of its operation. Valuable information has been

supplied by disk observations. In particular, a relation was established

between prominences and bright hydrogen flocculi and sunspots, which has

helped considerably to understand the development and nature of these

formations. _'

§31. Statistical data. The average annual number of prominences, or

the average total area of the prominences observed daily at the solar limb,

varies with the phase of the 1 l-year solar cycle. Systematic observations

and statistical studies of this solar-activity index are at present being made

at many observatories. **

TABLE I

Maximum ..... t9t7 t187 t926 t285 1932 I 3501938 1145

t944 274

1948 2047 t954 I 3771958 --

* A list of references on prominences is also given by Waldmeie[ Ill

"* The results are regularly published in several periodicals: Astron. Mitt. Eidgen. Sternw., Z(/tich; Osserv.

e Mere., Arcetri-Firenze; Kodaikanal Obs. Bulletin; Solnechnye dannye (bulletin published by Pulkovo

Observatory and the Solar-Research Commission of the USSR Academy of Sciences).
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The curve giving the number of prominences (or the total prominence

area) as a function of time is analogous to the corresponding curve for

sunspots (Figure 43). For prominence-area measurements unit area is

defined as the product of one degree (heliocentric) along the solar limb

times one second (geocentric) perpendicular to the limb. Table 1 gives the

yearly average prominence areas for several solar cycles (years of maxi-

mum and minimum solar activity). The table shows that the variation of

the number of prominences during the course of the ll-year cycle is less

pronounced than the variation of the sunspot number: the prominence areas

in the epochs of maximum are approximately 4 times greater than those in

the epochs of minimum, while the corresponding ratios for sunspot numbers

are about 20. The ratio of prominence area to relative sunspot number at

the epoch of maximum is about 12, whereas at the epoch of minimum it is
about 60.
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FIGURE 43

Prominences are observed at all heliographic latitudes, but their

latitudinal distribution is not uniform. Contrary to the sunspot distribution,

it has two maxima in each solar hemisphere. The activity in the low-lati-

tude (or main) prominence zone develops in parallel with the sunspot

activity. The average latitude of this zone continually drifts toward the

equator from _ _ 30--40 °, where the prominences appear about 3 years

prior to the sunspot maximum or the beginning of the cycle, down to _ a, 17 °

at the end of the cycle, always remaining about 10 ° above the sunspot

latitude. However, the prominence zone is not demarcated as distinctly

as the sunspot zone is, and at the beginning of the cycle it extends from the

equator up to _ ._ 60 °. The prominence maximum for the main zone

coincides with the sunspot maximum; then, the activity in this main zone

diminishes simultaneously with the decrease in sunspot activity, until

approximately 1 year before the sunspot minimum the main-zone prominences

disappear. The activity in the high-latitude (or polar) zone develops about

3 years after the sunspot maximum, at 45 to 50 ° latitudes (but not

necessarily at the same time in the two solar hemispheres), and it persists

at a fairly constant level until the sunspot minimum; the width of the polar

zone does not vary much during this period. In the epoch of sunspot

minimum, the activity in the polar zone also decreases, and then it starts

to increase, at the same time drifting toward higher latitudes; it reaches

a maximum about 3 years after the sunspot minimum and then decreases

again. In the epoch of sunspot maximum the activity reaches to the poles,

after which the prominences disappear temporarily from the high latitudes.

This relative phase shift between the activity in the main and the polar
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prominence zones reduces somewhat the amplitude of the variation in

the total prominence population.

The boundary between the polar and main zones extends approximately

along 40 ° latitude, although a sharp demarcation of the two zones is difficult.

The prominence frequencies [of occurrence] at higher and lower latitudes

have an approximatc ratio of 6:4. A similar latitudinal distribution and

time variation of this distribution are observed for the filaments on the

solar disk.

According to Waldmeier, in the main zone a fine structure can often be

distinguished, exhibiting the presence of a double maximum, the weaker

one coinciding with the sunspot zone and the stronger one being displaced

about I0 or 15 ° toward the pole.

The height distribution of the prominences is also of interest. As is to

be expected, shorter prominences are more frequent than higher ones.

For example, 78% of the prominences have heights of 30 to 60", 16% are

60 to 90", 4% are 90 to 120", and 2% are higher than 120" /2/. The height

distribution apparently depends on the heliographic latitude.

§32. Filaments. The prominences observed in emission at the solar

limb may be detected in absorption at the solar disk. In the disk observa-

tions, spectroheliograms using the H and K lines of Ca II or the H a line

show dark elongated formations, called filaments, and occasionally dark

amorphous spots as well. Figure 44 gives photographs of two such fila-

ments. In the top row, from left to right, a filament is shown, first photo-

graphed in H o light and in the light of K 3 of Ca II on 13 July 1926 and then

photographed on 16 July 1926 in K 3 light. The middle and bottom rows show

photographs in K 3 light ofalarge filament observed movingfrom the eastern

limb (26 August 1929) to the western limb (3 September 1929). The possi-

bility of observing prominences in absorption as well as in emission has

widened considerably the scope of studies of these formations.

In the 1930's Newton utilized spectrohelioscopic observations to give a

preliminary classification of the dark flocculi, and he established an overall

correspondence between the various flocculi shapes and behaviors, on one

hand, and the types of limb prominences described by Pettit (see §33), on

the other.

Once the height of a prominence at the solar limb is measured, and also

the length of the corresponding filament at the central meridian together

with its thickness at the point where it appears to be narrowest, all the

fundamental dimensions of the prominence can be derived. According to

Pettit, the average dimensions of prominences (mostly of quiescent

prominences, since these constitute a majority) are as follows: thickness,

10,000km (range 6000 to 12,000km); length, 200,000 (range 60,000 to

600,000km); height, 50,000km (range up to 100,000krn).

The formation and development of main-zone filaments was studied in

detail by d'Azambuja. A filament appears in the active region inside the

sunspot zone and then drifts toward higher latitudes, growing on its pole-

ward side and contracting on the side toward the equator, the filament

length increasing constantly. Because of the decrease in the angular

velocity of solar rotation at higher latitudes, a drifting filament becomes

more and more deformed, departing from the meridional direction, until

at latitudes above 45 ° it is oriented along a parallel. Table 2 lists the angle

of inclination _ of the filament axis for different latitudes (the averages of
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observations at  Meudon and Kodaikanal). 
appear  fi laments a l r eady  show a distortion corresponding to 20  days of 
meridional deformation due to  the differential  rotation. 
may be concluded that about 20  days elapse between the actual  formation 
of a fi lament and the moment when it becomes visible.  

It is known that when they f i r s t  

Consequently, i t  

FIGURE 41 

TABLE 2 

l 9  15-20 I 60 11 35-40 I 26 11 55-60 

A filament may r ema in  quiescent for  days o r  weeks, without changing 
i t s  shape much. Then, however, it may often, without any apparent reason,  
suddenly become active for  a period ranging from a few minutes to many 
hours ,  at which t ime  the velocit ies increase,  matter s t r e a m s  into the 
ch romosphere  f r o m  the prominence, and i ts  shape changes considerably. 
The  prominence finally becomes quiescent again and a s s u m e s  a shape which 
is c lose  to i t s  original shape. 



A prominence may disappear in various ways: by a gradual waning; by

an efflux of matter into sunspots and centers of attraction; or by transition

to an active and then an eruptive state, in which the prominence breaks

away and escapes into space. The third case was regarded by Waldmeier

as being the normal last stage of a large filament (a quiescent prominence).

A remarkable feature is that filaments avoid sunspots and faculae; a

filament which appears near a sunspot disappears rapidly.

§33. The classification of prominences. The great variety of the out-

ward shapes and the behaviors of prominences, on the one hand, and the
accumulation of an enormous amount of observational material on this

subject, on the other, naturally led solar scientists to seek a general

classification of prominences. On the basis of visual and spectrohelio-

graphic observations covering many years, Pettit in the beginning of the

1930's suggested an empirical prominence classification which subsequently

became universally accepted. A further development of this classification

was made possible by motion-picture observations of prominences. Although

at present Pettit's classification appears to have become in part obsolete,

still on the whole it agrees with the present-day state of prominence

research, particularly from a descriptive point of view.

The entire observable variety of prominences was divided by Pettit into

six quite well-differentiated classes /3/: I) active prominences, II) erup-

tive prominences, III) sunspotprominences, IV) tornado prominences,

V) quiescent prominences, and VD coronal prominences. These basic

classes are in turn divided into subclasses. Figure 45 is a schematic

diagram of the different prominence types; it also shows the possible
relations between classes. The actual forms of the prominences may differ

greatly, and only the most general or typical shapes for each case are

shown in the diagram.

Pettit's classification is based on the following characteristics of

prominences: their relations to sunspots, their origins, their motions, and

their structures. With respect to the first characteristic, all prominences

fall into two groups: those connected with sunspots and those independent of

sunspots (see Figure 45). The latter are in general related to "centers of

attraction, " which do not show up as any visible formations on the solar

s ur fac e.

It was previously assumed that all prominences originate in the chromo-

sphere, but we now know that this applies only to certain types, and that

some prominences originate in the coronal space or else evolve from

prominences of other types. For example, a quiescent prominence may

develop into an active prominence, then into a coronal active prominence,

and finally into an eruptive prominence. The corresponding evolutionary

sequences are indicated in Figure 45 by arrows joining prominences of
different kinds.

The types of motion can be as follows: a translational motion of the promi-

nence as a whole; the motion of external jets or streamers (in the form of rays or

bands) from the prominence into the chromosphere (toward the center of attrac-

tion or toward a sunspot) or into another prominence; motions of knots* along

* A knot refers to prominence material which has a distinct contour, regardless of whether it ts located in a

streamer or, having separated froIli the streamer, moves along a trajectory which is free of other luminous

matter. On the other hand, a c o n d e Ii s a t i o n is a bright [tllllinous spot in a prominence or stteanter,

which differs from tile latter otlly in that it is brighter.
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a streamer(or sometimesalonga pathnot followedbya streamer);
internal turbulence;andcurling intoa spiral. Somegeneralkinematic
characteristics(downwardcurlingor upwardmotion)areindicatedin
Figure 45 by various types of lines (wavy, solid, or dashed) joining the

corresponding kinds of prominences. The motions of prominences and

their structures are closely linked to one another.
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FIGURE 40

Let us now go on to describe the individual classes of prominences.

Following Pettit, we will first consider quiescent prominences, since this

corresponds to the actual evolutionary sequence of the prominences.

Class V. Quiescent prominences. The name of this class

implies low activity and only slight changes in form, position, or structure

from one minute to the next. A comparison of spectroheliogramstaken at

intervals of 4 or 5 minutes with good solar images, and also an examination

of motion-picture films, indicates internal turbulence with velocities of
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5 to 10km/sec. A typical feature of this class is the absence of streamers,

showing that quiescent prominences are not subject to disturbances by

centers of attraction.

Ouiescent prominences observed at the solar limb are similar in

appearance to haystacks. Their shapes remain virtually unchanged for

hours. The best specimens of this class have a kind of palisade structure

which is never observed in active prominences (Class I)+ On the solar

disk they often show up as dark wavy filaments. When they form at low

latitudes the filaments are oriented parallel to the solar meridians, but as

they migrale toward the poles their orientations alter due to solar rotation,

until at latitudes above 45 ° they are directed along the parallels. Thus,

prominences at the solar limb near the equator show the greatest number

of structural features, while at higher latitudes they become foreshortened

and resemble haystacks.

Since prominence activity is a sign of its forthcoming decay, it is no

accident that quiescent prominences have longer lifetimes, which may be

measured in days or sometimes even in months. Filaments persist on the

average through four solar rotations.

Class I. Active prominences. This is the commonest type of

prominence. Active prominences can occur at all latitudes from pole to

pole, but are found most often in the sunspot zone. Frequently they evolve

out of quiescent prominences, and they sometimes develop into the eruptive

type.

Active prominences have the form of a mass of interlacing filaments;

these filaments appear to be torn apart by a nearby center of attraction.

Such prominences are generally joined with the chromosphere and they emit

streamers which pour into one or more attraction centers. The luminous

material almost invariably separates more readily from the top of a

prominence, rather than from its lower parts lying near the center of

attraction. This applies to common active prominences (ClassIa)._'

Much less frequent are interactive active prominences (Class

Ib), that is, two or (occasionally) several prominences joined by streamers

via which they exchange luminous material. One of the components may be

a tornado prominence. In individual cases of two prominences joined by

two streamers, it has been definitely established that the gas moves along

the streamers in opposite directions, in other words that the prominences

actually exchange luminous material.

The formation of knots and streamers is preceded by increased activity

in some part of the prominence, during which several wisps of gas are sent

out from the prominence in one direction. Then, the end of a wisp either

spearates to form a knot or else elongates into a streamer directed into the

chromosphere. Several such streamers may form simultaneously and then

converge at approximately the same point in the chromosphere. The

diameters of such centers of attraction, which are generally comparable in

size to a large sunspot or a small spot group, seldom exceed 3 ° . The

streamers vary greatly in length, ranging from a few thousand kilometers

in small active prominences to hundreds of thousands of kilometers in

eruptiw, prominences; the streamer widths are from 500 to 1000km, and

more rarely up to 4000 or 5000 km,

+ [ [11 P_.'II LI'_ SySICIIICOIHIIIOII AtZIIVC [)fOllltllt_llCt_S Ll[e actually CI;_.ss lb, while tile interactive type collsti.ttltes

Class t,,.J
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Class II. Eruptive prominences. According to Pettit,s

definition, eruptive prominences are those which rise up from the

chromosphere in a more or less vertical direction and spread out into space

at enormous altitudes. They do not issue directly from the chromosphere

but rather evolve from prominences of Class I or Class III (active sunspot
prominences).

The development of an eruptive prominence generally starts with the

formation near a quiescent prominence of a center of attraction, into which

gas then flows from the quiescent prominence along curved streamers. If

the center of attraction is weak, the process may last the whole time

required for the entire mass of the prominence to return gradually into the

chromosphere. If, however• the force of attraction at the center rapidly

increases• then the arc-shaped or arch-shaped streamers moving toward

the attractive center will often begin to overshoot it. The prominence then

becomes detached and may be rapidly sucked into the center of attraction

along the arch-shaped streamers. These so-called quasieruptive promi-

nences (Class IIa) constitute a link between Classes Ib or IIIc and the eruptive

prominences proper (Class lib). If the attraction increases even more

rapidly, then the arch-shaped streamers rise until the two branches•

ascending and descending, are almost parallel• and the entire prominence

starts receding in a more or less vertical direction. An analogous effect
is observed if a nearby sunspot is substituted instead of the center of

attraction• but this situation is much less frequent. During the course of

an eruption a prominence may send out streamers to several centers of

attraction (or, which is even more preferable, to a nearby sunspot); in the

early stages of the eruption there are quite a number of these streamers,

but in the later and final stages only two or three remain.

Two varieties of eruptive prominences are distinguished, although the

nature of their motions is essentially the same• In one case (Class IIb 0 a
single cloud moves upward, and as it rises it sends down streamers toward

the chromosphere. In the second case (Class IIb 2) the prominence is arch-

shaped. Here, it is the top of the arch which rises• while the entire arch

expands and at the same time gas moves downward along the two side
branches.

Different parts of an eruptive prominence may move with different

velocities, and at times some parts will have velocities which are radically

different from the velocity of the main body. One of the most interesting

side phenomena are secondary eruptions• as ejections of isolated

gas masses from a prominence are called. These masses move with very

high velocities• even higher than the velocity of the main body of the
prominence.

Early observers noted that the velocity of vertical motion of an eruptive

prominenee _n_o_= _,/_+h +_m_ _ _xrh_nh ]m fh_ _m_ fh]n_ _xz]fh alf]f,lrt_

Later Pettit found that this motion obeys the following two laws: i) the

motion is uniform, but occasionally the velocity may increase in jumps;

2) the new veloeity following each jump is a small integral multiple of the

preceding velocity, sometimes of the second preceding velocity. *

These laws were derived by Pettit on the basis of graphs showing the

measured heights of an eruptive prominence (ordinate) as a function of time

(abseissa). In order for the results to be really conclusive, more frequent

• This correction was obtained at the McMath-Hulbert Observatory.
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exposures were required, which incidentally was not easy with the older

type of spectroheliograph. The advent of motion-picture photography made

it possible to reduce the intervals between successive exposures to 1 minute

or less. It has been established that the motions of knots and streamers

into sunspots and centers of attraction, as well as the motions of quasierup-

tive prominences, also obey these laws. However, all attempts to explain

Pettit's laws have met with failure, and this raises definite doubts as to

their actuality.

Pan Puh, who studied this particular problem in 1939, came to the conclusion

that these laws were obtained solely because Pettit and his successors

applied an inaccurate method based only on the "height-time" graphs.

The usual velocities of eruptive prominences are measured in tens and

even hundreds of kilometers per second. A prominence of exceptional

velocity was recorded on 17 September 1937 at the McMath-Hulbert Observ-

atory. It first appeared as a Class-IIIcprominence over a large sunspot

group in the process of fading out, and it was followed out to an altitude of

1,000,000km, where it had a velocity of 728km]sec (a value greater than

the escape velocity of the sun), after which it went beyond the field of vision

of the camera.

The maximum observed heights for most eruptive prominences are

between i00,000 and 500,000km. The maximum heights observed for

prominences were 1,550,000km, or 1.12 of the solar diameter, on 20

March 1933 near the north solar pole, and 1,703,000km, or 1.22 of the solar

diameter, on 4 June 1946. The lifetimes of eruptive prominences range

from a few minutes to I0 hours or longer.

An interesting feature of these prominences is the rapid decay during

the last stage of eruption, which generally is a matter of a few minutes;

sometimes a very bright prominence will disappear almost instantaneously.

In certain cases a prominence will fade out only in part, while another part

of it continues to rise. The phenomenon of rapid fading is also observed

in quasieruptive prominences as they move toward a center of attraction,

as well as in the streamers of active prominences. Extraordinary bright-

ness apparently is not observed in eruptive prominences, at least not unless

their velocities are greater than 300 or 400km]sec. Also, no definite proof

has been offered to show that the photosphere or chromosphere increases

in brightness near a prominence either prior to or during its eruptive phase.

Eruptive prominences (both Classes IIa and Ilb) have a distribution over

the heliographic latitude which is similar toClass-I prominences. They

have a maximum frequency of occurrence in the sunspot zone, but they are

also observed in higher latitudes and even near the solar poles (which are

surrounded by centers of attraction). These prominences are one of the

less frequent types. Allowing for the randomness of previous observations,

the dependence on the season, and other factors, Pettit estimated that the

annual number of eruptive prominences on the solar surface is about 400

near the sunspot maximum and 25 to 50 near the minimum.

Class III. Sunspot prominences. This class of prominences

is of particular interest, since it gives us information regarding the

_ctivity in the chromosphere and the coronal space above a sunspot group

or near it. Sunspot prominences are rare, constituting only about i% of all

the prominences. They appear primarily in the early or late development

stages of spot groups, and occasionally over a single sunspot. Pettit
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divided this class into 9 subclasses. Some of these (a, b, c, and e} are

characterized by an influx of gases from the surrounding chromosphere or

coronal space into the sunspot region. In other cases (d and f} the material

moves out of the sunspot region, returning to the chromosphere along the

same route or else escaping from the chromosphere altogether.

IIIo prominences are shaped like chromospheric caps several thousand

km high and 20,000 to 40,000 km in diameter, covering a sunspot group.

Their lifetimes are usually measured in hours, although at times they

persist for a day or more. Large spot groups are sometimes accompanied

by two or three such prominences. Many of these prominences are now

identified with chromospheric flares.

IIIc (active) sunspot prominences sometimes accompany Class-IIIa or

(much less frequently) Class-IIIb prominences. These share many charac-

teristics with Class-I prominences: they send out knots and streamers

toward sunspots, they may develop into eruptive prominences, etc.

IIId (returning) sunspot prominences* are temporary chromospheric

elevations over sunspot regions, which return to the chromosphere along

the same trajectory without any breaks in continuity. They resemble ocean

waves breaking onto the shore. They may appear as small patches or as

gigantic formations up to 100,000km or more in size: these may rise and

settle without any visible loss of material (IIId,) or else they may disinte-

grate when they settle (IIId2). The lifetimes are from 10 to 20 minutes for

small returning prominences and slightly over an hour for the largest.

These prominences may be ejected at any angle to the vertical, and some-

times recur over an active sunspot group, originating at almost a single

point.

IIIe (ejection} sunspot prominences are small masses of chromospheric

material, sometimes ejected from highly active sunspot regions; these

leave the chromosphere and fade out without returning. These prominences

are often ejected at large angles to the vertical; sometimes they are

spherical (6000 or 7000 km in diameter} and sometimes they look like short

streaks. Their velocities are usually higher than the average, and their

intensities are about 0.1 of chromospheric, often just at the visibility

threshold. Their movements are uniform and rectilinear, but the velocity

may decrease suddenly from time to time.

A IIIf (secondary ejection) sunspot prominence constitutes only a very

small part of a Class-III prominence. Secondary ejections sometimes take

place without disturbing the rest of the prominence. They may move in

almost any direction, regardless of the motion of the parent prominence.

Class IIIa, b, and g prominences (coronal sunspot prominences) will be

discussed below under Class VI.

C!_._s IV. Tornado prominences. These have the form of

spiral columns, often resembling a tighily twisted rope _r a finely threaded

screw (IVa); they are mostly 5000 to 20,000kin in diameter and 25,000 to

100,000kin high. The presence of rotation has been confirmed spectro-

scopically; according to Pettit, the rotation is clockwise in both solar

hemispheres. A typical feature is the presence of a diffuse smokelike

column issuing from the top of the prominence and often inclined to the

chromosphere (sometimes even touching it). Unlike terrestrial tornados,
tornado prominences have never been found to shift in heliographic latitude;

their longitudinal drift is difficult to study because no direct method is

* ["Returning" sunspot prominences (Class IIId) were denoted by Pettit as "surge" sunspot prominences.J

121



available for the detection of these objects on the solar disk. They

apparently decay in various ways: as the peripheral velocity increases,

the prominence may explode like a dust devil in the desert; it may rise as

a single entity and fade out like an eruptive prominence; or it may evolve

into an active prominence.

In addition to columnar tornados, there are also other prominences

which appear to consist of individual twisted streamers (IVb). They

generally do not have smokelike ejections at the top. Tornado prominences

are relatively infrequent.

Class VI. Coronal prominences. These appear aslong,

slightly curved streamers leading from the coronal space to a center of

attraction. Coronal prominences may appear at heights of about 150,000kin

and they move downward with eonstant velocities of about I00 or 200 km/sec;

their brightness increases with the approach to the center of attraction.

These prominences seldom exist independently, usually being connected

with active (Class D or sunspot (Class Ill) prominences. The corresponding

active or sunspot prominences were classified by Pettit as subdivisions of

their groups (Ic, Ilia, IIlb, and IIIg), and these will now be discussed.

Coronal active prominences (Ic) appear in the last development

stage of a common active prominence, when with the increase in intensity

of the attractive center the prominence streamers become more numerous

and some coronal streamers may also enter into the center of attraction.

Common coronal sunspot prominences (Ilia) are groups of

convergent streamers or streamer segments originating in the coronal

space over sunspot groups (generally at altitudes below 75,000 km) and

directed into the spot region; their velocities are much lower than those of

Class-lccoronal prominences. Sometimes accumulations of streamers in

the form of converging arches or closed loops, similar to fountain jets,

are observed over active spot groups; these are the so-called looped

coronal sunspot prominences (Class llIb). Sometimes bright

points form successively over spot groups, and then gradually combine into

a continuous cloud from which streamers pour into the sunspot area. These

prominences, known as coronal clouds (Class Illg), have a tendency

to remain at a constant height, but they move parallel to the solar surface

in the direction of the main streamers.

Like the prominences of other classes, coronal prominences can be

photographed using the lines, for example, of hydrogen and calcium. Their

appearance in conjunction with the development of centers of attraction

indicates that undisturbed chromospheric gases are present in the coronal

space, and that these gases are apparently localized rather than distributed

uniformly. Many of the bright coronal prominences constitute chromo-

spheric flares.

The described classes of prominences do not cover the entire gamut of

these formations; some other types have been observed but not yet studied

properly. For example, although the surface brightness of most prominences

in H, light constitutes 5 to 10% of the chromospheric brightness at the limb,

there are still, in contrast to these, some very faint stable prominences,

ofte,_ large and visible with a monochromator, whose brightness constitutes

only a few percent relative to the ordinary prominences. '%Vhirlpool"

prominences have also been observed, which have plane rotation and

(contrary to Class IV) translational motion. Bright mushroom-shaped

1526
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prominencesalsooccur;thesemaysuddenlygrowspiralarmswhich reach out

in a definite plane and approach the center of attraction, the gas in them

sometimes attaining velocities of 200 km/sec.

Pettit's classification of prominences, despite its grave shortcomings,

still to a great extent satisfies the present requirements of observational

practice. Its purely empirical nature is an asset, since it may be applied

with ease to a descriptive analysis of prominences.

§34. The dynamics of prominences. The motions of prominences are

an essential characteristic of these formations. Their externalappearances,

trends of development, and lifetimes, as well as other features of promi-

nences, all depend on the type and degree of prominence activity, that is,

they are closely related to their motions. An understanding of the forces

determining the external and internal motions of prominences would there-

fore be especially helpful in clarifying the nature of these formations.

These forces have been studied by many scientists, but they have still not

been satisfactorily explained. The very presence of prominences in the

coronal space, particularly quiescent prominences which persist for a long

time in the solar gravitational field without changing much in appearance,

leads to the assumption that certain forces existing in prominences can

counteract the force of gravity. The uniform motion of eruptive prominences

(see Pettit's first law), as well as other factors, appear to indicate this.

It is difficult to doubt that the force "supporting" the chromosphere (see §6),

on the one hand, and the force "supporting" the quiescent prominences, on

the other hand, are identical in nature and are both electromagnetic forces.

Another interesting fact which the observations have revealed is that the

different elements present in prominences are well-mixed, that is, there

is no separation of elements. The problem of the separation of elements

has alonghistory. It first arose in connection with the radiation-pressure

theory of the chromosphere and the prominences. Various arguments were

presented in favor of the separation of elements: the previously overempha-

sized division of prominences into ordinary and metallic, the different

radial velocities of prominences and the different chromospheric heights

for different lines, etc. These arguments, however, were later shown to

be untenable. For instance, Pettit's comparison of the spectra of ordinary

and metallic prominences taken during a solar eclipse using a flash spectrum

showed that all three of the formations studied had the same chemical

composition, and that the differences in total brightness and in the relative

line intensities were due to differences in the optical thickness and in the

degrees of excitation. Numerous comparisons of the prominence forms

using light of various wavelengths did not reveal any real difference: under

conditions of identical photographic densities of the images using the various

lines, the forms of prominences (that is, down to the streamers and the fine

._tructural features) remain the same, showing that the elements are not

separated.

On the basis of motion-picture recordings of prominence motions, taken

in H,, hydrogen light using polarizing interference filters, Severnyi and

Khokhlova /4/ concluded that all prominences can be divided into three

classes according to their motion and variation of form:

I) eruptive (ejection of the prominence or a considerable part thereof

from the sun);

2) electromagnetic (active), in which regular motions are observed along

well-defined trajectories;
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3) quiescent, which are characterized by random motions.

The prominences in Classes 2 and 3 are the most frequent, eruptive

prominences being the rarest. The latter generally are formed when

quiescent prominences develop. The development commences with an

acceleration of the gas to high radial velocities, mainly at the base of the

prominence. A large part of the prominence then starts rising, first

slowly and then rapidly; different parts of the prominence move almost

uniformly at different velocities, often experiencing sharp changes (mostly

increments) in velocity, which may sometimes be as high as 500 to 700

km/sec. When the ascending mass of the prominence reaches a considerable

height above the surface of the sun, knots, and sometimes streams of gas

as well, separate from it and move back toward the sun. The abrupt

velocity variations observed in eruptive prominences are substantial, and

they constitute a distinctive feature of this class (the so-called first law of

Pettit). Eruptive prominences represent a special case of the rapid,

explosive development of quiescent prominences.

Electromagnetic prominences are characterized by perfectly ordered,

directional motions along definite, usually curved, trajectories, with knots

and jets of gas passing frequently along these trajectories. Unlike eruptive

prominences, this type is not characterized by discontinuous velocity

variations, and the knots and jets move with constant velocity over the

major part of the trajectory (that is, Pettit's laws are not observed). The

velocities are some tens of kilometers per second.

The direction of motion in an electromagnetic prominence depends as a

rule on the positions of the "centers of attraction, "these generally being

localized at the solar surface and at the surface of the interacting mass of

the prominence. The mass of the prominence may lie either in the chromo-

sphere or in the corona. Therefore, in addition to upward motion (from

the chromosphere to the "center of attraction") along an arched trajectory,

there also exist downward motions (from the corona to the "center of

attraction ").

The main properties of the motions of thcse prominences imply that the

motions are related to the presence of magnetic fields in the solar atmos-

phere. Thc trajectory shapes are very similar to the magnetic lines of

force around a pole or dipole. Also, the constant-velocity motion along

curved trajectories can be attributed to the motion of charged particles in

a constant magnetic field.

During studies of the motions in quiescent prominences it would be more

accurate to speak of changes rather than motions. Prominences of this type

have various, sometimes strange, forms. The changes in them are slow,

and take hours or days; they consist in random motions of individual knots,

clouds, and jets, as well as changes in the form of the structure as a whole,

somewhat reminiscent of the changes of shape in terrestrial clouds.

Quantitative measurements of the motions in quiescent prominences are

very difficult. A comparison of the observed distribution of knots (accord-

ing to velocity) with the Maxwellian distribution fails to reveal any similarity.

This noncorrespondence between the velocity distribution function of the

knots and the normal function of statistical physics shows that the phenome-

non involves turbulent motions.

A study of the brightness fluctuations of quiescent prominences, carried

out by Dubov /5/using motion-picture films taken in the H_ line, made it

possible to determine some of the turbulence parameters. It was found that
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in many cases the knots of a quiescent prominence can be treated as density

fluctuations randomly scattered throughout a field of isotropic turbulence,

the dissipation energy being around 5"10 8 erg/deg.sec. The scale of turbu-

lence is approximately 10 9 cm and the turbulent velocities are about

10km/sec.

§35. Prominence spectra. Spectrophotometric measurements. The

spectra of prominences, as well as their motions, are of basic importance

in a study of the physical nature of prominences. The spectrum of a

prominence observed at the solar limb (that is, in projection against the

sky ) is an emission-line spectrum. The strongest lines are the first

members of the Balmer hydrogen series, the H and K lines of ionized

calcium, and the D 3 line of helium. During a total solar eclipse, when the

scattered sunlight (both the sky background and scattering in the instru-

ments} is reduced to a minimum, many of the weaker lines become observ-

able: these include about 40 Balmer lines and 26 Paschen lines of hydrogen,

a few lines of neutral helium and the He+4686 line, and the lines of neutral

and ionized metals (see Table 3).

TABLE 3

Element, h. • Element, 7., X Element, _., ,k Element, x. X

Ti" 3322.9t
Fe*, Fe 3341.88

Ti ÷ 3349.00
Ti* 3349.41

Ti+Se _ 336t.24
Ti * 3372.84
Ti ÷ 3383.84

Ti +, Fe 3394.56
Cr* 342i.25

Cr +, Fe 3422.71
Fe 3440.62
Fe 344i.01

Mn ÷ 3441.97
Mn÷ 3474. ii

Mn ÷ 3482.95
Ti* 3685.25
Ti + 3759.33
Ti ÷ 3761.33
Ti + 376t.88
He 3819.63
Mg 3838.30
Fe 3859.87

Ca + 3933.90
Ca* 3968.70
He 4026.28
St* 4077.83
Sr ÷ 42t5.70
Ca 4226.74

Fe 4383.54
Ti*, V 4395.t3

Ti* 4443.85
He 4471.54

Ti*, Fe* 4504.03
Ti+, Fe ÷ 4549.63

Ti + 4563.76
Ti t 4572.00
Fe* 4583.86
He ÷ 4695.63
He 47t3.t5
He 5015.68
Fe* 50t8.44
Mg 5167.35

Fe*, Fe 5168.99
Mg 5t72.65
Mg 5183.58
He 5875.64
Na 5889.98
Na 5895.99
He 6678.15
He 7065.t8

Ca + 8498.06
Ca* 8542.t3
Ca* 8662.17
Mg 8807

Beyond the Balmer series (k 3646) a weak recombination continuum is

observed, whose intensity, in accordance with theory, decreases exponen-

tially toward higher frequencies. In the brightest prominences it is possible

to distinguish an even weaker continuum in which the energy is distributed

according to frequency as in the solar spectrum; this continuum is due

to the scattering of solar radiation by free electrons.

In the spectrum of a quiescent prominence the majority of lines are those

of hydrogen and the metals, the latter being mostly ionized. Neutral metals

harp fewer lines, and these mainly correspond to the strong Fraunhofer

lines. The spectrum of an eruptive prominence apparently dues not differ

from that of a quiescent prominence. Sunspot prominences, on the other

hand, typically have spectra in which strong metal lines are present

(strontium, magnesium, sodium, titanium, iron, etc; in addition, there

are strong helium lines), and this is why they are called met all ic

prominences. It should be noted that even under extra-eclipse conditions

a quite intense continuum can in many cases be observed in metallic

prominences. However, the difference between the spectra of quiescent

and metallic prominences is undoubtedly due not to a difference in chemical
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composition but rather to differences in the excitation conditions and in

the optical thickness. A comparison of their spectra, obtained during solar

eclipses, shows that the spectrum of a quiescent prominence mainly

comprises lines whose intensities on Mitchell's scale for the chromospheric

lines are higher than 30, whereas the spectrum of a metallic prominence

also contains weaker lines, with intensities less than 15. The difference

between the soectral lines of the two types of prominences very often

reduces to a difference in the intensities, and this can naturally be inter-

pretedas due to a difference in the degrees of excitation and ionization or a

difference in the amount of emitting atoms, the actual chemical composition

being the same.

Comprehensive investigations of prominence spectra have been under-

taken by Vyazanitsyn ]6], Zuikov J7], Severnyi ]8], Ivanov-Kholodnyi /9/,

Zirin [I0], Sobolev Ill�, Tandberg-Hansen and Zirin /12,13/, andYeh Shih-

Hui [14/. Consequently, a fairly large amount of spectrophotometric

material has been accumulated, from which it was possible to obtain

information on the physical characteristics of prominences. Of greatest

interest are spectra including wide wavelength ranges, obtained using

spectrographs with quite high dispersions and resolving powers. All the

authors have observed that the profiles of the hydrogen and helium lines in

prominences are in the majority of cases Gaussian. Self-absorption is

often significant, not only for the first Balmer lines H_ and H_ but also for

the lines up to He /14/. Figures 46a and 46b show the profiles of some of

the lines in prominence spectra. Using the profile halfwidths for various

lines, it is possible to obtain information on the kinetic temperature (the

actual temperature of the gas), the turbulent velocity, and the populations

of various levels.

One of the methods for determining the kinetic temperature is based on

the familiar formula

A)_D t _2Bl'km
----- _- V _-t-

(i)

Here A_ D is the Doppler halfwidth of the line, which can be obtained from

observations using the formula

(AL being the total profile width at half the central intensity), _ is the atomic

weight, R is the gas constant, and vt is the turbulent velocity.

Formula (i) is valid provided the profile is produced solely by the

Doppler effect, which many observations have shown to be the case in

prominences. If we assume that the turbulent velocities of the atoms of

hydrogen, helium, and the metals are all equal, then we can determine the

kinetic temperature and the turbuJent velocity by writing this equation for

hydrogen and the metals or for helium and the metals andsolvingfor the two

unknowns (/'kin andvt). Vyazanitsyn /6/ has shown that the turbulent

velocities of hydrogen atoms and calcium ions are approximately the same.

This, however, cannot be taken as definitely the case for all elements.

Moreover, this method is applicable only if hydrogen and the metals or

helium and the metals are excited in the very same regions, a condition
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FIGURE 46 a
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which is not always satisfied. The determinations of/'kin and vt carried out

by different authors show large discrepancies, indicating the great variety

of phTsical conditions existing in prominences. As an example, let us

consider the values of vt and Tkin obtained by some authors for hydrogen.

According to Vyazanitsyn /6/, the turbulent velocity is i0 km/sec and

the kinetic temperature is 5200 ° ± 2800°; according to Zuikov /7/, v_ =

=13.5km/secand Tki n= 9000°;andlvanov-Kholodnyi/9/obtained vt=7.1km/sec

and Tkin = 11,800 °. For different prominences Yeh Shih-Hui obtained

values of vt ranging from 3.76 to 7.06km/sec and values of Tkinfrom 5120 °

to 7790 °. The quoted values of vt and Tkin are in most cases the results of

averaging for various prominences. Yeh Shih- Hut has demonstrated that these

parameters differ for different prominences.

From the measured line intensities it is possible to find the numbers of

emitting atoms and consequently the chemical composition, the degree of

excitation and ionization, and certain other characteristics of the

prominences.

Let us consider a column 1 cm 2 in cross section and parallel to the line

of sight in a prominence. We denote the energy emitted by this column in a given

line ( k -+ i transition) per sec per unit solid angle toward the observer as lhi ;

also, we denote the number of emitting atoms in the column as N_, the

Einstein coefficient of spontaneous-transition probability as Ah_, Planck's

constant as h, and the frequeney of the i-+ k line as v. If the optical thick-

ness of the prominence in the given line in the direction specified is much

less than i, then

NkAkihvih

lh_ = 4._ ' (2)

since forced transitions for fairly high frequencies are negligible under the

conditions prevailing on the sun. Once lhi is determined from observations,

we can calculate the value of Nh from (2).

However, in many cases we must take into consideration the self-absorp-

tion in the Ha, H_, and H and I< Ca + lines. Calculations show that for

the ordinary optical thickness of prominences line broadening due to natural

damping is negligible, so that we can assume a pure Doppler coefficient of

absorption (Vol. l, Chapter i, §8), the Doppler width being determined by

both the thermal and the turbulent motions. The main difficulty entering

into the self-absorption problem is that we do not know the function Jr,

which depends on the mode of excitation of the atoms in the chromosphere.

In the simplest case (which is the one most important in practice) of the

scattering of solar radiation in the prominences, we have J_ = B_, where

B,. is the average intensity of the incident radiation.

We can obtain an empirical curve of growth by plotting the intensities of

some particular line, say the K line of Ca If, measured in various parts of

a given prominence (or different prominences), agalnst tt_e corresponding

intensities of the D 3 line of He, which is in some cases free from self-

absorption. In this case it is also assumed that f_ is constant for the given

prominence (or different prominences); this is equivalent to assuming a

universal curve of growth, which is obviously a shortcoming of this method.

Sometimes it is possible to allow for self-absorption with greater accur-

acy, provided we take advantage of certain specific features of the case

being considered. For example, the values of'Jr are approximately equal
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for the H and K lines of Ca II, which are components of a multiplet (oscil-

lator-strengih ratio of 1:2) and which are located in the same spectral

region; thus, the effect which self-absorption has on the ratio IH :IK is

determined by the quantity N_ alone. On the basis of equation (5) of Chapter

IV, we can obtain a theoretical relation between these quantities; here, the

velocity of the atoms, which enters into the expression for the absorption

coefficient ×, can be determined from the halfwidths of the Hand K lines.

Applying this method, Vyazanitsyn /6/ found, as an average for many

prominences, that there were 2.4.10 is atoms of Ca II per cm 2 along the line

of sight, or, taking the average thickness of a prominence as 10,000km,

that there were 2.4.104 Ca II atoms per cm _. It was also found that on the

average self-absorption reduces the brightness of the H line of Ca II to one

third. These studies have established that self-absorption for the H_ line

is considerable, that it is especially strong for the H and K lines of Ca II,

and that it is negligible for helium lines and the weaker metallic lines.

A problem which is more difficult than the measurement of equivalent

widths is the measurement of line profiles. Such measurements have been

made during the last three decades by various researchers, in particular

by Soviet astronomers, but the data are still meager.

Vyazanitsyn /15/ has measured the profiles of the H and K lines of Ca II

in the rare case in which one prominence is shielded by another. Specifi-

cally, me spectrogram shows the wide emission lines of the lower, lagging

prominence, which contain the narrow absorption lines of the leading

prominence at their centers; up above, these absorption lines change into

emission lines without any change of width. Assuming pure Doppler

broadening, the line profiles yielded the following results: the optical

thickness of the leading prominence at the center of the H and K lines

(neither of which was exceptionally bright) was _2.5; the line-of-sight

component of the turbulent velocity was 13.6km/sec; the number of absorb-

ing Ca II atoms per em 2 parallel to the line of sight was 1.1"10_3; the atten-

uation of lines due to self-absorption was 50%; and the intensity of the

exciting radiation was 0.025 of the intensity of the adjacent continuum at the

center of the solar disk, that is (allowing for an attenuation to about 1/3

due to dilution), the excitation was due to emission at the center of the

Fraunhofer H and K lines, whose central intensity is N0.08. These data

are apparently typical for prominences.
§36. Excitation and ionization. Studies of excitation and ionization

are complicated considerably by the absence of thermodynamic equilibrium

in prominences and by the presence in their spectra of the lines of elements

which differ greatly in excitation potential (hydrogen, helium, and metals).

In order to solve the problem, we must write and solve for each element a

system of stationarity equations, at the same time taking into consideration

the various possible elementary processes responsible for the population of

levels and for deexcitation. The following processes may cause level
excitation:

1) the scattering of photospheric radiation;

2) excitation by electron impact, both from the ground state and from
the lower excited states;

3) recombinations at excited levels;

4) the absorption of radiation emitted by the prominences (for resonance
lines);
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5) spontaneoustransitionsfrom upperlevelsto agivenexcitedlevel.
Excitedstatesmaybedestroyedby:

1) spontaneoustransitionsto lower levels;
2) ionizationby electronimpactandphotoionization;
3) electronimpactof thesecondkind.
Theelementsin prominencesmaybeionizedbytheabsorptionof radia-

tion (of eitherinternalor externalorigin)at frequenciesof thecontinuum
beyondthemainandsubordinateseries(photoionization)andbyelectron
impactfrom boththegroundstateandexcitedstates.

Anexactsolutionof thesystemof stationarityequationswhichtakesinto
considerationtheaforementionedprocessesis impossibleevenfor hydrogen
andhelium,sincetheinformation,if at all available,whichwehaveconcern-
ingtheelementaryprocessesis highlyinaccurate(for instance,wecannot
specifytheeffectiveelectron-impactexcitationandionizationcrosssections,
particularlyfor transitionsfrom excitedlevels, theradiationdensitiesin
resonancelines, etc.).

Thereforeouranalysesof theexcitationandionizationin prominences
are still purelyqualitative,andaredirectedtowardascertainingtheroles
of thevariousmechanisms.Studiesof this subjectcarriedoutbyseveral
authors/6, 16, 11,12, 13,14] have shown that, due to the great variety of

physical conditions in prominences and due to their inhomogeneity, the

excitation and ionization may be governed by different mechanisms.

Vyazanitsyn /6/ solved the stationarity equations for hydrogen considering

only excitation by photospheric radiation and by recombination; he thus

obtained the t3almer decrement as a function of the electron temperature

and of the Planck temperature for photospheric radiation and for the Lyman-

continuum radiation. He showed that a Lyman-continuum temperature of

6650 ° and a kinetic temperature of Tki n = 5200 ° suffice to explain the observed

hydrogen-level populations in most of the prominences considered.

During a study of the distribution of hydrogen atoms according to differ-

ent states in quiescent prominences, Ivanov-Kholodnyi ] 16/ concluded that

excitations of the third, and in part of the fourth, levels are caused by

scattering of photospheric radiation in the Ha and H_ Fraunhofer lines,

whereas the excitation of higher levels is determined by recombination.

However, if recombinations are of any significance in the excitation of

hydrogen, then we cannot neglect excitation by electron impact, since a

comparison of these mechanisms (see /ll[)has shown that electron impact

and recombination participate equally in the excitation of hydrogen. Actually

these two mechanisms are functionally related and are determined by the

same parameters, namely the ground-state concentration of hydrogen atoms

and the kinetic temperature. Therefore, a recombination spectrum can

appear only in exceptional cases, when the ionization is determined by the

field of external coronal radia_iuu, _..L.._. is N_o¢{h]p only for very rarefied

formations having comparatively small optical thicknesses at the frequencies

of the Lyman continuum.

Sobolev [11/ has used the hypothesis that prominences are _nhomogeneous

formations consisting, like the chromosphere, of filaments with various

physical conditions to demonstrate that the spectra which he obtained for

certain prominences could be explained by excitation due to the absorption

of photospheric radiation; the excitation in other prominences, on the other

hand, was mainly determined by recombination and electron impact. As
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an example, Table 4 gives the Balmer decrements (relative to the intensity

of the H_ line) calculated theoretically and obtained from observations.

TABLE 4

Electron-impact and recombination excitation

theoretical,
Spectral prominence [ for I
line of 10March T,,_i0,000°

and rt,,=
1954 [ = t0n- i012 ]

Ha

H_
Hv
H6
He
H8
H9

tO0
0.46
023
0.t5

3.9
1.00
0.46
0.23
0.i4
O.iO
0.07

prominence I

of 26 May

1954

2.i
i.00
0.51
0.32
0 i4

theoretical,
for

T e _ 7 b00 °

and

n H _ i013

2.8
t.O0
0.45
0.29
0.i6
0.t2
0.09

Excitation by photo-
spheric radiation

prominence
of 17 May

1954

3.t
t,00
0.30
0.t3
O, 060
O. 06t
0 055

theoretical,

for

T_ = 5 000 °

8.0
t.00
0.28
O.ti
O. 054
0.063
0 050

Different prominences thus correspond to different physical conditions,

and consequently to different excitation mechanisms. This conclusion was

earlier drawn by Ivanov-Kholodnyi ]16/ and later confirmed by other

authors.

Tandberg-Hansen and Zirin /12, 13/ made a study of the lines of hydrogen

and helium and the _ 4686 line of ionized helium and concluded that these

elements are excited in regions with different electron temperatures, so

that prominences can be divided into two classes according to the type of

excitation. The main characteristics of this division are the intensity

ratios for the He I 4026 and Sr II 4077 lines, on one hand, and the He I 4713

and He II 46 86 lines, on the other. Table 5 gives some estimates of these

ratios.

TABLE 5

Class I Class II

I_026_1_077 I4026 >>/4077

147i3 >> I_68e 14713 -- 14e86

Prominences of Class I have comparatively strong metallic lines and a

very weak He II 4686 line (to use the terminology of Tandberg-Hansen and

Zirin, these are *'cold" prominences). Class II is characterized by weak

metallic lines, whereas the intensity of the He II 4686 line is comparable

to that of the He I 4713 line ('_hot" prominences).

YehShih-Hui/14/obtained the spectra of 10 prominences using an echelle

spectrograph which made it possible to obtain simultaneously, with a quite

high dispersion, the entire visible spectrum and a large part of the ultra-

violet region. After determining from the observational material the main

physical characteristics for hydrogen (the level populatiops and the kinetic

temperature), he estimated the relative significance of the various processes

in the excitation of hydrogen. In addition, he set up stationarity equations

(with certain simplifications) for the observed populations and Tki n and then

determined the ground-state concentration of hydrogen and the electron

concentration. Yeh Shih-Itui' s main conclusion is that the excitation of hydro-

gen in prominences is due mainly to their self-radiation.
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However,all thesestudieshavenot given a comprehensive description

of the excitation, and particularly the ionization, in prominences. They

have only furnished data on the significance of the various mechanisms in

excitation and ionization and have indicated the great variety of physical

conditions in prominences.

In order to explain the emission of prominences in the lines of various

elements, we must obtain a quite rigorous solution of the system of station-

arity equations for all elements whose lines are observed in prominences.

Moreover, we must have at our disposal a much greater amount of observa-

tional data on the spectra, since in many cases different spectral regions

were photographed at different times and we can by no means be sure that

they represent the very same part of the prominence, the resulting data

being unreliable. The only exceptions to this areYeh Shih-Hui' s observations,

but these cover just 10 prominences, mostly of the quiescent type.

The problem of the origin of prominences is of considerable significance

in understanding the excitation and ionization processes. One possible

mechanism of prominence formation, as a result of the condensation of

coronal matter, has been considered by Shklovskii /17/. The main require-

ment for such a process is the existence of a magnetic field in the form of

a system of force tubes, in which the coronal matter becomes compressed.

This process is not an adiabatic one, and the thermal energy released

during compression will be transmitted to the surroundings by heat conduc-

tion and by the radiation emitted in free-free and free-bound transitions.

Calculations show that in a few hours the temperature of such a compressing

gas would drop to 200,000 °, after whichthe cooling process would become

more rapid until in a few minutes the temperature would drop to values of

around 10,000 °.
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Chapter VI

CHROMOSPHERIC FLARES

Chromospheric flares are the brightest formations on the sun, but at the

same time are very short-lived; they are visible in the light of the H_ line.

It has been established that, in certain ways, flares are very much like

explosions. The sudden increase in radiation flux at the location of a flare

is similar to phenomena occurring in variable stars, mainly in UV Ceti

variables. It is possible that the latter case represents a related phenom-

enon, although on a completely different scale. Chromospheric flares are

also interesting in that they may have strong effects on the ionosphere and

the magnetic field of the earth. Moreover, they emit radio waves and may

affect the cosmic-ray particles incident upon the earth; in fact, they are

sometimes even sources of such particles (of the solar component of cosmic

radiation).

§37. Classification. Frequency of flares. Until recently the spectro-

helioscope was the standard instrument used for flare observations. A

flare was identified by means of a sudden rise in brightness in the Ha line

at some part of the solar disk. At present, however, spectrohelioscopes

are used concurrently with telescopes equipped with polarizing interference

light filters, which, having a transmission-band halfwidth of about 0.5_,

make it possible to view simultaneously the entire solar disk in H_ light.

Considerable progress has also been made employing motion-picture methods.

Motion pictures make it possible to trace the development of large chromo-

spheric flares and also to carry out the necessary photometric measurements.

The development of a flare, according to observations in H_, takes place

in a complex manner, starting with the appearance of luminous points or

bright diffuse cloudlets having highly fluctuating, yet on the average increas-

ing, brightnesses. The rise in brightness for small flares takes no more

than 1 or 2 minutes, and it is usually because of this that the commencement

of a flare is seldom detected by an observer. On the other hand, the decay

stages of such flares may last quite a long time, reaching as much as an

hour in individual cases. Visual estimates of the class of a flare are made

according to an arbitrary four-point scale.

TABLE 1

Class

t
2
3
3*

Average

duration

(minutes)

t7
29
62

t80

Maximum and

minimum dura-

t ions ( m inutes)

4-- 43
t0-- 90
20--155
50--432

Average area
( 10- 4ofa solar

hemisphere)

t
4

to

Average brightness
(units of diskbright-
ness in neighboring

continuum)

0.6
t.0
2,0
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The  a r e a  and brightness of a flare a t  the t ime of its maximum develop- 
ment are taken as cha rac t e r i s t i c s  of the flare c1a;ss. 'Table 1 gives the 
average class cha rac t e r i s t i c s  according to Ellison / I /  and Waldmeier 121. 
Weak chromospheric  flares are very frequent.  During y e a r s  of maximum 
s o l a r  activity s e v e r a l  flares may often be observed within a single active 
region (a spot group surrounded by a facular  area) in  the cour se  of a n  hour. 
C la s s  3 o r  3+ flares, on the other  hand, a r e  r a r e  events, and no m o r e  than 
one o r  two of these occur  each month. 

Chromospheric f l a r e s  a r e  generally localized i n  the lower chromospheric 
s t r a t a ,  together with the bright hydrogen flocculi. 
have complex i r r egu la r  s t ruc tu res  (F igu re  47), but sometimes they may 
r e semble  vortexes (F igu re  48). In cer ta in  c a s e s ,  the bright flocculi of 
f l a r e s  have joined spots of opposite magnetic polarity. Some f l a re s  are  
observed a t  considerable alt i tudes above the s o l a r  limb in  the form of 
anomalously bright prominences.  

Large f l a r e s  as a ru l e  



The  problem of t.he gas  motion in flares cannot be solved conclusively 
just  by observations in th: l i n e  co res .  Many authors  have been of the opinion 
that flares are  totally a t  r e s t ,  but this conclusion cannot be accepted, s ince 
the halfwidth of the H, emission l ine in a f l a r e  may reach 1 A .  Consequently 
line shifts  may r ema in  imperceptible even a t  comparatively high velocities, 
of the o r d e r  of 10 o r  20 k m / s e c .  In the event of ve ry  l a rge  shifts,  attenua- 
tion of the flare will be observed. In spi te  of the l imitations of such obse r -  
vations, Severnyi and Shaposhnikova recently detected in some  flares bright 
formations moving with velocit ies up to 300 km/  s e e .  Although theoretically 
these motions could be considered as displacements of the emission center  
of the gas, s t i l l  cer ta in  indirect  factors ,  and a l so  the r e su l t s  of spectro-  
scopic observations,  indicate a n  actual  motion of the gas  m a s s e s .  

berlain / 3 /  observed i n  five cases that individual bright j e t s  issued f rom 
the flares, the jet  velocit ies being up to 700 k m / s e c .  
of f l a r e  spec t r a  (Figure 49) made by Kra t  and Sobolev / 4 /  at  Pulkovo showed 
that the emergence of bright j e t s  f rom f l a r e s  is not a n  exception; they were 
a l s o  observed i n  Class-1 f l a r e s .  
toward the photosphere. 

Still ea r l i e r ,  a t  the moment of flare birth,  Dodson, Hedeman, and Cham- 

The  observations 

The  j e t s  move predominantly downward, 

FIGUKE 4 9  

638.  The  formation of su rges .  Special  prominences known as su rges  
a l s o  appear  during chromospheric  flares. 
sma l l ,  short-l ived, da rk  flocculi, whereas  near the l imb they appea r  as 
bright,  rapidly moving prominences.  Although s u r g e s  are observed only 
comparatively r a re ly ,  s t i l l  we can be s u r e  that they almost  always ( i f  not 
always) accompany f l a re s .  However, because of the high r ad ia l  velocit ies 
involved, the spec t r a l  l ines of s u r g e s  are  shifted as much as 10 off the 
cen te r s  of the Fraunhofer l ines.  The re fo re  an  obse rve r  who i s  occupied 
with spectrohelioscopic observations of a f l a r e  a t  the cen te r  of the H, l ine 
will generally m i s s  a su rge ,  which moreover  may even occur  comparat ively 
far away from the f l a r e  proper .  
interference f i l t e r s  su rges  often cannot be detected,  s ince it is impossible  
to r ecen te r  the f i l ter  pass  band during the observat ions.  
available on s u r g e s  are  comparatively few. 

i ts  radial  velocity r eaches  s e v e r a l  tens of ki lometers  p e r  second.  
shif ter  is used to move the pas s  band of the f i l ter  f rom the l ine c e n t e r  into 
i t s  violet wing, then a dark blob f rom 10 to 30" in d i ame te r  is obse rved .  
The  blob m a s s  elongates and i t s  velocity inc reases .  After a few minutes ,  
the velocity dec reases  and eventually drops to zero,  a t  which t i m e  the s u r g e  
will have reached i ts  maximum height. 
following i ts  previous path of ascent .  

On the disk they show up as 

During observat ions using polarizing 

Thus,  the data 

During spectrohelioscopic observat ions a s u r g e  is general ly  noticed when 
If a l ine- 

Then it s t a r t s  fall ing downward, 
In the long-wave ( r ed )  wing of the 



line the blob r e m a i n s  distinct unti l  i t s  actual  disappearance.  The  velocity 
of descent is much lower than the r i s e  velocity was,  and i t  generally does 
not exceed the free-fal l  velocity. At high altitudes, su rges  often b reak  up 
to  form individual j e t s  and blobs (F igu re  50). 

FIGURE 5 0  

Observations of s u r g e s  a t  the so l a r  l imb show that the s u r g e  brightness 
When the s u r g e  is may  be ei ther  higher o r  lower than the disk brightness. 

br ighter ,  then if i t  is observed on the disk it w i l l  inevitably be taken fo r  
pa r t  of the chromospheric  flare. 
should apparently just  be applied to the virtually stationary nucleus, all the 
rapidly moving blobs and j e t s  being classif ied as  surges .  
vations of Te ryaeva  have shown that the spec t r a  of flares and s u r g e s  are 
essent ia l ly  identical. 
the high amount of velocity dispersion. 
a s suming  that many s m a l l  blobs and je ts ,  moving at var ious velocit ies,  are 
projected simultaneously onto the spectrograph sli t .  It has  a l so  been deter-  
mined that f a i r ly  s t rong  magnetic fields exist  nea r  s u r g e s  ( s e e  540) and that 
the s u r g e s  move along the magnetic l i n e s  of force.  

s p e c t r a  of chromospheric  f l a r e s  were  f i r s t  studied systematically by 
Richardson and Minkowski 151.  
emiss ion  l ines  of H, He, and Ca 11, f rom He 10938.12 t o  Ca  11 3736.919. 
La te r ,  A l l e n  161  compiled a l i s t  of 116 l i n e s  of a chromospheric-f lare  spec-  
t rum obtained using a th ree -p r i sm spectrograph. This l i s t  was made on the 

However, the term "chromospheric flare" 

The  recent  obse r -  

The most  cha rac t e r i s t i c  feature of su rge  motion is 
This  can be explained only by 

639. The  s p e c t r a  of chromospheric  flares and their interpretation. The  

These  authors made observations using the 



basisof spectroscopicandspectrographic(visual)observationsof 9flares.
Themostcompletelist of the linesto beobservedsimultaneouslyin an
intenseflare is theonepublishedbySevernyi,Steshenko,andKhokhlova/7/,

who observed flares using an echelle spectrograph, which enabled them to

photograph on a single plate the spectrum from 3200 to 6600

In summing up the attempts toward a more complete description of the

emission spectra of flares, we may state that the spectra of strong flares

include all the lines of hydrogen, neutral helium, and ionized calcium and

strontium, while in some of the '_blobs"all the other lines of the ionized and

neutral metals are observed(Mg, Fe, FeII, SrII, Cr, TiII, BaII, etc.). Thus,

practically the same lines are observed as in the spectrum of the chromo-

sphere, except for the ionized-helium line He II 4686, which is extremely

rare in flare spectra.

Very comprehensive and reliable spectrophotometric studies of chromo-

spheric flares were made by Mustel' and Severnyi /8/, and later by Severnyi,

at the Crimean Astrophysical Observatory. These authors showed that in

flares of Classes 1 and 2 noticeable changes are observed only in the H and

K lines of ionized calcium and in the Balmer lines of hydrogen. In the H

and K lines, the central emission is accompanied by an elevation of the line

wings, usually observed not at the commencement of the flare but only after

a certain delay. The authors attribute this phenomenon to ionization of

Ca II ions by the Lyman emission of the flare. The time lag is due to the

gradual diffusion of Lyman quanta into the reversing layer, as a result of

the high absorption coefficient at Lyman frequencies. A similar elevation

of the line wings is observed in the Ba]mer lines, and the time lag is appar-

ently due to the same factor. Observations of a large flare (Class 3 + ) on

5 August 1949 gave some most remarkable results. The authors obtained

17 spectrograms of the flare during the eight-minute period after its

commencement, and thus they were able to pick up the peak of its develop-

ment. However, no changes in the metallic lines were observed for this

flare either. Only the profiles of the H and K lines and the k 4215.5 ionized-

strontium line were found to change. It shnu]d he noted, by the way, that

other authors have not observed any wing elevation in the Balmer lines.

Subsequently, Severnyi established that the extended wings of the Bahner

hydrogen lines and the H and K lines are mainly due to the Doppler effect.

The wings may often be asymmetric. The line halfwidths in flare spectra

are very large, and they are also "Doppler" in nature, corresponding to

velocities of some tens of kilometers per second inside the flare. It is just

because of this enormous Doppler broadening that the Stark effect in the

hydrogen lines is generally obscured.

An interesting phenomenon observed in this flare (and also reported

previously) is a depression of the short-wavelength wing of the H line and

of other Balmer lines. This indicates the presence of gas efflux with veloci-

ties up to 80km/sec from the region of the flare, which can be interpreted

as a surge prominence. One blob in this surge was observed in H_ emission,

and it was found to move with a velocity of 100km]sec. The wide wings of

the H_ line were satisfactorily explained as being mainly an effect of radia-

tion damping; the wings of the other Balmer lines are formed partly due to

the Stark effect. Thus it was possible to evaluate the physical conditions in

those regions of the flare in which hydrogen was excited. The line-of-sight

number of excited hydrogen atoms in the second quantum state (N_) was
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found to be between 3.1015 and 1.3-10l6, while the electron concentration ne 
(th? number of f r e e  e lectrons pe r  cm3) ranged f rom 3.3.1012 to  1.1.1013. In 
accordance with the line profile,  i t  was assumed that Tkln = 10,000" (a gas 
t empera tu re  which is practically equal to the electron temperature  under 
the conditions prevail ing in f lares) .  
Fobolev 141 during their  study of weak chromospheric  f l a r e s  (C las s  1); they 
showed that the t empera tu re  in the hydrogen-emission zone did not exceed 
10,000'. 
than for the flare of 5 August 1949. 
Stark effect plays only a negative ro l e  i n  the formation of the profiles even 
of the H e ,  H,, and H, lines. 

only in ve rv  l a r g e  chromospheric  flares 171. However, the corresponding 
absorption l ines are  often associated with f l a r e s  / 9 /  and do not disappear 
even a f t e r  the flare is over .  Since the D, and He 3889 lines a r e  often observed 
over sunspots and simply in facular  regions,  however, they need not be 
attr ibuted to flares. 

apparently a tomic recombination and electron impact.  

Th i s  r e su l t  w a s  confirmed by Kra t  and 

The values of N ,  and ne fo r  t hese  f l a r e s  a r e  about 10 t i m e s  less 
This  is sufficient to e n s u r e  that the 

Emission l ines of helium (especial ly  the D, line) a r e  observed on the disk 

The main mechanisms responsible  for  the emission lines of flares are  
The  l a r g e  populations 

of the higher hydrogen-atom levels,  which 
a r e  the reason for  the many spontaneous 
transit ions f rom the higher levels  t o  the 
second level, producing the Ba lmer  series, 
may be a r e su l t  of higher t empera tu res  in 
the hydrogen-emission zones of some  
flares. Tkln f o r  individual flares may be 
as high as  15,000 o r  20,000". 

Photographs of the s p e c t r a  of f l a r e s  
located above the solar  l imb  have recent ly  
proved to be v e r y  fruitful. At the l imb 
flares a re  generally observed as bright 

chromosphere in the fo rm of individual j e t s .  
FIGURE 51 prominences,  whose gas  e scapes  into the 

As a re su l t  of a misunderstanding, l imb flares w e r e  classified as sunspot 
prominences,  even when the j e t s  flowing out of the f l a r e s  formed loops 
( these were  called loop prominences,  s e e  Figure 51). Actually, when 
prominences of t hese  types are projected onto the solar disk, they a r e  
absolutely indistinguishable f rom f l a re s  observed i n  H o r  K light. 

The  development of such prominences is identical to the development of 
f l a r e s  on the disk. By observing the downward flow of gas  j e t s  f rom these 
prominences,  we can understand the appearance of the " r e d "  (descending) 
s u r g e s  which are almost  always observed i n  f l a r e  spectra .  In s o m e  cases 
f l a r e s  r i s i n g  ove r  the photosphere have acrudlly " u e c r ,  S ~ D I ?  tc! dvp lnp  
direct ly  into one o r  s e v e r a l  sunspot prominences a t  the s o l a r  l imb. 
t icular ,  this phenomenon was recent ly  observed by Waldmeier during the 
magnificent f l a r e  of 23 March 1958. 
uum emission.  

The  spec t rum of a f l a r e  observed above the solar  l imb is remarkab le  
due to the abundance in i t  of weak lines, most of which cannot be detected 
in the spec t r a  of f l a r e s  projected onto the so l a r  disk. Recently, a l a rge  
number of spec t rog rams  of l imb f l a re s  have been obtained a t  the Climav 

In pa r -  

This  f l a r e  a lso showed intense contin- 



Observa tory  (USA) and a t  the Pulkovo and Cr imean  Observator ies .  
spec t rog rams  of t he  large f l a r e  on 24 June 1956, taken by Zi r in  a t  the 
Cl imax Observa tory  with a n  extra-ecl ipse coronagraph, show the emiss ion  
l i nes  of He  4922, 4713, 4471, and He I1 4686. All the  l ines  are v e r y  wide, 
t he i r  halfwidths being on the average 0.8 A .  The  halfwidth of H, was  even 
as grea t  as 2.75 A .  
broadening; in t h e  given c a s e ,  however, as will h e  shown in the following, 
the broadening factor  is apparent ly  not turbulence but r a t h e r  a regular  gas 
motion of a compress ion  or expansion type.  

Flare s p e c t r a  obtained a t  the Pulkovo Observa tory  in 1958 r e v e a l  a g r e a t  
variety of halfwidths and intensit ies in the  helium lines.  I t  i s  interest ing 
that He I1 4686 is by no means  observed in all flares. However, it must b e  
kept in mind that fo r  t h i s  l ine to b e  detectable i t s  intensity must  b e  a t  l ea s t  
comparable  to  that of t he  weak He 4713 line. 
the intensity of t h e  He I1 4686 line was  even higher than that of He I1 4471, 
which is always v e r y  s t r o n g  in f l a r e  spec t ra .  

The  

Such large widths a r e  indicative of nonthermal l ine 

In t h e  flare of 24 June  1956 

T h e  emiss ion  1inr.s of meta ls  (Na, Mg, T i  11, Fc 11, ctc.) are  concent ra ted  
in a comparat ively nar row region n e a r  t h e  flare ccntcr .  Thc hydrogen- 
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emission zone, on the other hand, is more extended, andappears to surround

on all sides the "metallic" core of the flare. Even more extended than this

is the zone of helium emission. The H_ and H_ emission lines of hydrogen,

and also the D 3 emission line of helium, often have unusually wide wings.

Photographs taken at Pulkovo by Prokof'eva and Gol'dberg-Rogozinskaya

using an extra-eclipse coronagraph show considerable emission, often at

very large distances from the line center; this indicates gas motion with

velocities of several hundred kilometers per second (Figure 52). On the

spectrogram of the flare of 5 April 1959 (bottom photograph) Gol'dberg-

Rogozinskaya was able to detect in the long-wavelength wing of the H_ line

an emission corresponding to a velocity of 930km/sec. The Doppler effect

is the only plausible explanation of the line broadening in flare spectra.
These features of the behavior of the helium and metal lines indicate

not only that the flares themselves are excessively inhomogenous (since the

conditions of excitation and ionization differ completely for different ele-
ments) but also that the conditions for excitation and ionization of the atoms

of different elements in different flares are not the same.

The gas motions in loop prominences (flares) and the spectrophotometric

data help us to understand the development of flares. A flare apparently

develops during the compression (condensation) of coronal gas, which

rapidly cools off as the line emission intensifies. Compression is actually

the direct opposite of explosion, although the gas-compression velocities in

flares, to judge from the radial velocities in H_ and D3, are supersonic and

thus approach the velocities of detonation waves. Compression explains

very well the temperature drops at flare centers and in their dense "metal-

lic" cores, as well as the appearance of intense magnetic fields in flares

due to a concentration of magnetic lines of force. Severnyi and his co-work-

ers observed an intensification of the magnetic field up to 600 gauss in the

flare of 31 August 1956; the maximum field strength did not coincide in time

with the maximum hydrogen emission.

If the magnetic field is intensified during the flare, then obviously this

strengthening cannot be caused by the flare itself, since then there would be

no reason for compression to occur. The reason for the magnetic-field

variation and for the resulting gas compression can only be related some-

how to the properties of the magnetic field. In this respect, two possibili-

ties must be considered. The coronal magnetic field may change either

due to its instability (more precisely, due to the instability of the coronal

plasma) or else due t.o some extra-coronal factor, such as the magnetic-

field variations in sunspot groups. The observations of Gopasyuk indicate

that the appearances of flares are accompanied by changes in sunspot

groups. The motion of a spot is much more intense than the motions on

the quiescent sun, and spot motions are apparently fluctuational-transla-
tional in nature.

§40. Emission cores. In 1917 at the Mount Wilson Observatory Ellerman

observed some brief flares in the wings of the hydrogen lines. Narrow

emission bands were detected in the wings of H_, while the core of the line

remained dark. This indicated that a flarelike phenomenon had taken place

in the reversing layer or even in the photosphere of the sun. Ellerman

observed that the short-wavelength wing of this emission, which he called

a "bomb,"is generally longer than the long-wavelength wing. However,

not much attention was paidto Ellerman's discovery, and until quite recently
these "bombs" were not studied further.

141



1,,4 
A 

1-12 



Thefirst detailedstudyof this phenomenonwascarriedoutbySevernyi
/10/. At the Crimean Observatory he obtained spectrograms of faculae in

various parts of the H_ and H and K lines under conditions of a quiescent

image. Severnyi observed that near faculae "Ellerrnan-bombs" were very

frequent. The emission was concentrated in narrow bands of gradually
decreasing intensity, which were sometimes almost detached from the core

of the line. This showed up most distinctly in the H and K lines; these

bands were called "whiskers." (See Figure 53: a) shows the whiskers (top)

and the flare emission (bottom) in the H and H_ lines; b) shows the fine

structure of the flare emission in the H and H_ lines, the emission of the

wings consisting of two extremely thin filaments 0".5 wide; c) shows the

one-sided "blue whiskers" in the K line near the solar limb; and d) shows

the whiskers near the sunspot in the K line.) "Whiskers" are sometimes

observed in absorption rather than in emission. The appearance of "whis-

kers" indicates the existence of gas jets which extend over areas measuring

from 700 to 1500km (from 1 to 2" on the solar disk), and having a wide

spectrum of velocities, from values close to zero up to values of hundreds

of kilometers per second.

The dimensions specified, which characterize the width of the "whiskers,"

are apparently exaggerated due to the effects of solar-image vibrations.

The actual widths of the "whiskers," according to Severnyi, do not exceed
300 kin.

It is interesting that for quiescent solar images ordinary chromospheric

flares as a rule split up into distinct small emission centers and "whiskers. "

The "whiskers" are sometimes one-sided, showing that the gas flows out

in one direction only. Mostly, however, they occur in both wings of the

line, showing gas efflux in opposite directions. This led Severnyi to attri-

bute the formation of "whiskers" to some type of explosive process,

although this would seem to contradict the wide velocity spectrum in the

gas. In spite of the brevity of the process, it nevertheless appears to be

continuous over a period of a few minutes.

A particularly important factor which may throw some light on the nature

of this phenomenon is the formation of narrow emission bands in the contin-

uum. The widths of these bands are the same as those of the "whiskers."

One such band is clearly visible in the bottom photograph of Figure 53. The

emission of these bands is not temperature emission. The equivalent widths

of the Fraunhofer lines intersected by a band are always reduced; the lines

appear to be blurred by the continuum emission, regardless of whether they

pertain to ionized or to neutral metals. This emission may originate during

the braking of fast, "relativistic" electrons in a magnetic field (synchro-

tronic radiation) or during the braking of fast electrons in an ion field

(brehmsstrahlung).

Severnyi's measurements and calculations show that the continuum emis-

sioL-, _-igina_es in an optically thin layer. This emission appears next to

the "whiskers" but almost never represents a direct continuation of the

"whiskers." The two phenomena constitute different stages of a single

process (or of different, but interrelated, processes) observed both in flares

and in faculae. Therefore, we can consider flares and faculae as related

phenomena. Moreover, flares are no longer regarded as exceptional pheno-

mena and they are known to be typical processes which occur almost every

minute (at least during years of maximum solar activity) on the surface of
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the sun. In addition, this explains the appearance of a bright continuum

emission in some flares, such as was first observed by Carrington in 1859.

An interesting attempt to interpret the "whiskers" as characteristic

"polar auroras"on the sun, produced by corpuscular streams, was made

by Shklovskii. He observed that, due to the high velocities inthe '%vhiskers"

and the small dimensions within which the motion occurs, gas "blobs "cannot

emit in the hydrogen lines for morethan 1 sec. Once they have emerged

from the "whisker" region, the "blobs" no longer emit. This means that

the supply of luminous "blobs" inside the emission zone is continually

replenished every few minutes.

The upper levels of the moving hydrogen atoms are excited due to colli-

sions with the "stationary" atoms of the photosphere (that is, with atoms

having much lower velocities). Once they have traversed in the chromo-

sphere a distance about equal to the diameter of the "whisker" region, the

"blobs" decelerate and finally dissipate. The very existence of the moving

gas "blobs" is attributed by Shklovskii to modifications of the magnetic

fields near sunspots. Such modifications may release a considerable amount

of magnetic energy, able to impart quite high velocities to individual ele-

ments of the photosphere {or chromosphere).

_41. Geoactivity and the nature of flares. In order to explain the nature

of the processes manifested by chromospheric flares, it is very important

to consider the influence exerted by flares on the terrestrial atmosphere

and the geomagnetic field.

The first known effect demonstrating the influence which flares have on

the ionosphere was the familiar Dellinger effect, which consists in a varia-

tion of radio-reception conditions (usually a short-period interruption of the

pickup) at the commencement of a flare. Further studies have shown that

the composition of the ionosphere, the ionization of the atoms, and even the

structure of the ionized-gas layers, all change during flares. These changes

are confined almost exclusively to the D layer. The reason for the increased

ionization in the D layer may be just the hard ultraviolet and X-ray emission

of the flares; hard ultraviolet radiation is emitted by a flare in the form

of Lyman quanta, especially L_ quanta.

The main factors are the X-rays originating in the corona above the
flares. Rocket observations in the USA and the USSR have shown that the

increase in _<-rays corresponds exactly to the disturbances of the iono-

spheric D layer. During chromospheric flares the X-ray flux in the 3 to 8 A

interval at the boundary of the earth's atmosphere increases from 10-6 erg] cm 2.

• sec to 10 -2 erg]cm 2 • sec. This radiation-flux increment corresponds to a

coronal tern perature rise of about 107 deg above the flares. Comparable and even

greater coronal heating in conjunction with flares is indicated by radio

observations (see Chapter IX). By varying the state of the ionosphere as a

conducting layer, the hard radiation of flares simultaneously causes slight

variations in the geomagnetic field; these take the form of crochets, or

small peaks.

The corpuscular radiation of a flare consists of a flux of particles with

average velocity of about 1500 km/sec and a flux of relativistic-velocity

particles with energies of about l0 g eV. Strictly speaking, the first type

of particles are called corpuscules, while the second type are generally

referred to as cosmic-ray particles.

Solar corpuscules cause magnetic storms, polar auroras, and, to a

certain extent, all other phenomena in the earth's atmosphere which are
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relatedto solar activity. Thepresenceof thesecorpuscules(mostly
protons}in theearth'satmosphereduringpolarauroraswasinferredfrom
theappearancein theauroral spectrumof Balmerlineswhichshoweda
strongviolet shift /11 ]. The shifted line appears as a band which is blurred

on the short-wavelength side, indicating that the corpuscules hitting the

earth's atmosphere have a continuous velocity spectrum from 1000 to

3000 km/sec. The particular nature of the fluctuations of the geomagnetic

field indicates that the corpuscular radiation does not constitute a continuous

flux; rather it propagates in the form of comparatively small clouds of

corpuscules. It is likely that these clouds originate in the "whiskers."

Severnyi observed directly the motion of a stream of corpuscules through

the surge of a flare on 10 May 1950. The surge moved with the velocity of

the sources of the solar radio emission. The emission maximum in the

surge shifted upward with a velocity of about 800km/sec. Obviously, this

maximum was produced by the corpuscules passing through the surge, whose

average velocity {although it was greater than the escape velocity for the

sun (562km/sec) at a distance of 1.1R® from the photosphere) was some-

what lower than the ordinary corpuscular velocity.

The ejection of corpuscules is apparently also related to strong bursts

of solar radio emission, during which radio sources move upward from

the photosphere with velocities of hundreds of kilometers per second. Un-

fortunately, the velocity estimates for such cases are purely qualitative,

since they are based on the primitive assumption that radio emission of a

given frequency is generated at a definite height above the photosphere.

Cosmic-ray particles are ejected in considerable quantities only during

certain large flares. Figure 54 illustrates this point very clearly, for the

flares of 28 February and 7 March 1942. These flares caused a radio

fadeout, which according to the records of the Oodhavn, Cheltenham, and

Christchurch stations was followed after 1.5 or 2 hours by a sharp rise in

the intensity of the cosmic radiation. A magnetic storm caused by the

ordinary corpuscules commenced 20 hours after the flare of 28 February.

In other cases the time lag of the cosmic-ray increase relative to the flare

commencement was also I or 2 hours. Such a large time lag shows that

the cosmic-ray particles are ejected (released) from the sun not at the

commencement of the flare but during the decreasing part of its develop-

ment. Nevertheless, they may actually form at the moment of flare maxi-

mum or else in the initial stage of the flare development. The intensities

of the particle fluxes beyond the earth's atmosphere were about 1 particle

per em 2 per sec. The high neutron-flux intensities observed at stations

during flares show that the emission of cosmic rays by the sun continues

for a few hours. The neutrons represent secondary particles. The flares

of 23 February and 31 August 1956 were particularly strong, and the large

........................ b ...............................

Astrophysical Observatory. The flare spectrum included the emission lines

of some metals, showed emission reversal of the D land D 2 lines of sodium,

and contained the D 3 absorption line of helium. However, only the flare

of 23 February produced a cosmic-ray increase. The propagation of the

cosmic particles is apparently highly anisotropic, so that they by no means

always can reach the earth.

The construction of a theory of flares involves considerable difficulty.

The possibility that flares may be electric discharges in the chromosphere
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was considered by Alfv_n, Giovanelli, Hoyle, and others /12/. In addition,

Severnyi /10/ has recently explained flares as a compression of the mag-

netic field. All flares originate near sunspots, in regions with considerable

magnetic fields. Moreover, observations of the flare of 31 August 1956 at

the Crimean Astrophysical Observatory showed that a magnetic field of

about 500 gauss existed in the flare proper.
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Recently Bumba carried out a comparison between 69 flares and the

magnetic fields in the active regions where they originated. Iqe came to
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the following conclusions:

1) in the first phase of their development flares lie approximately at the

polarity boundaries of the group magnetic field;

2) the main flare center generally lies near sunspots consisting of

umbrae of different polarity or several (sometimes two) close spots of

opposite polarity;

3) the motion of gas in flares develops mainly along neutral field lines,

with the field restricting the motion in the flares;

4) a second flare center often forms in a "bay" of the largest spot in

the group;

5) about 30% of the flares studied were observed either simultaneously

in two neighboring groups or else first in one group and then in another
within an interval of a few minutes.

All this points to a relation between the flares and the local magnetic

fields in active regions. These conclusions, however, are not entirely indis-

putable. Many flares form not on neutral field lines but rather in regions

of high H or in regions of a high gradient of H. After analyzing 10 large

flares accompanied by cosmic-ray emission, Ellison, McKenna, and Reid

/13/ concluded that most of these originated above sunspots outside the

neutral zones. On 5 and 6 April 1960 at Pulkovo, Krat and Sobolev observed

an intense flare which flared up several times in succession in the umbra

and penumbra of a sunspot, practically in the upper part of the solar

photosphere.

Cowling /12/ has shown that theoretical considerations used to justify

the interpretation of flares as discharge phenomena are inconsistent.

Severnyi /14/ suggests that a flare is a manifestation of the pinch effect,

a self-compression of the electromagnetic plasma occurring when instability

sets in. In this case, the magnetic energy of the plasma is converted into

kinetic energy. The very rapid compression, which raises the gas tempera-

ture up to 107 degrees, generates shock waves propagating from the pinch.

These shock waves, which then heat the chromospheric gas to a certain

extent, are observed as a chromospheric flare.

At any rate, it must be admitted that the appearance of a chromospheric

flare involves an actual explosion. The construction of a theory describing

such explosions, however, remains a task for the future.
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N67-15491 Chapter VII

THE SOLAR CORONA

Although there are still many "blank spots" in our picture of the solar

corona, the advances made in solar physics during the last 15 years have

enabled us to establish the main properties of coronal processes. During

this time the coronal spectrum has been interpreted and the nature of the

transient variations in the corona has been studied. In addition, our ideas

of the coronal structure have undergone considerable evolution. From a

rather naive model of the corona as a homogeneous gaseous medium in a

state of hydrostatic equilibrium, we have proceeded to a more sophisticated

concept of a physically inhomogeneous corona in which nonstationary,

dynamic phenomena occur.

Fifteen years ago, observations made during total solar eclipses still

represented the principal source of information on the corona. Now,

however, due to the rapid development of extra-eclipse observation tech-

niques, total solar eclipses no longer are the only effective means of making

progress in solar physics, and it is clear that systematic observations

using extra-eclipse coronagraphs will give an incomparably greater amount

of material than will sporadic studies of the corona during eclipses.

Nevertheless, eclipse observations still give valuable information on the

low-emissi0n regions of the outer corona and on the weak lines of the coronal

spectrum.

The corona is generally divided into two zones, inner and outer. The

main factor governing such a division is the presence of emission lines in

the spectrum of the inner corona and the absencc of these lines in the outer-

corona spectrum. Since the coronal emission lines gradually weaken with

the distance from the photosphere, there is naturally no sharp boundary

between inner and outer corona. Photographs of the corona taken during

total eclipses do not actually enable us to make divisions of any kind, since

the structural features of the corona (rays, etc.) originating in the inner

corona extend into the outer corona without undergoing any discontinuities

or even any appreciable changes. There is just a gradual drop in brightness

and a smooth change in the geometrical shapes of the structural features as

the distance from the disk limb increases.

In addition to this "structural" corona, a diffuse background also exists,

which possesses spherical symmetry relative to the center of the sun. The

brightness of this background, which (as will be shown in the following) is

formed when sunlight is scattered by interplanetary dust grains, drops with

an increase in the distance from the sun's disk.

._42. The continuous spectrum of the corona. In order to understand the

nature of the solar corona, we first must study its spectrum. The spectrum

of the inner corona is a continuum with only a few weak emission lines
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(F igu re  55 ,  top). 
which however does include the ordinary Fraunhofer lines (F igu re  55, 
bottom); these Fraunhofer l ines,  though, are shallowen than those in the 
spec t rum of the r eve r s ing  layer.  
data obtained during the 1923 eclipse,  attr ibuted the Fraunhofer l ines  to  
the diffuse background of the corona, the light of which is unpolarized. 
This  diffuse background consti tutes the so-called F component of the corona. 
The  emission of the t r u e  " s t ruc tu ra l "  corona is called the K component. 
In the outer  corona, the F component is almost  ten t imes as bright as the 
K component, while n e a r e r  to the disk l imb  the situation is reve r sed .  In 
the mixed light of the background plus the corona proper, the equivalent 
width (w) of any Fraunhofer line is given by the r a t io  

N o  emission l i n e s  are observed i n  the ou te r  corona, 

Grotr ian (1934), in h i s  analysis  of the 

where wo is the equivalent width of the l ine in integrated sunlight, IF is 
the continuum intensity of the F component nea r  the given line, and I= is 
the intensity of the K component. 

FIGURE 55 

If IF + I K  is known, then equation (1) makes it possible to determine IF 
and I K  separately f o r  a given line width w. Near the l imb  of the so l a r  disk, 
t r a c e s  of the deepest Fraunhofer l i n e s  are observed only in the long-wave 
region of the spectrum, especially t r a c e s  of the D, and D, sodium lines / I / .  
Th i s  may indicate that the color of the F component is somewhat r edde r .  
Van de Hulst 121 ,  who explained the existence of the F component as being 
due to light diffraction by interplanetary dust grains located between the sun 
and the e a r t h  (the "interplanetary" so l a r  aureole),  showed that the energy 
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distribution in the F spectrum should be almost identical to that in the

integrated Fz'aunhofer spectrum of the sun. Moreover, Tikhov /3/, who

repeatedly studied _he color of the solar corona during eclipses using

simultaneous photographs taken through different light filters, finally

concluded that there is no appreciable difference between the color of the

corona and that of integrated sunlight. Tikhnv's results apply mainly to
the outer corona.

The K component comprises the integrated sunlight scattered by the free

electrons of the corona. This explains the partial polarization of the K

component. When scattered by electrons, light is totally polarized if the

angle of reflection (scattering) is 90 °. For reflection angles of 0 or 180 °,

on the other hand, there is no polarization. Finally, for intermediate

cases the polarization is partial. We will return to this question in _43.

Scattering by free electrons should reproduce the solar Fraunhofer

spectrum. Nevertheless, the K component does not include any Fraunhofer

lines. This is due to the high electron temperature of the corona. The

narrow Fraunhofer lines in this case have "Doppler" profiles; their

intensities i satisfy the relation

where A)_D = -_, _. is the wavelength, c is the velocity of light, and g is the

mean-square thermal velocity of the electrons, defined as

!

g= 1,Z_ =5.5T'km/sec.
m

Fven for T values of the order of 104, the quantity A)_D for lines with
_4000 _ is close to 7 A. With such a large amount of broadening, the

narrow lines will merge into continuous "blends." As far as the wide lines

are concerned (for example, H andK of ionized calcium), the calculations

of Shain and subsequently of Shklovskii have shown that these lines will be

entirely "washed out" against the common background if T is not less than

106 degrees. This conclusion, however, exaggerates the situation some-

what. In reality, the H and K lines, before actually becoming so shallow

that their central intensities will be indistinguishable from the continuous

background within the margin of observational error, will merge at their

wings with the "blends" of the many narrow lines, so that the common

background will be lower than the background of the continuous spectrum.

Even at T-- 600,000 ° , therefore, it will be impossible to observe the H and

K absorption lines.
o

Wide "blends"of Fraunhofer lines over regions of I00 or 200 Awill

experience no further "washing out" and can in fact be observed on coronal

spectrograms obtained during total solar eclipses. The energy distribution

in the coronal "continuum" should be the same as the so-called averaged

solar spectrum, in which the intensities have been averaged with a mono-

chromator over intervals about 100 _ wide. Such a curve was obtained by

Pettit (see Chapter I).

The very first spectrophotometric measurements (Grotrian, 1929 eclipse)

showed traces of a depression of the coronal spectrum in the ultraviolet

region, the lowest point of the depression being near 4000 _. Actually, the

intensity of the blends should increase somewhat as the wavelength drops from
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4000 _ into the ultraviolet, reaching a maximum near 3800 _. In accordance

with this, Allen (1940 eclipse) observed a depression in the coronal spectrum
near 3750 _. Moreover, he pointed out a depression in the 4030-4200 A

interval, which however is difficult to explain. Accordingto the observations

of V.A. Krat (1945 eclipse), an appreciable depression exists only in the
3600-3800 _ interval.

In general, due to the crowding of Fraunhofer lines in the ultraviolet, the

K component shows up as a continuous spectrum of a source with a tempera-

ture somewhat lower than the spectrophotometric temperature of the sun.

§43. The line spectrum of the corona. Quite complete data on the

coronal line spectrum over a wide range of wavelengths can so far be

obtained during total solar eclipses only. Since 1933 the coronal spectro-

grams obtained have been calibrated photometrically, making it possible

to determine the line intensities. Until recently, these intensities were

determined using a relative scale of so-called "equivalent widths. " However,

the "equivalent widths" (w) of coronal lines do not correspond exactly to the

ordinary concept of an equivalent width. Rather, they are defined as the

total intensities of the emission lines divided by the continuum intensity of

the corona:

_.ld_

w= /c.s..l X ,

o

where 1_ in the integrand is expressed in A, and Ic.s. is the intensity of the

continuous spectrum. Since in general the energy distribution in the

continuous spectrum is known satisfactorily, therefore given w we can

calculate to within some constant factor the total line intensities in energy
units. An absolute standardization was carried out in the observations of

the coronal spectrum made during the 1945 eclipse; here, the total line

intensities were referred to the continuous spectrum of the solar-disk

center.

The results of various determinations of the relative intensities of coronal

lines during eclipses, in addition to some intensity estimates obtained using

an extra-eclipse coronagraph, are listed in Table 1.

We see that the relative intensities according to different authors vary

between wide limits. Accordingto Lyot's extra-eclipse observations, the
L5303

intensity ratios of the lines _ vary over two orders of magnitude [I02],

often falling below unity. This also applies to the ratios x4086 and )_569_
_.3_ _53o3

(the latter ratio varies particularly sharply). The L 5694 line is usually not

observed in the coronal spectrum, whereas in some places it may even be

stronger than 1_ 5303 (Waldmeier). The largevariability of the coronal lines

renders futile any attempt to compile reference tables showing the average
line intensities.

The variability of the coronal lines is easy to explain, provided we

identify these lines with the lines of multiply ionized atoms. Such an

identification was made by Edlgn in 1942. Edle'n's identification, however,

is neither complete nor conclusive for many coronal lines. The strongest

lines have been identified correctly, but this is by no means the case for

the weak lines. In some instances, the lines of different ions may have

quite close wavelengths. In 1950 Shklovskii questioned whether the k 5694

and )_ 5444 lines should really be identified with Ca XV. He even succeeded
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in attributing these lines to Ne VIII. Later, however, it was found that the

original identification of Edl6n was correct after all.

TABLE 1

3329.6

3388.0
3454.3

3534.0
3600.9

3642.8

3800.7

3987.3
4086.5

4232.2
4311.4

4358.9
44t2.4

4566.6
4586
5tt6.t
5302.9
5444.5

5536

5694.5

6374.5
6701.9

7059 6
789t.9

8024.2
10746.8

10797.9

III

II
I

I?
lIl

Ill?
I

I
IV

II
II
IV

IV
I

III
1[
11
IV

l
III

Ill

I
I11

|I

II

Ca Xll

Fe XIII

Ni XVI
Ni Xlll?

Fo XI
Ca XllI

Ca XII
Ca XV?
A XIV?
A XIV?

Ni Xlll

Fe XIV
Ca XV

AX

Ca XV
Fe X

Ni XV

Fe XV

Fe XI
Ni XV

Fe XII[
Fe Xlll

I

589
325

455
350?

26t

655
3t8

682
682

350
355

8t4

421
8t4

233

422
390

261

422
325

325

0.7
tt.t

t.4

l.i

0.2
0.3

0.8

0.3

t.2
27.5

2.8

2.0

0.7

t.t
0.2

0.7

0.3

t8.3

9,4
t.8

6 7

0
26.6

t3.9

2.5

3,5

0.2 2.5
0.2 2.4
0.t 0.5

0,5 t.65
09
1.6

02

0.5 0.6

(lO) 2t.0

3 17.7

2.6
12.0

t.5
28

3,3

4.0
29

t3

240
t50

Note, 1) group; 2) ion; 3) ionization potential; 4) equivalent line widths

according to Grotrian ( 1929 eclipse); 5) tile same, according to Shain (193(; eclipse);

6) the same, according to Allen (1940 eclipse); 7) equival,_'nt line widths in 10 -s A

for continuous spectrum of solar-disk center, according to V. A. Krat ( 19-15 eclipse) ;

8) equivalent line widths in 10 -6 _ for continuous spectrum of solar-disk center, accord-

mg to Lyot's extra-eclipse observations.

Lyot (1939) was the first to attempt some classification of the coronal

lines, and he divided the lines into three groups. The number of these

characteristic groups has now been increased to four.

The lines of each group behave more or less the same in the spectrum.

They are all strengthened or attenuated almost simultaneously. Column I

of Table lindicates the group to which each line belongs. In general, the

lines in a single group belong to ions with close ionization potentials. Only

for groups Ill and IV can the ions differ appreciably in ionization potential.

Strictly speaking, group IV could be divided up into two groups, but since

the number of lines is so few this is not practicable. The intensity ratios

of lines within a single group, although they are not always constant, still

fluctuate less than do the intensity ratios of lines from different groups.

Shain (1936 eclipse) and then Allen (1940 eclipse) established that on the

whole the intensity of tile coronal lines drops more sharply with the distance

from the solar limb than does the continuum intensity. Starting from a

distance (Q) of 2 disk radii Irom the disk center, which is generally taken as

unit distance, no coronal lin, s were observed. Allen (1940) made photo-

metric measurements of the green coronal line which extended farther out

than the others, reaching to distances of Q = 1.8 from the limb.
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544. 
the  K component fluctuates greatly,  due to the complex s t ruc tu re  of the 
corona. 
attenuation with the distance away f r o m  the so l a r  limb, Baumbach used the 
r e s u l t s  of observations during total  s o l a r  ecl ipses  to  derive a cer ta in  
correlat ion between the average brightness B (averaged over  the data of 
various yea r s )  and e .  
by the s imple  formula 

The  br ightness  and polarization of the corona. 

Nevertheless,  in o r d e r  to fo rm a general  picture of the brightness 

The  brightness of 

The  quantity B as a function of e can be expressed 

(2) 
0.0532 1 425 2 565 

B ( e ) = F + % + %  

where the brightness a t  the center  of the so l a r  disk is taken as lo6.  
Expression (2) does not allow fo r  the variations i n  t he  corona during the 
solar-activity cycle. 
(Mikhailov, Bezvbf, and o the r s ) .  Fo rmula  (2 )  gives the total  brightness 
of both the K and F components; Bogorodskii and Khinkulova / 4 /  eliminated 
the F component and then used Baumbach's formula t o  obtain the following 
interpolation formula for  the K component alone: 

The gradient of B with e is in general  quite var iable  

0.021 1.33 2315 0 349 
B K ( e ) = T + F + F + % .  (3) 

Absolute photoelectric measurements  of the illumination f r o m  the zone 
within the l imits  1.030 < e  < 6.00, c a r r i e d  out during eclipses by Kuntz 
and Stebbins (1918 and 1925), Briggs (1922), Stebbins and Whitford (1937), 
and Nikonov and Nikonova (1945), show that during yea r s  of maximum 
activity the luminous flux f rom the corona is approximately twice that during 
epochs of minimum. 

a 
RGUKE St; 

In 1887 Ganskii showed that during y e a r s  of maximum activity the corona 
is comparat ively rounded, whereas  during yea r s  of minimum the corona 
becomes definitely "elongated" i n  i t s  equatorial  plane (F igu re  56 ,  a ,  b). 
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Byapplyingthelawdescribinglight scatteringbyfree electrons,we
canturn thefunctionBK (Q) in (3) into a function expressing the dependence

of some averaged concentration of free electrons (he) upon Q. The coefficient

of Thomson scatteringper electron is given by the familiar formula

I e4 (1-! COSEC), (4)

where _ is the scattering angle. Taking into account the variation of

with % Bogorodskii and Khinkulova calculated the function he(Q) fromBK (Q).

The function ne (Q) can be represented by the simple binomial formula

/2.13 3.05",
ne(Q)= 108_._T +_) • (5)

The values of ne(Q) were calculated for Q from 1.0 to 2.6.

However, the reader should be cautioned against an uncritical application

of formula (5) or of tables expressing this dependence. The structural

inhomogeneities of the corona and the variations of n_ with the phase of the

solar-activity cycle are so great that the true ne for a given _ may differ

by a factor of ten or more from the figures calculated according to (5).

Van de Hulst's attempt to obtain a better average function for he(Q), by

taking n_,(Q) into account separately for the equatorial and polar zones of

the corona and by distinguishing between the data obtained during epochs of

maximum and minimum solar activity, can by no means be regarded as

successful, since the initial values of BK(Q) for different epochs differ to

such an extent that typical cases can be picked out only quite arbitrarily.

Qualitatively, van de Hulst's calculations do not differ from those of

Bogorodskii and Khinkulova. The most valuable part of van de Hulst_s

calculations is his estimate of the variation of the degree of polarization

of the corona with 0. The average degree of polarization is, unlike ne (_),

of considerable worth to observers, since it helps them estimate the true

continuum intensity and the accuracy of such estimates, in cases when

observations of the "white" corona (the polarized component of the continu-

ous emission of the corona) are made under extra-eclipse conditions using

polarizing photometers (Dollfus, Wl_rick).

The polarization at some particular point of the coronal image depends

on the angular distribution of the scattered light. In the inner corona, it

also depends on the law of limb darkening, since due to this phenomenon

light beams from different zones of the photosphere reach the corona with

different radiation densities. The structure of the corona has a strong

influence on the polarization, and the degree of polarization therefore

depends on the spatial orientation of the coronal formations relative to the

observer's line of sight. This factor makes it unnecessary, and practically

impossible, to obtain an exact theoretical prediction of the degree of

polarization at any desired point on the coronal image. The theoretical

calculation of the degree of polarization for different epochs of solar activity

(equally for the maxima and minima) carried out by van de Hulst for the

equatorial zone of the corona gives a degree of polarization (p) of 17% near

the solar limb, with values of 40% for Q = 1.5 and 6 to 10% for Q = 4.0. The

determinations of Q during solar eclipses are on the whole consistent with

the theory (deviations generally do not exceed 10%).
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,_45. Structural features of the corona in "white" light. Since the

corona is a combination of unstable and inhomogeneous (relative to T and

n_) formations, 942 and ._43 can serve just as a preliminary introduction

to the problem. Actually, coronal research gets under way only with an

analysis of the structural features of the corona.

Historically, the corona was first investigated using photographs taken

in "white" light during total solar eclipses. The adjective "white" should

here be interpreted in the sense that the corona was photographed not in

the wavelengths corresponding to specific lines, but rather over wide

spectral regions (mainly, the photographic and photovisual regions). In

this case the radiation flux is almost entirely due to the continuous spectrum,

and the brightness distribution of the visible formations is determined by

the free-electron distribution (ne)there. Such ordinary photographs of the

corona may be called photographs of the "electron" corona.

The most comprehensive description of the coronal forms is that given

by Bugoslavskaya /4/. She specified the following four principal types of

formations; 1) fans (or helmets), 2) systems of arches and shells above

sunspots, 3) systems of arches above prominences, and 4) rays.

The coronal forms are determined by photospheric phenomena (sunspots,

faculae), chromospheric phenomena (spicules, flares), and prominences.

The fans (or helmets) are conical formations which taper upward. They

form over quiet dense prominences, and the prominence shows up in the

central, darker zone of the helmet. Thus, the corona, without actually

adhering to the prominence, forms a comparatively thin envelope around

it. This envelope is often comprised of several layers (elliptic "arches'_,

and it extends to heights of Q = 1.5 or 1.8. Ascending motions with average
velocities of about 2 km/sec are observed in it. The envelope is surrounded

by a system of "fan" rays, these being thin, curved streamers which,

converging to the top of the fan, produce the helmet-shaped contour. The

fan axis is generally inclined to the perpendicular to the solar surface.

During years of minimum activity, the fan axes are deflected toward the

equator at angles of around 30 to 50 ° to the normal, thus forming the charac-

teristic coronal "wings." The fans are responsible for the variations in

coronal shape during the course of the solar-activity cycle, as was first

proved reliably by Ganskii (1887). Due to their concentration and deflection

toward the equator, the "minimal" corona, contrary to the more nearly

spherical "maximal" corona, is greatly elongated in the plane of the equator.

Around spot groups, there are generally "arches" which almost con-

verge at the base. These "arches," just like the fan "arches, " actually

constitute characterist.c shells or envelopes.

The arches over small prominences are apparently similar in structure

to the fans, although they are much lower than the latter. These arches are

shaped like semiellipses with their centers near the solar limb.

The coronal rays are the most widespread _urn,atiun_. The _hor_,

slightly curved rays in the polar regions are, according to Bugoslavskaya,

Zel'tser, and Markov (1941 eclipse), closely related to large chromospheric

spicules, which point in the same direction as the rays; the coronal rays

here appear to be a continuation of the spicules. Rays of this kind, accord-

ing to Bugoslavskaya, may also be observed above normal, "undisturbed"

parts of the photosphere.
Wide beams of rectilinear rays are observed above faculae, and the

widths of these beams may reach 0.03R© or more. Near sunspots these
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rays are deformed and the beams become "bunched" together. They often

have velocities present in them of around 10km]sec. The rays over faculae,

like fans, are very extended formations. They may reach out to beyond

distances of several solar radii from the limb.

The shape of the polar rays and their position near the poles (Figure 56 b)

are possible indications of the existence of some general magnetic field of

the sun. The fans, the arches, and the ray systems can apparently be

attributed to local magnetic fields.

A certain similarity between the orientation of the polar rays and that of

the force lines of a dipole was at one time even regarded as proof of the

dipole nature of the sun's magnetic field. A more detailed study of these

rays, however, led van de Hulst ]2] to conclude that they deviate greatly

from a dipole pattern. This problem was recently considered in very great

detail by Csada /5/, who showed that the solar magnetic field is a dipole

field at large distances from the sun, whereas near the surface a reversal

of magnetic polarity is observed near the equator; the equatorial polarity

in each hemisphere is opposite to the polarity of the respective pole. Such

a field may be an indication of the presence of large-scale motions in the

solar interior (amplifying and sustaining the field), although it is not

impossible, too, that the general field of the sun is some statisticalaverage,

determined by the preferred orientation of the local magnetic fields due to

solar r_tation. The theory of the general magnetic field of the sun, how-

ever, has still not been developed to any real extent.

§46. The ionization and excitation of atoms in the corona. A theory

explaining the ionization of the corona was first constructed by Shklovskii

/6/, who pointed out the absence of thermodynamic equilibrium in the corona.

The coronal gas is maintained at very high temperatures, and therefore it

is ionized mainly by electron impact. Moreover, since this gas is highly

rarefied, the only reverse process possible is photorecombination. Ioniza-

tion equilibrium is described by the expression

n,n,Z, (r,) = n,n,+, _, R,, ,_ (T,), (6)
m=!

where n. is the electron concentration, n_ is the concentration of the ions

which have lost i electrons, n_+t is the concentration of the ions denuded

of i -_- t electrons, Z, is the coefficient of ionization from state i to i -4- 1

(ionizations from the ground level only are considered), and _ R,,., is the

sum of the photorecombination coefficients for all the levels of the i th
co

state. Since Z, (T.) and ___R,,._ differ for different atoms, there is no single

ionization equation (analogous to Saha's formula) which applies to all the

elements. Equation (6) may be written more conveniently as

nt+, Zj(To)

n| (7)
11_=t

Z, (T,) can be calculated only when the total effective cross sections for

ionization by electron impact are known. Unfortunately, effective impact-

ionization cross sections have not in general been determined either

experimentally or theoretically (except for helium). They can be found

using either Thomson's classical formula or else the quantum-mechanical
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formula derived for fast electrons. Shklovskii calculated Z using Thorn-

son's formula; the errors introduced are not excessive, so that the correct
co

values for n_÷--!"_iare preserved. _==R,,m was calculated using Menzel's formula

for hydrogenlike atoms, this being a satisfactory approximation for the

coronal ions. Shklovskii's ionization coefficients (Z) and the total recom-

bination coefficients (2 R) are listed in Table 2.

From this table it is easy to find out which ions prevail at each electron

temperature. For example, at T,_600,000 ° FeX ions will be the most

numerous iron ions, while at Te _ 1,200,000 ° FeXIV will predominate. It is

important to note that the variation of m.___,with T, is so sharp that errors in
nt

the effective ionization cross sections are not significant as far as this

dependence is concerned.

The problem of the excitation of coronal ions, that is, the derivation of

the ion distribution over the various energy states, can be (and is being)

solved independently of the problem of ionization.

The number of excited ions in the line of sight is easy to find using the
familiar formula

Nh = 4_I_
Akthvkl ' (8)

where Ix is the absolute intensity of the coronal line in ergs/cm _ • sec, Ahl

is the transition probability from the upper level k to the lower level l, and

v_z is the transition frequency.

The concentrations of atoms in excited states, and thus the numbers of

ions in ground states, were calculated by Kun Huang, Shklovskii, and

Yakovkin. Electron impacts and spontaneous transitions from upper levels

are the factors which increase the population of any given level. Electron

impacts of the second kind and spontaneous transitions to lower levels, on

the other hand, reduce the population of the level. The radiation excitation

for the inner corona, where the coronal emission lines originate, is insig-

nificant. For example, for the )_ 5303 and )_ 6374 lines excitation by

radiation prevails over excitation by electron impact only in the outer

corona, starting with Q >2.1.

The concentrations of coronal ions are too low to permit any noticeable

self-absorption in the coronal lines; for this reason they do not show up as
emission lines onthe solar disk either.

Calculations of the total ion concentrations enabled Shklovskii to make

a reliable estimate of the concentration ratio between metals and hydrogen

atoms (protons). Although these calculations are by necessity crude, it is

clear that, at any rate, no appreciable difference exists between the

chemical composition of the corona and that of the reversing layer.

An interesting conclusion follows from theoretical calculations of the

line intensities in the far ultraviolet using formula (8), namely that several

strong lines exist in the spectral region )_< 1000 _. These lines include

FeXV, MgX (ionization potential of 390 V), NeVIII (ionization potential of

261 V), and others. Shklovskiihas observed that the lines of MgX()_625

and )_610) and NeVIII ()_ 776 and )_ 768) should be particularly strong.
._47. Profiles of coronal lines. The structure of the corona in mono-

chromatic emission of spectral lines. The first reliable data indicating
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largewidthsfor thecoronallineswereobtainedby Lyot(1939)0who
measuredthehalfwidthof thegreenline (X5303)withanextra-eclipse
coronagraph.In 1941thesedatawereconfirmedbyKalinyak,whowasthe
first to usean interferometerduringa totalsolar eclipseto investigatethe
profile of thegreenline. However,until veryrecentlythedataoncoronal
line profilesconstitutedmerelytheresultsof scatteredmeasurements,
whichwereusefulonlyin thattheyestablishedthattheatomsin thecorona
movewith highvelocitiesdueto thehightemperaturethere. Onlylately
hasextensiveinformationbeenobtainedontheprofilesof thek 6374,k 5303,
and )_ 5694 lines. According to Dollfus's observations (1942 to 1952), made

with a 3.2 _/mm dispersion but a fairly wide instrument profile (the slit

width converted to wavelength units was O.3/_ ), the _ 6374 line had a half-

width A'X ranging between 0.86 and 0.91 A; the quantity A'X showed some

tendency to increase away from the solar limb. Taking into account that

the correction for the instrument profile may not have been right, van de

Hulst /2/ assumed that only thermal velocities were responsible for the

Doppler broadening, and thus he obtained a temperature T of about 2-106

deg. This value of T, however, is quite unacceptable for those regions of

the corona where the red line reaches maximum brightness.

Even stranger results for this line were obtained by Billings, Pecker,

and Roberts, using a spectrograph with half the dispersion and resolving

power as that used by Dollfus. They found T to be between 2.3 • 106 and

1.5 - 10 _ deg. The high values of T were obtained for a so-called "active"

sun, when active regions are located near the limb. The values of T

obtained, in spite of their inaccuracy, indicate that the broadening of the

red line is of nonthermal origin. Actually, for T >2-108 the number of FeX

ions is too small for the X 6374 line to be visible. The factor responsible

for the broadening of the coronal lines is apparently a turbulence of the gas

analogous to that observed in the chromosphere. This conclusion is support-

ed by the results of the most accurate of all the recent investigations of the

profiles of the green coronal line, namely that carried out b_ Prokof'eva
at Pulkovo (1956). Prokof'eva, using a spectrograph with 4 A/ram disper _

sion and an instrument-profile halfwidth of 0.22 /_/mm, found A'k values

ranging between very wide limits (from 0.55 to 1.10 _).

This high scattering of A'X shows that in the zones of green-line emission

the turbulence, although it is somewhat less than in zones of red-line

emission, is nevertheless still important. It is particularly noteworthy

that, although the temperature in the red-line zones is around half that in

the green-line zones, the red-line halfwidth is on the whole even greater

than the green-line halfwidth. According to Prokof'eva, the mean turbulent

velocity in the green-lin e zones is from 9 to 33 km/sec. In zones of red-line

emission this veiocity should be almost twice as high. A different result

could be obtained only if we assumed an isothermal corona, in which

ea_e Lhe green and red lines woll]d be emitted in the same regions. Such

an assumption, however, contradicts Waldmeier's observations over many

years, from which it was first established that these coronal lines originate

in different zones. Radio observations (see Chapter VI) also indicate that

the value of iv in the corona is on the average not greater than 1,000,000 °.

The only more or less reliable determination of the yellow-line profile

(X 5694) is that of Billings, who worked with spectrograms obtained at the
o

Climax Station using a dispersion of 2.5 A/mm. The accuracy of the
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averageprofile obtained,however,is notveryhigh, dueto errorsconnected
withthe influenceof theFraunhoferspectrumof thesolar halo. A'X was

found to be t.32 _ (not corrected for broadening in the instrument). When

this value was corrected for instrument effects, it gave a temperature of

4.2 • 106 deg (arbitrarily assuming no turbulence and a proposed identifica-

tion of the line with the CaXV line). This temperature is in full agreement

with the thcoretically predicted optimum for the production of CaXV ions.

It" Billin_s's results are corroborated by future findings, then this will

indicate that the turbulence in the yellow-line zones (k 5694) is very low

indeed. At any rate, for the yellow-line profile to remain unaffected by

turbulence, the mean turbulent velocities must not exceed a few kilometers

per second.

Waldmeiev's observations /8/ showed that, whereas the green-line
emission is more concentrated in low latitudes and its maxima are observed

above active regions, the red-line emission is distributed more uniformly

along the solar limb and it doesn't show any sharp correlation with active

regions. Moreover, the two coronal lines differ in behavior during the

ll-year cycle. On the average the green line reaches a maximum almost

simultaneously with the activity maximum, while the red-line emission

maximum lags considerably and also retains a fairly high value in the epoch

of minimum activity. According to the theory of coronal ionization, this

fact should correspond to a certain overall cooling of the corona during the

epoch of minimum activity, which results in the appearance of extensive,

quite "cool" regions characterized by helium and ionized-calcium emission

lines (compare the observations of Gnevyshev and Gnevysheva at the Moun-
tain Astronomical Station near Kislovodsk).

According to Waldmeier and the astronomers at Pic du Midi (Trellis,

Dollfus, and others), the most typical coronalforms observed with polar-

izing interference filters have been found to be coronal rays and coronal
condensations.

Coronal rays are zones of maximum coronal-line emission which remain

stable for a few days or more. In these zones the line emission also

reaches maximum height (relative to neighboring areas). The detailed

investigations of Trellis /9/ show that the rotation of the corona, if it is

derived acco_-ding to coronal rays, is different from the rotation of the

reversing layer. At the equator the corona rotates somewhat more slowly,

while near the poles its rotation is faster. This differential rotation is

described by the formula (see Chapter I)

= 14°.i6- to.89 q_.. (9)

Here _ is the diurnal displacement in longitude, and _ is the latitude in

radians. The rays are almost invariably latitudinal. The electron concen-

tration in the rays is quite variable; in the brightest rays it may be ten

times greater than in the surrounding coronal matter. The data on the

electron concentration, however, are very inaccurate. More reliable

estimates will be obtained only when sufficient data are accumulated from

extra-eclipse observations of the "white" corona, using polarizing photo-

meters. Such photometers, which make it possible to separate the polar-

ized light of the "white" corona from the celestialbackground, are now

employed at the Climax (Colorado) and Pic du Midi Observatories. It has
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been' es tabl ished that all the br ight  r a y s  in the h 5303 l ine  appear  only over  
facular  a r e a s .  

FIGURE 5 7  

Coronal  condensations are often domelike in shape, and they show up 
a s  a rches  when seen  in c r o s s  sect ion (Figure 57). In the green  line, individual 
bright cloudlets are observed near  the a rches ;  however, the cloudlets 
are often diffuse, and they r e semble  bright clouds o r  prominences.  It has  
been establ ished (apparently quite reliably) that the yellow l ine a t  h 5694 
appears  only in coronal  condensations. Opinions have var ied for  a long 
t ime  with r e g a r d  to  the stability of coronal  condensations. 
Waldmeier ,  observing that condensations always form over  spot groups, 
suggested that  they can exis t  for  a few days. 
gations of Waldmeier ,  Roberts ,  and o thers  showed that coronal  condensa- 
t ions are closely connected with chromospheric  f la res .  
s tabi l i ty  of the condensations thus may be a resul t  of the r ecu r rence  of 
flares in the s a m e  region. 
flare condensations and condensations around the so-called sunspot promi-  
nences,  s ince  f l a r e s  and sunspot prominences, a s  w e l l  as the so-cal led loop 
prominences,  jus t  r ep resen t  different facets  of the very  s a m e  phenomenon. 
These  prominences,  when projected onto the solar  disk, do not differ f rom 
flares (they are much br ighter  than the background). 
re la t ion can  be established between a coronal  condensation and some 
chromospher ic  phenomenon or other ,  we can  by no means  a s sume  that 
such  a relat ion does not exist. 
high above the so la r  limb. The f l a r e s  corresponding to them may occur  
on the l imb itself, on the boundary with the photosphere, or even somewhat 
beyond the limb. 

According to Lpot and other  authors ,  the coronal condensations may rise 
to  average  heights of a s  much a s  e = 1.2. 
enhancement of the continuous spec t rum in coronal condensations indicates 
an  increased  concentration of f r e e  e lectrons there, up to values of the o rde r  
of 1O'O. 
not exceed 10 to  15% of the intensity of the continuous coronal  background 
nea r  the condensation. 

Fo r  example, 

Then, the m o r e  recent  invest i -  

The  apparent  

The re  is no point in differentiating h e r e  between 

In cases  when no 

Coronal condensations are observed quite 

According to  Waidmeier ,  ihe 

This  continuum enhancement is very  slight, and generally does 
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Some condensations, particularly those which are diffuse or cloudy in

shape, may be related to sunspots. However, such condensations have

not yet been studied to any real extent.

§48. Coronal motions. The development of coronal condensations.

Given the high eddy velocities in the corona, it is somewhat strange that

the macroscopic velocities of the large gas masses there are very low.

Dollfus, on the basis of numerous spectrograms obtained at the Pie du Midi

Observatory, established that many of the red-line profiles for )_6374 show

no marked Doppler shift. The highest macroscopic velocities in quiet

coronal regions did not exceed 2km/sec. Prokof'eva, in her studies of the

green line, obtained somewhat higher velocities, on the average about

5km/sec. The velocity difference for the red-line and green-line emission

zones is quite natural, but in both cases low macroscopic velocities are

involved.

Comparatively high velocities which show up as Doppler shifts are

observed only near coronal condensations and in the condensations them-

selves. Waldmeier repeatedly observed coronal arches movingwith velocities

of about 10km/sec. According to observations at Climax using a new

spectrograph with 2 _/mm dispersion, Newkirk obtained average velocities

of 14km/sec in these "active" regions. It is clear that whenever large-

scale directed motion can be expected in the corona, the corresponding

velocities will have the same order of magnitude as the velocities of the

prominences.

The absence of large Doppler shifts in the "quiet" zones can be explained

only by assuming the presence of extremely disordered small-scale gas

currents. An analogy with the chromosphere can be drawn here. In spite

of the strong turbulence in the chromosphere, the chromospheric lines

formed by the multitude of moving gas filaments do not show any Doppler

shift at all. Only in cases of ordered chromospheric motion (such as in

flares, in the cold chromospheric condensations recently discovered by

T.V.Krat, and in the chromospheric faculae) is there a noticeable Doppler

shif_ in the chromospheric lines as a whole.

Of particular interest is the development of coronal condensations. In

the presence of chromospheric flares, the development of a condensation

represents a very complex process, since a large flare generally appears

to consist of several successive, or even simultaneous flares.

The most detailed and clear description to be had at present is that of

the development of condensations over loop prominences. Motion-picture

films obtained at the Climax Observatory (Roberts and others) show that

the streamers from a loop prominence which appear to pour continually into

the photosphere are formed from coronal matter. The appearance of a

condensation precedes the development of the prominence somewhat, the

yellow-line emission being the most intense at the beginning. When the

flare decays, this line disappears, although the emission lines at )_ 5303

and )_6374 remain strong until the end. At first, however, these lines often

disappear entirely in the condensation, as can best be diagnosed from the

enhancement of the continuous spectrum (Waldmeier). Finally, both the

coronal condensation and the flare disappear. The development of a

condensation can be conceived of most easily as a compression (possibly

due to changes in the magnetic field) of coronal matter, followed by a cool-

ing and an efflux of gas into the photosphere. In other words, the formation
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of a coronal condensation represents a transformation of coronal matter

into photospheric gas.

§ 49. The corona and the chromosphere. Numerous slow-motion films

made in H_ light using polarizing interference filters have shown that an

intensive exchange of matter takes place between the corona and the chromo-

sphere. Prominences are often seen to originate in the corona and subse-

quently to fall into the chromosphere. The opposite is also observed, in

which case the prominence breaks up and vanishes into the corona. With

respect to these interchanges, there are still two problems which have to

be solved: 1) the problem of the heating of coronal gas, and 2) the problem

of the dissipation [or evaporation] of gas from the corona.

It is much easier to explain why the corona remains very hot than to give

a correct quantitative interpretation of the coronal heating. Thus, there

is no lack of qualitative speculations on the subject.

Simple calculations of the energy lost by the corona to outer space

(Shklovskii and others) show that these losses are small. Actually, the

corona loses energy mainly via emission in the spectral lines, and the

number of such lines and their intensities are small relative to the chromo-

sphere, the spectrum of which is closely packed with emission lines from

the far ultraviolet to the infrared. The heating of the corona has been

explained by two different hypotheses. The first hypothesis (V. A. Krat)

suggests that the corona becomes heated due to collisions with fast promi-

nences and chromospheric spicules, whose average velocities are around

100 km/sec. When gas streamers (spicules and prominences) decelerate

and decay by some turbulent and then gas-kinetic means (gas-kinetic

viscosity), their kinetic energy is converted to heat. If the velocity of a

spicule is v, then the total energy per atom in this spicule is

m_ v2-b _ kT. (10)

Here the coronal gas is assumed to consist only of hydrogen, since this is

virtually the case for the outer layers of the sun. As we have noted, when

a spicule decays, its kinetic energy is converted to heat. Thus, if the

average T of a spicule is taken as 104 degrees, then after it stops and

decays T will rise to 400,000 °. Although this gives a correct order of

magnitude for the heating of the coronal gas, such a mechanism can hardly

supply the power required, due to the rarity of fast ejections from the

chromosphere. The situation is further complicated by the fact that a

considerable part of the coronal gas cools, producing prominences which

pour back into the chromosphere. In order to explain how the average T

of the corona remains so high, we must make the energy influx at least

modified by assuming that the coronal gases are heated by the turbulence

in the corona itself. We have seen that the energy of this turbulence, at

least for the "red" regions of the corona, is on the average much higher

than the thermal energy; therefore the decay of turbulent streams must

inevitably produce local heating of the corona. This, however, still does

not solve the problem, since a new question arises; namely, what are the

forces responsible for the coronal turbulence ?

The other hypothesis (Shklovskii and Pikel'ner) is unfortunately no better.

According to the second hypothesis, the corona is heated by" the Joule heat

of the electric currents set up by variations of the magnetic field in the
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corona. This hypothesis is so far not amenable to quantitative verification,

since neither the strength of the magnetic field in the corona nor the rate

of its time variation in different regions are known exactly. Naturally, in

general, variations of the magnetic field caused by "adhering" of the

coronal gas to the magnetic lines of force (the corona is an excellent conduc-

tor due to the total ionization of its hydrogen and helium) and by the

enormous self-induction of the corona, need not induce substantial electric

currents. A concentration of the magnetic force lines will compress the

corona and heat it briefly, but in places where the magnetic lines of force

will compress the corona and heat it briefly, but in places where the

magnetic field strength decreases, the gas can also cool. Finally, the

coronal magnetic field cannot be held responsible for the heating of the

corona as a whole, since this field may fluctuate only due to turbulence.

In such a case, the magnetic field must be regarded as turbulent, with

randomly twisted lines of force. The mean strength of such a field will be

determined by the equality of the magnetic energy and kinetic energy (that

is, the energy of turbulent mixing) in the corona:

Qv2 H 2
__=__, (11)

where Q is the density. The magnetic field therefore cannot heat the corona

any more effectively than the decay of turbulent streams does. Actually,

the magnetic field merely appears to set up a certain characteristic

magnetic viscosity accelerating the decay of the mechanical motions.

The coronal magnetic-field variations are produced by an external source

The enhancement of the coronal emission and the rise in temperature (on

the average) above active solar regions may indicate that the corona is

heated in some way by variations of the magnetic fields of the sunspots and

by the briefly existing fields of the chromospheric flares. It is possible

that the heating mechanism can be explained by shock waves which arise

when H varies rapidly and the conductor (the coronal gas) is moved. A

theory describing these processes has not yet been developed.

The second problem of coronal theory, that of the dissipation [or evapora-

tion] of gas from the corona, is essentially still being formulated, although

contrary to the first problem (coronal heating) the physical meaning of the

evaporation is entirely clear.

Formerly this problem was in general related to the volatization of light

gases from planetary atmospheres and to the possibility of the retention

of appreciable atmospheres around low-mass planets. Evaporation from

the corona was first discussed by V.A. Krat /9], who considered it in

conjunction with the problem of the net positive electric charge of the corona.

The problem can be divided into two parts.

i) Determining the relation between the ejection of variously charged

particles by the sun and the intensity of the electrostatic field.

2) Determining the rate of evaporation (the corpuscular flux) of gas from

the corona.

Although the coronal magnetic field has a decisive influence on the motion

of the particles of the electric plasma, the complexity of the problem and

the uncertainty of what was known about the magnetic-field intensity led

researchers to neglect this factor and to take the coronal magnetic-field

intensity as zero. It is only in this case that a solution can be obtained
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by gas-kinetic methods, by generalizing these methods to the motion of

plasma particles. Therefore, here we will deal with electrostatic and

gravitational fields only. Since the mean free paths of the particles are

invariably much less than the dimensions of the coronal inhomogeneities,

we need not assume a spherically symmetric corona and calculations can

be made for different regions of the solar surface. A particle escapes from

the sun only if its velocity exceeds the escape velocity v,:

v',= 2gR, (12)

where g is the acceleration of the external field (the resultant of the

gravitational plus the electrostatic field), and R is the distance from the

center of the sun. In order to prevent a continual charge accumulation at

the boundary of the corona, the total flux of particles evaporating from the

corona must be quasineutral. In other words, the outgoing fluxes of

differently charged particles should be equal to one another. Let us assume

that the energy distribution of the electrons is given by the function S' (8)

(where e is the energy) and that of the protons is given by S (8). Obviously,

if the electron temperature is higher than the proton temperature, then

S' (e) >S (e). The weight of the escaping protons will be denoted as rnpgp

(where gp is the acceleration of the protons) and that of the electrons as

m_g_ (where ge is the acceleration of the electrons). If 1-- _ is the fraction

of the acceleration of gravity (go) which is compensated for by the positive

charge of the proton, then we have

mpgp = mpgo ( l -- _5),

m,,ge = mpgo_,
or

gp=go(l--_). }
mp (13)

here _ >0 indicates that some positive electrostatic acceleration exists.

Within a hydrogen plasma (which is a good approximation of the solar

atmosphere), _ =0.5. The equality of the weights of all the particles makes

them indistinguishable from one another and ensures quasineutrality of the

plasma.

Let us now consider some spherical surface around the sun through which

the flux of evaporating particles passes. The radius of this surface can be

varied from some relatively small value //, for which the highest number of

particles is evaporated by every volume element of the gas (the so-called

escape layer) up to arbitrarily large values of R. For our purposes it

suffices to take R tlose to the radius tt, of the escape layer (R, _ 2Re). The

Corresponding _,_h_,r.ir, nl _u,r.-f_¢,_ i¢ _,11_d th_ o¢c, ap_ _,ir-£_e,_ c_r,evzpor_tien-r ..........................................

surface. The particles passing through this surface no longer lose energy

due to collisions, and thus they escape from the sun for good. Let us denote

the limiting electron and proton energies needed to overcome the potential

barrier of a star, and thus corresponding to the escape velocities, as ee

and e,, respectively. The equality of the corpuscular fluxes escaping

through i cm _ of the escape surface then may be expressed as

co¢o
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where

1//-T_ v'= ,/_kr (I 5)v-- V -_S-_' r me

ep=_ , k7'

(re.,, and ve.e being the escape velocities for protons and electrons,

respectively),

When (15) is substituted into (14), we obtain

| I,',, )I/_ '
ep ee

from which

"._% I :-,;_ (1 8)
I S' (e)eV'-de
_e

If the electron gas and the proton gas have the same temperature (this was

shown by Shklovskii to be true for the coronal gas on the average), then

S (e) = S' (e). Thus, condition (18) will be satisfied only if

or

ep < e_ (19)

(20)

and furthermore if

that is, if

8>05. (21)

If the coronal gas has an equilibrium (Maxwell) distribution, then we have

= 0.58 for T_ 106 deg. For T_ >Tp(the corona is heated by currents, and

the electron temperature is somewhat higher than the proton temperature),

inequality (19) becomes even sharper, since in this case S' (e) =>S (e) for e

close to _r, and e,.. Thus, _ may prove to be close to unity. However, as

Pikel'ner correctly observed, for _ _ I evaporation becomes a decisive factor

in the coo]ingof the corona, and it may even happen that Tp>T, with a

subsequent reduction of [_.
Although in general [_ is somewhat higher than 0.5, it does not differ

greatly from its equilibrium value within a plasma. If we take _ _ 0.6, we

will obtain a positive charge of 3.10 n electrostatic units for the sun. When

(_drops below the value prescribed by condition (18), the electron flux

becomes greater than the proton flux and the sunrs charge will increase;

when [_ rises, on the other hand, the enhancement of the proton flux will

lower the charge. Magnetic-field effects cannot cause qualitative changes

in this picture of the evaporation, since, regardless of the exact form of

the magnetic field, for [_ _0 the flux of escaping electrons will be greater

than the flux of escaping protons. As a result, some steady state is reached
in which 0-<,[_ <l.
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However, the situation is entirely different if we wish to calculate the

total flux of escaping particles and then to estimate the loss of solar mass

due to the evaporation. Here we cannot manage without calculating the

effect of the coronal magnetic field on the evaporation. Even a weak

magnetic field with H values of some tenths or some hundredths of a gauss

will drive the evaporating corpuscules right along the magnetic lines of

force, thus impeding their eventual escape. No particles having e close to

% and e_ will escape, and the potential barrier will rise sharply. Calcula-

tions of the total flux of evaporating particles, carried out by V. A. Krat

neglecting the magnetic field and independently by Pikel'ner /9/, gave

estimates which agreed in value; these authors calculated that the sun loses

about 1017 g/year of its mass by evaporation, which is some hundreds of

times smaller than the mass losses due to radiation. The true evaporating

flux must be even less than this figure.

Geoactive particles can be ejected from the sun only in the form of

quasineutral clusters of matter, since even a slight departure from quasi-

neutrality due to an excess of particles of one particular charge in the

cluster will result in a high electrostatic acceleration preventing charge

separation and tending to stop the motion of the cluster; this will either lead

to quasineutrality of the cluster (due to the escape from it of the excess

particles disturbing quasineutrality) or else itwill make the cluster stop.

Even the presence of slight charges is not permissible, since it would

greatly increase the influence of the coronal magnetic field on the motion
of the clusters.

In conclusion, let us consider one more particular problem of coronal

theory, pertaining to the structure of the corona. The cooler "red" regions

in the corona adjoin the hot "green" regions, but the gases from the

different regions do not mix together, in spite of the substantial pressure

gradients between them. Shklovskii has given the correct explanation of

this fact. He showed that the presence of the coronal magnetic field greatly

lowers the heat conductivity and electrical conductivity of the coronal gas

in a direction perpendicular to the magnetic lines of force. This magnetic

effect already becomes noticeable for H values greater than I0-_ gauss.

Since the turbulent magnetic field in the corona is actually much stronger than

this, there will be almost no mixing of gases of different temperatures via heat

conduction. This appears to explain how coronal rays can exist for some weeks.

Considerable importance was previously attached to the outer coronal

rays, which were regarded as corpuscular streams ejected by the sun. Ifaray
is assumed to be a gas streamer, then we must assume that the condition

v (_) W_n_ = const (2 2)

is satisfied, where W is the ray thickness, v (Q) is the streamer velocity for

a given Q, and ne is the electron concentration (proportional to the streamer

density). Since for a streamer ejected from the sun, v (e) can only decrease

with height, Vc_ne must rise as Q increases. Moreover, van de Hulst has

shown that photometric data on coronal rays give a drop in W"ne with

increasing Q. Moreover, if the coronal rays represent corpuscular streams

leaving the sun, then in the inner corona the gas velocities in these streamers

must be greater than the escape velocity for neutral bodies, that is, greater

than about 600 km/sec. Actually, in the corona even considerably lower
velocities of ordered motion than this are not observed.
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Chapter VIII

THE SOLAR SURVEY

§50. A definition of the term "Solar Survey." Various phenomena in the

solar atmosphere, such as sunspots, faculae, prominences, and coronal

formations, are quite unstable and they change very rapidly. Consequently,

in most cases isolated observations at any particular time are of no great

significance, and it is mainly interesting to study the development of these

phenomena from their birth to their final decay, together with the accom-

panying variations in the relevant physical characteristics.

Solar phenomena are closely related to one another, so that no one

phenomenon should be studied without considering the simultaneous varia-

tions taking place in the others. Therefore, observations of solar pheno-

mena should be both continuous and comprehensive. The observations must

be made systematically, and the phenomena occurring over the entire

surface and in all the observable layers of the sun should be followed

simultaneously.

The tendency of scientific progress is such that requirements like these

become constantly more demanding. Previously, observations yielding one

photograph daily were considered satisfactory, but now continuous motion-

picture recordings of the phenomena occurring in various layers of the

solar atmosphere are made. This applies even to comparatively slowly

changing phenomena, such as sunspots.

Naturally, continuous round-the-clock observations are unfeasible in

any one location, and several observatories must cooperate; these observ-

atories should be distributed quite densely according to longitude, so that

interruptions due to poor weather or nightfall in some observatories will

be compensated for by regular observations in others. In order to secure

such a reciprocal compensation, the participating observatories must be

equipped with identical instruments and must all follow closely coordinated

observation programs using the same observation methods. The totality

of measures undertaken in the system of observatories, which together are

designed to obtain the most detailed continuous series of observations pos-

sible, have become known as the Cnntinuous Solar Survey, or in

short, The Solar Survey.

A very important stimulating factor in the development of the Solar

Survey has been solar-terrestrial interactions: solar phenomena influence

the earth's atmosphere, causing polar auroras, magnetic stor_ns, iono-

spheric changes leadingto radio fadeout, etc. The concomitant applied

problems, particularly those connected with ensuring uninterrupted radio

communications, also require continuous and comprehensive observations

of solar phenomena in order to collect data suitable for comparison with

the relevant phenomena in the earth's atmosphere and to predict the latter.
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The Solar Survey recently received considerable impetus in connection

with the International Geophysical Year and the Year of Geophysical Coop-

eration (1957 - 1959), during which the number of observatories participating

in this project was increased considerably. The equipment was brought

up to date, and comprehensive obligatory programs were prepared for all

the observatories participating in the Solar Survey.

Initially, the Solar Survey was made using small, comparatively primitive

instruments, since there were very few large instruments which had ade-

quate resolving power and which produced sufficiently large images. This

had, of course, an unfavorable influence on the quality of the data obtained

by the Solar Survey, particularly where chromospheric phenomena were

concerned. Therefore, historically we can divide solar observations into

those of very high quality but which were made unsystematically, at random

moments, and those of comparatively low accuracy but which were made

systematically and continuously. It is the latter group that constituted the

original Solar Survey.

Recently, however, two things became clear, On the one hand, the

regularities which could be observed with small instruments had already

been discovered, while, on the other hand, isolated, high-quality

photographs taken using large instruments were of little use, since they

could not provide a picture of the development of the phenomena. The

principal organizational problem of the modern Solar Survey is therefore to

ensure continuous observations (often even to use motion pictures) over a

quite dense network of observatories equipped with high-resolution

instruments.

In order for this collective project to be a success, the observatories

taking part in the Solar Survey must establish a constant and rapid exchange

of information. This condition imposes rigid requirements on the proces-

sing priority of the observational data (for ordinary astronomical observa-

tions, the processing stage lags behind the observation considerably, some-

times even a few years). The great urgency of the data processing and the

information gathering is also due to the fact that, as mentioned above, data

pertaining to changes in the solar atmosphcre are essential for the solution

of various applied problems relating to phenomena in the terrestrial

atmosphere.

Observatories are joined for the Solar Survey not only on a national scale,

but also internationally, under the direction of the International Astronomi-

cal Union. The following observatories are the most prominent contributors

to the Solar Survey. They are distinguished by the homogeneity and length

of their solar-observation series: Zurich, Greenwich, Meudon, The Fraun-

hofer Institute (Freiburg, West Germany), and Mount Wilson; international

surveys providing extra-eclipse observations of the corona and the chromo-

spheric flares also make invaluable contributions to the Solar Survey.

Finally, in the USSR, the Solar Survey is organized and monitored by the
Solar-Research Commission for the Astronomical Council of the USSR

Academy of Sciences. A detailed description of the Solar Survey in the

Soviet Union is given in /1/.

Since systematic and quite frequent measurements of all the possible

characteristics of all the solar phenomena cannot be made in practice,

therefore systematic sets of data are compiled only for the measurements

of certain individual characteristics, known as solar -activity index-

es. These indexes serve as indicators of the general state of the solar
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activity. Solar-activityindexesenableusto becomeorientedwith respect
to thevastamountof dataat hand,andtheyindicatethoseinterestingcases
in whichthephotographsmustbemeasuredwitha maximumpossiblecare-
fulnessandcompleteness.Furthermore,solar-activityindexesare used
for preliminarycomparisonsbothbetweendifferentsolarphenomenaand
betweensolar phenomenaandgeophysicalprocesses.

Themostcommonsolar-activity indexesare thespotnumbers(Wolf
numbers),thesunspotareas,thesunspotmagnetic-fieldintensity,the
faculararea, theareaandintensityof hydrogenandionized-calciumfloceuli,
thenumber,area, shape,andintensityof hydrogenprominences,the
intensity of coronal emission lines, and the radio-emission intensity at

various wavelengths.

Of great significance is the survey of chromospheric flares; these

phenomena are very short-lived, so that round-the-clock observations are

especially necessary.

In addition to these indexes, which are observed and published regularly,

other indexes introduced by various observers are published from time to

time. However, none of these have become subjects of constant observation,

mainly due to the complexity of their determination and also for other

reasons. Of these special indexes, let us cite the ratio of intensities for

the H _ line of hydrogen and the H line of ionized calcium in prominences;

this ratio was determined by Perepelkin for the period from 1928 to 1935,

and it served as an indicator of the intensity of the far ultraviolet radiation

of the sun. Other important indexes are the intensity of coronal glow in the

continuum and the intensity of the general magnetic field of the sun (the

latter is not yet being measured systematically).

§51. Photospheric solar-activity indexes. The first observations that

can be regarded as pertaining to the Solar Survey were made soon after the

invention of the telescope, and they amounted to just sunspot counting.

These observations were fairly sporadic at first, and each series terminated

at the end of the active period of the observer's life. Then, as the number

of observers and observatories increased, the accumulation of more com-

plete data became possible.

Systematic determinations of the spot numbers were begun in 1847 by

R. Wolf at the Zurich Observatory (see § 18), and Wolf continued his obser-

vations for 45 years. Since that time these observations have been carried

on continuously according to a single program. Subsequently, the Zurich

series were expanded to include the data of other observatories and of

individual observers. Moreover, observations from previous years were

collected, analyzed, and reduced to the Zurich system, so that the series

of sunspot numbers was extended back to the year 1700 (yearly averages).

Also, the years of sunspot maxima and minima have been recorded back to

!6!0; these data, of col,r_p_ are not as reliable as the more recent

measurements.

The Wolf numbers have also been derived according to Soviet observations

/2/, and a comparison of these numbers with the Zurich series shows

excellent agreement between the two sets of data ]3/. In general, sunspot

numbers represent a very crude and subjective index of solar activity, since

these numbers depend greatly on observation conditions and _tlso on the

particular grouping of sunspots preferred by the individual observer; the

latter factor is especially influential when spots are abundant and when spot
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groups are distributed densely over the surface of the sun, so that differ-

ences of opinion may arise as to the exact grouping of the different spots.

On the other hand, the great advantage of the Wolf numbers is the simplicity

of their determination and the fact that (due to their simplicity) they can be

computed over several centuries. For these reasons, it will be useful to

continue computing the Wolf numbers in the future, even though at present

there are more precise indexes characterizing the appearance of sunspots.

In order to correlate sunspots with geophysical phenomena, it is advis-

able to calculate the Wolf numbers not for the entire solar disk, but rather

just for the central zone within a circle with a radius of one half the solar

radius. These numbers have also been computed for many years into the

past.

A more precise and objective index characterizing the sunspot activity

is the spot area, which is generally expressed in millionths of the solar

hemisphere. The corresponding observations are much more complex than

obtaining the sunspot numbers is, since to determine the area of a spot it

is necessary to measure its coordinates, then to measure the spot area

on a photograph or screen, and finally, making allowance for the distance

of the spot from the apparent center of the solar disk, to correct the

measured area for the spherical projection of the sun. These measurements

and reductions become progressively less accurate for sunspots located

more toward the limb of the solar disk. With the approach to the limb, the

accuracy of spot-area measurements drops, because the projected image

of a spot becomes smaller and the image vibrations increase; furthermore,

it should be remembered that spots are not actually plane formations. For

these reasons, small spots disappear before going beyond the solar limb,

and the projection correction based on multiplying by the secant of the

angular distance of the spot from the center of the apparent disk becomes

inadequate. This question has been investigated by various authors /4/.As

a result, a special visibility function has been introduced, with which

it is possible to correct the observational data so that, when averaged over

zones at diffcrcnt distanccs from the center of the apparent disk, they do

not depend on this distance. The influence which the observation conditions

have on the visibility of spots near the solar limb leads to minor seasonal

variations in the averaged data on spot numbers and areas. Naturally, a

statistical p_.ocessing of the data will eliminate these variations, since they

are unrelated to the solar activity.

In 1907 Maunder /5/ established that there is a slight difference between

the number and size of sunspots at the eastern and western edges of the

solar disk. This problem was subsequently discussed in numerous works,

and very interesting investigations of the subject are now being made by

Dezse /6/ at the Budapest Observatory. The most probable explanation of

this phenomenon is that a spot axis is alternately tilted in the direction of

solar rotation and in the opposite direction, depending on the age of the spot

group. Thus, since spots constitute funnellike depressions, the conditions

of their visibility will differ at the eastern and western limbs.

In order to characterize sunspot activity, the total area of all the sun-

spots on a given day is calculated. Here, depending on the purpose of the

observations, the count is made either for the entire disk or just for the

central zone. Of course, if small spots are missed due to atmospheric factors or

to instrumental imperfections, this does not influence the total spot area much,
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whereas for the calculation of spot numbers small sunspots have the same

weight as large ones.

Sometimes, when the spot areas are to be correlated with terrestrial

phenomena, the index is not corrected for the curvature of the solar surface.

Then, the spot areas are expressed in millionths of the solar disk. Natur-

ally, the application of such an index implies that the radiative emission

influencing the earth's atmosphere is proportional to the spot area and obeys

Lambert's law. This is a permissible assumption for the luminous radiation

but is definitely false for the corpuscular radiation emitted in narrow beams

(see below) and producing magnetic disturbances, polar auroras, and

special ionospheric disturbances in the earth's atmosphere.

Regular measurements of the spot areas and coordinates were made by

SpSrer /7/ between the years 1861 and 1868. Since 1874 such observations

have been regularly made at the Greenwich Observatory, and for this

purpose special photoheliographs were installed at the Greenwich, Kodaika-

nal (South India), and Cape (South Africa) stations. The photographs

obtained at these observatories and processed at one place provide a con-

tinuous series of spot areas and coordinates which is distinguished by high

accuracy and homogeneity.

Startihg in 1932, similar data were obtained in the USSR on the basis of

observations made at Simeis, Tashkent, Kiev, Irkutsk, Odessa, and Kazan.

Subsequently, the Soviet photospheric survey was restricted to observatories

equipped with the standard meniscus photoheliograph of Maksutov's system;
these observatories are: the Mountain Astronomical Station of the Pulkovo

Observatory near Kislovodsk (functioning since 1948), the Tashkent, Kiev,

and Irkutsk Observatories, and the Far-East Station at Ussuriisk.

The data of the Soviet Solar Survey are collected into solar-activity

catalogs published by Pulkovo Observatory; since the end of 1954, the

preliminary data have been listed in the bulletin "Solnechnye Dannye,"

published jointly by the Solar-Research Commission and Pulkovo Observa-

tory. In these publications, the data of all the observatories are reduced

to the photographic-observation system of the Mountain Astronomical

Station. A comparison of these data with the Greenwich series /8/ shows

that the numerical values of all the characteristics are virtually identical.

Another solar-activity index is the facular area. Before the introduction

of the photographic method of observation, the area occupied by faculae was

estimated crudely in terms of the angle between lines drawn from the center

of the apparent solar disk to the end points of the facula. Photographic

techniques, however, have made it possible to determine the areas and

positions of faculae in the same way as the areas and positions of sunspots,

and to express these quantities in the same units. However, the quantitative

index or the facular area should be applied only after averaging over a

period of nol less thai, one solar rotation, since fsc,llae become visible only

near the limb of the apparent solar disk; thUS, the total area of faculae

visible on any given day is not representative of the actual facular area.

Subsequently it was established that calcium flocculi in the K 3 and H s

lines coincide exactly with the photospheric faculae in size, position, and

shape; the flocculi have the advantage of being visible from any part of the

disk. Therefore, indexes based on observations of calcium flocculi are

equivalent to facular indexes, and they are more comprehensive in that they

characterize each single facula.
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So-calledsynopticchartsalsoconstituteavery convenientandillustra-
tive meansof representingsolar data(Figure58). Thesechartsshowthe
surfaceof thesunin cylindrical or Mercatorprojection. Verticallines
indicatethesolar meridians,reckonedfrom Carrington'smeridianat
intervalsof 10° longitude(in Figure 58thelongitudesare indicatedalong
thetopof thechart). Horizontallines showtheparallels, separatedby
intervalsof 10° latitude(thelatitudesare indicatedalongthesidesof the
chart).
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FIGURE 58

The sun completes a synodic rotation about its axis in about 27 days.

During this period every solar meridian faces the earth at some time, and

systematic observations can record all the solar details, so that their

shapes and positions can be recorded on the chart. At the bottom of the

chart are shown the times during which a given meridian faces the earth.

Each synoptic chart thus represents the solar surface, spread out in pro-

jection, for a given solar rotation. The disadvantage of these charts is

that they do not show the changes in solar formations occurring during the

given solar rotation. Nevertheless, they do give an adequate picture of the

distribution of the principal centers of solar activity. In addition, a com-

parison of charts pertaining to successive rotations indicates the principal

changes in activity.

The dashed "straight" line shows the position of the earth's projection
onto the face of the sun. The intersection of this line with each meridian

in turn gives the point on the sun which was at the center of the apparent

disk on the day marked at the bottom of the chart. Synoptic charts make it

easy to solve any geometrical problems which come up when solar and

terrestrial phenomena are compared.

Faculae, which are often quite extensive in size, are plotted onto synop-

tic charts part by part, as they emerge from beyond the eastern limb or

as they disappear at the western limb. A synoptic chart thus eventually

gives the complete true form of a faeula, and thus the disadvantage that

faculae are visible at the edge of the sun only is compensated for. A regular

construction and publication of photospheric synoptic charts has been carried

out by the Zurich Observatory /9] since 1926. Also, since 1932, similar

photospheric synoptic charts compiled from Soviet observations have been

published in the Pulkovo catalog of solar activity.
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Sincesynopticchartsdonotshowtheday-to-daychangesin solarforma-
tions, specialchartsarenowbeingpublishedgivingthedailyappearanceof
thesolar surface; thesunspots,calciumfloccuti, filaments,andpromi-

nences appearing on photoheliograms and spectroheliograms are indicated

with great precision on these charts, and the true shapes and sizes are

given. Furthermore, these charts give the intensity distributions of the

green and red coronal lines around the sun, according to extra-eclipse

3oronagraph observations. Figure 59 shows one such daily chart from the bul-

letin "Solnechnye Dannye," in which they have been published since 1954.

Analogous charts are also published by the Meudon Observatory and by the
Fraunhofer Institute.

N /J W/ZlgI9

W

FIGURE 59

§52. Chromospheric solar-activity indexes. Some common chromo-

spheric indexes are: the coordinates, areas, and intensities of flocculi

..... no" ^_ _"'_a ca]chum), and the areas, shapes, positions, and inten-

sities of hydrogen prominences, filaments, and ejections. The inLe_sities

of sunspot magnetic fields also constitute a chromospheric index, since they

are determined from the Zeeman splitting of chromospheric lines.

Calcium and hydrogen flocculi were characterized in former times by

very crude, visually estimated indexes; the area of all the flocculi was

considered together, along with their general compactness and intensity.

These estimates were obtained by eye, by comparing the picture obtained

through a spectrohelioscope with appropriate standards, namely with

spectroheliograms taken on days of different activities. Such estimates
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were published in the quarterly solar-activity bulletin of the International

Astronomical Union from 1917 to 1940 /10/.

In 1921, d"Azambuja / 11 / started regular observations of chromospheric

formations with the large spectroheliograph at Meudon. Subsequently, the

Mount Wilson and Kodaikanal Observatories began to take part in this pro-

ject with similar instruments. The synoptic charts of the chromosphere

based on these observations and published yearly by the Meudon Observatory

have so far found no equals as far as completeness and accuracy are con-

cerned. (The same charts are published monthly in "L'Astronomie.")

Figure 60 shows one of these charts. The chromospheric charts are pre-

pared by the same method as the photospheric charts described in the

preceding section. They give drawings of the calcium flocculi in which the

shapes and dimensions are shown.

The density of cross-hatching indicates the intensity of the flocculi

according to a five-point scale. The charts also show filaments according

to their true shapes; sunspots are shown schematically as circles whose

areas are proportional to the spot area. The varying darkness of the dif-

ferent parts of filaments indicates the filament lifetime, the older parts

being darker. Chromospheric charts are accompanied by tables listing the

numerical characteristics of the filaments shown in the charts.

Another important publication is the Coimbra Observatory Albums, which

list daily spectroheliograms obtained with a large spectroheliograph in the
K 1 and K s lines of ionized calcium /12].

Lately, spectroheliograms of very high quality have been obtained with

the large solar telescope of the Crimean Astrophysical Observatory, and

also at the Mountain Astronomical Station. Small-size photographs are also

obtained at the Khar'kov, Abastumani, and Simeis Observatories.

Data on prominences are published regularly by the Zurich Observatory

/9/ in the form of tables. The prominence area is given for each day of

observation, for each 5° of position angle. The Pulkovo solar-activity

catalog for the years 1933 through 1956 listed the total prominence areas

over intervals 30 latitude degrees in width, according to observations at
Simeis, Tashkent, Abastumani, and the Mountain Astronomical Station.

Since 1957 more complete data have been published on the basis of obser-

vations with extra-eclipse coronagraphs at the Mountain Astronomical Sta-

tion of Pulkovo Observatory, the Mountain Station of the Astrophysical Insti-

tute at Alma Ata, and the Crimean Astrophysical Observatory. These

observations are used to record the prominences, by indicating their

positions, shapes, and scales, in the daily charts of the bulletin "Solnechnye

Dannye"; moreover, the Pulkovo catalog of solar activity lists in tables

numerical data on the positions, areas, heights, and intensities of all
prominences.

Finally, fragmentary prominence series of varying length have been
obtained by individual observers. Of these we should mention the observa-

tions of line-of-sight prominence velocities carried out at Pulkovo /13/.

Considerable progress in the investigation of prominences was achieved

when slow-motion moving pictures began to be used. At present this tech-

nique is widely applied, so that it is possible to refer to a motion-picture

prominence survey. The motion-picture photography of prominences is

much used at Mount Wilson (since 1936), at the McMath-Hulbert Observatory

(since 1937), at the High-Altitude Observatory in Climax (since 1942), and
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at the Sacramento Peak Station (since 1950). In the USSIR, the motion-

picture photography of prominences has been employed widely at the

Crimean Astrophysical Observatory since 1950.

Of considerable interest also are observations of chromospheric flares,

since they throw light on the nature of processes going on in active regions

of the sun and in addition reveal a definite correlation with phenomena in

the upper layers of the earth's atmosphere.

Until recently, visual observations were the only source of data on

chromospheric flares; many observatories, each equipped with spectro-

helioscopes or monochromatic filters, were engaged in these observations.

The results were (and are) then published systematically in the IAU quarter-

ly bulletin on solar activity. In addition, flare observations by Soviet

observatories are published in the Pulkovo catalog and in the bulletin

"Solnechnye Dannye." However, the application of motion-picture photo-

graphy is now also very useful for observations of chromospheric flares

/14/. In the USSR flares have been filmed through chromospheric telescopes

since the beginning of the International Geophysical Year. Chromospheric

flares are very closely related to certain electrical phenomena in the earth's

atmosphere, and the latter can be used as indicators signifying the appear-
anee of a flare. The most convenient of these indicators is the rise in the

intensities and frequencies of atmospheric discharges at 27 kc during a

chromospheric flare. Since these atmospheric discharges are recorded by

continuous automatic devices, such observations will detect all the flares,

regardless of weather conditions; such recordings are much easier than

optical ones, which require the presence of an observer. The appearance

of large bursts over a wide frequency range of the solar radio emission

(20 to 33,000 Mc) constitutes another excelIent indicator of chromospheric
flares.

The magnetic fields of sunspots have been observed systematically at

Mount Wilson Observatory since 1917. The data for 1917 through 1924 were

published in /15/, and subsequent data have been published regularly in /16/.

These publications quote for each spot group the magnetic polarity and the

magnetic-field strength (in gausses). In the USSR, analogous observations

are being carried out at the Institute of Terrestrial Magnetism, at the

Crimean Astrophysical Observatory, at Pulkovo Observatory, and (since

the beginning of the International Geophysical Year) at the Mountain Astro-

nomical Station of Pulkovo Observatory, near Kislovodsk.

§53. Coronal solar-activity indexes. Systematic observations of the

corona became possible only with the introduction of extra-eclipse observa-

tions; the latter were first accomplished by Lyot at Pic du Midi. The first

continuous sets of extra-eclipse coronal observations were accumulated by

Waldmeier at Arosa Observatory in Switzerland and published in /17/. These

publications show graphically the daiIy distributions of the green and red

coronal lines around the sun at a distance of 1 minute of arc. Later, extra-

eclipse observations of the corona were begun at Climax, Kanzelhbhe,

Wendelstein, Mount Norikura, and Sacramento Peak, and the data of these

observatories (together with those from Pic du Midi and Arosa) are now

published in the IAU quarterly bulletin on solar activity. Intensity estimates

are made at these observatories in different ways; in most cases 50-point

and 40-point relative scales are used. Only at Pic du Midi and Mount Nori-

kura is the intensity expressed in absolute units; here, the total emission

178



of thegivencoronalline, relativeto thecontinuumenergyatthecenterof
thesunin a 1Ainterval nearthecoronalline,is given. DuringtheIGY, all
observatoriesswitchedover to this scale. Themeasurementsaremade
over intervalsof 5° of positionangle,reckonedfrom thenorthpoleof the
sun; thentheyare referredto pointsin thecoronalocateda distanceof
40arc secondsfrom thesolar limb. ThedataofKanzelhbheandWendel-
steinarealsopublishedin theFraunhoferInstitutebulletin, "Sonnen
Zircular," in tablesandin synopticcharts(Figure61)analogousto the
synopticchartsof thephotosphereandchromosphere.Thesecharts give
the coronal-intensity isolines.

Synoptic chart for rotation 1966

1955 (March 10 --April 5)
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In the USSR, systematic extra-eclipse observations of the 5303 A coronal

line were started at the end of 1953 at the Mountain Astronomical Station of

l°ulkovo Observatory near Kislovodsk. At this same station, from the

beginning of 1954, observations were made of the L 6374 line, and from 1956
o

of the )_5694 line and the infrared coronal lines at _ i0747 and 10798 A.

Furthermore, systematic observations of the )_5303 and )_6374 coronal lines

have been carried "out since 1955 at the High-Altitude Station of the Astro-

physical Observatory in Alma Ata. At both these stations the line intensities

were also estimated in relative units, _"'+ A,.._ +*._ T_V +_......... _+^t._.4 .....

to absolute measurements. The data of the Soviet stations are published in

the Pulkovo catalog of solar activity and in the bulletin "Solnechnye Dannye,"

as well as in the IAU quarterly bulletin on solar activity. Methods of carry-

ing out extra-eclipse observations of coronal lines are described in ] 18].

Naturally, in order to be useful, the data on coronal lines obtained at

different observatories must be reduced to a single system.
§54. Solar radio-emission indexes. Measurements of the intensities

and polarizations of the different radio waves emitted by active solar forma-

tions now provide a new tool for the observation of active formations in the
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chromosphere and corona. The upper chromospheric layers, which form a

comparatively dense layer of ionized gas, transmit only radio waves of

wavelengths less than a few centimeters (for example, 3-cm waves reach

us from the upper chromospheric layers, and 1-cm waves arrive from

layers of medium height). Observations at these wavelengths therefore

characterize the state of the chromosphere at different depths. Radio waves

in the decimenter range and above are not received from regions lying below

the corona, so that observations at these wavelengths characterize the state

of active regions in the corona. Finally, in cases when the radio waves are

divided into ordinary and extraordinary components, polarization measure-

ments give an indication of the magnetic fields.

In view of the preceding, a need was felt for systematic observations of

the solar radio emission at various frequencies, since the corresponding

data constitute an important addition to the results obtained by optical

methods. Such observations are carried out by various institutes and

laboratories. The number of stations engaged in this survey is constantly

increasing, and the observational techniques and equipment are being im-

proved at a remarkable rate.

Systematic radio data are regularly published in the IAU quarterly

bulletin. This publication gives the intensity of solar radio emission at

various frequencies from 38 to 9400 Mc for each day of observation, and

also the polarization index, calculated from the intensity ratio of two mutually

perpendicular vectors (IR and IL) as

100 IR--I_
la_]_l L •

The intensities of these vectors are given in a separate table for each

observation day. A polarization index of zero according to this formula

obviously corresponds to the absence of polarization.

Also, for each observation day a radio-emission variability index is

calculated for various frequencies according to _ four-point scale (in this

scale, 0 stands for quiet and 3 for highly variable). In addition, a table of

outstanding phenomena is compiled. This table lists the starting time of

the disturbance, together with its duration, type, intensity, polarization,

and a possible identification with optical phenomena.

In the USS1R, radio observations are made at Pulkovo Observatory, at

the Scientific-Research Radiophysical Institute at Gor'kii, at the Mountain

Astronomical Station near Kislovodsk, at Abastumani, at the Crimean and

Byurakan Observatories, and at the Irkutsk and Ussuriisk Stations. The

Soviet data are published in the bulletin "Solnechnye Dannye."
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Chapter IX

SOLAR RADIO EMISSION

Radio-astronomical methods of solar research are of very recent origin;

the first chance observations were made in 1942, o_ wavelengths of 4 to

6 meters, by radar stations. The existence of solar radio waves is quite

natural, provided we remember that every hot body should emit electromag-

netic waves of all frequencies, including waves in the radio range (provided

the body can absorb waves in this range). Thus, the first suggestion that

the sun emits radio waves was made by Lodge as early as 1894. At about

the same time (Scheiner andWilsing, 1897>, attempts were made to detect

these waves, but they failed due to the inadequate sensitivity of the equip-

ment. The first radio observations of the sun for scientific purposes were

made by Southworth in 1942-1943 on wavelengths of 1.25, 3.2, and 10cm.

Since that time, a large amount of observational materialhas been amassed,

and various attempts toward interpretation have been made. It has been

found that, in addition to the thermal component, there is also emission

which is related to nonequilibrium processes in the solar atmosphere /I-17/.

._55. Methods of observation. Radio-astronomical installations have

certain properties which distinguish them from optical equipment and which

influence the observation results ]13]. These properties must be taken into

consideration when comparing the observational data obtained in the different

frequency ranges. First, the angular resolving powers of all radio-astro-

nomical installations in current use (including interferometric equipment)

are much lower than those of optical instruments. This is quite natural, of

course, since the resolving power is determined by the ratio k/D (where D

is the antenna dimension and k is the wavelength), and since electromagnetic

wavelengths in the radio range are several factors of ten higher than optical

wavelengths. On the other hand, the dimensions of the ar_tenna arrays

{mirrors or multidipole systems) are limited for technical reasons. Thus,

it must be kept in mind that a characteristic property of radio equipment,

as opposed to optical instruments, is that it allows the operator to tune in

easily on relatively narrow transmission bands (A_/] _ t0-_), which are then

very difficult to broaden. Finally, the radio-astronomical observations

which are now being made in the range from millimeter wavelengths up to

15 or 20 meters are, over avery wide range (5 cm < k <3 m), practically

independent of the state of the earth's atmosphere. *

The first of the properties listed above explains why most of the radio-

astronomical observations made until recently have used radiotelescopes

with low angular resolving powers. Such instruments cannot be used to

• At shorter wavclengthslelluric 0 z and H:O absorb considerably, while at longer wavelengths the influence

of the ionosphere is Lelt,
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study individual features  of the so l a r  surface,  which is done during 
optical  observations.  

This disadvantage, however, has  been partially compensated fo r  by 
r ad io  observations of s o l a r  eclipses,  when the geometrical  re la t ions are 
such that diffraction phenomena at  the lunar l imb do not prevent the 
resolution of different sou rces  located s e v e r a l  a r c  seconds f rom one 
another.  

TABLE 1 

A .  cni 

0 ,  a - 20 

'1.2-35 

1 13 

9.1 

Size and shape 

Paraboloid, 22 m diameter 

l runca ted  paraboloid, 
130 X 3 in 

Slit-antenna interferometer 
ir. a rectangular wave guide 

Interferometer using 16 X 16 
antennas, Base 114X 114m 

Paraboloid. 66.5 rn diameter 

Interferometer using 32 X 32 
antennas. Base 378X 378m 

Resolving power 
for hmin 

(minutes of arc)  

2 

1 

1 

3.1 

15 

3 

Location 

Serpukhov (Physics Institute 
of USSR Academy of 
Sciences) 

Pulkovo ( M a i n  Astronomical 
Observatory) 

Near Ottawa (Canada)  

Stanford (California, USA) 

lodrell Bank (England) 

Sydney (Australia) 

- .  

FIGURE 62 
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Large  antenn?s have been introduced only comparatively recently. The  

Figures 6 2  and 6 3  show photo- 
charac te r i s t ics  of the la rges t  existing radiotelescopes ( i n  t e r m s  of definite 
wavelength ranges*) &-e l is ted i n  Table  1. 
graphs of the Pulkovo radiotelescope and of the radiotelescope of the 
Phys ics  Institute of the USSR Academy of Sciences e rec ted  near Serpukhov 
The table  shows that i n  resolving power even the l a rges t  radio te lescopes 
a r e  much infer ior  to optical equipment. 

i 

- 

Direct rad io  observat ions of the sun a r e  a l so  supplemented by obse rva -  
tions of occultations of rad io  nebulae by the s o l a r  a tmosphere .  
on the so la r  a tmosphere is obtained f rom these observat ions by measu r ing  
the change i n  the intensity and direct ion of the rad io  waves emit ted by a 
radio nebula during i ts  occulation. ::c:i( 

Information 

h * l'hr errors III t h e  I I I I I S ~ I I I I ) :  01 .I rcllcciIiig .intcnIi.i SII~I,ICC c .IIIIIOI r\c.ccJ -,? Onc 01 ~ l i c  ~ p r l ~ ~ ~ ~ l ~ ~ . \ l  I l!,ir.!L'- 

ierislLcs 0 1  :in ; I I I ~ ~ I I I I , I  ~ s l l ~ ~ ~ s ~ l ~ e ~ l i o r r ~ ~ s r  w. ivc lengt I i  .AI w l i i c l i  11 o p e r a t e s .  

Such observations were first Stap,cd by V i l k r v i c l i ,  . i i id r l i c )  Icd to 111s d~s< .c>vc iy  0 1  11ic sol,ir s i i p t ' r co1o t1 . \ .  ** 
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The above-mentioned properties of radio-astronomical observations

must always be taken into account when the observational results are being

analyzed.

§56. A general description of solar radio emission. According to the

modern view, the main part of the solar radio emission with X _ 10cm

originates in the chromosphere. The longer wavelengths, however, are

emitted mostly by the corona. This is explained by the increased absorption

of longer wavelengths in the solar atmosphere, together with the general

physical law that a heated absorbing medium emits the same frequencies

as it absorbs (Kirchhoff's law). According to Milne's criterion (see p. 187

below), the main part of the radiation reaching the observer originates in

those layers for which the line-of-sight optical depth is close to I. Thus,

the longer the wavelength, the higher up in the solar atmosphere the

emission will have originated.

The radio emission can definitely be separated into undisturbed and

disturbed components; the disturbed components can in turn be subdivided

into various kinds, the properties of which will be described below. Some

general characteristics of the components are listed in Table 2.

TABLE 2

Component Duration Wavelength Location on the sun

range

Undisturbed The entire disk

Disturbed, slowly

varying

Disturbed, rapidly

varying

Continual

Hours and days

From tenths of a

second to a few :

hours

All wave-

lengths

All wave-

lengths

All wave-

lengths

Regions above sunspots and
flocculi

Most bursts appear in regions of

chromospheric flares

dO0

_ Z6_

lO0

'll'L

l'!

lllllt

, i . ,

19_7
i i i r i

1318

TIT . T

I I I 1 I

1948

1

,1, LI

- [tlllllllN'y', '
I I I I I | i i I I i i I i

lg50 l, f51 1952 1953

Date

FIGURE 64
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The ratio between the first two components is obvious from the graph in

Figure 64. This graph shows the maximum and minimum monthly values

of the slowly varying component (_ -- 10.7 cm) over a period of seven years.

The undisturbed component corresponds approximately (see §57) to an

envelope drawn through the points of minimum.

0

I . L n n i ) • , . . , J , •

Universal time

FIGUI_.E 65

!

The bursts constituting the rapidly varying component differ sharply from

the first two components: they are generally related to chromospheric

flares, are comparatively short-lived, and they can reach very high inten-

sities. In the short-wave radio range they make the average intensity of

solar radio emission several times greater, while in the long-wave range

they sometimes increase it several million times. Some examples of

bursts are shown in Figure 65.

§57. The undisturbed component of the solar radio emission. The

distinction between the disturbed and undisturbed components of the solar

radio emission is not a completely rigorous one. First, it is very difficult

to specify reliably any period during which the sun is actually "quiet. " The

1526
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solar-activityphenomenarecordedbyour instruments,suchassunspots,
flares, faeulae,andprominences,mayjust beexternalmanifestationsof
somemoregeneral(asyet unstudied)processes,sothattheydonot
completelydefinean "activity center." However,acompleteabsenceof
evenjust thesephenomenais sorarely theeasethat, in spiteof sucha
limited definitionof a "quiet" sun, there is very lowprobabilitythat it can
beobserved.

Theundisturbedradiocomponentis generallyregardedasthethermal
emissionof the "quiet" sun. Sincemostof thesolar-activityphenomena
observedsofar havebeenaccompaniedbyanenhancementof theradioflux,
thereforetheundisturbedcomponentshouldapparentlycorrespondto the
minimumrecordedflux. Thus, it is sometimesdeterminedapproximately
astheenvelopeof theminimumvaluesof themeasuredradioflux, over
somefairly longperiodduringyearsof low solaractivity.

Some calculational relations. Thethermalradiationcomponent
canbeestimatedtheoreticallyusingthetransferequationandtheformulas
for theabsorptionof radiowavesin anionizedgas(seetextsdescribingthe
propagationof radiowavesin a plasma,for instance/18]. )

The radiation transferred parallel to the observer's line of sight through

an area of 1 cm 2 is given by the following equation (Figure 66):

"_- x = xl_. -- X/x, ( 1 )

where Ix is the specific intensity of radiation at boundary a of the volume

element, and I[ is the specific intensity of radiation at boundary b. For

radio frequencies, the latter quantity is defined quite accurately by the

Rayleigh-Jeans formula:

2kTe erg (2)
1_= _'_ cm2 steradian"

In equations (1) and (2), % is the coefficient of absorption of radio waves,

T, is the electron temperature of the gas, dl is an element of length in the

direction of propagation, k is the Boltzmann constant (k = 1.32-10 -16 erg/deg),

)_ is the wavelength in centimeters, XI[ is the emissivity according to the

Kirchhoff-Clausius law for a semitransparent medium, and XI_ is the

attenuation of the specific intensity of radiation passing through the given

volume element. The attenuated intensity is thus defined by the formula

10

--_xdl

I_ = lo_e o = Ioxe-', (3)
Io

_= _ gdl.
0

and a substantial part of the radiation is absorbed along the path 10, therefore

the emitting layer in the gaseous medium is arbitrarily placed an optical

distance of x _ 1 from the observer ("Milne's criterion").

Let us now convert to a system of coordinates with its origin at the outer

boundary of the solar atmosphere. This system is the most convenient for

finding the emission level for the condition x = 1 along the line of sight. If
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we divide equation (i) by X, then in the new system of coordinates we have

Xdl= --xds,

so that

_d Ix = Ix-- It. (4)
d_

It is easy to write equation (4) as a total differential if we multiply by e-':

( J--_ I_-- Ix ) e .... I[e-L

Thus,

d (Ixe-') = -- I;e-L

and by integrating both sides with respect to • over limits from 0 to x0 we

find
_0

I_,(_=zoe .... I_.(,=o) = -- I I_e-r dr. (5)

This expression can be used to calculate the specific intensity of the solar

atmospheric radio emission.

I i

-Z

0 bs erv er

FIGURE 66

It should be noted that certain assumptions were made during the deriva-

tion of this expression. A fundamental assumption is the applicability of

the Rayleigh-Jeans and Kirchhoff-Clausius formulas. These formulas hold

true for media in thermodynamic equilibrium. Here, we apply them to

small volumes in which it is assumed that the conditions for "local"

thermodynamic equilibrium are satisfied, whereas the atmosphere as a

whole cannot be assumed to be in equilibrium. The same assumption is

made during calculations at optical frequencies, and it has been confirmed

in part by the good agreement of the theoretical results with observations.

As will be shown in the following, this also holds true for the radio range.

Some other assumptions, which are however not of fundamental signifi-

cance, are as follows.

A. Equation (4) is written for a central ray. For other rays the elemen-

tary path elements ds in each layer are larger and should be replaced by

ds sec 0 where O is the angle between the observer's line of sight and a line

to the center of the sun.

B. In equation (4) it is assumed that the refractive index n= 1; this is

true for small ), (centimeter waves). Also, for small k, n _ 1 only in those
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layers for which T >> 1 (relative to the observer}, but the radiation from

these layers does not reach us. At longer wavelengths the refractive index
must be taken into consideration.

Equation (4) without these simplifications has the form

d ( I_ _ IX 1_ (6)

Moreover, the refractive index is given by the expression

4:_eINe .2 R N_ -We ]n_ = t--_ _- t--v.lv.lv -_y

or ] (7). 8t. t0sNe

n :I-- -f ,

where e and m are the charge and mass of the electron in CGS units, No is

the electron concentration per cm s, and co is the angular frequency(0_ = 2hi).

Since for centimeter waves n _ 1, they propagate in straight lines, and

the calculations according to (4) are relatively simple. On the other hand,

for longer waves the path curvature complicates the picture of the radio

emission in the solar atmosphere considerably. Some examples of paths

for various radio wavelengths are shown in Figure 67.
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The absorption coefficient _ is calculated from the following formulas
(see, for example, ]18/):

I --hi

X=Veff_ , (8)

vef f _ r_-/2Neln 220 . (9)
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Now,byeombining(7),(8), and(9), weobtain

12r_/,' (10)

where _= 5.5_, In( 220 T
_c?;?n k.

For the values of N_, T., and / characteristic of the solar atmosphere,

the function _ remains fairly constant. Different authors have given values

of it from 0.0"/ to0.14.

In some particular cases, the transfer equation can be solved much more

easily. This is so because, in the radio range, 1:,) >> 1 for the entire thick-

ness of the solar atmosphere. This can be verified easily by substituting

into (10) the values of N8 (h) and T, (h) found approximately from the results

of optical observations. From (5) it thus folIows that for an optically deep

layer To

I_(._=o) = _ l_e-_d'_. ( 1 1)
0

If, regardless of the preceding condition, we can be certain that the

radiation reaching the layer in question from the reverse side (relative to

the observer) is much weaker than the radiation emitted in the layer itself,

then in (5) we will have I_(,--w0) << Y_¢_=0), sothat expression (11) applies once

again.

In order to simplify the discussion, let us analyze two idealized eases.

Case 1. If in the given atmospheric layer of the sun we can set T,

approximately constant, then I_ is constant and

A _ ;_ (t- e-_0). (12)

Case 2. If, moreover, To << i whereas the radiation coming in from the

deeper layers is negligible, then we have

I_ I_ ( _,,_ ) _ I_0. (13)"_0--_+ ...

The second case holds true when we calculate the emission from an optically

thin, hot atmospheric layer, for instance when estimating the emission of

the solar corona or of coronal condensations in the centimeter range.

The thermal component of the radio emission should naturally be evalua-

ted not only in flux units but also in units of temperature. To do this, the

real emitting medium is replaced by a blackbody whose effective temperature

Teff is such that the specific intensity of its emission is equal to that of the

real medium. Thus, after applying the Rayleigh-Jeans formula (2) and

substituting expressions (11), (12), and (13) into it, we find that

*c0

Tef f = _ Tee -_ dT (14)
0

and

so that for To<< 1

Tef f _ T, (1-- e-'o), (15)

Teff "_ T,To. (16)

190



By taking into account (10), we can find for the last case a simple expression
for reff as a function of frequency:

Teff _/-_ or Teff _h_. (17)

A somewhat different frequency dependence is obtained for the radiation

flux, which is related to I by the equation F = lfl (for a source with re con-

stant). According to (10), (13), and (2), for an optically thin layer,

F _. const. (18)

For optically deep layers, on the other hand, x0 >> 1, and from (12) and (2) we
have

Tef f = const and F ,-_ Z-_ " (19)

The close agreement between the spectral characteristics of the radiation

and these relations is one of the basic proofs of its thermal origin.

The value of Teff for any point on the solar surface is called the bright-

ness temperature rb. The mean effective temperature Tav of the radiation

emitted by the entire sun can be found by summing ?b over the whole surface
and then taking the mean.

During radio-astronomical observations it is useful to measure the

effective antenna temperature. For an antenna with a small surface area

the directional diagram is wide, and the antenna temperature is proportional

to Tar and to the ratio between the solid angles of the sun and of the diagram:

TA _ Tav _®
a_ ' (20)

where _?. is the solid angle of the sun (for radio emission), and _?A is the

solid angle of the antenna diagram.

For very large antennas, in cages where the directional diagram is

considerably smaller than the angular size of the sun,

TA._ 7 b. (21)

It is very convenient to estimate the radio flux in units of antenna temper-

ature, since the receiver input power is related to 7A by the simple
expression

Prec, in.= krAAl,

where k is the Boltzmann constant and A] is the receiver transmission-band
width.

Such __n estimate is quite natural for the ther____a! radiation_ which we have

been considering, but it is sometimes also applied arbitrarily to other cases.

Therefore, since in reality radio sources are often not perfect blackbodies,

while the radio emission may not even be thermal, considerable caution

should be exercised when applying the quantity reff ; this paramter should

in no way be associated with the actual mechanism of the emission.

Calculations of the solar radio emission according to the above scheme

have been made by various authors (see the reviews in /1/, /2/, /3L and

]9/). In these cases the vertical distribution of Are and To were taken from
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optical observations. The results of these calculations are plotted in

Figures 68 and 69 as graphs showing the distribution of T b over the solar

surface.
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The T b distributions shown in these figures have an interesting feature

in common, namely that the "brightness" temperature increases at the

limb, whereas in the optical range (especially in the ultraviolet region) a

distinct limb darkening is observed. This limb-darkening effect is due to

the raising of the emission level in the photosphere for noncentral rays,

along with a corresponding displacement of this level into the cooler layers

(positive temperature gradient). The emission level in the radio range is

also higher for noncentral rays. However, the radio emission originates

in layers above the photosphere, where a negative temperature gradient is

maintained (the temperature T, increases with altitude), so that correspond-

ingly T b at the solar limb is higher than at the center. A similar situation
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is observed for the distribution of Tb in the far-ultraviolet region of the

optical spectrum (X-ray emission); frequencies in this range are also

emitted in the upper layers of the solar atmosphere (according to observa-
tions with artificial satellites).

I
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FIGURE 69

Since radio-astronomical observations specify the temperature T, of the

solar atmosphere, it is tempting to use them to construct the distribution

T, (h). This task, however, is complicated by the fact that the emission

levels for various wavelengths depend in turn on the distribution N, (h). Thus,

since the distribution N, (h) is better known than T, (h) , it is advisable to

compute T,(h) from the results of radio-astronomical observations

together with the optical data for N, (h).

The calculation can be made using the method of successive approxima-

tions. The distribution N, (h) is held constant, while the values of To (h) are

varied until the theoretical Teff fits the observations. Such calculations

have been carried out ] 19] using for the distribution N, (h) in the corona

(R >1.03 R._) the values obtained during observations of the brightness of the

coronal emission. For the chromosphere (1.0007 </t.< 1,021) the data

are less reliable, and in fact may be considered hypothetical. The calcula-

tions were based on the formulas discussed above. The experimental values

of Tar obtained from observations and used in the calculations are given
in the second column of Table 3.
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As a first approximation, the temperature T, (h) is assumed to increase

exponentially from 4830°K (h = 0) to 106 °K (h = 50,000 km). The calculated

function Te (h) is plotted in Figure 70; this figure also shows the function

N, (h) used in the computations. The calculations are significant in that they

have been made for Tar (calculation) values which are in good agreement with

the values obtained from a statistical processing of observations for a long

period (1955--1956). These statistical data are given in the third column

of Table 3.

TABLE 3

k, cm [Tav(Calcu-[ Tav(°bser-

[lation), °K] ration), °K

0.85 i %400 I -

3.2 12,'7oo I 13.ooo

I0 43,000 l 41.000

50 420,000 [ --

/Q6 --

/
J

f
J

f
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II a
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70_ #000 JOO9 /2000 7_000 ZOO00 l#O00 llO00

Height, km

FIGURE 70

Naturally, however, a determination of T_ (h) using the distribution N, (h)

obtained from low-accuracy optical observations reduces considerably the

worth of the independent determination of T, (h) using radio-astronomical

techniques. It is therefore more meaningful to correlate the results of the

radio-astronomical observations with the ratio T_ obtained from optical

observations (this approach, however, can still be criticized for the above

reasons). According to optical eclipse observations, this ratio is given by

the formula

N$

r_/2 _ ae-W_, (22)

where a is a coefficient. On the other hand, the absorption of radio waves

N_, It was found previously (14) for a central ray
is also proportional to T-_-"
that

v0

Tb = \ Tee -'_ dx,
0
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whe re
lo

T3/2 dl =-___ ,
0 e (23)

10

In order to find Te (h) from these relations, T b (1) must be known. For a

central ray, for which formula (14) applies, T b (/) can be found approximately

from the values of Tar obtained during ordinary radio-astronomical observa-

tions of the mean flux emitted by the entire disk. Of course, the coronal

emission must be subtracted from this quantity (it :.s naturally much better

to find T b according to observations with higher resolving powers, during

which direct determinations of Tb at the center of the solar disk are

possible).

Tb as a function of ] can be expressed empirically as

Tb(])=c +d/-, ' (24)

wherec anddare coefficients. Next, after inserting (24) and (22) into (14),
we obtain

c]_+d]= T.e _ da. (25)
o

Tables of Laplace transforms indicate that for equation (25)

d

T,=c-4 l/_" (26)

The substitution of (22) into (26) then gives

i° ,d /Vg - g
T/2 dl ] (27)

and finally, by substituting (22) into (27) and seeing that h = --l andeS'0 << t,

we obtain the following functions:

d T-ha
Te(h)=c-4-¥ V_e 2

(28)

3 b_h

Ne (h) = bTe (h) _ e- 2 .

Two sets of calculations were made using formulas (28). In one case the
N_

values of Tar and _ obtained during observations at different times /19/

were used, and in the other the values obtained simultaneously during the

•_o_'_'=°_,_t_o_-_:-_/on/,_,,'.,ereused. Th_ latter calculations are apparently more

reliable.

In the first case, the coefficients in (22) and (24) had the following values:

a = 1.44- l0 Is, b = 1.2-I0 -a (where the height h is in centimeters above the

1500kin level), c --4800, and d = 9.1-I0 la.

In the second case:
a=1.45.10 TM, b=2.19.10 -8 (for h<2500km),

a=3.72.10 iv, b=1.75.10 -s (for h>2500km),

c = 5830, d = 2.84.10 la.
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The coefficients in the second case were calculated using the results of

both optical and radio observations during the 1952 solar eclipse. The

following values of Tar were obtained from these:

Tar = 6 700 °K (k = 0.85 cm),

Tar = 12 500 °K (X = 3.2 cm),

Tar= 50 000 °K (k = t0 cm).

In both cases, in order to calculate T b for the central ray the coronal

emission Tcor had to be subtracted from the measured values of Tav. The

calculated values of Tcor are given in Table 4.

TABLE 4

k, cm Tav,'K ITcor, °K Tb.*K

t. 25 t0 000 t80 9 800
3.2 i7000 t t50 i5800
i0 54 000 ii 400 42 600

The resulting distributions Te (h) and Ne (h) are given in Table 5. The data

pertaining to the first set of calculations are in columns 2 and 3, and those

pertaining to the second set are in columns 4 and 5.

TABLE 5

h, kill

iooo
2OOO
3OOO
4OOO
5OOO
6OOO
7OOO
9000

Te, "K

585O
59OO
6OOO
6200
6750
8OOO

ii000
39000

2.7. t01t
9.7.101o
3. t. t0 lo
t. 3.101o
5.7.10 o
2.7.t09

Te,oK

50_i
5240
5595
6250
7460

No, cm -3

D
3. t011
t. 7. t0 u
9.8. t0 lo
5.8.10 lo
3.8.t0 lo
2.43. iOlO
2,3.101o

The data in columns 2 and 3 will be useful for comparisons with mean

values of T, (h) and N, (h); such mean values can be obtained according to the

chromospheric models and from other complex observations which may be

made in the future. However, comparisons like these should be made with

caution, due to the. variability of the conditions in the chromosphere.

Moreover, the spectra of the undisturbed component used in the above

calculations are not entirely reliable either, because of the low accuracy of

any absolute measurements of the emission flux of radio-astronomical

sources. This shortcoming has not yet been eliminated, since the absolute

calibration of radio telescopes is generally carried out only for individual

units, and no reliable absolute standards of the relevant quantities are

available /21/.

The measurements at longer wavelengths are particularly unreliable.

For k < 10cm, we can select the most reliable of the published data

(specially devised routine observations of radio fluxes and simultaneous
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observations of solar eclipses at several wavelengths, which make it easy

to eliminate the effects of the disturbed components) in order to derive

empirical expressions for the spectrum* of the undisturbed component

Fo (_,):
for the lower boundary, approximately corresponding to the period of

low solar activity (1 cm <_ < 10 cm),

F0 rain" 10-ss watt/m 2 - cps = 1400 X-x, e0.1 (x-, _), (29)

for the upper boundary of the spectrum, corresponding to high activity

(1 cm <_, <2 7 cm),

Fo rain" 10-s' watt/m 2 • c ps = 1400 X-x., e0.2 0.-o. 8). (30)

Here ;_ is in centimeters.

A first approximation to describing the undisturbed

component, assuming a spherically symmetric solar

a t m o s p h e r e. The above calculation constitutes a first approximation

to describing the solar radio emission. The main inaccuracy here is the

assumption that the different layers of the sun's atmosphere are spherically

symmetric. This, as we know, is quite far from the actual situation in

the solar atmosphere.

However, some of the conclusions obtained on the basis of this assump-

tion have proved to be most valuable. First of all, the increase in Tb for

the radio emission toward the solar limb has been established theoretically

and verified experimentally. This increase indicates the existence of a

negative temperature gradient in the solar atmosphere and corroborates

the basic proposition, first advanced by Shklovskii and suggested independ-

ently by Ginzburg and by Martin in 1946, that the solar radio waves are

thermal in origin. Furthermore, the high values of Tar _106 °K determined

from radio observations in the meter range confirm the existence of very

high electron temperatures in the corona, which hitherto could only be

inferred rather uncertainly from various optical observations.

However, from radio observations no detailed conclusions have been

obtained concerning the distribution of the solar-atmosphere parameters

with the height h. The main difficulty lies in the somewhat arbitrary choice

of the distributions Ne (h), and particularly Te (h), in the solar atmosphere,

due to the difficulty involved in making observations in the optical range.

This especially applies to the chromosphere. The evaluation of the results

of radio observations often reduces just to concluding that they are consis-

tent with the models proposed. Such a conclusion (which by no means

guarantees that the inferences made from the observations are una:_biguous)

is nevertheless frequently offered as proof of the validity of some particular

model of a stratified chromosphere. The following conclusions drawn from

observations can be regarded as a sufficiently reliable first approximation,

assuming a stratified and spherically symmetric solar atmosphere.

A. The radio-emission level for any particular wavelength becomes

further from the photosphere the higher the wavelength . ** That this is

* Since the solar emission is the resultant of several random emission processes, therefore we have here,

strictly speaking, not a spectrum with monochromatic components but raLher a variation of the spectral
density of radiation with wavelength. We will use the term "spectrum" in the following discussion, but

always this reservation will be implied.
** Strictly speaking, a frequency band about some mean wavelength is involved here.
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the case follows from all the theoretical schemes available and also from

observations. An example of the distribution of radio-emission levels and

the contribution of each level are shown in Figure 71. From the formulas

derived above it is easy to show that even for arbitrary variations in the

distributions N_ (h) and Te (h). over a range bounded by physically unaccept-

able values, the emission levels still follow a pattern in which virtually the

entire radiation in the 2 to 10cm range originates in the upper chromo-

spheric layers (5000km<h <13,000km), whereas all the radiation with

k < 2cm comes from the lower chromosphere (h <7000km). Wavelengths

of k >50 cm originate almost entirely in the solar corona: h >(1.8 to 2.0).103km.

The observation results confirm these conclusions. Especially instructive

is a determination of the sun's "radio diameter. " The amount by which the

radio diameter exceeds the optical diameter of the sun indicates the upper

limit for the emission level, since here weare actually recording the

radiation emitted along a tangent to the sun, that is, along a path with a

maximum value of T. Some radio values of the solar radii obtained during

eclipse observations are listed in Table 6, where R r is the solar radius

found from radio-astronomical observations, R® is the radius of the photo-

sphere, and h is the height of the outer boundary of the emitting layers.

TABLE 6

Time
x, cm ot observation R r tRQ h, km

0.8
O. 86
3.2
3.2
3.2
3.2

4.5

t0
50

150

30 June 1954

30 June 1954

25 Feb. 1952

1 Sept. 1951

30 June 1954

31 July 1962

31 July ]962

30 June 1954

30 June 1954

20 May 1947

i. oo85 ±o. oo25
I. oo7 i o. o_)5

t. 029
t .030 _=0.003
t. 032::E:0.005
t. 034::J::0.0O3
1.033+0. ()03
t. 034i0.0o5
i .032:_:0.005
t. 035-t-0.008
1.06±0.01

1.35

-- 6OO0
-- 5000
-- 20000
--21000

--230OO

-- 25 000
42000

-- 250 000

I I_nl

__
-__ a000 I I/

_ I I \
o _°c_! \
,,-oooI ,,Ik IIII

== _11 | '_,.
_-_ 111_

_ O lOgO 2O 2O

I

4o 50 6o 7o lo _o lz_7oo0
Height, km

FIGURE 71

No less illustrative are graphs showing the variation of the ratio K of

the residual fluxes Frcs at )_-- 10cm and k -- 3.2cm, for various phases of
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a solar eclipse (Figure 72). The increase in K is definitely greater than

any possible measurement error, and it indicates a rapid growth in the

contribution of radiation at k --i0 cm for II=R{/R®>I.025 (h > 17,000 km).

K= FreSf_=70cm]
F_es(A'3.2)

Chromo-

sphere

fO

O

8

4

X 1950
2

_ Corona

x 7854

1954,

1952

× 1952

I

25'

ZO

1.5

7.0

05

,_ "-_. 2cm

/

.... J

jb

i I i i | I ; ....... | | I098 088 ]'00ZW 7.027.0JI..04, 0 £t5 I.Q 7.7 q

FIGURE72 FIGURE 73

The fact that the undisturbed component at k < 10 cm does not depend

much on the state of the highly variable solar corona enables us to compare

the residual radio fluxes obtained during the eclipses of different years.

The ratios formed by the differences in residual flux divided by the differ-

ences in the geometrical areas of the sun covered by the moon during

different eclipses give relative values of Tb for the corresponding disk zones.

This type of comparison gave the distribution of 7b over the solar disk

()_ = 3.2cm) shown in Figure 73 (curve b); it is in good agreement with the

previously described calculation results (curve a). (This distribution is

still classified within the framework of the first approximation, as defined

above.) *

B. The electron temperature Te of the lower chromosphere is actually

comparatively low, not exceeding IO,O00°K. On the basis of the preceding

discussion, this conclusion follows from the observation results listed in

Tables 6 and 7 (the data include the increased emission at the solar limb).

This result cc,,tcerning the te_m__p_rature of the lower chromosphere is

very important, since it confirms to a considerable degree the results of

certain optical observations indicating a low chromospheric temperature,

contrary to the opinion currently held by some authorities that temperatures

as high as Te-- 30,000°K are possible in the layer h _ 1500km.

* Recent results show that the distribution of T b over the solar disk varies somewhat with the solar activity,

even at _. = 3.2 cm. Thus, if we compare Fre s only for eclipses of the "quiet" sun, then we obtain a much
smaller increment of T b (no more than 20- 30%) at the limb than the one shown in Figure 73. (Note added

during proofreading.)
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C. The electron temperature of the corona is high, and the temperature

gradient in the outer coronal layers is positive. The high value of Te in

the inner corona is responsible for the fact that the increase in Tb at the

solar limb, even in the centimeter and decimeter ranges, is substantially

greater than the temperature of the respective emission layers. Observa-

tions at L > 50cm give Tav>5.106deg.

']'ABLE 7

_. cm Tav, *K h, cm Tav, "K

0. t8
0.215
O. 273
0.3
04
0.43

5300 O. 43
5430 O. 86
5500 0.86
5900 0.86
8000 t. 25
960O

7  o7°°
6740
53OO

t0 000-- tt 00O

The distribution of T b was calculated using a model of an isothermal

corona and assuming the temperature in all the coronal layers to have a

constant value of about 106 deg. This model leads to the conclusion that the

brightness maximum of the solar disk is located right at the limb itself or

even somewhat outside the boundary of the photosphere. This is quite

obvious from Figure 74. T b starts diminishing only for rays which are so

far from the photospheric boundary (away from the disk) that the solar

atmosphere becomes transparent to them. This very significant conclusion

related to the assumption of an isothermal corona does not agree with

observations, as has been emphasized in /22/. Actually, the Tb maximum

in the decimeter range is displaced toward the center of the disk. The

corresponding data are given in Table 8.

TABLE 8

RTb=max I Tbnla x Year of
_..cm--_O----I Tbcent_robservation

2i ] 0.96

24 t. 0
24 t.O
50 O. 65
60 O. 80
60 O. 60

140
t45 0_5

t.6
2.0
2.2
t.6
t.5
t.5
t.0
t.t

1953--i954
i952
i956
i955--t956
t954--i955
t954
t952
1953--t955

ei t

'; b

io range (centimeter wa

( /Tb optical range "_ a

FIGURE "/4
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Such a displacement seems quite natural if we assume a positive temper-

ature gradient in the outer coronal layers. In this case, as the emission-

level height is increased, the radiation passes successively (Figure 75)

through a low-temperature layer (Tb), then through a hot layer (T2 _ T,),

and then through another cooler layer (T_ < T2). Roughly speaking, for the

shortest waves, the T b gradient is negative throughout the emitting domain,

and the brightness maximum of the disk is situated outside of the photo-

sphere; for the longest waves, the temperature gradient in all the emitting

layers is negative and limb darkening is observed; in the intermediate

layers both of these effects take place, and their combined action apparently

displaces the T b maximum toward the center of the disk.

o 7ZJ_,JE7887Oh

Tb

,_=,tj

FIGURE 75

-= R//R)

-- R/Ri

A second approximation to describing the undisturbed

component, taking into account the ellipticity of the

solar corona. All the preceding data, based on the assumption of a

stratified, spherically symmetric solar atmosphere, are very interesting,
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even though they remain within the framework of a first approximation.

Optical observations show, however, that the solar corona is not spherically

symmetric, but rather is characterized by a complex structure.

For example, observations of various coronal elements in 1914 and 1941

gave electron concentrations which differed by factors of 2 or 3 from one

another; furthermore, the electron concentrations in coronal rays may be

as much as ten times greater than the mean value at distances up to 4B_

from the photosphere.

It is also a known fact that in years of minimum solar activity the

concentration of electrons near the equator Neeq is considerably higher than

the polar concentration N,p. The ratio P of these concentrations for the

inner corona may be as high as 1.3 to 2.2. It is lower only for a few months

near the epoch of maximum solar activity. Some values of N, obtained from

optical observations for the equator and the poles are given in Table 9.

TABLE 9

R

t. O0

i.03

t .06

i.tO

i. i25

i.t5

t. 20

t.25

|.3

t. 375

i.4

i.5

i.6

i. 625

i.7

i. 750

t.8

t.875

2.0

26

3.0

4.0

Minimum solar activity

van de Hulst*

Nep- 10-% Nee_t0-6, p
cm 3 CITI3

|74 227 | .3

t27 t78 t .4

87.2 t32 i.6

53.2 90.0 t.7

1673 3978 2-_4

5.--98 21-_2 25

,-4, 8-7a _0

0%42 4-0 _74

_ _ ]-

0:,90,:s81
O. 040 O. 374 9.3

0.017 0.176 I0.3

0.004 0.050 t2.5

1941--1957

Waldmeier **

N .t0-6 IN .10-6
eD '1 eeq ' p
/:m-3 I cm -3

,J zsS 2S
39 96 2.4

294 72.8 2.4

2_0 53-.027_
13.2 35.9 2.7

7. t 2-33 37

7.7 ,$5 37;

276 81 3S

,77 4-9 2_

F4 _9 2_

Enhanced solar activity

Newkirk t

Nep. tO ,J, Need)0 6,
oh] -a cm -s P

240 5_ 2.2

_6

_4

_5 _7

_4 _2
i.6 3.6

2.2

2_

2_5

2_:2

27_

2.2

2.qS
2.2

* Coronal-brightness observations during eclipses. The ratio P is apparently somewhat too low.

** Red-line observations, 6374 A,

? Extra-eclipse observations of the corona (end 1956- 1957_ using a K-coronameter, ;k = 5300 A.

These features of the coronal structure will definitely have some

influence on the solar radio emission. The effect will be the strongest in

the decimeter and meter ranges, since this radiation originates in the

corona; the effect on the centimeter range will be less pronounced, in

proportion to the contribution of the coronal radiation at these wavelengths.

Let us first consider the influence of coronal inhomogeneities on the

results obtained according to the first approximation described above.

The presence of an inhomogeneity with increased N, naturally raises the

optical depth x to a level higher than the values characteristic of a homo-

geneous atmosphere, the same distances being traversed by a ray. Because

of this increment, the emission levels for a given wavelength are displaced
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into higher layers of the solar atmosphere. In order for the previous

distribution curves to apply, we must assume formally that the presence of

inhomogeneities shifts all the preceding results into a range of higher

wavelengths, namely that the distributions originally obtained for meter

waves actually correspond (after allowing for the inhomogeneities) to
decimeter waves.

Inhomogeneities were first taken into account when it was established

from observations that the observed decrease of T b toward the solar limb

(at higher wavelengths) was more gradual than that predicted by theoretical

calculations. This effect, and also the apparent sizes of the radio disks on

meter and decimeter waves, were found to be much greater than that to be

expected from the theory based on van de Hulst's distribution of N_ in the
corona.

Finally, a direct proof of the existence of deviations from this distribution

was obtained from observations of the occulation of the radio Crab Nebula

(Taurus A) by the solar corona (observations of Vitkevich and Hewish).

According to these observations, electron inhomogeneities exist in the

corona between R= 4.5R® and R = 20R®. The calculations for meter waves,

but in which the data obtained for the supercorona R_5R® were extrapolated
to the regionR _5R®, also gave results which agreed well with the
observations.

The coronal inhomogeneities may be related to the solar activity, and if

this is the case the radio emission must be regarded as a variable compo-

nent of the emission. Such a relation to the activity has been definitely

established for inhomogeneities arising in the lower corona in regions above
sunspots, and it will be discussed in §58.

The second feature of coronal structure, namely the increased mean

concentration of electrons near the equator in comparison with the polar

concentration, is responsible for the asymmetry of the solar radio emission

(its ellipticity), an effect which is especially pronounced at higher

wavelengths.

The ellipticity of the sun was clearly observed during one of the first

observations of a solar eclipse, at two points in the range between _ = 50 cm

and )_ = 1.78m. Detailed results were later obtained for shorter wavelengths

as well. The results of some observations which evaluate the ellipticity in

terms of the ratio of the ellipse axes, the radio emission of the sun being

thereby approximated with the assumption that T b is constant, are given in

Table 10. The distributions of Tb near the equator and at the pole for 9.4 cm

and 20 cm waves are also illustrated in Figures 76 and 77.

Ellipticity in the distribution of Ne (h) is also observed in the supercorona,

at distances up to 17R® from the photosphere; it has been shown to vary with
the solar activity.

Consequently, the results of radio-astronomical observations corrobnr_te

the opti_al data on the shape of the solar corona.

A third approximation to describing the undisturbed

component, taking into account the filamentary structure

of the solar chromosphere. A third approximation is achieved

when we realize that the chromosphere is not a spherically symmetric

stratified formation; actually, it consists of filaments, mostly radial,

which differ in their physical properties.
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The "jagged" appearance of the chromosphere was observed optically

a long time ago. After this, chromospheric models were repeatedly

proposed, but though they were empirically and theoretically sound, still

they differed greatly from one another. The most agreement was reached

in the estimates of the filament length (4000 to 7000 km) and thickness

(I000 to 1500 kin). On the other hand, the variety of electron concentra-

tions and temperatures obtained from optical observations and from calcu-

lations can be satisfied by almost any of the radio-astronomical observations

available.

TABLE 10

Axial ratio
Method of observation Date l}.emarks

;., cm of ellipse

3.2 <1.1 19 1V 1958

3.2

9.4

20

21

50

50

60

150

178

1,12

See Figure "/61

1

1.33

1

1.25

1

1.3

1

1,25 -- 1.30

1

1.25

1

1.25 -- 0.04

1

1.5 -- 1.6

Measurement of second harmonic, with antenna

diagram revolving along solar perimeter during

an annular eclipse

Same method, no eclipse

Eclipse observation

Eclipse observation at two points

Interferometric observation

Eclipse observation at three points

Interferometric observations

Interferometric observations

Eclipse observation

Eclipse observation at two points

1961

20 VI 1955

30 VI 1954

1953

I XI 1948

1953--1954

1953 -- 1954

30 VI 1954

1XI 1948

High solar

activity

Low solar

activity

The electron temperature in the filaments (spicules) has been given

alternatively as 10,000°K and 58,000°K. In some cases the interspicular

space is assumed to be filled with hotter material than the material of the

spicules themselves, while in other cases it is assumed to be cooler. These

differences are apparently explained by the fact that the electron tempera-

ture is obtained from optical observations, and that always various more

or less arbitrary assumptions are made (constancy of temperature or

equality of the eddy velocities for filaments with different temperatures,

etc.). In such cases the calculated values of Te are naturally dependent on

the assumptions made, and so it is only with great caution that they can be

compared with radio observations. Radio-astronomical methods, on the

other hand, have the distinct advantage that they permit direct measure-

ments of the effective antenna temperature, which is closely related to the

electron temperature T°. Unfortunately, in such measurements the height

of the emission layer cannot be determined with much accuracy.
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As observed previously, the chromospheric values of T, are estimated

using the effective radiation temperatures for _ < 3.2 cm. These tempera-

tures are fairly low, not exceeding 10,000°K for h<(3 to 6). 10Skin. Such

values, however, represent averages for the entire disk. The complex

structure of the chromosphere may result in a quite unusual distribution of

T b over the solar disk, and this will be amenable to observation only when

high-resolution instruments are used.

>

e_Ol |

,' I

• ,I
_,_7_c.,IXx._# J "--_.._ equatorial

• _ region

region _ tL_.g\-_,

,
I I I f l II _ I

0 _2 _ _6 08 7.0 12 1.4 Z6

.... Eclipse 30 June 1954

Observations with large radio telescope, 1953

..... Eclipse 20 June 1955

FIGURE 76

North

South

FIGURE 77

Let us now turn to Figure 78, which shows a schematic diagram of

chromospheric filaments all having the same height and all directed radially.
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The gas temperature T2 in the filaments is substantially lower than the

temperature T, of the gas in the space between them. The electron concen-

tration Nz in the filaments is much higher than N,. These differences in

the physical properties of the two media lead to an appreciable difference

in the optical thicknesses characterizing their respective emission levels

(see §55); here rt < r_.

o4 8

$___

i

V ....

.... _iI ff_'_

i
i

_ reff_r,

FIGURE 78

In Figure 78 a bounded region I has been designated for the sake of

simplicity. According to this representation, the radiation reaching us
from the center of the solar disk originates partly in region I and partly in

region II (cross-hatched areas). The effective temperature of the disk
center will thus have some value between Tt and Tz, depending on the density

of the filaments in the chromosphere.

Here it is assumed that the gradient at the boundary of a spicule is small,

and that the radio waves are almost entirely absorbed before being reflected

from the denser medium. In other words, the spicules are assumed to be

"blackbodies" in the relevant frequency range. The effective temperature

of the radiation emitted near the limb will be determined essentially- just

by the temperature of the filaments. The radiation from Region I has little

effect in this case, since the deep gas layers at a temperature T,, for which

Tt > t, are screened by the "cold" filaments. Finally, at the limb itself,

the radiation is emitted by region I and is not intercepted by any of the

filaments. Thus, in this region, just as for the spherically symmetric

atmosphere, the temperature increases and forms a "bright limb" around

the solar disk.

Such a distribution has been confirmed by observations during an eclipse,

for k -- 0.8cm, and this in fact led astronomers to take into account the

filamentary structure of the chromosphere in their interpretation of the

radio observations. Once they have been confirmed, radio-astronomical

data can also be used to substantiate the results of optical observations,

and this has led to the idea of a structurally complex chromosphere with

cold filaments. *

• Tile low dependence of tile radio radius on wavelength in a certain part of the centimeter range (see Table

6) may possibly be caused by tile influence of the propagation boundary for cold and dense opaque filaments.
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In the _ = 0.43 cm range no increase in the radio brightness was observed

at the center of the disk. This result, which has a measurement error of

less than I%, can be explained by the fact that the two media, both the first

and the second, become so transparent that the main part of the radiation

for all ray directions is emitted near the photosphere, that is, in a layer

whose temperature is low at all points of the disk.

The lack of central brightening for longer waves can be explained by the

opposite phenomenon, namely that the absorption in medium I is quite strong,

so that the levels with _ _ 1 are too high for the filaments to have any
significant influence.

Radio observations at )_ = 0.43 cm and )_= 0.86 cm have led to a model of

a two-component chromosphere with cold spicules and hot interstitial gas.

The temperature of the spicules in this model was taken as 6400°K, while

Ne = 8.91 • 101°cm -3 near the base and 2.21 - 101°cm-3 for h> 4000 km. The

gas filling the interspicular spaces in this model has Te = 6400°K for

h = 2000kin, with T,= 19,000°K for 2000 <h<4000km, and 19,000°K

Te <106 °K for 4000km < h < 10,000 kin. With these parameters, the

distribution of radio emission at X -- 0.43cm and _ = 0.86 cm over the solar

disk is in satisfactory agreement with the results of the previously
mentioned observations.

It should be noted here that dense filaments (or spicules) whose refractive

indexes n = 0 need not be "blackbodies," since, on the contrary, they may

reflect a considerable part of the radio emission. A similar phenomenon

is possible, despite the strong absorption of centimeter waves in an ionized

gas, provided the gradient of N_ at the boundaries of the spicules is

sufficiently high. The disk area in which the spicules are located near the

limb may then reflect, so that the radiation received from such areas will

have a temperature depending on the contribution of the overlying transpar-

ent layers only. Since this contribution is very small for short centimeter

waves (it is only about a few hundred degrees), the spicules will play a

cooling role in this range, not due to their low temperatures but due to their

reflecting properties. This approach explains the decrease of T b between

the center and the limb in the same way as previously done in Figure 78,

the only difference here being that T b is not the spicular temperature but

rather the effective temperature of the radiation emitted along the path of

a ray in the overlying layers. In this case, the ray paths in Figure 78

should not terminate in spicules, but are reflected from them like the rays

of longer A, as was shown in Figure 6 I.

The possibility of interpreting the properties of the spicules in different

ways makes it difficult to formulate an unambiguous relation between the

radio-astronomica_ and optical data. For example, the multicomponent

chromospheric model based on optical observations includes four different
kinds of filaments:

I) m_Laiiic with 7re <i0 _ cm -3 and Te _6000°K;

2) hydrogen with NH _ 1013 cm -3 and T_ _ 8500°K;

3) helium with Ne _ 101° cm -3 and Te _ 25,000°K,

4) subcoronal with N_ _ 10 l° cm -3 and Te _- 150,000°K.

It is easy to calculate from formulas (3) and (10) that for )_ < 3.2 cm only
the helium and hydrogen filaments (if in the latter we assume N_ _1012cm)

are opaque. In this case, however, the mean total radiation is too hot, and

to fit the results of the radio observations (T b _ (7 to 8) - 103°K) we must

assume that the material between the filaments has T_ < 6000 °K instead of
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the higher temperature according to this model. Thus, in order to satisfy

the observed values of T b, we must assume that the dense spicules are

hotter than the gas between them, that is, that central brightening of the

disk is impossible. This difficulty can be eliminated, for example, by

assuming that the dense filaments reflect; then, according to (7), it is

sufficient to take N_> 4"1012cm -s (for)_ _ 0.8crn).

The reader should be warned at this point that the above radio data

obtained during solar eclipses give results for the emission distribution

over the disk which are not reliable enough. These data therefore cannot

be regarded as conclusive, and the spread of the parameter values for the

filamentary chromosphere must be narrowed as a result of consistent and

simultaneous observations in both the optical and radio ranges, using high-

resolution radio telescopes.

§58. The slowly varying disturbed component of the solar radio

emission. Observations show that the contribution which the slowly varying

component makes to the general radio flux of the sun depends strongly on

the solar activity; it is particularly closely related to sunspot formation.

The appearance of a spot group which is quite large in area is, as a rule,

accompanied by an appreciable enhancement of the radio emission from a

local region located approximately over the group. This enhancement may

be by a factor of ten, or even a hundred, and it has its maximum in the

meter and decimeter ranges. This unusual radio contrast differs from the

development of sunspot activity according to its characteristics in the

optical range, where spot regions are conler than the photosphere and

where the temperature difference between spots and photosphere is never

greater than 30 to 40%. This component becomes less noticeable in the

centimeter range and is difficult to detect for )_ < 1 cm.

Consequently, in the radio range, at moderately high wavelengths, the

solar radiation flux will vary much more than in the optical region of the

spectrum. Radio-astronomical methods are therefore better adapted to the

study of certain solar phenomena than optical observations are.

The principal characteristics of radio sources above

sun s pot s. Radio-astronomical observations on centimeter and decimeter

waves, even though made using small antennas, have been carried out for

a long enough period that a statistical processing of the results is possible.

In addition, sporadic observations during solar eclipses have established

the following properties of the radiation emitted by local radio sources over

spot groups, which apparently constitutes the main part of the slowly vary-

ing component of the solar radio emission: 1) on the average, the emission

from sources above spot groups varies slowly in time, often remaining

fairly constant for a few days; 2) the radio flux emitted by such sources

(called "A sources" in the following) is closely related to the spot area of

the corresponding group (the source is generally located directly "above"

this group); the greater the total spot area, the greater will be the radio

flux; 3) the dimensions of A sources in the centimeter range are approxi-

mately equal to the dimensions of the spot groups, whereas in the decimeter

range the sources are comparable with the facular fields around the spot

groups; 4) the effective radiation temperature of an A source in the

centimeter range (for very short wavelengths) and decimeter range is

comparable with the temperature of the solar corona; 5) part of the radiation

emitted by these sources (up to 50% in the centimeter range) is circularly
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polarized; 6) the radiation flux at moderately long wavelengths depends

considerably on the angle between the observer's line of sight and the

perpendicular to the spot group (to the surface of the photosphere); this

flux decreases to 113 or 1[4 as a source moves from the center to the limb;

7) the spectrum of the radiation from an A source has a maximum in the

region 4 cm >)_ > 8 cm; 8) the radio sources rise above the limb before the

corresponding spot groups do.

Recent observations with large high-resolution radio telescopes have not

only confirmed these general characteristics but also have enabled a more

accurate description of the corresponding properties. These observations

also have supplied new data, which were unobtainable by previous observers;

in particular, they established the source height h, they verified the

constancy of the radiation fluxes from individual sources (as distinct from

the overall emission for several sources), they specified the distribution

of the brightness temperature Tb over the solar disk, etc.

The main findings of these observations so far are as follows: 1) the

emission of an individual source is very stable in time, often remaining

almost constant for a few days. The position of an A source corresponds

to the position of the optically observable spot group. Numerous observa-

tions have without exception indicated such a correspondence. It is also

obvious from the examples in Figures 79 and 80, * in which the black regions

represent sunspots; 2) the size of an A source in the centimeter range

corresponds approximately to the size of the spot group, and it generally

does not exceed 1 to 3 minutes of arc. The sources emitting circularly

polarized radiation are even smaller; 3) the height of an A source (the

center of gravity of the emission) for moderately long waves is equal to

0.05 to 0.07 of the photospheric radius; 4) the radio sources rise above the

limb before the optically visible spot groups do, and the lead time increases

for higher wavelengths. In some cases the lead time has been found to be

as much as three days at _ = 21cm, as much as a day and a half to two days

at X_10cm, and as much as a day to a day and a half at X_3cm.
We will now describe in more detail these characteristics and also the

methods for determining them.

1) The constancy of the radiation flux emitted by the sources and the

reIation of the flux to the sunspot area S_ (in fractions of the solar hemi-

sphere) were found by means of systematic measurements of the total radio

flux of the sun Fz. A subsequent statistical comparison of Fz with the optically

observed total sunspot area ZSp, for a long period, showed high correlation bet-

ween the variations of YS_ andFz. At X = 3.2 cm, for example, the correlation

coefficient r was found to be about 0.79 (November 1948 to March 1949), and

at X = 10cm it was found to be r _ 0.78.

An even better correlation with the solar activity was observed for the

shift of the center of gravity of the solar radio emission relative to the

geometrical center of the sun. Local radio sources situated a certain

distance 0s from the geometrical center of the sun emit an additional radi-

ation flux Fs and thus distort the symmetrical distribution of the overalI

radiation. The center of gravity for the emission of the disturbed sun is

* Figure 79, top: Pulkovo observations, k = 3.2cm; Figure "19, bottom: observations at Sydney, h = 21cm.

Figure 80, top left: T b distribution at ;_ = 21era; Figure 80, top right: chart of sunspots and chromo-

spheric fields; Figure 80, bottom: "isophotes" of magnetic-field strength, with dashed lines for S and

solid lines for N. The dash-dot lines in the top right and bottom charts of Figure 80 retrace the outline of

the solid line in the top left chart.
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displaced toward the strongest sources by an amount 40, which can be as

high as 4 or 5 minutes of arc in the range 3cm<_ <50cm. The relation

between A0, the radiation fluxes, and the position of the sources is deter-

mined using the formulas for calculating the center of gravity of plane

figures:

A0=_aFsl0s, (Fo+_Fs,)= _0s, Fs'/ I+_ (31)
i=l i=l i=! FO / \ i=i 0 / •

where Fo is the flux emitted by the quiet sun.
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FIGURE 80

Both the fluxes from the radio sources and the distances of the sources

from the center of the sun enter into expression (31). Therefore, the close

correlation between A0 and Sv0s implies that there is also a high correlation

211



not only between Fs and ST but also between the positions of the radio sources

and the positions of the spot groups whose values of S_ have been used.

Actually, the coefficient for the correlation between AO and S,,O s , calculated

for the period from 4 December 1956 to April 1957, was found to be

r _ 0.77 (at)_ -- 3.2 cm).
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2. The sizes of local sources and the effective temperature Tel f of
their radiations have been determined best from observations of solar

eclipses. When the quiet sun is eclipsed by the moon, the radiofluxsubsides

gradually and then gradually increases again after the phase of maximum

eclipse. If a local source exists on the sun during the observation, then

its occultation by the moon produces an additional change in the recorded

flux, and this shows up clearly against the background of the monotonic

variation due to the gradual eclipse of the undisturbed areas of the solar

disk. An example of such a recording made during a solar eclipse is shown

in Figure 81. Here the solid line shows the flux variation during the eclipse,

the thick dashed line indicates the exposed area of the optically visible disk,

and the fine dashed line shows the flux variation obtained after eliminating

the effects of local sources. Since the velocity of relative motion of the

moon is known, the size and flux of a local source can easily be estimated

from the time and amplitude of the additional flux variation. Thus, we can

also calculate its effective temperature

F _t
T s = _-_ss--_, (32)

where 8A is the effective antenna temperature.

1_,clipseobservations were made repeatedly between the years 1942 and
1962. Some of the results obtained in these observations are listed in

Table 1i.

The values of Tb in the table are close to the electron temperature of the

solar corona (_I06 deg), and the dimensions of the local radio sources are
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close to the dimensions of optical spot groups. Figure 82 gives a

comparison of these dimensions, as obtained during the eclipse observations

on 19 April 1958 (a) and 15 February 1961 (b).

TABLE 11

Date of Source dimen-
sions in rain- Tb, °K

)_, cm observation utes of arc

3.2

3.2
3.2

3.2

3.3

4.5
5.1

I0,7

I0
10

4,5
9

21

i.Xl. 195i

2.XII. 1956
II.IX. 1950

i9.1V, i958

19. IV. 1958

19. IV. 1958
19. IV. i958

23.XII. i946

i.Xl. i948

20.VI. i955
15.11. 196i

15.II. 196i
15.1I. i96i

0.5

--3

--3

4
t.2

0.5xi.14

2X4.6

0.6.106
10e

2. i06
1.7.10 e
1.6.i0 e
1.9. I0 e
3.6.10 e
i.5.i0e

I06

I0 e
106

2.7.i06
2.t0 e
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3. The heights of A-type radio sources are defined relative to the level

of sunspot appearance in the photosphere. In order to determine the eleva-

tion of a radio source, we measure the velocity of motion of the source

projection onto the solar disk during the rotation of the sun. Naturally, the

greater the height h is, the larger will be the difference between this

velocity and the velocity of migration of optical formations, since the radius

of the sphere across which the radio source moves is greater than the radius

of the photosphere (Figure 83). By measuring the difference in these

v_t_,_._, _ ,._. _._"_'a +_..._ -_-_,_°_'_+..... h., ____c_"nonf the results are summarized in

Table 12. The facts listed above, that Ts is close to the coronal tempera-

ture, that Fs varies slowly, and that the source dimensions are close to

the size of spot groups, indicate that the local radio sources may be coronal

condensations located above large spot groups.

We have already observed that according to optical observations the

electron densities in these condensations may be as much as 20 times the

normal density at the same level in the solar atmosphere, while the electron
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temperature may reach 107 deg. Examples of the arrangement of condensa-

tions above spot groups in the optical range are shown in Figure 84 (a is

in visible light, and b is in the yellow line )t = 5694 _) and in Figure 85 (the

first and third frames from the top show the condensations as observed in

visible light; the other two frames give the distributions of the lines
A = 5694 A and A = 5303 ._).

TABLE 12

)_,Crll ] h/R._ h. km Year of Antenna
measurement

2
3.2

t0
7.5

21
6O

t50
2OO

o. 06-[-0.07

o.07±0.o2
0 05

0 035--0,1

0.05i0.02

o.4:ko.o4

42000--50000

50000±14 O00

35000

200(X)--I00004

350(30/:15000

280 O00

t959

t957--t958

1949

Knife-diagram radio telescope,

Pulkovo, USSR (see Table 1)

Horizontal-base inter ferometer,
Japan

Horizontal- base inter ferometer,
Australia

Vertical- base interferometer,
Crimea, USSR

Sun

FIGURE 83

_ Photospherm

emission level

Optical observations show that the height of a coronal condensation above

the photosphere is generally (0.05 to 0.1)/#@, which agrees well with the

elevations found for radio sources. The radio sources, if they are located

above spot groups, should thus rise before the sunspots and correspondingly

should set later, as is actually observed. Radio-astronomical observations

of the shifts in the center of gravity of the solar radio emissiop can thus be

used to predict the emergence of spot groups. Such predictions are even

easier to make using a large radio telescope whose high angular resolving

power makes it possible to detect individual sources emerging from beyond

the limb, regardless of the other sources already distributed over the face

of the sun.

By applying the results of systematic observations (made in 1949) at

A = 10.7cm, Waldmeier computed the radio emission of a condensation. He

used the simplified model shown in Figure 86 (where Q= r/r_) to obtain

theoretical results which corresponded to observations of the randomly

polarized radio emission of the local sources. According to his calculations,

a single average condensation enhances the solar radio emission at a wave-

length A _ 10cm by about 7 or 8%; at other wavelengths the effect is smaller.
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Somewhat more detailed calculations, which utilized the results of eclipse

observations, were carried out by Piddington and Minnett. They also took

into account the influence of a 1500-gauss magnetic field. The results of

these calculations also corresponded approximately to the observations,

and moreover they explained the appearance of a polarized component in

the emission of local radio sources. Thus, if we neglect for the time being

the origin of the polarized component, the data at hand would appear to

indicate that the emission of the coronal condensations forming above sun-

spots represents the principal constituent of the slowly varying component

of the solar radio emission.
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FIGURE 84

The polarization of radiation emitted by sources over

s pot g r ou p s. Let us now consider the last-mentioned property of local
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radio sou rces ,  namely that they emit  s o m e  c i r cu la r ly  polarized component. 
This is a logical consequence of the fact  that the local  sou rces  exist  above 
sunspot groups,  and thus are within the group magnetic field. We have 
already observed that magnetic fields are present  in all sunspots, and that 
they can r e a c h  4000 gauss  in a l a r g e  spot. A d i rec t  consequence of the 
location of an emission s o u r c e  in a magnetic field is anisotropy of the 
medium through which the r ad io  waves propagate, and th i s  i n  turn leads to  
the appearance of a c i r cu la r ly  polarized component. 

FIGURE 85 

FIGURE X(; 
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Let us now consider this phenomenon in more detail. First it will be

useful to estimate the conductivity a of the medium, since this is the

property which determines the absorption of the propagating radiation.

Actually, the electric power W consumed when a current flows through a

conducting medium (ionized gas in this case) is given by the familiar

formula

_4t E_ _=
=_=y a, (33)

where E is the amplitude of the electric field of the radio wave, and R is

the resistance of the medium.

The conductivity of the medium directly determines the absorption of

the signal. On the other hand, this absorption can also be determined as

the power lost by the radio wave in increasing the collision energy of the

oscillating charges in the electric field, in comparison to the collision

energy characteristic of a medium free from radio waves (when only

thermal motion is present):

, m v2
W =-_- vNe, (34)

whereto is the mass of a charged particle (in the solar atmosphere, this

is the mass of an electron), v is the number of collisions per second, Ne

is the charge concentration per cm s, and v is the velocity increment

acquired by the charges in the electromagnetic field.

The quantity W* calculated from (34)is defined per unit time (per second),

so that it can be equated with the power Wdefined in (33). This makes it

possible to relate the conductivity a to the parameters characterizing the

state of the solar atmosphere. Formulas (33) and (34) combine to give

m

a = K_ v'vNe" (35)

In order to findE and v, we merely substitute into (35) the following simple

equations from mechanics and electrostatics:

mv=pt and p=Ee, (36)

where p is the force acting on the charge e, and tis the time during which

the force acts. Consequently, we find that the conductivity of the medium

can be calculated from the formula

_r _ ?tTe e2-- vt'. (37)
m

From (35) it follows that the conductivity a is determined by the mean

v_=lncity of charge displacement. Of course, this mean velocity will increase

if the force p acts in one direction for a relatively long time. Therefore,

for a sinusoidal variation of the field E at a frequency co, the time t entering

into (37) will be proportional to half the period. Consequently,

(38)

This relation is an approximate one, since we have neglected the influence

which the collision of charged particles with other particles of the medium
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hasonthemeanvelocityof chargedisplacementor onthetime duringwhich
theforceactsin a singledirection. This approximationobviouslyapplies
only if ¢0 _ v. This approach, however, does not distort the description of

the physical factors responsible for the polarized component, so that it will

be adopted in the analysis that follows. _:'

In order to describe the propagation of radio waves in the solar atmos-

phere in the presence of a magnetic field, let us consider two particular

cases: 1) the radio wave propagates parallel to the magnetic field, and

2) the radio wave travels along a perpendicular to the magnetic field.

In the first case, electric charges moving in the radio-wave field are

acted upon by the Lorentz force, which is perpendicular to both the direction

of motion and the direction of the magnetic field. A charge e moving through

a field 1'.' will be deflected by this force, and the resultant motion (provided

the velocity is constant) will be along a circular path. The frequency of

angular revolution ¢0H depends on the magnetic-field strength H:

_H = H e. (39)

According to (38), the period T during which the force acts upon the

charge e in a single direction must be evaluated in order to estimate the

conductivity _. For this purpose, it is convenient to represent a linearly

polarized oscillation as the sum of two component oscillations of frequency

(,), which are circularly polarized in opposite senses.

Now it is clear that, if a component vector rotates in the same sense as

the sense in which the charge revolves, then the period 7 during which the

force p maintains a constant direction increases, and thus the conductivity

becomes higher. In this case, in equation (38) we should substitute

,.,* _ -- _jj for co, so that
e' |

a, _ N,_- _ (_-- _n)' ' (40)

In the particular case when 0) _ OH, radiowaves are not transmitted through

this section of the atmosphere, because of the strong atmospheric absorp-

tion (see (33)). The component which experiences increased absorption is

often called an "extraordinary *_wave.

The other component, whose vector E rotates in a sense opposite to the

sense of charge revolution, will obviously have a higher frequency of force

reversal, and the corresponding conductivity will be lower:

e' i

_ _N,K v (41)(_+_), •

This component is often called the 'Wordinary" wave; it is absorbed less

during its propagation. More detailed calculations give the following

expression for the absorption coefficient X in the presence of a longitudinal

magnetic field:
N 2. t

(42)

* IEI the wavelettgth raJlge used lot radio-astronomical observations of the sun, it is always true that _>)'v.

it loLlo,,,,s lroHi (_) that this iLlequality is iu very great danger of beii_g violated only when T,, is small and

,Ye is large. Ho_cvci. wc catltlot asstMle here thai T e,_ (1"10 s deg and N e:>lO I'0, although even in this

cast' _'eff < 10 2 lot the lot_gcsl waves (;k_ 50nl).
o)

152{i
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This formula differs from (10) only in that f is replaced by f+]Hfor the

ordinary wave (subscript 2) and by f -- ]s for the extraordinary wave

(subscript i).

It follows from the preceding that linearly polarized oscillations propa-

gating through the ionized atmosphere of the sun parallel to the magnetic

field are split into two components which are circularly polarized in

opposite senses. These components are absorbed in different ways in the

atmosphere, since the coefficient of absorption is a function of the sense of

polarization. Therefore, when the radiation originates in a medium which

is not very dense but has a substantial magnetic field, then one of the

components (namely the extraordinary wave, whose X is higher, as equation

(42) shows, and thus whose optical depth is correspondingly greater) will

predominate, and the entire radiation will have a certain net circular polariza-

tion, which increases with an increase in the magnetic-field strength H.

It is easy to show, using analogous arguments, the difference in the

dielectric constants of the medium for the ordinary and extraordinary waves.

In the second case, when the radio waves propagate at right angles to the

magnetic lines of force, oscillations whose vectors E are oriented along

the magnetic field are not influenced by the magnetic field. Here, the

charge motion will not be affected, since the Lorentz force is proportional

to the sine of the angle between the directions of charge motion and of the

magnetic field. However, for oscillations whose vectors E are perpendic-

ular to the field H, charges moving through the radio-wave field at right

angles to the magnetic field w_ll interact with the latter; thus, the charge

velocity and the absorption of these oscillations will increase somewhat. *

Consequently, if randomly polarized radio waves are transmitted through

the solar atmosphere in the presence of a perpendicular magnetic field,

then two groups of waves polarized in mutually perpendicular planes will

have different intensities. An observer will thus receive radiation posses-

sing partial linear polarization rather than completely random polarization.

The foregoing analysis was an approximate one (0_ >> _), and it dealt with

only two particular cases of relative orientation between the radio-wave

propagation and the magnetic force lines. The properties of such propagation

are discussed in more detail in specialized references such as / 18/.

The properties of radio-wave propagation in a magnetic field are very

significant with respect to the radiation from local radio sources located

near sunspots, where the magnetic fields may be quite strong. It follows

from the preceding that the radiation from these local sources should have

a partial circular polarization; the sense of rotation of the polarization

vector will depend on the direction of the magnetic field of the spot. It also

appears that, as the spots migrate toward the solar limb, the degree of

polarization will decrease (since the angle between the magnetic field and

th_e vector ch_nge_)_ and partial linear polarization may appear. The first

assumption is confirmed by observations.

Radio-astronomical observations first detected the circular polarization

of local radio sources at longer wavelengths (_ = 310cm), and then (as the

equipment was improved) the polarization observations were extended into

the region of shorter wavelengths. In the centimeter range, the polarized

component may be as much as 45% of the total unpolarized flux of the source. At

* In the limiting case, when the rotation time of a charge m the magnetic field is equal to the period T (see

above), the period T* _ co and o .-+ oo.
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wavelengths shorter than 1 cm no polarization has yet been observed,

possibly due to the insufficient sensitivity of the equipment.

The spectra of emission from sources over spot

groups. One very important characteristic of any source is its spectrum.

By applying relations (18) and (19), we can form an idea of the spectrum to

be expected in the given case. If no magnetic field is present, then for

shorter radio waves a condensation may have a small optical depth T << i

and Fs will be approximately constant. As the wavelength increases, the
i

optical depth of a condensation may become greater (_ > i), and then F s _ _.

In the presence of a magnetic field, the absorption in a condensation

increases with increasing wavelength. Actually, equation (42) can be

written for simplicity in the following approximate form (for ]H/]-.<I):

However, if the total flux is recorded, then as we have observed above, we

must take into account that it is made up of two components circularly

polarized in opposite senses (the ordinary and extraordinary waves):

F_.= F,_F2 (44)

For an almost transparent source,

I* I*
F_= 2 I (X,+x,)dl=_" I xxdl,

where

X_ = Xl + Xl. ""

Then, by applying (44), we find that

2v]

In the presence of a magnetic field, the absorption in a condensation will

be greater at longer wavelengths. Therefore, the spectrum to be expected

for a thin source corresponds not to Fs _ constant, but rather to

--coo  (4°)
Since for T> 1 we have Fs_I/X*, it is possible to conclude that the spectrum

F 00 has a maximum, which becomes more pronounced as the magnetic-field

strength increases. Since all spot groups have magnetic fields, this

dependence should apparently apply for all sources. It can be computed

using an exact formula, provided we assume that the radiation emitted by

a source is thermal in origin. Then, by applying (12) and (44), we find

that

F kT,,
z = -_2 _s (2 -- e-xe -- e-x_t), (47)

where Qs is the solid angle subtended by the source, and I is the line-of-

sight extent of the source. Calculations made according to (47) give the

N 2
spectra shown in Figure 87 (here a= kT,_s and E m t0-**_s_, l).

T e g
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The difficulties connected with making absolute radio measurements also

hinder the construction of a spectrum from observational data. Therefore,

the most reliable results are those obtained during solar eclipses, when

the relative spectrum Fs(_)F-_ can be determined at various wavelengths. Also,

by using the empirical expression for F0(_) (see formulas (29) and (30)), we

can convert from the results of observations to the absolute spectrum in a

certain part of the short-wave range.

Such calculations were made for the observations of eclipses on 19 April

1958 and 15 February 1961; the resulting spectra are plotted in Figure 88.
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It follows from the preceding that the wavelength _o, at which the spec-

trum passes through a maximum, corresponds to a situation in which the

optical depth of the condensation for the extraordinary wave increases to

such an extent (X2--_ oo) that the source becomes opaque. If we compute the

slope of the left part of the spectrum (where _ <X0)for )_ << )_0 , or if we use

the actual value of Xo (provided the electron concentration is not very large),
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then we can find the magnetic field at source level from relations (45)

or (47).
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One consequence of the variation of the absorption coefficient X with the

magnetic field is a reduction of the observed radiation fluxes of the local

sources as they migrate from the central meridian to the limb. This is due

to the fact that the increment of X determined by (44) applies to a longitudinal

magnetic field only, that is, to cases when the source is located near the

central meridian. For a transverse field (near the limb) the absorption is

lower, so that both • and F are proportionately smaller. All the preceding

applies to the wavelength range I <_0, where the optical depth of the sources

is comparatively small. If, on the other hand, T > 1, then the radiation

flux is determined by the product TeQs. Here Fs may still vary with the

source position, due to a variation in the apparent size of the source (which

may take place for noncircular sources).

A comparison of the observed mean solar-radiation fluxes with the

migration of spot groups across the solar disk shows that, on the average,

the preceding dependences actually exist. * They are illustrated in Figure

89, where 0 is the source distance from the center of the disk, and i(e)

is the decrement of the radiation flux; the dashed line corresponds to the

case i_0)= cos0.

The correlation between the optical and radio-astro-

nomical characteristics of sources over spot groups.

We can now return to the question of the correlation between the measured

* This fact should be taken into consideration during a statistical processing of the results of observations

giving both the source flux Fs and the source position.
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fluxes and the sunspot areas. A processing of the results of systematic

observations has shown that the correlation coefficient between these

quantities decreases with increasing wavelength. Once local radio sources
have been identified with coronal condensations, however, this phenomenon

is understandable, provided it is taken into account that decimeter waves

are more characteristic of condensations than centimeter waves; the latter

is true because condensations are not very transparent to decimeter waves

but are almost transparent to centimeter waves. On the other hand, we

know that condensations have longer lifetimes than visible spots do.
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This optically established fact explains why local radio sources associated

with sunspots may remain active even after the spots have disappeared. A

statistical processing of the observation results indicates that some sources

persist for almost two solar rotations after the disappearance of the sunspot.

Therefore, it is clear that, when looking for a correlation between Fs and

Sp, we must take into consideration not only the parameters of sunspots

which are visible at the time of observation but also the parameters of sun-

spots which existed during previous rotations of the sun. Here, the highest
correlation coefficient between optical and radio observations (for 25 cm

)_< 50 em) is obtained if we introduce a composite spot area Scon7 0.4S0 +

+ 0.3S-I_- 0.25S_2 + 0.158-3 (where the subscripts indicate the relative numbers

of the solar rotations).

For ),= 10cm, the composite spot area is best expressed inthe form

Scorn----0.85S0 + 0.55S_1 + 0.45S 2 + 0.35S-3. Here r = 0.92, as compared to the

previously mentioned value of r = 0.78 (see p. 210)whichwas obtained using

the total spot area at the time of observation.

In acce)rd_ne_ with tho preceding: the correlation coefficient for ), 410 em

should decrease when we pass from "simple" to composite areas. Actually,

for the displacement of the center of gravity of the solar radio emission

measured at X=3.2cm we have r_ 0.75 in the first case andre0.60 in the

second case (composite areas).

Due to the longevity of the local sources in the decimeter range, the

undisturbed component can be determined from the minimum values of the

solar radio flux only in those rare cases when the sun has remained "quiet"

for a long time. Usually it is necessary to plot the graph Tav (Scorn)and

to find Tar rain as the intercept of the curve with the ordinate axis (Figure 90).
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A statistical processing of quite long series of observed values of Fz,

taking into consideration the various phenomena described above, may give

Ts av _
Tar and the ratio -_- -- 7.* The results of such a processing carried out

at NIRFI** are given in Table 13.
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FIGURE 90

The almost total absence of the slowly varying component of disturbed

radiation for X < 1 cm is fully consistent with the proposed interpretation

of the nature of this component in the centimeter range. This is true

because the very-short-wave thermal radiation originates in the lower solar

atmosphere, where the influence of coronal condensations is small; they

are almost transparent in this range.

The observations with meter waves, however, contradict the foregoing

results. In this range, the lifetimes of local sources do not exceed the spot

lifetimes, and enhanced radiation is detected only when the sources are

near the central meridian, that is, the radiation is highly directional (the

directional-diagram width is generally close to 35" at X = 60 cm, dropping

to 15 ° at _ = 3.7 m). Moreover, the radio-emission intensity of the spot

areas is so high (it is hundreds or thousands of times greater than the nor-

mal) that excitation by thermal means cannot be assumed in this range. If

* Here Lt is assumed that ¥ is constant. Recent investigations show that either ¥ is not constant or else

Ts av=yS_i(O) where n>I,

** [Nauchno- issledovatel' skii radiofizicheskii institut (Scientific-Research Radiophysics Institute).]
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we were to assume thermal excitation, then the effective source tempera-

ture would have to be about 1015 deg, which contradicts the results of optical
observations.

The radio-astronomical data obtained so far thus indicate the possible

existence of two different mechanisms causing the slowly varying disturbed

component. In the centimeter and decimeter ranges, the thermal emission

of coronal condensations is the main cause. In the meter range, the main

contribution is apparently that of the radiation emitted during the motion of

relativistic electrons in a magnetic field or else during plasma oscillations.

This conclusion is backed up to a certain extent by the spectrum of the meter

waves. Figures 91 and 92 give radio curves at various wavelengths for the

first half of 1951, and Figure 93 shows the spectra for certain days (the

broken lines in Figures 91 and 92 trace the undisturbed component). A

distinct minimum is observed at )_ _ 30 cm, which can be regarded as the

boundary of the spheres of influence of the two mechanisms referred to
above.

The emission mechanism for sources over spot groups.

The various observation results, together with their interpretation, led to

the assumption that the main part of the slowly varying radiation component

is thermal in origin. Many of the conclusions, however, were based on

low-resolution observations, so that they naturally refer to some average

source parameters. It is quite possible that the individual radiation sources

differ greatly from one another with respect to their characteristics.

Some characteristics (the source area S, the brightness temperature Tb,

etc.) were found more precisely from eclipse observations and with the aid

of large radio telescopes. However, eclipse observations, which make it

possible to distinguish between sources which are very close together,

represent single-shot observations and cannot be repeated at will, while

observations with large radio telescopes do not yet give reliable information

on source spectra and on the polarization characteristics. Consequently,

no conclusive description of the emission from local sources can be obtained

by these methods.

Moreover, some recently discovered discrepancies in the observational

results cannot be explained away just as due to a bremsstrahlung* mechan-

ism /23/. To this class belong the following facts.

A. The magnetic-field intensities in local radio sources obtained from

bremsstrahlung relations utilizing the results of polarization observations

are considerably different from the values calculated according to simul-

taneously observed spectra. In the latter case, the field strength is 2 to 3

times higher.

B. The dependence of the radio flux on the source position relative to

the center of the solar disk was found to be stronger than that predicted by

the bremsstrahlung theory.

slowed down in the magnetic fields of the sources /241 have shown that this

mechanism may introduce an appreciable contribution in the centimeter

range. It is noteworthy that in this case radiation fluxes corresponding to

the observed values originate in condensations whose electron concentrations

* Bremsstrahlung here refers to the radiation emitted when electrons are slowed down by repeated collisions.

The radiation emitted when electrons are accelerated in a magnetic field changing their direction of

motion is called magnetic bremsstrahlung. Both of these are equilibrium, that is, thermal, mechanisms.
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are notgreaterthan108to lOgcm-s, whichis tento onehundredtimesless
thantheconcentrationsrequiredfor bremsstrahlung.
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FIGURE 91

In view of these findings, the em ission of A sources located in a magnetic

fie]d cannot now be explained only in terms of a bremsstrahlung mechanism.

In a certain wavelength range, the main part of the emission is apparently

due to the braking of electrons in regions of high magnetic-field intensity.
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Thetheoryof magneticbremsstrahlungis still in thefirst stagesof
development,andnoquantitativeestimatescanyetbemadefor comparison
withtheresultsof observations.Thereaderwill thereforefind further
dataontheproblemsof A-source emission only in periodicals.
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FIGURE 92

In addition to emission sources over sunspot groups, there are also

sources over flocculi (B sources). Their brightness temperatures are

substantially lower, but they are much larger in size, so that their radio

fluxes can be recorded. During the eclipse of 15 February 1961, the

spectrum of one such source was recorded (see Figure 94). It follows from
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the nature of the spectrum (F _ constant) that the radiation in this case is

generated by a bremsstrahlung mechanism, while the optical depth of the

emitting layer is small. However, the scantiness of the observations

precludes a more detailed description of such sources.

FIGURE 93
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FIGURE 94

_59. The rapidly varying disturbed component (radio bursts). Disturb-

ances of this kind are observed throughout the entire radio range, from

millimeter waves to the longest meter waves. Some radio bursts are rela-

ted to chromospheric flares, which are observable optically in visible light,

in H_ emission, and at other wavelengths. However, in spite of the great

importance of studies of these phenomena, the physical natures of both radio

bursts and chromospheric flares are stillfar from being clarified. Never-

theless, they appear to be different facets of one and the same process,

and their spectral differences are probably due to quantitative differences
in the initial conditions.
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Observations show that the radio bursts differ greatly in type. They

may be either unpolarized or may have components possessing circular and

linear polarization. Bursts may occur only in a limited wavelength range

or their mean frequency may vary rapidly in time. They also vary in

duration and intensity. Investigations made in years of low solar activity

(1950-1951) have shown that the mean burst intensity increases with wave-

length, often reaching values_a thousand times greater than the undisturbed

component in the meter range, then dropping to about 30% of the undisturbed

component at _ _ 0.8cm, and rarely ever rising above the sensitivity

threshold of the instruments at )_ < 0.4 cm. The effective burst temperature

in the meter range is often as high as 108degrees, and in some cases it

reaches 10Z_degrees. A thermal emission mechanism thus seems to be

unable to account for the physical nature of these bursts. The effective

temperature of thermal radio emission naturally cannot be higher than the

kinetic gas temperature, and these exceptionally high values are entirely

inconsistent with the results of optical observations.

TABLE 14

Typeofburst Duration Wavelength range Polarization Position on sun Remarks

Seconds CircularI

( separate

outburst,
dense)

II

( large out-
bursts)

III

( isolated

outbursts)

IV

IV-A

Minutes

Seconds

Minutes

and

hours

Minutes

Meter (each burst

covers a narrow

frequency band
of some Me)

Meter, decimeter
( the band of a

burst is some Mc

wide)

Meter, decimeter

( frequency band
of burst is tens of

of meters wide)

All ranges

Mainly centimeter
and decimeter

Random. some-

times slightly
circular

Random, some-

times slightly
circular

Random and

often circular

Random and

circular

Active regions

Regions of

chromospheric
flares

Often identical

with positions
of chromo-

spheric flares

Identical with

bright chromo-
spheric flares

at heights up
to 105km

above photo-

sphere

Identical with

bright chromo-

spheric flares

at height_ up
to 10Skm

above photo-

sphere (height

above photo-

sphere around

50,000 km)

Band shifts at a

slow rate, about
0.25 - 1 Mc/sec

Band shifts at rates

up to 100 Me/see
observed more

often than type II

Sometimes source

shifts rapidly at
rates of 100 to

1000 km /sec.

Often coincides

with type-ll

burst. Rarely
observed

Rate of shift of

source reaches

3000 km/sec.

Frequently

accompanies

type-III bursts

The bursts are usually divided into different types according to the observed

characteristics of their radiation. Inasmuch as no physical factors responsible

229



for their origin have been reliably established, this classification (shown

in Table 14) is essentially phenomenological. The data in the table, which

pertain to the burst spectra and to their variation in time, are illustrated

in Figure 95.

xz

FIGURE 95

In addition to the types listed in the table, we sometimes encounter other

types of rapidly varying solar radio components: radio storms (noise

storms), classified in the preceding as a slowly varying component; gradual

changes; U-bursts; inverted bursts; etc. Naturally, as observational

material is further accumulated and interpreted, the characteristics in the

table may vary.

The first three types of bursts (I, II, and III) differ from one another

mainly in the rate of shift of the average frequency of the range in which

they are observed. For the first type this shift is not appreciable, for the

second it is about 1Mc/sec, and for the third it can be up to 100Mc/sec.

Observations using special equipment make it possible to achieve detailed

studies of radio-burst spectra and their variations in time. In these

observations, either the band of the received frequency is shifted continually

or else a group of receivers are used, each tuned constantly to a different

wavelength. In the most developed equipment of this type, the time constant

for the measurements is less than 11200 of a second.

The results of such observations, which have enabled the burst classifi-

cation in Table 14 to be made, are illustrated by the dynamic spectra of

bursts of types I, II, and III shown in Figures 96, 97, and 98 respectively.

However, these spectra are difficult to interpret, without first making some

assumption concerning the nature of radio bursts. Therefore, it is con-

venient to take as a working hypothesis the very plausible theory suggested

in 1946 by Shklovskii. This theory explains the bursts of radio emission as

an excitation of plasma oscillations in the solar atmosphere.

A quasineutral ionized gas, such as the gas constituting the solar atmos-

phere, is called in physics a "plasma." A plasma undergoes certain

natural free oscillations, which arise during its excitation by external
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sources. The frequency of these vibrations depends on the electron con-

centration in the gas and is defined by the following formula:

(48>
A more detailed study indicates that (longitudinal) waves with both some-

what higherand somewhat lower frequencies than coo can be propagated in

plasmas.

6'0 SO ]L70 710 120 Mc

0 , , i l i i , II I ,_

sec

5

/0

FIGURE 96

It is clear from a comparison of formula (48) with formula (7) that the

value of ¢o0 corresponds to the condition n = 0, that is, such oscillations can

originate just at the boundary of a layer in which the propagation of vibra-

tions of the given frequency is possible. Oscillations with o > e0 will be

propagated into the outer regions. Some difficulty arises in explaining

theoretically- the conversion of the energy of the longitudinal plasma

oscillations into the radiation of transverse fields of electromagnetic waves.

However, recently these problems have also begun to be solved /18/.

Using the hypothesis of "plasma oscillations," it is possible to interpret

very graphically the dynamic spectra of radio bursts obtained during

observations.

A type-I burst, which has no (real) frequency drift (Figure 96), can be

explained as a plasma exci_a[iun in the condensed solar cnrona which usually

exists near active regions. The duration of a type-I burst is generally only

some tenths of a second. Calculations show that, for the conditions existing

in a coronal condensation (v._ 5--20see -I and T,_I06--I07), the attenuation

of normal plasma oscillations takes about this same amount of time, namely

0.i to 6 seconds.

The exciting force for a type-I radio burst is as yet unknown. Since no

frequency drift is observed, it may be assumed that this force is either

localized in a small region or else is weak and gives rise to oscillations
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only in the relatively dense condensations of the coronal plasma. At the same

time, it may also be assumed that the physical conditions in some conden-

sations are such that a reinforcement of the oscillations takes place, even

one sufficient for the oscillations to be observed in the form of a radio burst.

min

5O I00 I50 200

80 30 l_ llO 120 Mc
t I

FIGURE 97 FIGURE 98

Type-Ibursts correspond to k>50-60cm. They constitute separate

outbursts observable against the background of enhanced radiation from the

active regions associated with spot groups located not very far from the

center of the solar disk. Each type-I burst occupies a very narrow

frequency band. Interferometer observations have established that all the

type-I bursts associated with a single active region originate in the very

same part of the sun, within an area less than three are minutes in diameter.

The degree of polarization is close to that of the slowly varying component

of radiation from the same region, but it corresponds to the ordinary wave.

These properties agree with the foregoing assumption that such bursts

originate in relatively homogeneous and small-sized condensations of the

coronal plasma. In particular, the presence and the nature of the polariza-

tion are explained in this case by the existence of strong magnetic fields in
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the condensations, since this leads to an unequal absorption of radiation

components with different senses of rotation. It follows from (40) that the

extraordinary component of the oscillations is absorbed more strongly, so

that in the radiation of the plasma oscillations the ordinary component will

pr edominate.

Type-If radio bursts are encountered relatively rarely; even during

periods of high solar activity, the average occurrence of these is once

every 50 hours. These bursts are characterized by very high intensities,

long durations, and large shifts in average frequency, which may be associ-

ated with the passage of an exciting agent through the interior of the solar

atmosphere (Figure 97). During the motion of the latter outward from the

photosphere, plasma oscillations originate at progressively higher levels,

where Ne (and thus also _00) are lower. Actually, observations show that

the locations of sources at different frequencies are different, and that they

shift outward with an increase in wavelength. If we assume that the distri-

bution No (h) is known (for instance, if we take the distribution according to

van de Hulst, see §57), then it is easy, using expression (48), to calculate

the velocity of displacement of the exciting agent according to the rate of

frequency drift. For type-If bursts this velocity is about 500 km/sec.

Independently of this calculation, direct observations of the positions of

bursts using interferometric methods also show that the regions in which

type-If bursts originate shift with velocities of 500 to 3000km/sec.

The value of the velocity suggests that the excitation of the plasma

oscillations in this case is caused by matter ascending from the regions of

chromospheric flares and eruptive prominences at velocities up to about

ll00km/sec. Similar velocities (1500 to 2000km/sec) are possessed by

the corpuscular streams causing sudden magnetic storms and polar auroras

during the period from 22 to 30 hours after the appearance of a chromo-

spheric flare near the central part of the solar disk. In relation to this,

we should mention the good correlation between type-If bursts and geo-

physical phenomena on the earth, since this also supports the previously

mentioned consideration concerning the relation between corpuscular

streams and radio bursts of this type.

Finally, a very important property of type-If bursts (and also of type-Ill

bursts) is that a burst at a frequency of 2¢00 is often (in more than 60% of the

cases) observed simultaneously with a burst at a frequency ¢00. As shown

in Figure 97, the development of the phenomenon at 2¢00 even follows in

detail the process at ¢00. The similarity of these spectra and the frequency

ratio compel us to assume that the two bursts originate in a single medium,

possessing moreover a considerable nonlinearity of its parameters. *

In relation to this, one fact is very interesting, namely that the frequency

ratio is close to, but always slightly less than, two (it is about 1.95). The

explanation of this may be that oscillations in a band occupied by a burst

with average frequency (,0(especially when co_ t00) are absorbed much

more than those in a band with average frequency 2_0. Here, as noted

previously, the more low-frequency part of the band around ¢00 is absorbed

more strongly than the higher-frequency part (Figure 99). For this reason,

the average frequency ¢o_ recorded during observation shifts somewhat

toward higher frequencies, and so the ratio 2(o0/¢0_becomes a bit less than

* In a medium whose parameters depend on the intensity of the processes taking place in it ( nonlinear medium),

harmonic components with multiple frequencies will appear during the propagation of the oscillations.
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two. The high absorption in regions where radio bursts appear, in particu-

lar, may account for their lower intensity at shorter wavelengths. In this

range, the levels where radio-wave absorption is great (T _ 1) are located

considerably above the levels n = O, in which the plasma oscillations

originate. Consequently, the radio bursts originating in this layer will be

absorbed strongly as they pass outward.
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It is also very interesting that the plasma-oscillation theory predicts a

splitting of the average frequency, corresponding to Zeeman splitting. A

similar situation is sometimes observed during recordings of the dynamic

spectra (see, for example, Figure 97, in the interval of time from 7 to 9

minutes). If in the future this relation is confirmed, then dynamic-spectra

studies will make it possible to specify the magnetic fields in coronal

regions located high above active regions of the sun.

Type-III bursts have the same general nature as type-If bursts, and all

the foregoing applies to them as well (see Figure 98). The difference

between the two types is just that for type-Ill bursts the rate of change of

the average frequency is very high. Thus, if we assume that they are also

caused by coronal oscillations of the plasma type, then the calculations

described above result in a linear velocity of the exciting agent of about

30,000 to 100,000km/sec (0.I to 0.3 times the velocity of light). Interfero-

metric measurements have verified this high velocity. Streams of particles

at these velocities make up the soft component of cosmic rays of solar

origin. Therefore, attempts are now being made to find a relation between

these two phenomena, but no definite results have as yet been obtained.

In type-Ill bursts a slowing down of the frequency variation during the

burst is often observed. This is probably a consequence of the negligible

value of the electron concentration in the outer layers of the corona. Since

the plasma-oscillation frequency 0J0 is determined by the overall quantity

of electrons, both in the plasma and in the exciting flux (see formula (48)),

therefore if the latter is constant the total concentration in the rarefied

outer corona, and thus also the frequency, will remain almost invariable.
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The duration of a type-III burst is from 3 to 15 seconds, and its intensity

is hundreds of times greater than the level for the undisturbed sun. Just as

bursts of spectral type II are associated with chromospheric flares, type-III

bursts may have a second harmonic, which indicates the existence of non-

linear phenomena in the regions where the radiation originated.

A comparison of type-III radio bursts with optical phenomena on the sun

shows that more than 60% of the bursts are associated with chromospheric

flares having visible areas of more than 20 millionths of the area of the
solar disk.

Type-IV bursts are observed relatively rarely, and they may have very

different duratiors, ranging from a few minutes to several hours; in

addition, they cover awide spectrum of frequencies. The brightness

"temperature" of the emitting regions for these bursts may be as much as

1012 . This type appears most often after strong photospheric flares and

type-II bursts.

Contrary to bursts of types II and III, type-IV bursts do not have positions

on the solar disk which depend on the frequency. The existence of such a

dependence for bursts of types II and III agreed well with the explanation of

these bursts as a result of plasma oscillations. Consequently, for type-IV

bursts such an explanation will be less plausible.

Measurements of the displacement velocities of the regions in which

type-IV bursts originate indicate values up to 5000kin/see. The dimensions

of these regions are considerably greater than those for the bursts discussed
above.

Type-IV-A bursts differ from the other types mainly in that they appear

inthe centimeter wavelength range, usually precede other bursts (if other

bursts appear at all), are observed over a wide band of frequencies without

much frequency drift, and finally are very closely related to chromospheric

flares. The systematic study of these bursts has begun only quite recently,

but already the following interesting results have been obtained.

A. Systematic studies of the slopes of the spectra of type-IV-A bursts

show that in most cases when the burst goes through its maximum a thermal

radiation mechanism is implausible and that the radiation in this case is

better explained by a magnetic-bremsstrahlung mechanism. Certain

properties of the observed values of the spectral slope near )_= 3.04cm

imply the presence of monochromatic emission of excited hydrogen in the

burst vicinity. Other observations of spectra over a wide range of centi-

meter and decimeter wavelengths make it possible to assume that for some

bursts, especially after the maximum, a thermal radiation mechanism
predominates.

B. Systematic observations of the burst-flux spectra over a still wider

wavelength range, including meter waves as well, indicate that these spectra

have, as a rule, two maxima. One maximum is around 6 or 7 cm, and the

other is in the meter-wave region. The minimum separating these corres-

ponds to a wavelength of approximately 0.5 to 1 meter. This property,

which is reminiscent of a spectral property of the slowly varying component,

agrees with the previously given classification of emission mechanisms:

for bursts of types I, II, andIII, observed in the meter range, the determin-

ing factors are the oscillations of the excited plasma; for bursts of types

IV and IV-A, observed at shorter wavelengths, a magnetic-bremsstrahlung

emission mechanism is more likely.
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C. A close correlation has been observed between strong, prolonged

bursts of types IV and IV-A, on one hand, and the subsequent incidence at

the earth of powerful streams of protons with energies of I0 to 50 Mev. The

production of the latter in the solar atmosphere is associated with bright

chromospheric flares. The proton streams reach the earth after a delay of

anywhere from one to several dozen hours. Curvature of the proton path

from sun to earth exists due to the presence of magnetic fields along the

way. Consequently, the highest probability for proton incidence at the earth

will exist for streams originating in the western part of the solar disk.

The above facts lead us to hope that observations of type-IV-A bursts will

make it possible to predict the appearance of ionizing radiation near the

earth. This will be very valuable, for example, in order to guarantee the

safety of manned space flights. The foregoing results are still only tenta-

tive, and they require a careful verification; however, they indicate what

interesting problems and possibilities are involved here.

The hypotheses concerning the emission mechanisms have not yet been

finally verified by observational results, in spite of the plausibility of

explaining some of the phenomena in terms of plasma oscillations and others

in terms of the braking of relativistic electrons in magnetic fields. One reason

for this, namely the incompleteness of the theoretical development of these

problems, prevents us from making reliable calculations which agree with

the observations and also from predicting phenomena which were previously

not discovered during the observations.

The radio development of such studies, however, makes it possible to

anticipate a rapid andhighly stimulating progress along these lines in the

immediate future.
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PART II

THE PLANETARY SYSTEM

A. V. MARKOV

Chapter X

THE MOON

§60. The moon as a celestial body. A correct knowledge of the nature

of the lunar surface is particularly important today due to the prospective

landing of men on the moon, an event which will occur in the very near
future.

The diameter of the earth's satellite, the moon, is 3476km, and its mass

is 1[81.53 of the terrestrial mass. The mean density of the moon is there-

fore 0.66 of that of the earth, or 3.33 times the density of water. Since its

mass is small, the moon cannot retain a noticeable atmosphere. A study

of the figure of the moon shows that this satellite is a nonequiaxial ellipsoid

with its major axis pointing earthward; this is due to the influence of the

tidal forces set up by the pull of the earth. The difference between the axial

lengths, however, is slight, amounting to only a few hundred meters.

As the moon rotates about its axis, which at present takes 27 days,

7 hours, 43 minutes, and 11 seconds, a time also equal to the sidereal

period of revolution of the moon about the earth, the longest axis of the lunar

ellipsoid is at all times directed earthward. Therefore, one side of the

moon always faces the earth. However, due to the linear librations in

longitude and latitude, 0.59 of the lunar surface is visible from the earth.

The almost absolute immutability of the spots on the lunar disk led

ancient observers to conclude that the moon moves through space in such

a way that one of its hemispheres always faces the earth. Thus it was

obvious that the rotation period of the moon about its axis must equal the

period of lunar revolution about the earth. With the advent of telescopic

observations, the phenomena known as librations were discovered;

these are small deflections of the lunar sphere about axes perpendicular to

the line joining its center with the earth.

In 1610 the libration in latitude was discovered. This "rocking" motion

is caused by the inclination of the equatorial and orbital planes of the moon

with respect to the ecliptic. The libration in latitude is manifested by the

fact that the north and south lunar poles become alternately visible to an

observer on the earth. The selenographic latitude of the apparent center

of the moon varies through an angle of ±6°.8 as a result of this.

In 1654 the lunar libration in longitude was discovered; here, the seleno-

graphic longitude of the apparent lunar center varies through ±7°.9. This

libration is caused by the fact that, whereas the rotation of the moon about

its axis is uniform, its motion in the elliptic orbit about the earth is, in

accordance with Kepler's second law, nonuniform.

In 1693 D. Cassini formulated the following three laws governing the axial
rotation of the moon.
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I. The  moon undergoes d i r ec t  rotation with constant angular velocity 
about an  axis  maintaining a fixed position in the lunar sphere.  The  period 
of axial  rotation is exactly equal t o  the s i d e r e a l  period ofirevolution of the 
moon about the ear th .  

11. The  equator ia l  plane of the moon makes  a constant angle of l " 3 2 '  
with the plane of the ecliptic. 

111. The  ax i s  of the ecliptic, the axis  of t he  lunar orbit, and the rotation 
axis  of the moon are always coplanar, the ax i s  of the ecliptic being located 
between the two other  axes. A s  a resul t ,  it follows that the ascending node 
of the lunar  equator always coincides with the descending node of the lunar 
orbit .  
completing one revolution in 18.6 yea r s .  
that the nodes of the lunar  equator must  move along the orbi t  with this  s a m e  
period, and consequently the rotation axis  of the moon will  descr ibe a closed 
circui t  in space  during that t ime. This  motion of the lunar axis  is not unlike 
the precession of the e a r t h ' s  axis.  

The  nodes of the lunar  orbi t  continuously move along the ecliptic, 
F r o m  Cassini ' s  laws it follows 

FIGURE 100 

Zass i l i i '6  :awa d c s ~ r i h e  the qn-called o 13 t i c a 1 1 i b r a t  i o  n of the moon. 
However, subsequent studies of the moon have established the existence of 
another ,  s m a l l e r ,  nonuniformity i n  the rotation of the moon about i ts  axis.  
The  l a t t e r ,  which is known as the p h y s i c a 1 1 i b r a t  i o  n, is a real oscil la- 
tion of the axis  which does not exceed O O . 0 2 .  
divided into f r e e  and forced components. 
a rocking motion of the moon about a mean position, and it may be due to  
a ce r t a in  difference between the rotation periods of the moon a t  present  
and i n  the past .  The forced l ibration is due to  a periodic deviation of the 

The physical l ibration is 
The free component shows up as 
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l a rges t  lunar axis  f rom the earth-moon line, as a r e su l t  of the optical  
libration. 

su r f aces  of all the planets in the so l a r  sys t em except Mercury. 
su r f ace  is highly i r r egu la r .  
the moon has  a dense cover  of mountain chains (up to 8 km high), r ing- 
shaped mountains and c r a t e r s  (up to 230 km in diameter) ,  and also f i s s u r e s  
[ r i l les] .  
sunken plains. Most of these plains are roughly c i r cu la r ,  and they some-  
t imes  r each  800 km in diameter .  These  plains, erroneously called m a r i a  
(or  seas )  by the f i r s t  o b s e r v e r s  of the moon, a r e  often encircled by high 
mountains. 
moon) shows, the lunar topography shows up par t icular ly  well near  the 
terminator ,  where,  due to the low height of the sun above the horizon, the 
su r face  i r regular i t ies  a r e  sharply accentuated by their  shadows. 

In i t s  structure.the su r face  of the moon is quite different from the 
The lunar 

The m o r e  extensive, relatively light, par t  of 

The r e s t  of the lunar  su r face  is covered with somewhat da rke r ,  

A s  F igu re  100 (a  photograph taken on the tenth day af ter  new 

FICUIIE 101 

Near full moon no visible shadows are c a s t  by the mountains, and the 
apparent brightness contrast  of the lunar  s u r f a c e  is then determined by the 
reflectivity differences between var ious areas. At this  t ime  a par t icular ly  
prominent feature  on the moon is a series of s y s t e m s  of bright r a y s ,  
diverging almost  radially f rom a few dozen of the ring-shaped mountains,  
whose walls then appear  to be ve ry  bright (F igu re  101). 
r a y s  can be t raced over distances as g rea t  as 114 of the lunar c i r c u m f e r -  
ence. 
general  direction, pass  through both " m a r i a "  and mountainous regions of 
the moon. 

Some of the br ight  

It should be added that these r a y s ,  without deviating f rom the i r  

However, a detailed study of the r a y s  shows that they general ly  
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consist of a multitude of individual streaks, which only on the whole follow

the general direction of the ray. In some eases individual large rays are

found to extend along a tangent to the outer wall of a crater, rather than

from its radius. The rays have not been observed to influence the topo-

graphy of the moon.
§61. Photometric and polarization properties of the lunar surface. The

unique structure of the moon's topography influences the reflection of light
from the lunar surface. Measurements of the integrated stellar magnitude

of the moon at various lunar phases have shown that the mean spherical

visual albedo of the moon (see Vol. I, Chap. XXII) is 0.07 and also that the

lunar brightness drops with the phase angle a much more rapidly than is

indicated by Lambert's law for a smooth, diffusely scattering sphere.

Brightness measurements of individual sections of lunar "maria" and

mountains obtained for different phase angles ]1, 2, 3] show that without

exception all the moon's features reach maximum brightness (for an earth-

bound observer) not when the sun is highest above their respective horizons,

but rather at full moon, when no shadows are observed on the lunar surface.

This indicates that all parts of the moon's surface are covered by small

irregularities which cannot be distinguished through a telescope.

_B (where B is the brightness and E is the illumina-The reflectivity Q = _-

tion) at full moon (a-+0 °) varies in the "maria" from 0.05 to 0.08, in the

craters from 0.06 to 0.16, and in the lunar rays from 0.10 to 0.21. Measure-

ments of Q have shown that the largest area on the surface of the moon which

is continuously covered with rocks and which has Q>0.21 is 368km 2 (100

square seconds of arc) in area.
Studies of color contrasts on the lunar surface, using light filters,

colorimeters, and spectroscopic equipment, have shown that on the average

the moon is reddish-brown in color. The integrated color index of the moon,

using the international system, is +0".35 greater than the color index of the

sun.

Some data on the reflectivity of lunar details and on the difference A

between their color indexes and the solar color index are listed in Table i.

This table also gives some comparative data for terrestrial rocks and for
meteorites. It is found that basic rocks are closer in reflectivity and color

index to the lunar surface than acidic and sedimentary rocks are. Meteorites

are closer to the moon in reflectivity but they have a more bluish color in

some cases /4/.

Photometric studies of lunar details by means of spectroscopic equipment

have been made in Germany, the Soviet Union, and America. Whereas the

visual spectrophotometric samples of Wilsing (Figure 102) for wavelengths

from 450 to650mp confirmed that sedimentary rocks and granite are redder

than lunar formations, stillthey also showed that basalt rocks are closer

in spectral reflectivity io th_ lunar "continents" _nd that lavas are closer
to lunar "maria."

A comparison of Wilsing's data with data on the average spectral

reflectivity of the entire moon ]5], recently obtained (Figure 103) by photo-

electric means for _ 320 -550 rap, indicates the followingregularities. First,

the slight drop in reflectivity and the subsequent increase over the range

1460-530 mp (particularly for the "continents")turns out to be an actual

feature of the lunar spectrum. Second, a slight drop in the average reflec-

tivity of the entire moon between420 and 360 mp (in addition to the general
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downward trend from / = 48C roll to t = 320 nap ), which shows up using

the new technique, is also definitely real. This leads to the conclusion that

the lunar surface may be covered with silicates (SIO2).

TABLE 1

Lunar formations Q% A

"Maria". .............. 5--8 from +0m. 40 to +0m, 36

"Pall". ............... 9--10 +0.23 +0.28

"Continents". ........... 8--12 +0.12 +0.46

Craters ............... 6--16 +0.20 +0.48

Bright rays ............. 10--21 +0.10 +0.48

Terrestrial rocks

Limestone 5 --80 from 0 m, 13 to +1 m. 52

Sandstone 6--54 +0.03 +1.52

Clays. shales 12--50 -0,24 + 1.52

Granite, acidic rocks 4--70 -0.25 +0.99

Basalt, basic rocks 6--28 - 0.31 +0.95

Meteorites 4--48 from -0.16 to +0.36

Fusion crust 2--17 -0.10 +0.38
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FIGURE 10'2

Spectrophotometric studies of a large number of individual lunar details

were undertaken from 1957 to 1960 at three Soviet observatories. At

Pulkovo, T.A. Polozhentseva (]6], p. 148) studied 10 "continental" and

"marine"areas in comparison with Sinus Iridum. In addition, N. 19 .Bara-

bashov, A.G. Chekirda, V.I. Ezerskii, and V.A. Fedorets (]6],pp. 148-150)
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carried out a similar study using the spectrum of Mare Imbrium as a

reference. Finally, V.G. Teifel' /7/, at Alma Ata, compared the spectral

reflectivities of 261 small lunar objects in 11 regions with the reflectivity
of Mare Vaporum.
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FIGURE 103

After Polozhentseva processed her small Pulkovo series, which had been

obtained back in 1957, she came to the following conclusions concerning
the color and spectral characteristics of the lunar areas studied:

1) the color contrasts between the lunar features considered are slight;
they range between 10 and 15%;

2) the "continental" areas considered are as a rule redder than the
"marine" areas.

The more extensive Kharkov series led Barabashov and his co-workers

to the same conclusions. Finally, Teifel', on the basis of the processing

of his large series, also confirmed the presence of small color contrasts

on the moon. He furthermore compared the spectrum of his reference area

(Mare Vaporum) with the spectrum of a Aurigae (GO) by the method of

absolute spectrophotometry; within the margin of error introduced into

these measurements by the variation of the spectral transparency of the

atmosphere, he obtained the color indexes C of the lunar details included in

his catalog.

Assuming for a Aurigae a color index of +0 n.82, Teifel' established that

the color indexes of all the lunar details measured by him vary over a

narrow range from +0 m.76 to +0 "_.97, the reference area (Mare Vaporum)

having an index of C = 0".77 ± 0_.05. The color of a lunar detail appears,

according to Teifel' (and also according to other authors), somewhat redder

as the albedo increases. Small lunar details did not show essentially

greater color contrasts than extended formations. A comparison of the

average indexes obtained by Teifel' for the darkest (0".76) and the lightest

(+0'_.97) areas, and also of their spectral characteristics /8/, with previous

data obtained using different methods is given in Table 2.

The polarization of the light reflected by the entire moon and by individual

lunar formations has been studied in America, France, and the Soviet Union
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/6/. These studies show that the degree of polarization /9 = _ of moon-

light, where It -- I is the intensity of the polarized component and I is the

intensity of the unpo]arized component, varies with the phase angle.

Author Year

Russell 1916

Pertit 1925

Barabashov 1925

Rougier 1936

Radlova 1938

Radlova 1939

Markov 1948

Teifel' 1962

TABLE 2

Color Spectral

Method index class

Difference of photo- +1TM. 18 --

graphic and visual mag-
nitudes of moon

Red-blue ratio +0.92

Photographic photometry -- Fg--K0

Photoelectric method +I.II --

Visual eolorimeter +1.07

Photographic photometry +1.08

Photoelectric photometry -- Fg--K2

Spectrophotor.etry +0.85 GO

Moonlight is polarized to the greatest extent near the quadratures, when

P is as high as 15 or 20%; in the last quarter P is somewhat higher than in

the first quarter.

Variations in the polarization of the light reflected by individual lunar

details also showed that, on the average, the degree of polarization near the

quadratures decreases with an increase in the reflectivity B; therefore, it

is higher for "maria" than for "continents" (Figure 104).
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However, a recent study /9] of this phenomenon has shown that near the

quadratures the degree of polarization depends not only on the phase angle
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a but also on the geological structure of the lunar detail (Figure 105: here

a = 79°; the ordinate axis on the right gives the reflectivity; the formation

numbers are given according to Fedorets /3/).
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It was found that during these phases the surfaces of ordinary and crater

"maria" having equal reflectivities differ substantially-in polarization

and probably in surface structure as well. Crater "maria" [that is, craters

lying within a mare*] mostly produce a lower polarization and do not lie on

the average P = ] (B) curve.

The polarization of the light reflected by lunar formations varies with

phase as follows (Figure 104): near new moon P increases, reaching a

maximum /10/ shortly- before the first quarter at a_--100°; then P

decreases as full moon approaches, until at a phase angle a _ -20 ° the

polarization disappears. Near full moon (for phase angles from -20 ° to

+20 °) polarization appears again, but it differs from the polarization at large

phase angles: first P is small, and second the position of the polarization

plane is different.

At large phase angles the electric vector of the polarized component of

moonlight oscillates perpendicular to the plane passing through the moon,

the sun, and the observer (that is, in the plane of the intensity- equator);

however, near full moon (at phase angles of ±10°), the oscillation plane

approaches the plane of the intensity equator. In the former case the degree

of polarization of the moonlight is regarded as positive and in the latter case

as negative. As regards the appearance of negative polarization at small

phase angles, C)hman suggests that it is caused by the mutual illumination

of lunar slopes facing one another, which at low phase angles are very-

inclined to the sun's rays, and by the interaction of the polarized light fluxes
scattered from one of these formations to another.

A comparison of thepolarization-versus-phase curves for lunar objects

and for terrestrial rocks /11, 12, 13, 14/ shows that the lunar curves are

close to the polarization curves for volcanic ash. A similar comparison

made in /9/ shows that although some lunar areas polarize light just like

the ordinary- unfused surfaces of meteorites do, still none of the lunar details

are capable of producing at quadrature the high degree of polarization found

for the fused crusts of meteorites.

* [A more appropriate name would be "ntarine craters"]
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It is alsonoteworthythatlunarraysare indistinguishablein their polar-
izingpropertiesfrom theobjectsadjacentto them, andthatthecrater
"mare" Archimedes,formedin themidstof theMareImbrium,produces
thesamedegreeof polarizationasthesurroundingmare.

§62. Studiesof thetemperatureof thelunarcrust usingheatreceivers
andradiomethods.Anothereffectivemethodwhichhasincreasedour
knowledgeof thestructureof the lunarcrust considerablyis theradiometric
measurementof the lunarsurfacetemperatures(seeVol. I, Chap. XXVI,

p. 445). The resulting curves showing the distributions of the absolute

temperature T and the thermal radiation E over the lunar disk, for different

full moons, are given in Figure 106 16l.

I
Oooo . /'_" E

o ÷.,..4_-=., • oo o

_---E=£ocos_ "' 1.0

9 ) ) ) ) ; ) )w

FIGURE 105

The energy per square centimeter emitted by the lunar surface at full

moon is given as an average by the formula

E _ E ocos_/a8,

g.ca_
where e is the earthward emission angle, and E0 = 2.05cm2.mi n iS the energy

emitted at the center of the lunar disk. It follows from this formula that

the distribution of absolute temperature over the lunar disk should obey the

equation

T _ TOCoslls8,

since the absolute emission of the lunar surface is related to the surface

temperature by the Stefan-Boltzmann law. In this formula To= 400°K.

The temperature variations of lunar details located at the apparent center

of the disk are such that the temperature changes from 390 to 330°K depend-

ing on the phase angle and the height of the sun above the horizon (from 90 °

near full moon to 0 ° at the quarters); the night side of the moon has been

found to have a temperature of about 100- 120°K.

Such radiometric determinations of planetary temperatures can be made

by comparing the total radiation received by a thermocouple, mounted at

the focus of a reflector, with the shorter-wavelength component (_ < 1.Sp)

passing through a water layer 1 cm thick or through a cover glass (2 < 5_).
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The long-wave radiation (2 > 8.0 p) emitted by the sun-heated lunar

surface reaches us through a transmission band of the earth's atmosphere

lying between 8 and 14p. The filters mentioned above were used to isolate

the radiations emitted by various lunar details during the total lunar eclipses

of 1927 and 1939 (Figure 107); these data made it possible to calculate the

variations in lunar temperature during rapid changes in the heating of the

moon's surface. Observations showed that in 1927 the temperature of a

lunar detail which remained in the penumbra for an hour dropped from 340

to 174°K. During the total phase, its temperature dropped from 174 to 156°K

in 2 ½ hours. When the detail emerged from the earth's shadow, the temper-

ature rose rapidly from 156 to 339°K.
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FIGURE 107

The latter, together with the approximately 10-minute lag between the

minimum-temperature point and the beginning of the total eclipse, as well

as between the onset of the steep temperature rise and the end of the total

eclipse, indicate that the material covering the lunar surface has a low heat

conductivity. During the total phase of the eclipse the moon received from
g. cal

the sun an amount of energy whichwas not greater than 0.01 but the
cm2"min ' g.aal

energy emitted by the lunar surface dropped onlyfrom 0.07 to 0.04 cm_.mm.

Observations with thermocouples and filters also made it possible to

measure the spherical albedo of the moon for heat radiation; it was found

to be 0.13.

in order to compare the average temperatures of narrow strips (3' wide)

of the lunar surface, passing over the entire disk of the moon, measure-

ments were made using the Pulkovo radiometer together with thermocouples

in a spectral range from 1.4 to 12p. The modified radiometer of M. S. Zel'-

tser and A. V. Markov was employed here, and in addition the vacuum

247



thermocouples specially developed by B.P.Kozyrev. Radiometric measure-

ments made during the full moons on 25 April and 18 September 1956 and

4 April 1958 were processed according to Menzel's modified formula in

order to calculate the average temperatures of the strips lying parallel to
the celestial meridian at distances of ±0.7 of the lunar radius to the east

and to the west of the disk center (Figure 108; curve 1 is for 24]25 April

1956, curve 2 is for 18119 September 1956, and curve 3 is for 4]5 April

1958), as well as the average infrared albedos of these strips.

T.°K
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FIGURE 108

The measurements of Markov and Chistyakov show clearly that between

phases -15°.5 and +10°.8 the temperatures of the strips depend on the phase

angle. The average infrared albedo was found to be 0.12 for a strip which
was richer in "maria"and 0.15 for a more "continental" strip.

The processing of the Pulkovo measurements of lunar temperatures

necessitated a calculation of the atmospheric absorption of the low-tempera-

ture radiation from the moon; this was done by simultaneously determining

the water-vapor content /6/.

The average temperature of such a strip, passing during the full moon

of 25 April 1956 through the center of the visible disk at a phase angle of

2°.8, was found to be 358°K according to the Pulkovo measurements.

Theoretical calculations of the average temperature of this central strip,

according to Pettit's measurements of the distribution of T over the lunar

disk at full moon, gave an average value of 360°K. Pulkovo measurements

of lunar temperatures on different nights agreed to within ±18 °, depending

on the accuracy with which the atmospheric absorption of the long-wave

component could be reckoned. Measurements of these temperatures made

during the course of a single good night agreed to within ±4 °.

The results obtained so far indicate that such thermoelectric measure-

ments can be used further for determinations of the heat conductivity, in

conjunction with radio measurements of the radiation from the moon's crust.

At Pulkovo, M.S. Zel'tser /15/ took part in the measurements and calcula-

tions of the temperatures of lunar surface zones.

Longer-wavelength radiation, including radio waves, penetrates through

a greater thickness of lunar rocks than visual and infrared rays do. There-

fore, measurements of the moon's temperature using wavelengths of
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_ 1 mm will give a picture of the variation with phase of the temperatures

of lunar rocks lying at greater depths.

Some very important results on lunar temperatures have been obtained

with a new radiation detector operating in a wavelength range from 0.2 to

1.6ram. This optical detector makes use of a Golayinfrared cell /16/.
Shorter wavelengths (up to _ N 0.9 ram) were cut off with a filter made of

black photopaper and vinylite. The upper boundary k --1.6 mm was due to

the water-vapor absorption band of the earth's atmosphere, which has its

absorption maximum at _ _ 1.7 ram.

The detector was mounted at the focus of a searchlight mirror 600 mm

in diameter and 240 mm in focal length. It was used to measure the average

lunar temperature for different phases, and also the average temperature

during the total eclipse of 18 to 19 January, 1954. During the 1954 lunar

eclipse, Sinton measured the average temperature of the lunar disk for the

entire duration of the eclipse, and the average-temperature curve was found

to be less steep than the temperature curve plotted by Pettit according to

radio measurements for an individual area on the moon during the 1927 and

1938 eclipses.

When the moon entered the penumbra, the average temperature of the

lunar sphere, according to Sinton, was 295°K :_ 20°; when it touched the

umbra it was 236 ° =_ 10°; at the beginning of the total eclipse it was 180°± 10 _,

in the middle of the eclipse it was 175°=_10°; and at the end it was 170°+8 ° .

Finally, at emergence from the umbra and from the penumbra the average

lunar tern peratures were found to be 175 ° • 8 ° and 180 ° =_25 °, respectively.
A comparison of these data with the average lunar temperature for extra-

eclipse days, which according to Sinton is _350°K in the same wavelength

range, and also with the fact that the average-temperature curve of the
i

moon during the eclipse period showed a 1 _-hour phase lag relative to the

mideclipse point, leads to the conclusion that wavelengths of the order of

1.5 mm give the temperature of the deeper-lying strata of the lunar crust.

During the 1960 eclipse Sinton measured the temperature variations of

the floors and surroundings of the craters Copernicus and Tycho as functions

of the eclipse phase. The observations showed that the crater-floor tem-

perature (infrared albedo of 0.1 8) was 50 ° higher than the temperature of

the surrounding areas (infrared albedo of 0.10). These experimental results

/16/ are the first to be obtained, throughout the whole history of lunar

observations, concerning the dependence of the temperature of a lunar detail

on its albedo during an eclipse; however, theoretically such a dependence
was to be expected.

Texts on radio astronomy /6, 18/ give determinations of the average lunar

temperatures as functions of phase and of radio-wave length in the range

from 10 to 12 ram. These texts observe that the average temperature of the
moo[_ _ _uuiid tu be lowex: at ,..._t.........._^__+_ +_,_+io cn, Aoono_--Ixr(n_

lunar strata.

At _ _ 30 mm radio measurements fail to detect any phase dependence

of the average temperature. The average lunar temperature at such wave-

lengths was found by Soviet observers to be about 156°K (to within d= 30°).

Australian observers measuring the phase dependence of the average

radio-temperature of the moon at _ -- 12 mm have represented their results
as follows:

T0 (a) = 215 °K + 36 ° cos (a --45°).
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The second term of this formula indicates that at a wavelength of 12 mm

the temperature maximum of the respective strata of the moon's crust is

reached almost 3 days after full moon ]19].

These phenomena have the following explanation: the deepest strata of

the moon's crust, whose radiation is represented by the amplitudes of the

30-mmradiowaves, are just barely heated by the sun, and therefore they

maintain a constant temperature; the shallower strata, on the other hand,

which are represented by the radio waves inthel0-mmrange, are actually

heated by the sun. The lag* in maximum temperature is analogous to the

lag observed in the variation of the temperatures of the deeper strata of

the earth s crust during the course of the year.

The actual depths of the corresponding strata of the moon's crust depend,

first, on the degree of dispersion of the lunar soil and, second, on the

electrical conductivity of the crust. If we assume that the moon's crust has

a uniform structure throughout the entire depth from which radio waves are

capable of reaching us, then depending on the electrical properties of the

material we find that 3-cm radio waves can penetrate through depths from

60 to 9cm, whereas 1-cm waves can pass through depths from 20 to 3cm.

The above radio measurements, and also the measurements utilizing the

Golay detector and thermocouples, have been used for theoretical calcula-

tions of the heat conductivity of the upper layers of the moon's crust /6/.

The lunar surface temperature varies periodically with the phase of the

moon. Thus, the equation describing the penetration of a thermal wave into

the lunar interior, for steady-state conditions and assuming a constant heat-

conduction coefficient and also regarding the lunar' surface as a halfspace**

in which a uniform temperature is maintained over distances many times

greater than the penetration depth of the thermal wave, has the form

aT _ OaT (1)
Ot _ QC Ox2 '

where T is the temperature, t is time, k is the heat-conduction coefficient,

C is the specific heat, taken as 0.2 for the lunar surface, Q is the crust

density, taken as 2 near the lunar surface, and x is the depth.

After integrating this equation, we find the following variation of temper-

ature with depth:

Vat, co8 m 2_! x _m-= ( '£-- _T_) (2)
T = _, Coe

k
where x is the period, m is an arbitrary constant, a S= _ is the thermal

diffusivity, and Co is the amplitude for x = 0 (at the surface).

At a depth z the amplitude has the value

that is, the amplitude decreases with depth. The rate of this decrease

increases with the period and the heat-conduction coefficient. The period

is independent of depth. If we take the logarithm of (3) and set m = 1, then

* Recently this lag was verilied by a measurement of the isothermal temperature distribution in the lunar

crust; a Soviet radiotelescope and 8-ram waves were used /20/.

** That is, a body limited by a plane on one side and extending to infinity on the opposite side.
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we find for the principal wave that

CO _ x2_

At a time t the phase at the surface is

m2:u _ y

and at a depth x it is

(4)

(5)

y m2_t _==_--x . (6)

Consequently, the phase lag at a depth x relative to the surface is

tt = Yo-- Y== x ]//_ , (7)

and for m = 1 we have /t 2 = x' _ indicating that the phase lag increases with
all.g•

depth faster for lower heat-conduction coefficients and periods. As a result,

low-period oscillations decay at small depths, so that below this the complex
temperature oscillation can be treated as a simple periodic variation corre-

lated with the lunation period. Thus, equation (2) becomes

r(x, +coe-"

where /_ is the average temperature.

The radiation from a lunar surface at a temperature T is, according to

the Stefan-Boltzmannlaw, equal to oT_:

aT _ = A q-F0, (9)

where A is the amount of solar energy absorbed per square centimeter of

lunar surface per minute, and

OT
Fo=K _ (10)

is the incoming or outgoing heat flux at the lunar surface. The half-ampli-

tude F0 of the flux at the surface (that is• for x = O) is

(il 
Wesselink in his calculations proceeds from these equations. In equations

(1), (9), and (10) he substitutes for z the quantity

x

_=_:u_ "_*/,_ T " (12)

= (4UTQ) -I 02Ta-_ (13)

F= (4n_)-'/,(kec)'/,_. (14)

Then• (I) and (i0) become

and
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Wesselink solved equation (14) by numerical integration, and thus he

obtained the value of (kQc),/2 both for lunar days and for eclipses. The

calculations based on the diurnal variation of temperature gave a value of
cal

0 012 _ ,. , for (kQc)']_.
• C[ll lllln) ¢leg

The value of (kQc)*/_ calculated by Wesselink on the basis of Pettit's
cal

observations of the eclipse on 28 October 1939 was 0.0084cmtmi-------_. This is

very close to Epstein's figure (k¢c)'/_ -- 0.0083, obtained by the same method

for the eclipse of 14 June 1927.

If we insert probable numerical values for Q and c ({}_2 or 3 andc _ 0.2),
cal

then we obtain k_l.10-4cm_.min.deg. This iS about three orders of magnitude

less than the corresponding value for terrestrial rocks. Therefore, the

flowoff of heat into the lunar interior by means of heat conduction constitutes

only 0.05 to 0.02 of the incident flux of energy. Measurements show that

each square centimeter of the moon's surface radiates from 1.66 to
¢al

1.61 -- for normal incidence of the sun's rays• Consequently, accord-
Cm 2 n]in '

ing to Stefan's law, the lunar surface temperature is found to be about 377
to 374°K.

All the preceding results seem to indicate the presence of a very porous

or dustlike layer on the surface of the moon. This conclusion is apparently

corroborated by the laboratory studies of Smoluchowski, who investigated

the variation in the heat conductivities of different types of crushed rock as

a function of particle size and of the gas content in the particles. The

results showed a sharp drop in heat conductivity as the pressure decreased

from atmospheric to 0.05 mm Hg.

Various authors have correspondingly obtained values of 120 to
1000 c"'2mmi d_g for the product x----(kp, c)'-f. Therefore, we may conclude

ca[

that the upper part of the lunar crust is in a crushed (or highly porous) state.

Theoretical calculations lead to two alternative models of the lunar crust.

Some theoreticians maintain that the outermost layer (1 to 4 mm thick)

consists of finely dispersed, powderlike dust, below which there extends to

a great depth a layer of rock debris or pumicelike material. The powdered

layer, despite its insignificant thickness, explains the very low heat conduc-

tivity of the lunar crust. Other theoreticians do not agree to the existence

of a powdered dust layer, and they assume that there is just a fairly deep

gravel layer on the lunar surface•

It is still impossible to choose between the two alternatives. Further

progress in our knowledge of the physical structure of the lunar surface,

however, can be expected as a result of a development of the astrophysical

studies outlined above. An exact knowledge of the structure of the outermost

layer of the lunar crust, by the way, is essential for an actual landing on
the moon to be feasible.

We have observed elsewhere(J16], ChaptersV and VI) that prior to 1960

many studies were made of the temperature, radio emission, and topography
of the lunar surface• These results seemed to indicate that the moon is

covered with a layer of dust and fine debris several centimeters deep.

At the lunar symposium in Leningrad in December 1960, we supported

Firsoff's opinion (]6] Conclusion) that the outermost layer of the lunar crust

may have a low density (about 0.6 g]cm3). This layer, according to our

252



calculations,shouldhavea porousstructureandmayextendto depthsup
to 0.40m. This, incidentally,wouldexplaintheverylowthermalconduc-
tivity, andalsothephotometricandpolarizingpropertiesof thelight reflec-
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ted by the moon. Troitskii /21/ read a

paper at the Leningrad symposium which
described his radio observations of the

moon; he observed that, in order to explain

the properties of lunar radio emission, the

outermost crust layer must have a density

of the order of 0.5 g/cm 3 to a depth of 1 to

1.5 m. This result agrees with certain

extrapolations to the results of our thermo-
electric measurements of the lunar

temperatures.

However, some areas of the lunar

surface (elevated regions such as the ray

systems and the floors of craters located

in the centers of ray systems) are probably

covered by a very thin, low-conductivity

dust layer. Sinton offers this as an

explanation of the considerably slower

drop in temperature during lunar eclipses,

a property which distinguishes these ray

craters from the rest of the lunar crust.

Minor remains from previously very

intense volcanic activity on the moon

have recently been detected by Kozyrev

/6/, and subsequently by Kalinyak /22/,

who studied the spectrum of the floor of

Alphonsus. It has been established that in this case gas escapes from
a fissure in the floor.

Finally, in preparation for landing on the moon, we must also know the

average size of small irregularities and recesses which measure in

decimeters.

Published radar data /23/ for various zones of the lunar sphere show

that the central part of the disk facing the earth, spanned by a parallel beam

of radar rays having an angle of incidence e from 0 to 29°.8, attenuates the

reflected radio beam (for coinciding planes of polarization of the incident

and reflected rays) by a factor of 32 (Figure 109). Here, at distances up

to 29°.8, the reflected radio beam is scattered by the lunar surface according

to the law cos% = 1, namely just as light is reflected at full moon by the

entire lunar surface. It may be assumed that in this case the lunar irregu-

larities are several times greater than the wavelength used, whereas the

specular reflection at the eente_ _ of "*-,,_......._u,=_ disk i_ ...._-_'1 ............ _+h irregu!ari-

ties as small as one-twentieth of the wavelength used; the radar waves in

this instance were 10cm in wavelength. It is therefore likely that the fine
dust and the small mounds on the horizontal surfaces in the center of the

lunar disk facing the earth are no more than 3- 5 mm in size. At e = 28.9%

however, such fine deposits are already masked by larger irregularities

(of the order of several decimeters). This is also consistent with the fact

that, starting at e = 46°.5 and on up to 80 °, an appropriately polarized radar
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beamis reflectedaccordingto cos18(Lambert'slaw), whichis thesame
wayasvisible raysare reflectedfrom a diffusespherecoveredwith
magnesium-oxidesoot. It is knownthatthesootparticlesobtainedduring
smokingmeasurefrom 0.1to 1p (most of the particles having a diameter

of _ 0.25_).

We thus have the following situation: if the same dependence (Lambert's

law) is also assumed for the reflection ofa 70-cm lunar radio wave at

46°.5 <8 < 80 ° , then the average size of the microirregularities in these

zones of the lunar globe should range between 7 and 90 cm, the greatest
number being concentrated between 25 and 50 cm. All these results will

be made more precise by future studies.
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With respect to the lunar macrorelief, that is, to specifying the depths

of the "maria" in the visible lunar hemisphere, the heights of the mountain

ranges, and the elevations of the horizontals at the "maria" and the

"continental" shields, the latest stereoscopic-photograph measurements

/24/ show that the deepest visible "maria" (Mare Humorum and the

eastern part of Mare Imbrium) are deeper by 3.0. 10 -3 lunar radii (by 5 km)

than the mean horizontal of Mare Vaporum near the southern boundary of
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theApennines(Figure110). Thehighestplateaushaveelevationsof 3.5km
aboveMareVaporum. Thesevaluesrepresentthemostrecentdataon the
natureandstructureof themoon'ssurface.

§63. Endogenousandexogenoushypothesesof lunar-relief formation.
Severalhypotheseshavebeenadvancedto explaintheoriginsof thedifferent
formsof lunartopography,andtheycanbedividedintotwoclasses. The
first classincludeshypothesesin whichthemainroleis attributedto
endogenousforces, that is, to forcesactingfrom withinthemoon'sinterior
/6[. The second class, on the other hand, is made up of hypotheses

attributing the formation of the lunar topography to external forces, such

as the impacts of large meteorites upon the previously solidified lunar crust.

Both groups of hypotheses refer just to the formation of topography after

the original solidification of the lunar crust. They do not solve problems

related to the origin of the moon as a whole, or related to its primordial

state, for instance, the problem of whether the moon originated as a gaseous

sphere which gradually became liquefied[magma] and then solidified, or

whether it formed as a cold body which subsequently warmed up.

It should be noted that the predominance of circular-symmetric forma-

tions on the moon, for example, most of the "maria" and walled-plain

craters, shows that they were created by forces acting at their geometrical

centers. Advocates of the exogenous theories point out the similarity

between the walled-plain craters, which often have a central peak, and

terrestrial volcanos, and they maintain that the lunar mountains were formed

by phenomena not unlike those of terrestrial volcanic activity. It is argued

that the force of gravity on the moon is 1/6 of that on the earth, so that lunar

craters might be expected to be considerably larger than terrestrial

volcanos.

Advocates of a geologically very fast formation of all parts of the lunar

topography, who maintain that the moon necessarily passed through a magma

stage and then had an atmosphere during the period of crust solidification,

have also tried to take into consideration the possibility of a powerful efflux

of gases through the lunar crust, In their opinion• such an efflux would

promote vigorous volcanic activity on the moon.

Without going into these assumptions any further, let us now go on to the

endogenous hypothesis of lunar-topography formation developed in the USSR

in 1949 by Khabakov ]14]. Khabakov concluded that the lunar mountains

could not have been formed instantaneously (on a geological time scale),

and he suggested five "geological" periods for the moon. In his opinion,

the oldest lunar formations observable are the "continental" shields, which

as a rule have higher reflectivity and are whiter. This original lunar crust
was free of circular mountains. Then, like the earth's crust, it subsequent-

ly underwent various upheavals and subsidences under the action of endogen-

ous forces.

are still observable, several fissures [rilles] appeared on the moon as

well as numerous annular mountains of the Hipparchus type (see Khabakov's

geological map of the moon in Reference /6]). These fissures and mountains

were spread freely over the entire surface, which during this second lunar

"geological" period did not contain a single "marine" lowland.

The state of the lunar crust preceding the expansion during the second

period is represented by the almost virginal craterless areas of the Apen-

nines, the coasts of Sinus Iridum, Mare Crisium, etc.
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During the third period the lunar crust, then covered in many places by

primeval walled-plain craters, subsided under the action of internal forces.

This gave rise to some of the oldest "maria, '' the only one to emerge

undestroyed from the subsequent orogenic periods being the enormous

"mare" which occupied the place of the present-day Mare Nectaris;

originally, however, this "mare" extended to the Altai range, which then

served as its "coast."

A new expansion of the lunar crust, following this "Altaic" period, led

to the fourth geological period on the moon. Then, simultaneously with the

appearance of several new fissures, a great number of walled-plain

craters were formed, including Theophilus, Cyrillus, Catharina (partly

tapering off the "Altaie"Iowland), Ptolemaeus, Schickard, Plato, and also

Fracastor and Fra Mauro. The last two craters originally formed on a

"continent," which Mare Nectaris and Oceanus Procellarum were subse-

quently to replace; the formation of the latter naturally modified the shape

of the craters.

The belt of "younger" lunar "maria, " among which Khabakov includes

Mare Crisium, Mare Foeeunditatis, Mare Nectaris, Mare Tranquillitatis,

Mare Serenitatis, Mare Imbrium, and Oceanus Proeellarum, were caused,

according to Khabakov's hypothesis, by a final subsidence of the lunar crust,

which occurred during the fifth "geological" period. It was then that magma

flowing into the fissures in the new "maria" partly destroyed the walls of

Sinus [ridum in Mare Imbrium and the walls of the crater Fracastor in Mare

Nectaris and also almost entirely obliterated the walls of Fra Mauro.

These upheavals and subsidences of the lunar crust mark the gradual

dying out of orogenic activity on the moon. The last crust expansion, which

occurred in various areas during the sixth "geological" period (the most

recent one), produced 300 young craters of the type of Tyeho and Copernicus.

The eruptions of these craters, which are now distinguished by high albedos,

gave rise to the systems of bright rays which we discussed above.

However, this view of the origin of the rays is by no means that of all

selenologists, since some rays do not issue from the center of the parent

crater but rather lie tangent to the crater walls. Some sclenologists

maintain that, during the expansion of the lunar crust which led to the

formation of the ray systems, radial fissuring took place, the parent

craters being created at the centers of the fissure systems. According to

some hypotheses, the radial fissures and the necks of the central craters

of these ray systems were filled up with lava from the moon's interior; the

solidified lava thus accounts for the high albedo.

In the present epoch (more precisely, during the last I00 years of regular

observations of the lunar surface) the orogenic activity of the moon has

temporarily abated.

It should be noted that volcanic activity on the moon in 1956 - 1958 would

explain the very interesting changes in certain features on the floor of

Alphonsus. In the western part of Alphonsus there is a fissure which does

not always look the same, even under identical conditions of solar illumina-

tion, and which has been recorded differently in such cases on ordinary and

infrared photographs of the crater floor. In some cases the fissure was

easily observable through a telescope eyepiece and on blue and infrared

plates. In other cases, however, with analogous illumination, it was either

not visible or else poorly visible (both visually and in blue light). This
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phenomenon led the American astronomer Alter to suspect that a transient

efflux of gases from the moon's interior took place through this fissure on

26 October 1956.

The intermittent escape of gases in Alphonsus was finally established by a

unique spectrogram of the central peak. This spectrogram was taken by

Kozyrev on the night between 2 and 3 November 1958, using the spectrograph

of the 50" telescope of the Crimean Observatory /6/.

It should be mentioned,, too, that in October 1958 Kozyrev had obtained

some spectra of other areas in this crater, near the fissures whose

appearances in red and blue light had been studied by Alter in october 1956.

However, prior to 2 November 1958 Kozyrev detected nothing out of the

ordinary in his spectra of the Alphonsus floor. Then, on the night between

2 and 3 November 1958, Kozyrev, aided by Ezerskii, obtained several

spectra of the central peak of Alphonsus, with the setting sun not high above

the floor and with a phase angle _ = +77°.6, these being almost the same

conditions as those under which Alter obtained his photographs of Alphonsus

in 1956.

When the Soviet observers, who also photographed on the same night some

other spectra of the Alphonsus floor (including the region of the fissures

which interested Alter), examined their results, they found /6/ a gas-emis-

sion spectrum in the photograph of the central peak of Alphonsus obtained

on 3 November 1958 between 3 h and 3h30m UT. It should be noted that

another spectrum of the same peak, photographed between 3h30m and 3h40mUT,

showed no traces of this emission. This was regarded by the observers as

proof of the transiency of the phenomenon.

Since Kozyrev's spectra were all calibrated, the nature of the pheno-

menon which occurred in the crater on the night between 2 and 3 November

1958 could be ascertained. This was done by means of a photometric

processing of the spectra, carried out at Pulkovo by Kozyrev and Kalinyak.

Aside from the action in Alphonsus, only three comparatively insignificant

changes on the moon have been reported in all the relevant literature:

i) Linn_, a crater in Mare Serenitatis, shrank from 10km in diameter

prior to 1866 to not more than 4km after 1866;

2) a new crater about 4 km in diameter appeared in the neighborhood of

the rifle in Hyginus (near the center of the lunar disk);

3) the reflectivity of some areas on the floor of the walled plain of Plato

changed in 1870 - 1923.

With regard to exogenous orogenic hypotheses, it should be mentioned

that Gruituisen (1825) was the first to cite the impacts of meteorites upon

the exposed lunar surfa3e, not protected by an atmosphere, as possible

causes of the lunar topography. Calculations have shown that in such a case,

with meteorite velocities of about 40 km/sec and adequate masses, an impact

should result in several explosions sufficient to form craterlike cavities_

The collision hypothesis (as opposed to all Lhe others) does not require a

molten lunar crust, since "explosion" craters may form in a solid crust.

This happens occasionally on the earth as well, and four terrestrial meteor-

itic craters of recent origin have been found. However, if typical lunar

features are examined with the object of verifying this hypothesis, it very

soon becomes clear that external forces cannot be regarded as the main

orogenic factor.
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Actually, the following points are true:

i) due to the orbital motion of the moon, most such craters should form

near the lunar equator, whereas in fact they prevail near the poles;

2) the mean frequency of small lunar craters on the "maria" and by the

walls of larger craters should be the same according to this hypothesis,

whereas in fact small craters are more numerous by the large-crater walls

than on the "maria";

3) a number of authors have established the following relation: the

younger the lunar crater is, the smaller is its diameter and the lower are

its walls. Clearly, the fall of large meteorites could not have been confined

just to the distant past.

Finally, the collision hypothesis cannot explain the creation of the lunar

"maria, " although some authors ]6] believe that it can. Therefore, it

seems more likely that the main forces responsible for the formation of the

lunar topography were internal in origin. It is quite probable at the same

time that a small number of the lunar craters not more than 5 or 10km in

diameter are collision craters produced by large meteors.

Since at this time considerable effort is being concentrated not only on

problems of cosmogony but also on studies of the structure of the surface

layer of the lunar crust with a view toward achieving the landing of space-

craft on the moon /25/, therefore astrophysics has been able to contribute

greatly to the knowledge of this structure. Let us now summarize the

situation as described in the preceding.

I. The entire lunar surface is highly pitted. In places it is covered by

ril]es, some large enough to be telescopically visible and some not. Most

of the surface irregularities are less than 40 m in size and cannot be seen

through a telescope.

2. The lunar surface has a low reflcctivity, decreasing toward the

ultraviolet. Near %_ 390 and 480 m_ local drops on the curve are observed,

possibly indicative of the presence of SiO_ on the moon.

3. The golarization of the light reflected by the lunar surface is close

to the polarization of light reflected by volcanic ashes. The degree of

polarization is much lower thap that for light reflected by the fused crusts

of meteorites.

4. Studies of the heat conductivity and electrical conductivity of the lunar

surface suggest the following two models for the lunar-crust structure:

a) the moon is covered by fine gravelfrom i0 to 60cm deep, or else it

consists of porous rock to this depth ]21/;

b) the existing thermal-conduction and electrical-conduction properties

of the lunar crust may be reproduced in terms of a two-layer model, the

upper layer having a thickness of no more than 2 to 4 mm and consisting of

powderlike fine dust; the inner layer may consist of pumicelike rock.

The following three hypotheses have been advanced concerning the struc-

ture of the lunar crust.

I. Some astronomers and geologists ]6] maintain that the primary rock

juts out to the surface in places as cliffs (for example, on mountain ranges).

If. Advocates of the collision theory ]4,6[ maintain either that the moon

is covered by about a centimeter of meteoritic dust, the debris of the

explosions of meteorites hitting the surface of the moon, or else that these

explosions vaporized not only the meteorites but also part of the crustal

matter near the impact point. If the latter was the case, then in their
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opinion the vaporized material would have solidified and settled onto the

lunar surface as a high-temperature modification of the original substance.

Since the lunar crust is apparently similar to igneous rocks on the earth,

therefore the fused or slaglike product should be dark in color (like the

fused crust of meteorites which have passed through the earth's atmosphere).

Ill. Advocates of the endogenous hypothesis of lunar-topography forma-

tion believe that the surface of the moon may to a large degree be covered

with volcanic ashes.

While choosing between these hypotheses, we should remember first of

all that the lunar surface definitely does not possess the homogeneous

topography which follows from the premises of the collision theory. Further-

more, a final solution of the problem of the structure of the moon's surface

(both the microrelief and macrorelief) is impossible without taking into

account the latest Soviet /20] and American /23/ radio studies of the moon.

§64. Maps of the other side of the moon. The present chapter was

written at a time when the accelerating progress of Soviet science had

already enabled the USSR to launch toward the moon three rockets, the

second of which actually hit the lunar surface.

TASS reports show that the first Soviet lunar rocket, launched on

2 January 1959, passed at a distance of 6000km from the moon and then

became the first artificial planet revolving about the sun. The flight of this

rocket near the moon gave the first indication that the earth's satellite has

virtually no magnetic field. This rocket also confirmed that there will be

little danger from meteors during space flights /25].

The second lunar rocket, launched in the USSIR on 12 September 1959,

reached the moon and crashed on its surface on 14 September at 0h2m24 s

Moscow time. Radio determinations of its trajectory at the moment of

nearing the moon made it possible to calculate to within d:i00 km the seleno-

graphic coordinates of the landing point. According to these data it landed

in Mare Imbrium, in a region near the eastern wall of Autolycus with

coordinates _ = 30°:ki°.8 and _ = 0°±3°.6.

This rocket also confirmed the almost total absence of a magnetic field

around the moon, and it established that the artificial radioactivity of the

lunar surface (which is unprotected by an atmosphere), a radioactivity

produced by short-wave and X-ray solar radiations and by cosmic rays, is

much below the expected value. Moreover, the rocket instruments recorded

the possible presence of a weak accumulation of cosmic particles at a dis-

tance of about 10,000km from the moon.

The third Soviet lunar rocket, launched on 4 October 1959, put the first

automatic interplanetary station (AIS) into orbit. The AIS took the rocket

around the moon, so that from a distance of about 60,000 km it could photo-

graph the side of the moon which is invisible to terrestrial observers.

Th_ IT,_,_R Aca.demy of Scie n_ces r_por_ /_6.97/ show that th_._e photo_r_nh_
o ,

of the other side of the moon were made when the automatic station was over

an area with selenographic coordirlates of + 17°N and - 120°W. This corres-

ponds to the latitude of Mare Crisium, about 60 o west of the latter.

The published photographs of the other side of the moon have very little

in common with previous hypothetical charts of it. The photographs show

that the other side of the moon is mainly "continental, " and that in its

northern part are observed only two new "maria," together with many
craters.
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The zone between -110OW and -8OOW in this hemisphere apparently has 
a lower albedo than the rest does, but its reflectivity is close to that of the 
"pali" on the visible side.  Thus,  it follows that Wilkins w a s  mistaken when 
he  suggested that in the cen te r  of this hemisphere the re  is a "mar ine"  low- 
land of the type of Oceanus Procel larum. 
have to modify their  previous views concerning the f igure of the whole moon 
as a celest ia l  body. 

Soviet scient is ts  have published s e v e r a l  works 128 -321 dealing with the 
processing of the photographs of the other s ide of the moon taken by the 
third Soviet rocket on 7 October 1959; t hese  studies a l so  discuss  the 
s t ruc tu re  of the invisible lunar hemisphere.  

of the moon. 
made a t  Pulkovo Observatory,  where a special  map of the other s ide of the 
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analogous treatment of photographs of the visible side of the moon taken at

Pulkovo during the full moon on 13 March 1960. These Pulkovo photographs

were also reproduced in a laboratory using the AIS equipment (to simulate

the original photographs of the other side), and then the televised images

were processed at Pulkovo. A preliminary study was next made of the

accuracy of the photometric analysis of the surface details of the other side

of the moon ] 30/, using only the televised images of the original photographs.

The photometric analysis of the televised photographs of the other side of

the moon led to the following conclusions concerning the surface details

there.

1. The "maria" (Marginis, Smythii, Moscovianum) and parts of "maria"

(Igumboldtianum, Australe) lying on the other side of the moon represent

the same type of "marine" lowland as can be seen on this side of the moon.

New spots similar to lunar craters with darker floors are observed near

Maria Marginis and Australe. The Sea of Hope marked on maps of the other

side is brighter than the lunar "pali" or, at any rate, is no less bright than

the "pali."

2. The floor of the crater Tsiolkovskii appears to be darker than the
darkest floors of other craters and maria.

3. The large area with brighter dark-gray and light-gray regions,

situated on the other side of the moon between Mare Smithii and the Soviet

Mountains, is comparable in reflectivity to the lunar "continents" of medium

brightness with "pali" and half-submerged walled-plain craters of the type
of Ptolemaeus and l?etavius.

4. The light part of the "continent" beyond Mare Moscovianum and lying

near the north pole on the other side of the moon is comparable in brightness

to the light-colored "continental" shield which on the visible side surrounds

Tycho and is covered with a great number of annular mountains.

5. The crater Giordano Bruno and the Soviet-Mountain region on the

other side of the moon are comparable in r eflectivity to the centers of the ray

systems of Tyeho and Copernicus on the visible side. This also ties in with

the presence of individual rays extending from these formations. We have

concluded that, within the margin of error of our photometric analysis, the

surface details on the other _ide of the moon apparently do not differ from

similar formations on this side in either their degree of surface unevenness

or their range of reflectivity gradations.

The above conclusions were tested by means of photometric and other

analyses of the Pulkovo photographs of the visible hemisphere of the moon

taken during the full moon of 13 March 1960 ]33/. Without going into a

detailed discussion of this work, let us note that the photometric analysis

of the televised images of the visible hemisphere (these images having been

obtained by the same methods as those used for the photographs of the other
..j__u_ of *'-^ ,,u,J_, *-' ..... _ ,n_+_o, iQ_Q_ ,:n_hl_d ,,._ to calculate the knownb I I t:::" L i_. L'%.'_,Ll VLA , v_vw ...... • ........

reflectivities of various details on the visible side of the moon to an

accuracy of about _=20%. The Pulkovo negatives, when televised using the

AIS equipment and then processed, provided us with certain more or less

definite criteria concerning the identification of known crater types on the

other side of the moon (for conditions of illumination close to full moon).

Thus, we were able to draw the following conclusions.

1. By means of the photometric analysis and examination of such negatives

it is difficult to detect the primeval, frequently huge, craters of the first

orogenic period, marked yellow on Khabakov's geological map(/6/, Chapter
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VII, p. 241). Under the given conditions the brightness distribution over the

surface cover of these walled-plain craters is independent of their geological

structure; it is masked by later processes occurring in the surface layer

of the lunar crust.

2. Craters from the second orogenic period of the moon (Khabakov's

system), and particularly craters in "maria" (of the type of Pitatus and

Ptolemaeus), are detectable due to their somewhat lower floor albedos.

However, the televised photographs showed only about 40% of the actual

number of these formations appearing on the original Pulkovo photograph

of the moon taken on 13 March 1960.

3. The young walled-plain and other craters of the third orogenic period

(Khabakov's system) always show up on the televised photographs, due to

the high brightness of their walls and halos (these craters, of the type of

Tycho, are surrounded by ray systems). Consequently, for future investi-

gations of the other side of the moon, we must realize that all the lunar

details transferred onto the Pulkovo map using the televised negatives, and

included in the first category in "The Atlas of the Other Side of the Moon"

/27/, actually exist. The nature and authenticity of the formation known as

the Sea of Hope, however, constitute a problem to be solved by later studies

of the other side of the moon.

In the future, a more detailed investigation of the invisible lunar hemi-

sphere will enable us to compile a map more accurate than the one in

Figure 111; also, it willlead us to more correct conclusions concerning

the surface of this hemisphere, some 80% of which has been photographed.

Since the photographs also show an area adjoining Mare Crisium and Mare

Foecunditatis in which regions of known albedo have been identified, the

approximate photometric analysis of these photographs leads to the following

conclusions concerning the nature of the formations on the other side of the

moon: several bright centers of ray systems are observed, and also an

extensive bright "continental" zone with individual walled-plain craters

hundreds of kilometers in diameter and individual dark-floored craters.

The bright "continental" areas on the other side of the moon are comparable

in reflectivity to the "continent" occupying the southern part of the visible

hemisphere.

The albedos of the "maria" (Moscovianum, Marginis, and Smythii) are

close to those of the dark "maria" on the visible side. The part of the other

side of the moon between the Soviet Mountains and Mare Crisium has a high

albedo, corresponding to those of the mountainous areas on this side of the

moon known as "pali." Certain dark-floored craters on the other side of

the moon, including Tsiolkovskii, are the darkest lunar features known;

their albedos are close to that of the floor of Plato.

Finally, the smoothness factor of the other side of the moon and its

brightness distribution during full moon apparently do not differ from the

values on this side. This leads to the important conclusion that both lunar

hemispheres have the same surface structure.

Some new data for studies of the lunar region and of the moon's surface

were obtained by the fourth Soviet lunar rocket, launched on 2 April 1963.

According to the TASS newspaper reports on 3, 4, and 7 April, the last

stage of the rocket was first put into an intermediate orbit around the earth,

from which it subsequently took off to move into its specified trajectory.

The payload of this rocket weighed 1422kg, comprising the automatic station

Luna IV. The object of this flight was to study the moon's surface from

262



very close, using the automatic equipment installed in Luna IV; the corres-

ponding data on the structure and physical conditions of the moon are

important in the preparation for landing astronauts there.

At th24 _ UT on 6 April 1963, Luna IV passed at a distance of 8500 km from

the moon. All the experiments and measurements using Luna IV were

completed according to schedule, and radio communication between the earth

and the capsule was maintained for some time after this. The experimental

material obtained will be very helpful in solving the technical problems

related to conquering the moon. The processing of this material will soon

be completed and published.
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V. V. SHARONOV

Chapter XI

N67-15495

PHYSICS OF THE PLANETS

§65. Introduction. The study of the planets and satellites in the solar

system is difficult for the following reason. Due to the low temperatures

of these celestial bodies, self-radiation at frequencies corresponding to

the ultraviolet, visible, and near-infrared regions of the spectrum does

not occur. Consequently, these bodies are observed predominantly in

reflected sunlight. This means that the basic tool of astrophysical research,

spectroscopic studies, can only to a limited extent be applied to planetary

observations. Actually, here spectroscopy can be used fruitfully only to

study the chemical compositions of planetary atmospheres, on the basis of

the absorption spectra obtained. With respect to atmospheric aerosols and

the solid surfaces of the planets and satellites, on the other hand, the

spectroscopic method gives negligible results, since reflection or scattering

of the sun's rays hardly ever produce characteristic lines and bands in the

planetary spectrum. Thus, the physical research in this case is based on

photometric measurements of various kinds, which are then analyzed to

obtain the absolute reflectivities for different spectral regions, the relative

angular distribution of the reflected flux, and also data on the polarization

and spectral composition of the reflected light.

A physical interpretation of these data is quite difficult. The proper

study of light scattered in the gases of atmospheres and cloud systems

became possible only during the last decades, thanks to the considerable

progress made in scattering theory (by Academician Ambartsumyan in the

USSR, by Chandrasekhar in the USA, and by others). However, even now

this study just gives certain data of physical nature and tells us nothing

about the chemical composition.
The situation is even less favorable in connection with the solid surfaces

of planets and satellites. The colors of minerals, rocks, and various types

of weathering crusts are extremely variable, so that it is difficult to draw

any conclusions concerning the nature of the surface from its reflectivity.

Furthermore, a very thin layer of extraneous matter covering the surface

proper may completely change the color of the apparent surface. Thus, no

theoretical criteria exist for the interpretation of photometric and colori-

metric data. Analyses in this field are therefore restricted to purely

hypothetical arguments based on analogies with the colors of terrestrial

materials and landscapes.

Somewhat more reliable are the results obtained by radiometric measure-

ments in the far infrared, that is, at frequencies where the planetary heat

is quite intensive. A proper interpretation of these data gives the surface

temperatures of the planets and satellites. Consequently, further observa-

tions of the planets at radio frequencies should be very rewarding, since
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radiostudieshavealreadyyieldedvaluableinformationon thenatureof
themoonandtheplanets.

It followsfrom theforegoingthattheclassicalinformationobtainedby
astronomicalobservationsandcelestial-mechanicalcomputationsstill
constitutesthemostvaluableandreliabledataavailableto theplanetologist
today. Suchclassicaldataarethesizes, figures, masses,andmean
densitiesof theplanets,their rotation elements,andalsocertaincarto-
graphicandtopographicmaterial.

§66. Theplanetarydisk. Whenobservedthrougha quitepowerful
telescope,a planetnolongerappearsto bea starlikepointin thesky;
rather, theplanetarysphereandvarioussurfacedetailsbecomedistinguish-
able. Theplanetsareobservedin projectionontothecelestialsphere.The
regionof thecelestialsphereoccupiedbytheprojectionof thebodyof the
planetis calledtheplanetary disk.

A

L _

A r

L

L

,2/

FIGURE 112

An observer views the visible hemisphere of a planet in external perspec-

tive projection (Figure 112, top). This means that any point M on the

surface of the planet is projected out to a point M' on the celestial sphere

AA , at which point the sphere intercepts the line ttM drawn from the

observation point H to the given planetary detail. The disk is delimited by

the line of intersection between the celestial sphere and the cone L'HL"

tangent to the surface of the planet. This line is known as the limb of

the disk. The point C', which is the projection of the body center O,

as well as the surface point C on the line OH, will obviously be the center

of the disk. For a spheroidal celestial body, the disk shows up as a

small circle whose angular radius 6 is easily calculated from the right

triangle OLH, where OL = _R is the linear radius of the body and OH = A is

the distance of the body from the observation point (in practice, the
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geocentricdistance):

i$

or, since 5 is always small,

sinS= B- (1)
A

8"-- R (2)
--a sinI" "

This formula is used in calculations of the planetary radius R from the

measured angular radius 6, or, conversely, in calculations of the angular

radius ("semidiameter") from known values of R and A. Values of 6 are

given in astronomical almanacs.

The drawing shows clearly that the radius OL drawn through the tangent

point does not coincide with the perpendicular OP to the line OH. Thus, it

follows that on the surface of the planet the limb is a small circle perpen-

dicular to OH and displaced relative to its copolar great circle by an angle

/_. POL = _ LHO = 5 toward the observer. Consequently, an observer in

general sees less than the hemisphere of the planet.

Since for planets 5 is not greater than 35", while even for the moon it

is close to 16', the angle POL can be neglected and the limb can be regarded

as the great circle normal to the line OH. Moreover, the portion L'L" of

the celestial sphere can be regarded as a plane, so that the external

perspective projection becomes the simpler, orthographic projection shown

in the bottom drawing of Figure 112.

Here Q is the plane perpendicular to 01t onto which the image of the planet

is projected; it is called the plane of the figure [or image

pla n e ]. Since the angle 6 has been neglected, all the projection lines are

now parallel to the projection axis OH, and any surface point M will be

projected to the base point M' of the perpendicular MM' drawn from the

point in question to the plane Q.

§67. Methods of observing planetary features. The main technique used

to study the surface details of bodies in the solar system is still just the

visual observation of these features through a powerful telescope with the

highest possible resolving power, A necessary condition for the success of

such observations is calmness of the earth's atmosphere. Consequently,

planetary observations should be staged in regions with the best visibility,

and each observation should cover a considerable period of time, so that the

observer can obtain as many sharp and undisturbed images as possible.

Records of the observation are generally drawn up by hand while the observ-

er is at the telescope, and a detailed description is noted down. The

drawings thus obtained are then used to make a map of the planet. In some

cases the positions of the sharpest features are measuredwith a micrometer,

but experience shows that this gives only a negligible gain in accuracy.

For a photographic investigation of the surface features of a planet, the

planetary disk must be photographed on the largest scale possible. Thus,

planets should be photographed using long-focus instruments, which have

equivalent focal lengths of about 10 to 20 m. When an astrograph with a

shorter focal length is used, additional magnifying equipment must be
provided.

Atmospheric vibration has even more influence on photographic observa-

tions than on visual ones, because photographic equipment cannot "catch"

a moment of quiet image. Furthermore, since the photographic materials
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used in astronomy have a relatively low resolving power, photography is

inferior to visual observations whenever features of small angular size are

involved.

On the other hand, photographic methods can detect low-contrast features

which are imperceptible to the eye. This is possible through the application

of photographic and printing techniques which increase the contrast of the

image. The principal contrast-increasing technique involves printing the

positive not from one but from several negatives, successively projected

onto the same spot of the positive; in this way complex images with

heightened contrast of real details are obtained. Such a multilayer technique

also lowers the contrast of emulsion grains and of random defects.

Another useful technique is filter photography in narrow spectral regions.

The efficiency of such methods was shown by Tikhov back in 1909. Many

valuable results were subsequently obtained by photographing the various

planets in ultraviolet light. For example, ultraviolet photographs 5etected

the "violet" clouds on Mars, they established the existence of belts and

located the position of the equator on the disk of Venus, etc.

Still further progress in obtaining large-scale, high-resolution images

of the planets is to be expected with the introduction of electron-optical

converters and multipliers, and also of television techniques, on the one

hand, and with the beginning of extra-atmospheric observations by astro-

nauts on the other.

§68. Methods of disk measurement. It is very important to measure

accurately the angular diameters of the disks of planets and satellites, since

then, using formula (2), it is possible to calculate the linear semidiameter

and the oblateness of the celestial body. The following methods are used

for such measurements.

I. Transit instruments. The angular semidiameter is here

obtained by observing the transit of the disk limb through a given meridian;

this is done for the moon and the major planets. The usefulness of the

transit method is limited, since it only gives the semidiameter coinciding

with the diurnal parallel, and additional phase corrections must thus be

introduced.

2. Cross-hair micrometer. In this case the micrometer cross

hairs can be centered on the limb for any position angle. This method is

widely used, but the results are burdened by systematic errors due to

irradiation and due to the particular way in which the cross hairs are placed

tangent to the limb ("the contact error"). The disk diameter obtained is

generally too large.

3. Heliometer. This is an astrometric instrument comprising a

refractor whose objective is bisected along its diameter, so that the two

halves can move (one relative to the other) along the division line. This

displacement doubles the image, and when the two images are placed so

that they touch at the opposite edges the contact error is reduced somewhat.

Nevertheless, the systematic errors are appreciable, the measured diameter

being generally less than the actual figure.

4. Double-image micrometer. Different variants of this instru-

ment all utilize the same principle, that of bringing into contact two images

of the disk. However, here the optical device is placed at the eyepiece node

of the equipment. This constitutes a certain advantage over the heliometer,

since the instrument can be mounted on any telescope, including large
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refractor andreflector types,sothatobservationscanbemadeat higher
resolvingpowers.

5. Disk micrometer. Hereanartificial diskis producedin the
telescopicfield of vision, theapparentdisksizebeingvariablewithin
certainlimits. Thebrightnessof this disk is first madeequalto the
brightnessof theobservedobject, andthentheapparentdimensionsare
equalized.Unlikethepreviousmethods,in whichtheabsoluterandom
error is constantsothattherelativeerror increasesin inverseproportion
to theangulardiameterof themeasureddisk, thediskmicrometerhasa
constantrelativeerror, andthis makestheinstrumentveryusefulfor
measurementsof diskswithsmallangulardiameters.

6. Photographic measurements. Thismethodis the least
reliable, becausephotographicirradiationalwaysblursthe limb of the
image,whereasthelinear diameterof the imageonthenegativeincreases
withtheexposuretime.

Nosingleoneof themethodsdescribedabovegivessatisfactoryaccuracy.
Thus,it is very importantthat themostsignificantsystematicerrorsbe
eliminatedduringprocessingof theobservationresults. The commonest
processingtechniquesare thethreefollowing: 1) aconstantirradiation
correctionc is obtained for a given set of measurements by measuring an

artificial disk with an accurately known angular diameter; 2) corrections

are obtained on the basis of theoretical considerations concerning the origin

of the errors to be eliminated; and 3) the results of a fairly extensive

series are represented by arbitrary equations of the form

8"=_+c, (3)

where 6" is the measured semidiameter, A is the geocentric distance of the
tt •

body, 6 0 is the true value of 5 for A = 1, and c is a constant irradiation

correlation. Solving the system of equations by the method of least squares

gives the unknown quantities 60" and c.

TABLE 1

Planet

Mercury
Venus

Earth

Mars

Jupiter
garara
Uranus
Neptune
Pluto

Sym-

bol

Average dis-
tance from sun

AU xto*km

Sidereal

revo-

lution

(sidereal

years)

Mean
diameter

A
,-4

km _

i
0. 387t 57.8_

0.7233 t08.t
t .0000 t49.4
t.5237 227.7
5. 2028 777.6

30.0707 [ 4494
39.46 !5894

/

0.2408 5000 0.39 0
0.6t52 12 400 0.97 0
1.0000 12742 1.00 t/297
t.8808 6770 053 t/t92

tt.862 140000 i0.95 t/i5
2.q.h57 115000 9.02 t/t0
84.013 5t 000 1 4.00 t/t4

t64.783 [ 50000] 3.92 t/40

294. t.t? ?

,_ Axial rotation

.9 o

per iod _ _

88_ 7"
? 14'.,

23 b 56 = 2T27'
24 37 25 to

9 50 37
10 t4 26 45
10 49 98
15 29
6 4 ?

_um-

ber

of

_atel-

lites

0
0
t
2

t2
t0
5
2
0

Summaries of diameter measurements for various planets have been

published repeatedly. Table 1 gives Russell's data, which, although they

are not the most recent, are still no less reliable than more recent results,
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while they have the additional advantage that the various characteristics

of each planet are completely consistent with one another.

§69. Phases. Since the part of the surface of a celestial body not illu-

minated directly by solar rays is generally invisible against the background

of the night sky, therefore the apparent outline of the disk is determined by

the projection of the illuminated portion only. The line along the surface

of the celestial body which separates the illuminated part from the dark

part is called the terminator. The terminator is obviously the locus of

tangent points between the surface of the body and a cone of rays with its
vertex at the center of the sun.

In this discussion of phases we will consider only the case of a spheroidal

planet. This is sufficient for practical purposes, since all three of the

celestial bodies for which the entire range of phases can be observed from

the earth (namely the moon, Mercury, and Venus) have negligible oblate-

ness. Moreover, in our approximate solution of the problem the sun will

be regarded as a point source of light located at an infinite distance from

the illuminated body. Consequently, it will be possible to consider a

cylindrical beam of rays parallel to the planet-sun direction, a case analo-

gous to that depicted in the bottom drawing of Figure 112, the only difference

being that now in the direction H we have the sun rather than the earth (the
observer).

It is obvious that, if these assumptions are made, the terminator is a

great circle on the surface of the planet, the plane of the circle being

perpendicular to the radius vector of the planet. Its projection onto the

image plane is then a half ellipse, whose semimajor axis is equal to the

radius of the disk and whose semiminor axis varies with the phase.

FIGURE 113 FIGURE 114

The main numericalcharacteristic of the phase is the phase angle ,_.

This is the angle at the planet center O between the direction to the sun and

the direction to the observer (Figure 113). The intersection points of these

(or the subsolar point) S, for which the sun is at the zenith; and b) the

center of the diskC. The great circle on the body surface passing through
these points and lying in the plane defined by the planet, the observer, and

the sun is called the intensity equator. It is clear that the arc

SC = _, that the limb P,LP_ is the polar of the point C, and that the termi-

nator P, TPz is the polar of the point S, so that _CL = _Sr = 90 °. The points

P, and Pz at which the limb meets the terminator both on the body surface

and at the apparent disk edge are called the c us p s. The disk diameter
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P,Pa (Figure 114) joining the cusps is called the line of cusps; the

diameter L,L 2 perpendicular to the line of cusps is the projection of the

intensity equator. The latter is divided by the terminator PITP2 into the

illuminated part L,T and the dark part TL2. The phase of a planet

is defined as the ratio

L,r (4)
¢=772"

It follows from elementary geometry that the semiminor axis CT of the

terminator ellipse is related as follows to the phase angle _p :

b= CT=R cos$, (5)

so that for the phase we have

= R+Rcos,= ½ (I+cos,)=cos' (6)
2H

This formula leads to the succession of phases, or planetary aspects,

listed in Table 2.

TABLE 2

0 o

0°<_<90 °

90°

90°< _ < t80 °

t80 °

Name of phase or aspect

True inferior conjunction (new
moon)

Crescent

Dichotomy first and last quar-
ters)

Gibbous aspect

True opposition ( full moon)

b/R

--I

b
--i<_<0

0

o<b<+t

+t

0

o<.<_
1

Y

t <¢,<t

t

Observations of planetary phases involve measurements of the arcs PrP2

and L,T (using a micrometer or some other instrument), followed by the

calculation of the apparent phase _' from formula (4). A comparison with

the true phase • calculated from (6) and listed in astronomical almanacs

often gives the result _' > ¢, obviously due to the influence of twilight

phenomena in the planetary atmosphere; here the light is scattered partly

onto the night hemisphere and the apparent terminator is displaced over the

arc section T'T of the intensity equator (Figure I13), called the twilight

a r c. The opposite is also possible, in which case the phase¢'obtained

observationally is less than the true phase; this corresponds to a negative

twilight arc.

§70. Planetographic coordinates of surface points. Since all planets

rotate about their axes, it is possible to locate the poles of the rotation axis,

the equator, meridians, and parallels on the surface of the planet. In

addition, the positions of points on the surface can be specified in terms of

planetographic coordinates, the latitude _ and the longitude k,

these being analogous to geographic latitudes and longitudes on the earth.
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On the planets, just as on the earth, positive latitudes are reckoned in the

direction of the north pole (that is, the pole nearer to the north pole of the

ecliptic), and positive longitudes are reckoned from some arbitrarily chosen

initial meridian in the sense opposite to the sense of planetary rotation.

The meridian passing at a given time through the disk center C is called

the central meridian. Due to the rotation of the planet, its longitude

in general increases monotonically with time, but it must be remembered

that this phenomenon is also influenced by the relative motion of the earth

and the planet in space. It is easy to show that, since the observer always

remains in the plane of the central meridian, the latter is projected onto

the image plane as a straight line constituting one of the disk diameters.
In order to obtain the coordinates _ and )_ from observation, we must

introduce a system of auxiliary quantities called the p h y s i c a 1 c o o r d i n-

at e s, which specify the apparent position of the coordinate grid on the

image plane. The main physical coordinates published in the astronomical

ephemerides are the following.

The position angle P of the projection of the rotation axis and the corres-

ponding projection of the central meridian; this coordinate is reckoned

counterclockwise from the northern direction of the declination circle

passing through the disk center C, that is, eastward.

The planetographic latitude D (sometimes B) of the disk center C; this

corresponds to the planetocentric declination of the earth relative to the

planetary equator.

The longitude L of the central meridian relative to the zero meridian.

Finally, the physical coordinates also include the planetographic latitude

and longitude of the subsolar point S.

In order to determine the planetographic coordinates, a micrometer or

some other instrument is used to measure the rectangular coordinates x

and y of a surface detail in the image plane. Here the disk center C is

taken as the origin and the axis OY runs along the northward direction of

the declination circle through the point C. Then, using the formulas

Q" x_V-_y _ and tgU= v

we convert to polar coordinates and calculate the planetocentric angle
between the directions to the observer and to the detail. This angle is found

from the expression

sin (¥ + Q) _ -_ sin Q,

obtained from the plane triangle through the surface detail, the center of the

planet, and the observer. Here A denotes the side of the triangle joining
the observer and the center of the planet, and /¢ is the radius of the planet-

In order to convert from the coordinates U, _ to the required planeto-

graphic coordinates _, k, let us consider a spherical triangle on the

planetocentric sphere; the vertexes of the triangle are the north pole P of

the planet, the disk center C, and the projection M of the detail (Figure 115).

Since the sides of this trangle have the lengths PC = 90 °- D, PM = 90 °- _,

andCM =_, while the angles at points P and C are equal tok--LandP+ U,
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respectively, it is easy to show that

sin_=sinDcos'_-}-cosDsin ycos(P +U), }
cos [t cos (_. -- L) = cos D cos _, -- sin D sin 5' cos (P + U). (7)

cos[3sin(_.--L)--sin_ sin(P+U),

which completes the solution of our problem.

The accuracy in determining the planetographie coordinates is usually

low, so that it is preferable to replace the trigonometric calculation by

various simplified graphical and computational techniques, these being

available in great variety.

The results of determining the coordinates of many planetary surface details

have been arranged into catalogs, or even into maps or globes of the celes-

tial-body surface. It should be noted that the planetographic coordinates

pertaining to different planets are generally given a designation incorporating

the Greek name of the particular celestial body. For example, the latitudes

and longitudes of lunar features are called s ele n o graphic (from the

Greek selene, meaning moon), while the coordinates of Martian features

are called areographic (from Ares, the name for Mars).

$71. The rotation elements and their observational determination.

Observations of the apparent motions of spots and surface details over the

disk of a planet make it possible to determine the elements specifying the

rotation of the planet about its axis. These rotation elements are: l) the

inclination i of the equatorial plane of the planet, with respect to its orbital

plane; 2) the longitude _ of the ascending node of the equator, which is

the point of vernal equinox for the particular planet; and 3) the sidereal

rotation period 7 of the planet, or else the angular rotation velocity

=360°/7 expressed in degrees per day. In some cases the elements i and

are related to the plane of the ecliptic and not to the orbital plane of the

planet; in other cases they are replaced by the ecliptic or equatorial coor-

dinates of the north pole of the planet on the celestial sphere.

P s

c

FIGURE 115 FIGURE 116

A knowledge of these rotation elements completely solves the problem of

the succession of days and seasons on a given planet. The sidereal rotation

period (neglecting precession) is in effect equal to the length of the sidereal

day for the given planet; the mean solar day is longer by an amount equal

to the mean diurnal orbital motion of the planet, expressed in units of time.

The inclination i of the equator to the plane of the orbit determines the

nature of the seasonal change. The amplitude of the seasonal change is

astronomically defined as the difference between the midday heights of the

sun at some point on the planet surface during the summer and winter

272



solstices; this difference for the temperate zone is equal to 2i. The

element i also determines the positions of climatic zones on the planet.

Since the tropics are parallels for which the midday zenith distance of the

sun at the corresponding solstices is zero, the latitude of these parallels

is i; analogously, the latitude of the polar circles is 90*-- i.

The beginning of each season is determined by the planetocentric longi-

tude of the sun relative to the plane of the planetary orbit. If these

longitudes are reckoned from the corresponding point of vernal equinox,

that is, from the ascending node of the planetary equator along the orbit,

then the vernal equinox corresponds to 0* longitude of the sun, the summer

solstice corresponds to 90 °, the autumnal equinox to 180 °, and the winter
solstice to 270*.

Precessions of the planetary axes are determined theoretically, since

observational determinations of _ are not accurate enough. Given the

masses and the orbital elements of the satellites, and also the oblateness

of the planet, we can find the total precession due to the perturbing influence

of the satellites and the sun, on the basis of the general theory of precession

developed in celestial mechanics.

If the rotation elements of a planet are not known, then it is possible to

determine for some surface detail the planetocentric coordinates relative

to the plane of the ecliptic. Let the latitude of the detail in this system be

b and let the longitude be I, the latter being measured from the point of

earth's vernal equinox. Next, let us consider the spherical triangle SPM

(Figure 116), whose vertexes are the north pole S ofthe ecliptic, the north

pole P of the rotation axis of the planet, and the projection M of the detail.

In this triangle, MP = 90*--_, MS = 90°- b, PS = i (this is the inclination of

the planetary equator to the ecliptic), z_MSP =90*-{-(I- _), _ being the

longitude of the ascending node of the planetary equator on the ecliptic, and

z MPS = 90°- _e,_ebeing the longitude of the detail relative to the planetary

equator and reckoned from the ascending node. Consequently, we obtain

sin [3= sin b cos i -- cos b sin i sin (l -- 76), (8)
cos _ sin _.e = sin b sin i -}-cos b cot i sin (l- _), ]

cos [$cos Xe = cos b cos (l -- Q) _ (9)

If we next make three successive observations of the detail, for three

different times t,, t2, and t3, we will obtain a system of three equations of

the form (8). These can then be solved for the three unknowns, namely the

rotation elements i and Q and the latitude _ of the planetary detail. The

rotation velocity _ of the detail can also be found as the ratio

-- ,--g=_--t, " (I0)

At present, however, this classical means of determining the rotation

elements is seldom used. The widespread use of photographic observations

has made the method proposed by the American astronomer Trumpler very

popular. According to this method, a series of successive photographs of

the planet is used to find the rectangular coordinates of a surface detail in

the image plane. Then, applying the method of least squares or by some

graphical means, we establish the apparent trajectory of the detail, which

is a semiellipse. Since this semiellipse is the projection of a planetographic

parallel, therefore its minor axis will be oriented along the projection of
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the rotation axis, its eccentricity will give the inclination of the equator

with respect to the line of sight, and the semimajor axis will indicate the

latitude of the detail. The advantage of this method is that it minimizes

the influence of systematic errors arising due to photographic irradiation

when the cross hairs of the measuring instrument are adjusted to the edge

of the image.

The rotation elements are now known for all the planets, except for

Venus and Pluto. Thus, future research in this respect will be dedicated

to improving the accuracy of the figures obtained. By differentiating

equation (8), we obtain

cos fid[5 = -- sin b sin i di -- cos b sin (l -- _Q_) cos i di -_ sin t cos b cos (l -- Q) dQ.

Then, by means of (9), we can simplify this to

d[5 = cos _'e sin i dFL-- sin )_edi. (11)

If finite increments are substituted for the differentials, while the latitude

of the detail corresponding to the initialset of elements is denoted by _, and the

latitude corresponding to the corrected elements is denoted by _0, then

we can define

[5--_o=A[5, A_=sini=X, Ai=--Y.

Consequently, equation (11) can be rewritten as

[5-= [5o+ A[5= [50+ X cos )_e + Y sin _e- (12)

If the values taken for the elements are considerably different from the

actual figures, then the corresponding [5will vary sinusoidally with )_e-

Once we have established this sinusoidal variation, it is easy to find the

corrections A_ and Ai.

In order to find the correction At to the initial angular velocity of rotation

_, it is necessary to make several suecessivc measurements of the longi-
tude)_ of some detail relative to the zero meridian, which rotates with a

velocity _. A regular variation with time of the measured )_ indicates the

unsuitability of the adopted value of %. By expressing the observational

results in the form of equations such as

X = _.o-4-At (t -- to), ( 1 3)

where _0 is the longitude at the initial time to, and by solving this system

using the method of least squares, it is possible to find the rotation-velocity

correction A_.

§72. Spectroscopic studies of rotation. An alternative means of studying

planetary rotations is based on an application of the Doppler-Flzeau effect.

For a celestial body which only reflects the incident solar radiation, the
dR E

shift of the spectral lines is determined both by the velocity v E = -d}- of the
dBs

body relative to the earth and by its velocity vs =-_t relative to the sun (here

1{E and Rs are the geocentric and heliocentric distances of the body). The
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variation A% (of the wavelength )_of the spectral line) corresponding to these

velocities is given by the general formula

A),. = _- (vE+Vs), (14)

where e is the velocity of light, and the velocities vF and Vs are taken as

positive for receding motion and negative for approaching motion.

The shift A)_ is primarily due to the orbital motions of the earth and the

planet; obviously, this part of the shift will be the same for all points on

the planet disk. However, the rotation of the planet about its axis also has

some effect, and this of course varies for different points on the disk.

It is easy to see that the effect of rotation will be a maximum for the

points at the edge of the disk which lie along the equator. Let us assume a

phase angle of zero, so that the entire disk is illuminated. Due to the

rotation, points lying on the planetary equator move with a velocity v0,

defined as
2a,R

v0= :_-, (15)

where R is the radius of the equator, and T is the rotation period. Since

the planets as a rule have direct rotation, the point of intersection of the

equator with the eastern limb approaches the observer and the sun with a

velocity v0, while the point on the western limb recedes with the same

velocity; thus, a corresponding shift of the spectral lines is produced.

This is the case, however, only when the earth and the sun lie in the equa-

torial plane of the planet. Let us consider a general case of relative

orientation of the observer, the planet, and the sun.

//
L _ ................ _"

N"

Z?_ _, r _.............. Cp

C _ r t

vo

FIGURE 117 FIGURE 118

in Figure 117 O is the center of the pianetocentric sphere, PP" is the

rotation axis of the planet, TMIiL is the planetary equator, $ and E are the

projections of the sun and the earth, and /_ and L are the intersection points

of the equator with the terminator and the limb. If we construct the

projections PEM and PS/r of the planetographic meridians, then we have

-EM=DE, SR=Ds, and _/fM=As-A E, whereAsandAEare the planetographic

longitudes of the sun and the earth. Next, let us find the shift corresponding

to the point T. The equatorial velocity v0 at this point, which is directed
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perpendicular to the radius OT of the sphere, is parallel to the radius OK.

By projecting this velocity onto the directions O$ and OE, we can find the

velocity components V_s, and vrE •

VTs=--VocosD s and VTE=--VoCOSD ECOS(As--AE).

Consequently, according to (14), the line shift A_T is

hk7 .... t'0 -c- [cos D s 4- cos DECOS (A s -- AE)]. (16)

Analogously, the velocity of rotation at point L on the limb is parallel to

the radius MO perpendicular to OL. By projecting the radius MO onto the

directions OE and OS, we can findthe velocity components VLE and t,Ls for

the point L:

VLE= _-v0cosDE and VLs =-bvocosDEcos(As--AE),

which gives a spectral-line shift A)_L of

A_ L = Z'0c [COSD E-F cos D s cos (A s -- AE)]. (17)

In practice, the observations are generally set up so that the shift AXof
lines at point L relative to point T are obtained. This relative shift is

A)_ = A_.L-- A),T == v0 _ (cos DE+ cos D s) It-_cos (As-- AE)I. (18)
C

The best measurements at'e those made near opposition. In the ideal case,

when DE=Ds = 0andAs--AE--0, we obtain

-- 4v0 _x . (a), 1 9)

The presence of the multiplying factor 4 facilitates the measurements,

since even for small velocities v0 it ensures an appreciable shift A),.

Given v0, we can find the rotation period of the planet from the formula

2_R
r =--, (20)

v 0

where R is the radius of the equator.

The observation technique is as follows: first, the image of the planetary

disk is projected onto the slit of a high-dispersion spectrograph with the

aid of a long-focus objective or mirror. Here, the spectrograph is set so

that the slit is parallel to the projection of the meridian section TL. On the

spectrogram the effect of the planetary rotation shows up as a movement of

the ends of the lines in opposite directions, and as a result the lines appear

tilted somewhat relative to their normal direction (Figure 11 8, left); this

movement of the line ends takes place because these ends correspond to

the spectra of points T and L of the disk. The following three methods can

be used to obtain the velocity v0 from such a spectrogram.

1. Absolute measurements of the line-of-sight velocities vr and VL for

points T and L can be made by the methods described in Volume I, and then

the equatorial velocity can be obtained from (16) and (17). The shortcomings
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of this methodare: it is laborious;highsystematicerrors are introduced
becauseof theblurrededgesof thespectrumonthespectrogram,dueto
imagevibrationandphotographicirradiation; thesettingsof therelevant
pointsonthediskare inaccurate(actually,wemeasurenotpointsT and L

but rather parts of the disk which are displaced more toward the center);
instrument effects enter in.

2. A relative comparison of line positions at the opposite ends of a

single spectrum or for two different spectra is made. When carried out

with a spectrocomparator, such a comparison gives the linear relative

displacement Ax of the line ends, and also, in terms of the dispersion D = dX
dx _

the corresponding wavelength difference A)_ expressed by (18). The errors

introduced are the same as in the preceding method.

3. Measurements of the line tilt are made. In order to explain this

method, let us consider Figure 118, where TCL is the half of the equator

facing the observer, M is some point on it, and MH is the vector of velocity

v0. For an observer situated in the direction OC, pointM is projected onto

the image plane T'L'as point M', located a distance y=Rsiny from C'. The

quantity R is the radius of the equator, and y is the planetocentric angular

distance of point M from the disk center C. The component of the velocity

_'o along the line of sight MM' is the vector MR, which has an amplitude of

roE=rosiny. Thus, v0E= v0_, and the linear shift of the spectral line at point M'

of the spectrogram (corre"sponding to point M of the disk) is

DX
M"M' = Ax = DA_, = Vo_ T Y"

It is clear that the shift Ax is proportional to the distance y from the central

line of the spectrogram, corresponding to the point C' (Figure 118, right).

The rotational Doppler effect thus turns the line through some angle

relative to its normal direction L'C', without distorting the line.

From the figure we see that

so that the velocity v0 is

Ax D _.

tg_=_-=v0 _,

Bop ° sin t °
vo=c XD (21)

The angle _ is determined using an instrument which measures position

angles. The cross hairs of the measuring microscope are first set parallel

to the unshifted lines of a comparison spectrum (the direction M"C'), and

then to the tilted lines of the planetary spectrum. The difference in position-

angle readings gives the angle _. This method is not very accurate as far

as random errors are concerned, but on the other hand it is more or less

free of the systematic errors which characterize the other methods.

The Doppler effect was first utilized as a means for studying planetary

rotations by Belopol'skii at Pulkovo Observatory. He used spectrograms

taken with the 30-inch refractor to determine successfully the rotation

periods of Jupiter and Saturn, and also the periods of various zones in
Saturn's rings.

§73. The disk of a considerably flattened planet. Let us consider a

planet which is a spheroid, with an oblateness e and a corresponding
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meridional eccentricity e. If the observer is situated in the equatorial plane

of the planet, that is, if D --0 (see Figure I19), then the planetary disk will

appear as an ellipse withsemiaxes a and b and eccentricity e. As D increases,

the eccentricity decreases, until for D = 90 ° we have e-- 0, since in this

case the limb coincides with the equator (the situation actually observed

for Uranus).

Y

K N

M_M"

N" K"

FIGURE 119
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In order to obtain a relation between e and D, let us consider Figure 119.

Here the ellipse PMP'M' represents the central meridian of the planet, OP = b

and OM=: a are the semiaxes of the meridian, OE is the direction of the

terrestrial observer, and ffEOM= D. Let us also draw the tangents NK

and N'K' to the ellipse. Obviously, the distance NN' between the two

tangents gives the polar diameter of the disk on the image plane.

Next we take a system of rectangular coordinates with the origin at the

center of the ellipse O and with the axes OX and Ol" pointing along the semi-

major and semiminor axes of the ellipse. The coordinates of the tangent

point K are x, and g,. Since we know the equation for the line tangent to an

ellipse at a given point, we have

x _at+ y y'_2--!--0. (22)

On the other hand, since ON_LNK, wecanset NO = b, and/90N = (p to obtain

the equation for this line in "normal" form:

Or

x cos ¢p+ y sin q_ -- bi = 0

cos q_ sin q) 1
x %T+y %T- -o.

By comparing the coefficients ofx and y in this equation and in (22), we

obtain the equalities

z,_ cos_ and v,__ sinqD

or

_r t a

a b_COS_ and v, b-b = b; sin %

By squaring these expressions and adding them up, we obtain

{,!+ "_ °' cos, b 2

b 2:: $_ _-b] sin' q_= 1.
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Then, solving this equation for bl and taking into account that b2= a_(t--eS),
we find that

b_ = as cos _q_+ b' sin 2 _ = a2 (t -- e2sin' q_).

Applying the equalities

e*=2e--e' and ¢=90 °-D,

we finally obtain for the polar semidiameter bt of the disk

bi = a V t - (2e - e') cos' D. ( 23)

The apparent oblateness s, of the disk is therefore

el = -_ = t -- V t - (2s - e') cos' D. (24)

Since s is small, whereas the accuracy with which a and b can be determined

in practice is still not high, it is advisable to drop the terms of second and

higher orders in _. Consequently, we obtain

e, = t -- (1 -- 2e cos' D) '/2 = e c0s 2 D.

According to these formulas, the expression giving the true oblateness

of a spheroidal planet, in terms of the measured apparent oblateness _, of
its disk, has the form

e=etsee'D. (25)

§74. Planetary characteristics related to the mass. The mass is the

principal characteristic of any celestial body. Problems of mass determi-

nation are discussed in texts on celestial mechanics, and here it will be

enough to mention that two methods exist for finding the mass. The first

method is based on the application of Kepler's third law, as generalized by

Newton to describe the motions of satellites revolving about a given planet.

Its application requires that a detailed theory of the motion of the satellite

be available, since only such a theory can provide the basic parameters

needed for the calculation, namely the semimajor axis a of the orbital

ellipse and the revolution period T. The second method is based on an

analysis of the perturbations which the given body exerts on the motions of

other bodies. This method is mainly applied to determine the masses of

planets which have no satellites, and also to the large satellites of the Jovian

planets. In addition, it is often used in conjunction with the first method

for mass determinations of planets with satellites. The masses of the

smaller members of the solar system, such as the asteroids and small

satellites, cannot be determined, so that we must be satisfied with hypo-
thetical estimates based on various indirect considerations.

Given the mass, we can easily find the mean density x of the body by

dividing the mass M by the volume V :

_=M
V • (26)

For a spherical body, the volume is calculated using the common formula
4 8

V = _:_R . For an appreciably flattened body, the volume can be calculated
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using the same formula, but in this case// represents the average radius

R- = _ (2a + b) = a(i-- {- e), where a and b are the semimajor and semiminor

axes of the spheroid, and e is the oblateness; alternatively, the usual

4 2
ellipsoid formula can be used, namely V = =5_a b.

Furthermore, knowing the mass, we can calculate the mean acceleration

of gravity at the surface of the planet:

g=G m , (27)

where G is the gravitational constant, equal to 6.67.10 -s CGS units. The

distribution of the force of gra,dty over the surface of the planet can be

expressed by the familiar Clairaut formula:

g=go(t +_1 sin' _), (28)

where [_ is the planetographic latitude, go is the acceleration of gravity at

the equator (expressed to a first approximation by (27)), and the parameter

B has the value

ggo*--go 5

go _q--e,

Here q is the ratio between the centrifugal acceleration at the equator and

go. For our purposes, this ratio can be taken as approximately equal to

3 m 2 3_

q = 4--Gn_ = GxT-' (29)

where to is the angular rotation velocity of the planet, and T is the period

of its axial rotation. The parameter q is significant in that, in conjunction

with the oblateness e, it makes possible certain conclusions concerning the

internal structure of the body. Specifically, Clairaut showed that the ratio

e/q for any real body must lie between t/2 and t'/,. The lower value corres-

ponds to the case of a limit concentration of matter at the body center, when

almost all the mass is concentrated at the center, while the upper value

corresponds to a constant density of matter throughout the body.

I M

Planet

Mercury 0.04 3.8
Venus 0.8t 4.9
Earth t.00 5.5
Mars 0. tl 4.0
Jupiter 316.9 t.3
Saturn _4.9 O. 7
Uranus 14.7 t.3
Neptune I 17.2 t,6
Pluto O. 99

TABLE 3

I

_-- ] %'
q km/sec

g

XE gEg/cm

0.70 0.27
0.88 0.85
t .00 t .00
0.72 0.38
0.24 2.64
0.t3 t.t7
0.23 O.92
0.29 t.t2

1

0-797
t.t4
0.63
0.54
0.74
0.57

3.6
t0.2
it .2
5.0

60
36
2t
23

Another important physical characteristic of a body is its critical

velocity, or escape velocity, ve. This is the velocity at which motion near
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the surface of the planet is parabolic *.

oe= "= V (30)-ff

The different mass characteristics discussed above are given in Table 3.

Here ME,_ E and gE denote the mass, mean density, and acceleration of

gravity for the earth.

$75. The brightness, magnitude, and color of a planet. For planets and

satellites, as well as for stars (see Volume I, § 122), the illumination Ep
caused by the body at the point of observation is called the b r i g h t n e s s.

The decimal logarithm of the brightness multiplied by -2.5 gives the

stellar magnitude of the body rap. This quantity is measured

by means of a photometric comparison with stars of known magnitude

(north-polar sequence, standard areas), the technique us ed being that of stellar

photometry. Difficulties sometimes arise which require the application of

special measures. On the one hand, these may be due to the proper motions

of planets and satellites, as a result of which their images on the negatives

will be elongated, making comparisons with the stars impossible. On the

other hand, they may be due to the considerable angular extent of the disks

of the major planets.

The brightness and magnitude of a planet vary in time fairly rapidly,

mainly due to the variation of its geocentric and heliocentric distances and

to its phase variation. Some influence may also be attributed to other

factors, such as the inclination of the equatorial plane to the line of sight,

the axial rotation (which alters the relative positions of light and dark spots

on the disk), the seasonal changes in surface color, etc., but the effects of

these are secondary.

Let us consider a spherical planet of radius R. Its brightness Ep is pro-

portional to the projection area of the sphere nR 2 and to the solar illumina-

tion Es at a certain standard distance h0; it is inversely proportional to the

squares of the radius vector a and the geocentric distance L. Taking F as

the proportionality coefficient, we may write

2 2

Ep=FEs A_ _t/_z ft,h) (31)
Au L _ Jt'r/"

Here /(4) is the so-called phase function or phase curve, which

gives the variation of brightness with the phase angle 4; it is normalized

so that /(0) : 1. Now, in terms of stellar magnitudes, we can write (31} as

mp = -- 2.5 lg Ep = -- 2.5 lg _FE s Ao'R_+ 5 lg AL -- 2.5 lg ] (_p). ( 32)

The quantity A0 is generally taken as one astronomical unit, E s is taken as
the solar i!!umin_tion at the mean earth-sun distance, and A and L are also

expressed in astronomical units. In this case the first term on the right

side of (32),

g= -- 2.5 lg nFEsRL (33)

* The velocity v e at which a body escapes from the surface of a planet to infinity is known [in Soviet

literature] as the second cosmic velocity. The first cosmic velocity ¥'_ [more commonly known in

the West as the circular velocity] is the velocity at which a body becomes a satellite of the planet and

revolves in a circular orbit of radius R.
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obviously represents the stellar magnitude of the planet as viewed by an

observer at the center of the sun, provided he is a distance of A = 1 A.U.

from the planet. The quantity g is called the absolute magnitude of

the satellite; this is a basic photometric constant for any celestial body.

In other cases, albeit only for the superior planets, the stellar magni-

tude at mean oppositionmo is given. This is the magnitude which

the planet would have for $ = 0, if its distance from the sun were equal to

the semimajor axis a of the orbit and its distance from the earth were

L = a - i. It is easy to see that m_ and g are related by the expression

"ns=g + 51ga(a-- l). (34)

The phase curve can be plotted empirically by measuring the magnitude

of the planet at various phase angles _. Such measurements, of course,

can be made with much completeness only for three bodies, Mercury, Venus,

and the moon, since the superior planets can be observed only within a

limited range of $. The results of the measurements are usually represen-

ted as a power series;

--2.51g/(_)=k_0+l_ 2+n_ s+...

For the superior planets, for which observations give only the initial section

of the curve, we retain only the first term. The coefficient k in this term

is called the phase coefficient. This coefficient is one of the principal

photometric characteristics of celestial bodies.

From the foregoing, we obtain the following formula for rap:

mp = g + k_ + l*_ + n_S + 51g AL. (35)

Formulas of this kind are used, in particular, to calculate the values of rnp

published in astronomical almanacs. The numerical values of parameters

g,,n0, and k, and also the photometric characteristics of planets to be

considered below, are given in Table 4.

TABLE 4

Planet mo h 6x Ag A i

Mercury 1 --2.94 --088
Mercu@ II --2 12 --0.06
Venus --4.77 --4.06
Earth --4.57* --3.52*
Mars --t 85 --t. 36
Jupiter --2.29 --8.99
Saturn -} 0.89 --8.67
Uranus +5.74 --6.98
Neptune -}-7.t5 --7.06
Pluto +t4.71" --t.t9"

* All the values except those marked

0.037 3".45 0.t64 0.246
0.023 3.45 0.077 0.tt5
0.013 8.55 0.492 0.738
0.0t6" 8.79* 0 29* 0.44*
0.015 4.67 0.t39 0.208
0.0t5 5.23 0.375 0.562
0.0t5 177.95 0.420 0.63

-- 36.00 042 0.63
-- 134.5 049 0.74
-- I -- 0.03"? 0.04*?

q As Color
index

0.42 0,069
0.72 0,055
t. 20 0, 59 -1-0.78

0.45
t.tt 0,t54 1.38

-- -- 0.96*
-- -- t.t2

-- -- O. 67*

with an asterisk * are from Russell

By measuring the magnitude of a planet in two spectral regions, for

instance in the photographic and photovisual regions, we can obtain the color

index C. Since planets and satellites shine by reflected sunlight, this

characteristic is not as significant for them as for stars. A more useful

I526
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parameter is the so-called color excess or yellowness
defined as

D=C--C®,

index,

(36)

where C is the color index of the planet, and CO is the color index of the

sun. Obviously, when D> 0, the body surface reflects predominantly the

long-wave part of the spectrum; for D<0, on the other hand, the short-

wave radiation is scattered strongly; finally, for D = 0, we have the case

of neutral reflection, In practice, the determination of D is complicated by

the fact that it is difficult to obtain the solar color index CO in the same color

system. Methods have therefore been proposed which enable a direct

comparison between the color of a planet and the color of sunlight reflected

by a white screen. On the other hand, it is permissible to replace the

sunlight by the light of stars in the same spectral class as the sun (dG2);

this greatly simplifies the process of colorimetric observation, since the

determination of D is reduced to a comparison of the colors of the planet

and the star when the two are at equal heights above the horizon.

Results more comprehensive than those of colorimetry are provided by

the integrated-light spectrophotometry of planets. Here, the standard may

be either sunlight or the light from stars with the same spectral composition.

The final result of the spectrophotometric observations, which are made

either with a slit spectrograph or an objective-prism camera, is a curve

giving the ratio of the planetary-light intensity ](),) to the corresponding sun-

light intensity is(M, as a function of the wavelength )_. This ratio is generally

specified in relative units, the ratio of intensities for some arbitrary )_
being taken as unity.

Another technique for studying the integrated light of a planet or satellite

is based on polarization measurements. Reflected light is as a rule partially

polarized, that is, it is a mixture of natural unpolarized light of intensity

E n and light polarized in a certain plane, whose intensity we will denote as

Ep. The problem in this case is to measure the degree of polarization p:

Ep

p = En___E p , (37)

and to find the position of the plane of polarization. The technique for

making polarization observations was developed most thoroughly by the

French astronomer Lyot, who designed a very sensitive visual polarimeter

and used it to carry out extensive sets of observations of the light from the

moon and the planets. Photographic photometry is less useful for polariza-

tion observations, since its low accuracy prevents the detection of the slight

polarization which is typical of the light from a planet; however, photo-

electric methods can be applied with considerable success here.

§76, ReflactlvKy_ The final _irn of photometric observations of planet,_

and satellites is to determine certain numerical characteristics of the

reflectivity of their surfaces. These characteristics enable subsequent

comparisons with the various materials, rocks, and forms of the earth's

landscape.

With respect to incident light, the surfaces of planets and satellites are

mat or dispersive. This means that an incident beam of solar radiation is

scattered by the surface in all directions. Correspondingly, a plane element

of the surface illuminated from outside will have a certain brightness B in
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every direction, and this brightness will be proportional to the illumination

E of the element:

B=_E" (38)

The coefficient
_B

r=T (39)

entering into this formula is called the brightness coefficient or

the luminosity; it constitutes the main reflectivity characteristic for a

mat surface.

For some scattering substances the brightness is the same in all direc-

tions. This means that the coefficient r is independent of the reflection

angle e between the reflected light and the normal to the surface. A case

can be imagined in which the value of r also remains the same for all

incidence angles i of the illuminating beam. A surface with constant r,

namely whose luminosity is the same for all possible combinations of angles

of incidence and reflection, is called ideally mat or orthotropic.

No ideally mat materials exist in nature, but the concept of an orthotropic

surface is of considerable theoretical significance for photometric studies

of reflecting bodies. Many applied photometric problems make it necessary

to provide a screen which reflects orthotropically within some given margin

of errc:. Such screens may have dull or mat surfaces of frosted glass,

marble, chalk, or gypsum, or better still, floury surfaces made specially

by pressing on some powdered substance such as magnesium oxide (MgO)

or baryta (BaSO4). However, for angles of incidence close to 90 °, the

departure from orthotropic reflection will be appreciable even for such

screens.

Let us consider an element of an orthotropic surface s illuminated by a

uniform parallel beam which causes an illumination E0 at a surface perpen-

dicular to it. If the angle of incidence at the surface element is i, then

the illumination of the surface will be E0cos i, while the brightness is given

r

by formula (38) as _ E0 cos i. Next, by applying the familiar relation between

the luminous intensity and the brightness (see Volume I, §117, formula (19)),

we obtain thc following cxprcssion for the luminous intensity I of the element

in a direction lying at an angle e to the normal:

r

I = _- sEo cos _ cose. (40)

Thus the luminous intensity of a scattering element is proportional to the

cosines of the angles of incidence and reflection. This proposition is known

as "the law of cosines " or " Lambert's law"; it obviously applies only for

constant r. Therefore, we can also define an orthotropic surface as a

surface which strictly obeys Lambert's law of cosines.

For real substances the coefficient r varies with the direction, sometimes

very considerably. Let us now introduce a system of spherical coordinates

with the pole in the direction of the normal to the element. A particular

direction will be specified by its polar distance i or e and its azimuth 8,

reckoned from the plane containing the direction of the illuminating beam.

The brightness coefficient can thus be written as a function of three angles:

r=ro](i, e, 0), (41)
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where r0 is a constant. Since this function as a rule can be specified only

by numerical means, it is best to plot it graphically as a vector diagram,

in which segments with lengths proportional to the value of r for a given i

are laid off from the origin in different directions. A surface constructed

through the ends of these segments is called the reflection indicatrix.

Reflection indicatrices may have a great variety of shapes. The two

following, however, are the most frequent: 1) an indicatrix elongated in

the direction of the illuminating beam toward the source of light; such an

indicatrix is characteristic of highly irregular, pitted formations like

ploughed soil, vegetation cover, heaped fragments, etc.; 2) an indicatrix

elongated in the direction of the specularly reflected ray, which indicates

the presence of specular reflection, giving characteristic reflexes and

highlights (glossy substances). The indicatrix of an orthotropic surface

will obviously be hemispherical. The indicatrices of various materials have

been studied in numerous publications by Orlova.

The simplest way to determine the brightness coefficient in practice is

to compare the brightness B of the given surface with the brightness Bs of

a standard screen under entirely identical illumination conditions. From

formula (38) it follows that, if the brightness coefficient r s of the screen

is known, then the value of r for the substance in question can be found from

the equation
B

r= rs-B_ " (42)

When very high accuracy is required, the absolute standard for these

measurements is a white screen (for example, one of gypsum), which has

been covered with magnesium oxide from the smoke of a flame of chemically

pure metallic magnesium. For such a screen, rs = 1 to within 2 or 3°70.

The quantity r measured in a monochromatic luminous flux of wavelength

)_ is designated as r()_)andis calledthe spectral brightness coef-

f ic ie n t. Its variation over the spectrum determines the color of the

substance. If r(k) is constant within the relevant spectral range, then the

substance is said to be neutrally dispersive or gray.

Spectral brightness coefficients are usually determined using formula

(42), the brightnesses in monochromatic light being compared spectro-

photometrically. A great many measurements of r(_) for various substances

and terrestrial landscapes have been carried out (and the results published)

by Krinov.

§77. Albedo. The collective term albedo, which is derived from the

Latin word "albus" (meaning white) and which consequently denotes "white-

ness, " is applied in astronomy to a group of quantities characterizing the

overall fraction of light reflected by a given surface in all directions.

The simplest example is the albedo for a homogeneous element of a plane
surface. If ¢0 is the luminous flux incident on the element and @is the flux

scattered back into space, then the ratio

A_____
-- ¢0 (43)

is called the plane or true albedo. Sometimes it is also called

Lambert's albedo, while in illumination engineering it is referred to as the

diffuse reflection coefficient, Q.

285



The plane albedo of a given specimen in general varies with the illumina-

tion conditions and, in particular, with the angle of incidence i of the

illuminating flux at the surface. It also differs for different spectral

regions.

Since the incident flux is proportional to the illumination (_0= sE) and

the scattered flux is proportional to the luminosity (_ = sR), the albedo A

will obviously be equal to the ratio R/E. Therefore, by applying the formulas

given in Volume I, §116, it is easy to find a relation between the albedo and

the brightness coefficient. In order to do this, in formula (17) of §116 the

quantity roEoJ (i, e, b) cos i/_ mustbe substituted for Bo] (% 8) and the angle e must

be substituted for _, to give the value of R. Since the illumination E equals

Eo cos i, it is easy to show that

2_ 2

R r 0

A--.._---.-_- I I ](i,e,b)sineeosedsd_. (44)
O-_O e=O

For an orthotropic surface ](i, e, _))=l, and therefore

A =r0. (45)

In some photometric problems the concept of an absolutely white

surface is used, this being an orthotropic surface whose albedo is unity.

As (45) shows, the brightness coefficient of such a surface is also unity,

and this defines the system of brightness coefficients described above. The

term "brightness coefficient" should thus be interpreted as the ratio of the

brightness B of a mat surface in a given direction to the brightness B0 of

an absolutely white surface under precisely the same illumination conditions:

B (46)

As we noted in the previous section, in practice an absolutely white surface

is simulated using a screen coated with magnesium oxide, whose albedo in

the visible spectrum is from 0..97 to 0.99.

The determination of the albedo A is fairly complicated even for terres-

trial specimens, since it involves measuring the luminous flux ¢ scattered

over a whole hemisphere. Such measurements are made using so-called

integrating photometers and albedometers, a good example of the latter

being thealbedometerdevelopedby Fesenkov. A method of albedo measure-

ment for the natural cover of the earth's surface under field conditions was

developed by the Soviet actinometrist Kalitin. Such methods, however,

cannot be applied to the surface elements of celestial bodies, and so the

plane albedos of these bodies are in general still unknown.

A special reflectivity characteristic of planets and satellites is the

so-called spherical albedo A s (sometimes called the Bond albedo).

The spherical albedo is defined as the ratio of the luminous flux _p dispersed

by the whole illuminated hemisphere of the planet in all directions to the

luminous flux _o received from the sun by this hemisphere:

As=_0P-. (47)

Let us consider a spherical planet at a distance A from the sun. The

point O is the center of the planet (Figure 120), and OS is the direction of
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the sun. We next draw a sphere KP of arbitrary radius L centered at O,

and we consider on it a system of spherical coordinates with the pole at the

point P where the sphere surface meets the radius vector O$. Here, a polar

distance MP will be defined by the phase angle 4.

FIGURE 120

Let us now construct on the surface of the sphere an elementary strip

MM' , bounded by small circles with polar distances, and , + d,. The area

ds of this strip is 2_L 2 sin, a_, and the illumination Ep of the surface of the
strip, as a result of scattered planetary light, is given by equation (31).

Since the luminous flux ¢b is equal to the illumination multipled by the area,

therefore the element of flux dCp incident on the strip area will be

d(Pp = Ep ds = 2:_FE s _ ] (_) sin _ d_.

The entire flux _ reflected by the illuminated hemisphere of the planet in

all directions can now be obtained by integrating the preceding expression

over the entire sphere, which gives

ho2R9"
• p = 2_ FEs_y-- _ ] (_)sin_dg.

0

On the other hand, the flux ¢0 incident on the illuminated hemisphere is

equal to the solar illumination times the cross-sectional area of the planet-

ary sphere:

A_
2 U •¢0=_R _-E_.

After inserting these expression for ¢p andD0 into (47), we obtain

As= 2_F i [(_)_in_d% (48)
0

The quantity _r is generally called the geometric albedo; we denote

it here as Ag (another symbol for it is p). Twice the value of the integral

in(48) is ealled the phase integral and denoted as q. In terms of this

notation, (48) simplifies to

As=qAg. (49)

287



Thesphericalalbedois thusequalto thegeometricalbedomultipliedby the
phaseintegral. Thelatter canbecalculatedexactlyonlyif thephasecurve
]{$)is known, as is the case for the moon, Mercury, and Venus. Otherwise,

approximate methods or arbitrary assumptions are necessary. For Mars,

a considerable part of the phase curve is known, so that the remaining part

can be obtained by extrapolation. In other cases, empirical relations

between the phase coefficient and the phase integral q are used. For the

farthest planets, the phase coefficient cannot be determined with much
accuracy either. In this case, the spherical albedo is computed assuming

an orthotropic planetary surface, that is, formula (40) is used. This gives

a phase curve of the form

] (_b)= _ [sin _ + (a -- _) cos _], (50)

3
which when substituted into (48) gives q =-_. The albedo calculated in this
way is generally called the i11ustrative albedo and is denoted as Ai.

For a body whose surface is not orthotropic, the physical meaning of Ai is

as follows: it is equal to the ratio of the actual brightness of the planet for

$= 0 to the brightness which would exist if the entire surface of the body

were absolutely white. Sometimes the geometric albedo Ag is used; it is
the ratio of the actual brightness of the planet for @ = 0 to the brightness of

an absolutely white plane disk of the same radius R, located perpendicular

to the sun's rays in place of the given planet.

For an orthotropic surface, the different reflectivity characteristics are
related as follows:

3
r=A=A i =As= _Ag.

The albedos of the planets and of some satellites are given in Table 4 above.

._78. The application of surface photometry to disks of planets and

satellites. The results of integrated photometry, expressed in terms of one

of the albedos, give only some average characteristic of the whole hemi-

sphere of a planet. More differentiated results can be obtained, however,

using surface photometry, whose technique was discussed in Volume I,§140.

In the simplest case, only the distribution of brightness over the disk is

studied, unit brightness being arbitrarily ascribed to some particular area

on the disk. In this way it is possible to study, for example, the pheno-

menon of limb darkening at full phase or the brightness variation with

distance from the terminator, or else to compare the brightnesses of

various features with one another. These data are often of great significance

and they enable us to draw some important conclusions on the nature of the
surface.

Even more valuable data are provided by measurements which give the

brightness coefficients of different features on the surface of the planet.

Such measurements require comparisons between the brightnesses of

features on the disk and the intensity of sunlight; these are based on certain

special observations leading to a standardization with respect to
sunlight.

The simplest standardization technique calls for comparing the apparent

brightness Bp of a feature on the planetary disk with the brightness Bsc of
a white screen. The screen is situated on the earth at a sufficient distance
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from thetelescopethat it canbeobservedbythesamemeansastheplanet-
ary disk; thescreenis illuminatedbydirect solar raysonly.

Let thetransparencyof theearth'satmosphereatthetime of observation
be pp, and let the corresponding air mass be roD. If the radius vector of the

planet is Ap and the angle of incidence of solar rays on a feature is i, then
we will have

rEs pmP

Bp = -_(--- cos i, (51)

where r is the required brightness coefficient of the feature, and E s is the

solar illumination at a distance of 1 A.U. Likewise, for the brightness Bsc
of the screen we can write

m

B_c_rSCESP S s
- _A[ ' (52)

where rsc is the brightness factor of the screen, known from laboratory

tests, Ps and m s are the transparencies of the earth's atmosphere and the

air mass for solar rays at the time of observation of the screen, and A E is

the earth's radius vector at that time. By dividing (51) by (52) and then

solving for r, it is easy to show that

mS A_
B_ Ps P

The dispersing screen used in this method may either reflect (in which

case its brightness is observed on the illuminated side) or scatter (in which

case the brightness is measured on the reverse side in terms of the trans-

mitted luminous flux). In either ease, the position of the screen must

satisfy the following three conditions: 1) the screen must be accessible to

photometric observations using the same instruments as are used in the

photometry of the planet; 2) the incidence of the solar rays must be strictly

normal or else at some accurately known angle isc; and 3) the scattered

light of the sky and of terrestrial objects must not fall on the screen. In

practice, it is very difficult to combine the first requirement with the third,

and special standardizing adapters are required. Scattered light is p_r

mitred in some cases, but then the final result must be corrected corres-

pondingly by measuring the scattered-light component separately. Various

techniques and schemes related to such measurements have been developed

and described by Sytinskaya.

Other methods have also been proposed for photometric standardization,

such as comparisons of the disk brightness with that of the solar photosphere

or with the brightnesses of extrafocal disks of stars. Descriptions of these

techniques are given in specialized texts on photometry.

In some cases, the results of absolute photometric measurements of

planetary disks are expressed in terms of the brightness factor or

apparent albedo e. This is defined as the ratio of the brightness Bp of

a certain area of the disk to the brightness Bonof an absolutely white screen

oriented normal to the solar rays and at the same distance from the sun.

Obviously, r and Q are related by the expression

Q=rcosi.

_79. Structures of planetary atmospheres. Let us assume that the

thickness of a planetary atmosphere is small relative to the radius of the
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celestialbody. If this is true then, first, thecurvatureof theatmospheric
layerswill benegligibleandeachsectionof theatmospherecanbecon-
sideredasa planelayer, while, second,theatmospherewillbe maintained
in a uniformfield of gravity(thatis, theaccelerationof gravitygwill be
constantat all heights). If themassof thegasaboveaunit surfacearea
is M, then the pressure p0 of the atmosphere at the surface will be

Po = Mg.

The theory of the structure of planetary atmospheres attempts to specify

the height distribution of the massM, or, equivalently, to specify the

variations of the density Q, pressurep, and temperature T with the height

h above the surface of the body. The relation between these three physical

characteristics of gases is given by the classical equation of state:

(54)
p=q--c- T,

where _ is the molecular weight, and R is the universal gas constant.

If we pass from a height h to a height h.-bdh, the pressure variation will

equal the weight of the gas enclosed in the elementary layer dh; if calcula-

tions are made for unit area, then this weight will be gQdh. Consequently,

the main condition for atmospheric equilibrium has the form

dp = --gQdh. (55)

In order to integrate this equation, we must know the relation between Qand

h, whichin general is very complicated and is unknown except with respect

to its overall form. Calculations are therefore usually made for certain

simple hypothetical models of atmospheric structures, some of which will

be considered below. We will consider, in particular, the case of constant

(chemical composition the same at all heights), and p0, Q0, To will denote

the values of the corresponding quantities at the surface of the planet (that

is, for h = 0).

1. Homogeneous atmosphere. This corresponds to Q=q0=:

= constant. Integration of equation (55) gives

p= po--Q, ogh. (56)

For h-=H=poh_og, this equation gives p = 0. The parameter H is called the

height of the homogeneous atmosphere, and it is often used

as a characteristic of the amount of gas on a given planet, since this height

is proportional to the mass M:

H__._ M "

Q0

The homogeneous-atmosphere model, in spite of its arbitrariness, is

widely used to solve various problems in atmospheric physics, especially

in atmospheric optics.

2. Isothermal atmosphere. This corresponds to T=T0=constant.

The density pdecreases monotonically with height. Division of (55) by (54)
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gives

dp I.tg

--= ----fffdh = --_h_ (57)p

ne':t, by integrating and substituting the boundary values p0 for h = 0 and

for h, we obtain

p = poe -f_h, ( 5 8)

and, from (54),

Q = Qoe-l_, (5 9)

where _ = _g/RT is a constant characteristic of the given atmosphere. Since

[_ is proportignal to g, the drops in pressure and density with height are

more rapid for higher accelerations of gravity at a given body. The iso-

thermal atmosphere has no definite boundary, since the pressure p and the

density Q approach zero asymptotically.

3. Polytropic atmosphere. This modelassumes a linear

variation of the temperature T with the height h :

T = To -- _h,

where _=dT/dh is the constant temperature lapse rate.
becomes

dp _g dh _ _g d (T°--'_'h)
p R (To--yh) "¥R To--yh '

Equation (57) here

and integration gives
_gm

, (00>
that is, a power dependence between p and h. Since y>0, the temperature

lapse is more rapid than in an isothermal atmosphere. For h=To/7, we have

p = 0, and this gives the height of the polytropie atmosphere. Moreover,

for7=pg/Rwe have h=HandQ=Qo. Therefore, the homogeneous atmosphere

is a particular case of the polytropic atmosphere.

Any- real atmosphere has a much more complicated structure than those

indicated by these models. In particular, there is reason to assume that

planetary atmospheres, like the earth's atmosphere, can be divided into the

following layers which differ in their variations of 7 with h and in other

physical phenomena as well: 1) a t r o p o s p her e, characterized by con-

vective mixing of gases and by a monotonic temperature lapse with height;

the latter property makes it strueturally close to the polytropic model;

2) a s t r a t o s ph e r e, in which there is neither convection nor a monotonic
.... {_f{_ _¢ +_+,,v.c_ axr¢th hoicrht hut where stron_ horizontal currents

are observed; as a first approximation, the relations obtained for the iso-

thermal model are sometimes applied to this layer; 3) an ionosphere,

consisting of rarefied gas ionized by ultraviolet solar radiation; 4) a n

e x o s p h e r e, the very rarefied outermost layer, where individual mole-

cules can acquire velocities greater than the escape value and can leave the

gas envelope of the body. This phenomenon leads to a gradual reduction of

the atmosphere, which of course takes place more rapidly if the escape

velocity Ve of the celestial body is lower. This dissipation of the
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planetary atmosphere constitutes a very important cosmogonic process,

and it explains why the smaller bodies of the solar system, the asteroids

and almost all the satellites, have been stripped of their gaseous envelopes.

In addition to their component gases, planetary atmospheres also contain

suspended particles of liquid or solid matter. A medium with such a struc-

ture is called an aerosol, or an aerodisperse system; its gaseous base

constitutes the disperse medium, while the suspended particles are

called the disperse phase of the aerosol. The latter is sometimes

also called aerial plankton.

Three main ways can be indicated for the formation of natural aerosols.

First, the plankton elements may form in the atmosphere itself due to the

condensation of some of its gas. Aerosols which originate in this way may

decay in two ways, either by sublimation (the vaporization of particles) or

by precipitation onto the body surface. The formation and decay of aerosols

in the atmosphere itself have a decisive influence on the atmospheric thermal

conditions, since these processes are accompanied by release or absorption

of the latent heat of vaporization. Second, the solid surface of a celestial

body can be a source of aerial-plankton particles; for example, mineral

dust particles may be lifted by the wind or ejected during volcanic eruptions.

The third source of suspended particles is the interplanetary medium,

mainly meteoric bodies. Apparently, the number of meteoric bodies arriv-

ing per unit atmospheric surface area is approximately the same for all

the planets. The meteor-decay products constitute a finely dispersed solid

material, which originates in the uppermost layers of the atmosphere and

settles down very slowly toward the lower layers. The invariable presence

of meteoric dust in planetary atmospheres is responsible for the fact that

pure gaseous media apparently never exist in nature. Furthermore, calcu-

lations carried out by the Czech scientist Link and by others show that the

amount of meteoric matter is high enough to have a noticeable influence on

the optical properties of the atmosphere.

§80. Optical phenomena in planetary atmospheres. The very existence

of a gaseous envelope about a celestial body, as well as the properties of

such an envelope, are established by observing various optical phenomena

originating in the gaseous medium or in the aerosol. The principal optical

phenomena are the following.

i. Refraction. The refraction of light rays in a planetary atmosphere

displaces somewhat the apparent positions of features on the disk, but this

displacement is too slight to be detected during studies of the trajectories

described by the projections of the features in the image plane due to rota-

tion. The various refraction phenomena are therefore observed mainly near

the limb, when the disk occults a star or some other celestial body. Then,

the stellar image is displaced due to refraction of its rays, and there is a

gradual variation of its apparent brightness before disappearance and after

emergence due to the refractive attenuation connected with the transforma-

tion of a parallel beam into a convergent one.

2. Scattering of light. The application of scattering data to the

earth's atmosphere has been discussed in Volume I, Chapter XXIX. When

a planet is observed from outside, the scattered light shows up as an

atmospheric haze, whose brightness adds to that created by the light reflec-

ted from the solid body surface; this haze weakens the brightness contrasts

between various surface features. When the optical thickness of the atmos-

phere is considerable, the surface becomes entirely invisible. For
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comparatively transparent atmospheres, the scattering effect is enhanced

in those regions where the gas turbidity is high due to large admixtures of

suspended particles; these regions therefore appear to be comparatively

light and opaque formations which form clouds and mists. The propagation

of scattered light beyond the terminator is responsible for twilight pheno-

mena in the night hemisphere of a planet.

3. Absorption of radiant energy. For the gaseous component,

the absorption is quite selective, producing the discrete absorption bands

of the atmospheric gases in the spectrum of the radiant flux reflected by the

planet. These bands make possible spectroscopic studies of the chemical

composition of planetary atmospheres. Such studies are easy only when

the absorption bands are sufficiently strong; otherwise, the detection and

identification of weak planetary bands among the lines of the solar spectrum

is a difficult task. The identification of gases which are also contained in

the earth's atmosphere is further complicated by the fact that the absorption

bands of the planetary atmosphere are superimposed onto telluric lines, due

to absorption in the earth's atmosphere. In this case, observations should

be made at times when the line-of-sight velocity of the planet relative to

the earth is sufficiently high that lines of planetary and telluric origin can
be separated as a result of the Doppler effect.

Among other optical phenomena, we should mention the influence which

light scattered in the atmosphere has on the polarization curve and also

gas-luminescence phenomena analogous to polar auroras on the earth, the

existence of which on other planets may be assumed.

Optically, planetary atmospheres are characterized by various param-

eters, the principal ones being: 1) the angle of horizontal refraction ¢0;
2) the atmospheric transparency p, defined as the fraction of the radiant

flux transmitted by the atmospheric layer for vertical incidence of the light,
or else the optical thickness ,, which is related to p by the expression

v=--ln p; 3) the scattering indicatrix, which is a vector diagram represent-

ing the angular distribution of the scattered radiant flux (see Volume I,

§ 184); and 4) the lightness factor '1, equal to the ratio %/(Vs +Ta); here _s is

the optical-thickness component due to scattering, T=Ts +Va is the total optical

thickness, and _a is the component due to absorption. Allthese parameters

vary in generalwith the wavelength ),. Some of them, such as the scattering

indicatrix and the factor '1, may also varywith the height above the surface.

The photometric theory of a planetary atmosphere seeks to establish

equations expressing the distribution of apparent brightness over the disk for

for any phase, on the basis of known values of the above parameters and

using data on the reflection of light by the surface. This theory must also

solve the reverse problem, namely, given the brightness distribution over

the disk, to find the optical characteristics of the atmosphere and the

surface of the planet. The solution of this problem in any kind of general

form is one of the very complicated tasks or theoretical physics; IL has ....

attempted by the German scientists Lommel, von Seeliger, and Sch6nberg, by
King in England, and by Khvol'son and Fesenkov in Russia. Considerable

progress was made recently due to the outstanding work of Ambartsumyan

in the USSR and Chandrasekhar in the USA. However, at present the

brightness can be calculated in practice only for certain simplified models,

for instance, for models which neglect the refraction and curvature of

atmospheric layers, with fairly simple indicatrices.
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Theproblemisrenderedmoredifficultbytheneedtotakeintoconsideration
boththeeffectof self-illumination(thatis, of higher-orderscatteringin
theatmosphere)andalsoradiantexchangebetweentheatmosphereandthe
planetarysurface,it beingnecessaryto considerpolarizationeffectsin all
cases. To simplifytheaetualsituation,wemaysaythatthebrightnessat
anypointof a diskenvelopedinanatmosphereis madeupof thefollowing
components:1) thebrightnessof thesolidsurface,producedbyreflection
of thedirectionalbeamof solar rays (§76),the luminousflux beingattenu-
atedbytheatmospheretwice(onits wayfrom thesunto thesurfaceand
thenfrom thesurfaceto theobserver); 2) thesurfacebrightnesscausedby
illuminationfrom scatteredatmosphericlight (thatis, from skylight);
3) thebrightnessof thehazeproducedbyprimary scatteringof sunlightin
theatmosphere;4) thebrightnessof thehazeproducedbyhigher-order
scattering(aray reflectedby anelementof themediumencountersanother
elementandis againreflected,etc.); 5) thebrightnessof thehazeproduced
bythescatteringin theatmosphereof theluminousfluxreflectedfrom the
solid surface. Therelative significanceof thevariouscomponentswill
differ in differentcases;here, it will beusefulto considerthefollowing
threecases.

1. Theopticalthicknessof theatmosphereis virtually infinite, sothat
the light reflectedbythebodysurfacehasnonoticeableinfluenceonthedisk
brightness. In thiscase, thebrightnessresultsonlyfrom thelight
scatteredin theatmosphere.

2. Theopticalthicknessof theatmosphere,thoughhigh, is still finite.
In this case,direct rays reflectedbythebodysurfaceare nottransmitted
throughtheatmosphere,andthesurfacefeaturesremaininvisible. However,
the illuminationof theatmosphereby light reflectedfrom thesurfaceand
thenrepeatedlyscatteredaboveit influencestheluminousregimeof the
upper,aswell asthelower, atmosphericlayers. Consequently,the
brightnessdistributionoverthediskdependsonthesurfacealbedo.

3. Theoptical thicknessof theatmosphereis low. In thiscasethe
surfaceis visible throughtheatmosphere.Thebrightnessat eachpointof
thedisk is thesumof thesurfacebrightness,attenuatedbyextinctionin
theoverlyingatmosphericlayer, p]usthebrightnessof theatmospherically
scatteredlight.

Planetswithcloudyatmospheres,suchasVenus,Jupiter, Saturn,
Uranus,andNeptune,mustbeclassifiedeitherin thefirst or secondgroup;
theonlyexampleof thethird typeis Mars.

._81. Temperatureconditions.Thetemperaturesof thebodysurface
andthegaseousenvelopeareprimarily determinedbythedistancefrom
thesun,sincetheintensityof solar irradiationvaries in inverse'proportion
to thesquareof this distance. Thetemperaturedistributionovera celestial
bodycanbestudiedeithertheoreticallyor byobservation.

Thesimplestexampleof a theoreticalanalysisof planetarytemperature
conditionsis thecalculationof theequilibrium temperature. This
is thetemperatureattainedby a surfacewhichis underconstantirradiation
andlosesheatonlybyemissioninto thesurroundingspace. At this temper-
ature, the influxof radiantenergy(from sunlight)will beequalto theradia-
tion losses,thatis, the incomingandoutgoingenergyfluxeswill bein
equilibrium.

Let usconsidera unit surfacearealocatedin a vacuum;thesurfacelies
perpendicularto thesolar rays at a distanceAfrom thesun. In unit time

294



it receives an amount of radiant energy equal to Es/ht,where Es is the solar

constant and A is expressed in astronomical units. It is assumed that the

irradiated surface is a perfect blackbody, so that all the incident energy is

absorbed, and that the absorbed energy is lost only by radiation into the

surrounding space. In this case, the radiation losses per unit surface area

per unit time are given by Stefan's law; they are equal to aTe, whereT, is

the absolute equilibrium temperature. The condition of equilibrium gives

ar_ Es

from which we can find the equilibrium temperature Tt:

_/ Es 392 °Tt= -- (61)
-_- -_-.

In practice, conditions not widely divergent from those assumed here as a

basis for calculation exist at the subsolar point of a low-albedo celestial

body without an atmosphere, for instance, at the center of the illuminated

hemisphere of the moon or Mercury.

Next let us consider an alternative model. We consider a perfectly black

spherical body of radius R located a distance a from the sun. Per unit time

its illuminated hemisphere receives on the whole an amountofradiant energy

equal to M:t'Es/a'. It is assumed that the temperature at all points of the body

surface is constant and equal to T,, that is, the thermal energy is distribu-

ted uniformly over the entire body surface, from which it is radiated. The

equilibrium condition is now

from which

i_/_ Es Tt 277°
r,= v _-ar=_=_ -. (62)

In most cases, the actual surface temperature of the illuminated hemisphere

of a planet will lie between Tt and T,; the corresponding values are given

in Table 5.

TABLE 5

Planet

Mercury
Venus
Earth

Mars

Jupiter
Saturn
Uranus
Neptune
Pluto

ISolar irradiation at the mean distance

absolute"

relative

(earth = 1)

6.68
t.9t
t.00

0.43t

0.0370
0.0tt0
0.0027
0.00tt
0.0006

thermal,
g.cal luminous,

cmZ ;min 103 lux

t2.7 901
3 6 258
t. 9 t35

O.8t 58

0.070 5.0
0.02t t,48
o. 0052 o. 366
0.002t 0,t49
0.0012 0,087

Ratio
of irra-

diations
at pen-
helion

and
_phelion

2.31
1.03
t.07

1.45

1.21
1.25
1.21
1.04
2.77

Surface temperature,
*C

equilibrium _ ,

T, TZ _ _
E

+358 +17Z +4CJ_

+t9t ++5_4 --40

+119 --5t _ _+43 I --

--100 --t51 --140
--145 --183 --150
:--184 --210 --200
--201 --222 --200

--211 --229 --
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A further development of the theory will take into consideration, on one

hand, the angle of incidence of solar rays at the surface, and, on the other

hand, the divergence of the actual surface properties from those of a perfect

blackbody. It should be noted that most of the solar energy is concen-

trated in the visible and near-infrared spectral regions, for which the

albedo gives the amount of absorbed energy. IIowever, the radiated energy

is concentrated in the far infrared, and the corresponding albedo specifies

the emissivity of the actual surfaces. The theory behind such calculations

is the subject of mathematical climatology. The more complex

models considered in this field take into consideration the influence of the

atmosphere on the temperature regime of the planet. The gaseous envelope,

on one hand, absorbs part of the solar energy, and a certain fraction of

this heat is expended in such processes as the evaporation of water, the

formation or decay of aerosols, the setting up of atmospheric currents, etc.;

on the other hand, heat transfer by atmospheric winds promotes a uniform

distribution of the heat and creates conditions approximating those assumed

in the T2-model. The atmosphere may also raise the surface temperature

because of the so-called greenhouse effect. The latter arises due

to the fact that the absorption spectra of some gases (for example, of CO 2

and water vapor) consist of bands located predominantly in the far infrared.

Consequently, the solar flux, whose wavelengths, as we have indicated, lie

mainly in the visible spectrum, is only slightly absorbed in the atmosphere,

while the long-wave flux emitted by the surface experiences strong absorp-

tion, also leading to a certain accumulation of heat.

Some very important results in the field of mathematical climatology,

relating both to the earth and to other planets, were published by the

Yugoslav scientist Milankovi_. Planetary temperatures are experimentally

determined by measuring with a thermocouple the energy received from a

certain surface area (see Volume I, §165). The experimental temperatures

are also listed in Table 5.

§82. Planetary radio astronomy. Radio-astronomical observations of

planets and satellites can be carried out in two ways.. I) by measuring the

planetary emission at the corresponding frequencies, and 2) by radio

probing, that is, by sending a beam of radio waves from the earth and

observing the echo (the signal reflected from the surface of the body).

Planetary radio emission was first discovered for Jupiter (the first

indications were obtained as early as 1950), and then for the moon and some

other planets. The wavelength range used in these observations lies between

8mm and 75cm. In many cases the emission is very weak, so that the

measurements require large radio telescopes and highly accurate measure-

ment techniques. In the USSR, observations of this kind have been developed

extensively at the Main Astronomical Observatory (Pulkovo) of the USSR

Academy of Sciences (Khaikin and Kaidanovskii), at the Lebedev Institute of

Physics (Moscow) of the Academy of Sciences, at the Crimean branch of

this institute (Kuz'min and Salomonovich), and at the Gor'kii Radiophysical

Institute (Troitskii and co-workers).

Planetary radio waves can be either thermal or nonthermal in origin.

Thermal radio emission does not differ in principle from the radiation

observed by optical means, and its intensity is expressed by ordinary

emission laws. In particular, the spectral distribution of blackbody radia-

tion is expressed by Planck's formula, and for the large wavelengths )_
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encountered in radio astronomy this reduces "to-theRayleigh-Jeans
equation

SA._ 2kT_
X2 ' (63)

where S_ is the flux density per unit area and unit frequency band, ¢0 is the

solid angle subtended by the disk of the body at the observation point, /" is

the absolute temperature, and k is a constant. Radio-astronomical

observations give the values of Sx, andthenthe temperature T is calculated

from (63). The temperature obtained in this way is generally called the

radio-brightness temperature of the body; it approaches the actual temper-

ature to the same extent that the properties of the body surface approach

those of a blackbody. Thermal emission has so far been observed for

Mercury, Venus, the moon, Jupiter, and Saturn, and the values found for T

are close to those obtained from radiometric observations in the infrared

region (8 to 13 p).

When observations of this kind are interpreted, it must be remembered

that the surface material of a planet is partially transparent at radio

frequencies, so that the radiation detected originates not only at the outer-

most surface but also at lower-lying strata. The radiometric values of T

therefore represent average temperatures for a layer whose thickness

increases with the wavelength )_. Consequently, a comparison of measure-

ments for various )_ makes it possible to obtain the temperature gradient

for the external ground layer ; so far, this has been done only for the moon.

Nonthermal radiation typically has a frequency distribution which does

not correspond to formula (63). Such radiation has been discovered for

Jupiter, and, apparently, for Venus. Its origin is related to processes

occurring in the ionosphere of the planet or in the surrounding radiation
belts.

Radar methods (radio probing) were first applied to the moon in 1946.

Then, in 1961, in the USSR, the USA, and England, radar soundings were

made of Venus. The latter were not only important for planetary physics

but also made it possible to determine with higher accuracy the astronomical

unit of length. Previous determinations of this quantity, based on measure-

ments of the solar parallax, had relative errors of the order of 10 -3 of the

measured value, while the new radar data have errors of the order of 10 -5 .

In 1962 Mercury and Mars were also radio probed, and in 1963 Jupiter was

probed (Kotel'nikov and co-workers).

The further application of radar methods is limited by the weakness of

the reflected signal, whose intensity is inversely proportional to the fourth

power of the distance from the object. However, by sending signals of

considerably higher intensity and by improving the sensitivity of the receiving

equipment, further progress in this field will be possible.

/-he signal ---_^^*_A fro.m__ _ planet gives certain data on the nature of the

celestial body. For example, by comparing the power or" the transmitted

and received signals, we can find the radio-frequency albedo of the planet.

Since fog and clouds are transparent to radio waves, this value will

represent the surface albedo of planets whose solid surfaces are surrounded

by a cloudy atmosphere and thus are inaccessible to optical measurements. If

different surface regions of a planet have different albedos, the rotation of

the planet will show up as a periodic variation of the mean albedo, and this

will give valuable information on the nature of the planet.
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Thereis alsoanotherme_hodfor studyingplanetaryrotationbymeans
of radar. Letus assumethatthetransmittedsignalis monochromatic,
thatis, it correspondstoaverynarrowspectralbandof widthA)_.Whenthe
planetrotates, theDopplereffectarisingat thelimb changesthewave-
length,andthereflectedsignalcoversawider bandin thespectrum;the
rotationperiodcanthenbedeterminedfrom thedifferencein bandwidths
(see§72).

If signalsare transmittedin theform of very shortpulses,thenthe
reflectedsignalswill bestretchedoutin time somewhat.This takesplace
becausedifferentzonesof theplanetsurfaceare locatedat differentdis-
tancesfrom theearth(themarginalzonesof thediskare farther awayby
a distanceequalto theplanetaryradius), sothatthetransit timefor the
signalswill bedifferent. By analyzingthis effect, wecandeterminethe
sizeandshapeof thesolidbodyof theplanet,andwecanalsodrawcertain
conclusionsonthenatureof its surface(whetherit is mat, pitted,or
specular).

Radartechniquescanalsobeappliedto solveotherproblemsin the
physicsof planets,for instance,to investigateplanetaryionospheres.*

* [Seereferencelistfollowing Chapter Xll.J
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V. V. SHARONOV

6?'- 15 .96
A DESCRIPTION OF INDIVIDUAL PLANETS

§B3. Mercury. The conditions for observing this planet are unfavorable

because of its proximity to the sun and the smallness of its angular dimen-

sions. Visual observations have detected blurred spots on the disk, located

at about the same positions relative to the terminator for equal elongations,

but with positions that vary with elongation. This indicates that the period

of axial rotation for Mercury is equal to its period of revolution about the

sun, so that Mercury always has the same side facing the sun. The

considerable orbital eccentricity produces libration, resulting in an alterna-

tion of night and day with a period of 88 days in a certain zone near the
terminator.

Many observers have charted the surface of Mercury from the results

of visual observations; in the years 1942--1944 numerous photographs were

taken at the Pic du Midi Observatory, and these served as a basis for the

first photographic map. In such maps it is assumed that the equator of

Mercury is eoplanar with its orbit, and that the initial meridian passes

through the subsolar point at the time of perihelion of the planet. A compar-

ison of charts drawn up by different authors reveals only a remote likeness

as far as the major spots are concerned and shows wide discrepancies for

the fine details.

A comparison of recent charts with those compiled in the 19th century

led Dollfus to conclude that the periods of rotation and revolution coincide

to at least within l/10,000, but that the agreement with observations is

improved if the equator is assumed to make an angle of 7° with the orbit.

Repeated careful observations have been made, attempting to detect

traces of an atmosphere during the transits of Mercury over the solar disk

(Lomonosov effect) or during lower conjunctions with the sun (lengthening

of the cusps); however, these gave negative results. It has thus been

established that the gaseous envelope of the planet, if it exists at all, has

a density not exceeding 1/1000 of the density of the earth's atmosphere.

Surface photometry has not yet been applied to the disk of Mercury. The

integrated-light photometry carried out by M_ller in the 19th century gave

two expressions /or the variation of the magnitude m with phase, and both

of these represent almost equally well the observation results (L = 1 A.U.,

equals the mean distance):

I. m = --1.044-0.0368(_--50°).

I I. m = -- 0.90 4- 0.0284 (_p-- 50 °) 4- 0.000 t 02 (¢ -- 50 °)2.

According to Russell's calculations, these formulas correspond to the

following values of the various photometric elements:
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Formula g Ag q As
I --0.88 0. i84 0.42 0.089

II --0.06 0.077 0.74 0.055

Here g is the absolute magnitude, Ag is the geometric albedo (for an angular

disk semidiameter at unit distance of 3".45), q is the phase integral, and

A s is the visual sphericalalbedo. Later, Danjon useda new series of

observations to obtain

m=--02,+-3.80 2.00( 7'
which also corresponds to a spherical albedo of 0.055.

_hotometrically, Mercury has a certain similarity to the moon, and

this may indicate that the two bodies have similar surface structures. This

assumption is also supported by Lyot's polarimetrie observations, according

to which the curve of phase vs. polarization for Mercury is close to

that of the moon (see Figure 105). We thus conclude that the surface of

Mercury is a mountainous, very furrowed, stony desert. However, all

attempts to detect some traces of mountains during careful visual observa-

tions of the terminator of Mercury have failed.

The equilibrium temperature 7', for Mercury is +358°C, while radiometric

measurements give a value close to +400°C; these figures provide an

indirect proof of the slowness of the axial rotation.

§84. Venus. We see from Tables 1 and 3 of Chapter XI that the size,

density, and mass of Venus are close to those of the earth. Since Venus is

an inferior planet, we can plot its phase curve almost completely and we can

find all the necessary photometric parameters. The variation of the stellar

magnitude rnn of Venus, reduced to the mean distance of the planet from the

sun and to a distance of 1 A.U. from the observer, can be plotted as a

function of the phase angle _) according to Mflller's visual observations.

Here, the empirical formula

m0 = -- 4.71 ÷ 0.01322_ -b 0.000000425_ s,

corresponding to a phase integral q = 1.20 and a sphericalalbedo of 0.59,

is used. It follows from this that the surface color of Venus is very light,

and more recent measurements have given the same result.

Previous observers have disagreed concerning the color of Venus. Direct

comparisons with the sun made during the last decades demonstrated that

the light of the planet is slightly yellower than the sun, the difference not

exceeding 0".2 of color index. Visual telescopic observations, even for

favorable conditions (large angular size, high disk brightness), detect only

a few, in many cases unreal, features; these show up as blurred spots,

relatively lightareasnear the cusps, and indentations in the terminator.

Therefore, a characteristic property of the Venusian surface is its excep-

tionally uniform light color and the absence of visually distinguishable

features. Correspondingly, nothing definite is known concerning the rotation

of Venus about its axis. Doppler-shift measurements have also failed, since

lines at the limb show no appreciable displacement relative to the center of

the disk. The first radar determinations of the Venusian rotation gave a

long period of over I00 days, a value close to the period of revolution about

the sun.
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It is an accepted fact that the apparent aspect of Venus is conditioned by

a continuous cloud cover hiding the solid surface of the planet. Attempts

to penetrate this cloud envelope by observations in infrared light have failed,

since infrared photographs of Venus show the same aspect as those in visual

light. On the other hand, photographs taken with ultraviolet rays show

easily distinguishable features, mainly in the form of blurred dark bands

perpendicular to the line of the cusps. Kuiper has suggested that the

boundaries of these bands follow the planetographic parallels, and on this

basis he attempted to determine the equatorial elements of Venus. For the

north-pole coordinates he found a = 53 ° and 6 = +81 °, which gives an

equatorial inclination of 32 ° to the plane of the orbit. Later, Richardson

used more comprehensive material to obtain a= 311 ° and 6 = +64% giving
an inclination of 14 ° .

The existence of a Venusian atmosphere was first established precisely

by the famous observations of Lomonosov, made in St. Petersburg during

the transit of Venus across the sun on 26 May (6 June according to the

Gregorian calendar) 1761. At the initial phase of the transit, Lomonosov

noticed "a glow, as fine as a hair" encircling the limb of Venus prior to its

superposition onto the solar disk; an analogous phenomenon was observed

as Venus left the solar disk. Lomonosov supplied the correct explanation

of this phenomenon. He wrote: "This shows that the solar rays are

refracted inVenus's atmosphere." He concluded that "the planet Venus is

surrounded by a notable air atmosphere, like (if not larger than) that

surrounding the surface of our own globe. "

B

H :_s

FIGURE 121

The "Lomonosov effect, " namely the bright fringe encircling the limb

of Venus outside of the solar disk, was observed during three subsequent

transits, in 1769, 1874, and 1882. The fringe appears in the form of

whiskers, sprouting from the solar limb and merging at a certain time into

a continuous arc; this fringe is formed by the image of the solar limb

refracted in the Venusian atmosphere. The corresponding position V of

Venus is shown in Figure 121, where His the point of observation, and S

is the point on the solar limb where the ray SA originates; this ray, after

being refracted by an angleBAS = 2rain the atmosphere of Venus, passes

through the point H. Let us now denote as x = ZBHS the angular distance of

the outermost point on trm Venu_i_n limb from the edges of the solar disk

at the time when the whiskers merge. Then, since the sidesHS and AS of

the triangle HA S can with sufficient accuracy be taken equal to the radius

vectors Ae and Av of the earth and Venus, we obtain

Ae .

sin 2m = _v sm X

or, the angles 0_ and 2 being small,

co,= ae X'. (1)

301



We now can easily find the horizontal refraction 0_ for the transparent

layer of the Venusian atmosphere. For instance, the application of formula

(i) to the results of the two transits in the 19th century gave a value of

close to 20". The more rigorous theory of the Czech astronomer Link gives

a higher value of _ for the same data; his value is close to 40", and

occasionally as high as i'.7, whereas the horizontal refraction in the earth's

atmosphere is 35'.

The occu]tations of stars by Venus are of considerable interest with

respect to atmospheric investigations of this planet. In particular, the

numerous observations of the occultation of Regulus made in various

countries on 7 July 1959 have been analyzed by Martynov in the USSR, and

also by deVaucouleursandMenzel. The following results were obtained: the

atmospheric layer in which the refractive attenuation of light makes the

star vanish lies at a height of about 70kin above the apparent cloud surface.

The pressure in this layer is about 2.6dyne/cm 2, and the total mass of the

overlying gas is 3 • 10 -3 g/cm _.

Another phenomenon closely associated with the atmosphere of Venus

is the so-called "lengthening of the cusps, " discovered at the end of the

FIGURE 122

18th century by Schr6ter andW. Herschel.

During the three phases when Venus has

the form of a fairly thin crescent, the

light arc along the limb covers more

than 180°, The angle of lengthening U

is the angle between a disk radius drawn

through the cusp of the crescent and the

perpendicular to the intensity equator.

The lengthening of the cusps is caused

by the following fact: due to twilight

phenomena, the apparent terminator of

Venus is displaced toward the dark hemi-

sphere by an amount equal to the twilight

arc a. In order to derive a relation

between U and a, let us consider Figure

122. In this figure, P,EP2E is the great

circle corresponding to the position of the terminator in the absence of an

atmosphere, for an observer facing the night hemisphere of Venus, A is

the point diametrically opposite to the pole of illumination (for which the

sun is at the nadir), C is the center of the disk, P,LP_ is the orthographic

limb, EAE' is the intensity equator, _CA = 180 _ -- *,where , is the phase

angle, and the circle P_BP' 2 is the apparent terminator displaced toward the

dark hemisphere by an are (T of a great circle. Let us assume that the

apparent limb is displaced by refraction through an arc T toward the

invisible hemisphere. The apparent cusps are then the points P_ and P_;

the dark arc of the limb P_L'P_ enclosed between these apparent cusps is

then less than 180 °, and the lengthening of one of the cusps is represented

in the drawing by the spherical angle P_CP,.

In the spherical triangle P;AC we have:_CA = q_ = 180 °-,@, CP_ = 90°+T, and

AP_ = 90 ° -- a. For this triangle we may write

sin o = cos _ sin • + sin tp cos T sin U. (2)

302



Some authors, neglecting twilight phenomena, have attributed the dis-

placement of the limb and terminator exclusively to atmospheric refraction.

In this case, we must set a = v = m, so that formula (2) gives

sin _bsin U
tgw=_.

Calculations using this formula give very high values of co (2 or 3°), and

they have led to the suggestion that the atmosphere of Venus is exceptionally

dense. However, Russell, and subsequently other authors as well, have

shown that such high refraction cannot in general be observed, since it

implies an atmospheric layer of such a high optical thickness that, due to

molecular scattering, the atmosphere will be entirely opaque, and the

refracted beam will not reach the observer. Consequently, many authors

now neglect the influence of refraction (this can be partly justified by the

data for the Lomonosov effect), and they attribute the lengthening of the

cusps to twilight phenomena alone. By setting x = 0, we find from (2) that

sin a = sin _ sin U

or, by taking _ = 1800 -- _ and seeing that the angles are small, we obtain

a' = q_'sin U. (3)

Measurements of U made against the background of the daylight sky give

a = 3°, and measurements at night give values of _ up tc 7 ° . This indicates

a considerable development of twilight phenomena on Venus.

But how is it possible to reconcile the low refraction indicated by

observations of the Lomonosov effect with these well-developed twilight

phenomena ? With respeet to this, Sharonov advanced the hypothesis that

the cloud cover constituting the apparent surface of Venus, being situated

at a high altitude in the atmosphere, is thin and semitransparent. The

refraction observed during the transits of Venus originates in the transparent

gaseous layer underlying the cloud cover, while the twilight phenomena are

caused by scattering in the transparent gaseous layer above the cloud cover.

An analysis of the phase curve of Venus was made by Sobolev. This

investigator used a simplified theory of higher-order scattering, together with

the surface-photometry data of Barabashov and his co-workers, and also

the polarimetrie observations of Venus and of terrestrial cloud forms made

by the Freneh astronomer Lyot. This analysis indicated that the scattering

layer of Venus must be composed of comparatively coarse elements, not

unlike the water droplets constituting terrestrial clouds. This problem,

however, is a diffieult one and, in particular, it is impossible to establish

whether the scattering elements are liquid spherical drops, snowlike

crystals, or irregular, solid, dustlike partieles. Consequently, the nature

of the atmospheric aerosol on Venus remains a mystery.

Spectroscopic investigations of the Venusian atmosphere failed to give

any definite results for a long time, since no planetary absorption bands

could be detected. It was only in 1932 that Adams and Dunham (Mount Wil-

son Observatory) found absorption bands in the near infrared of the spectrum

of Venus, and these were subsequently identified with carbon dioxide. So

far, up to 15 bands have been identified. In order to estimate the CO 2
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content in the planetary atmosphere, carefulcomparisons were made

between the intensities of all these absorption bands and CO 2 spectra

obtained under laboratory conditions. The results, however, are somewhat

contradictory, and they give CO 2 contents from I00 to I000 m of a standard

atmosphere (pressure 760 ram, temperature 0°C). The reason for these

discrepancies is that the line intensity for a given line-of-sight amount of

gas depends on both the pressure and the temperature, neither of which is

known for the atmosphere of Venus. Moreover. observations of laboratory

lines and observations of lines in a planetary atmosphere (illuminated by

sunlight and characterized by substantial scattering) correspond to entirely

different conditions.

Recently, several reports have been published on the discovery of weak

bands of other gases in the spectrum of Venus. For example, Prokof'ev

studied the telluric bands of oxygen in spectrograms of Venus taken at the

Crimean Astrophysical Observatory using high-dispersion equipment. He

discovered a certain asymmetry in the profiles of the spectral lines, which

could be attributed to the superposition of weak oxygen lines of the planetary

atmosphere shifted by the Doppler effect. After processing the spectro-

scopic observations made by Ross and Moore from a high-altitude balloon,

Strong concluded that the 1.13-_ water-vapor band is enhanced somewhat

in the spectrum of Venus; this can be ascribed to the presence of 19_ of

precipitated (liquid) water in the relevant atmospheric layers. Dollfus came

to an analogous conclusion after his comparison (winter 1963) of the spectra

of Venus and the moon under high-mountain conditions; analyzing the

1.4-p absorption band, he found a content of 10 -2 g/cm 2 of H20 vapor in the

planetary atmosphere. All these results, however, require further

verification.

In 1953, Kozyrev (Crimean Astrophysical Observatory) reported that he

had observed signs of an emission spectrum on the dark side of Venus, the

bands of which could be partly identified as molecular nitrogen. However,

analogous observations carried out at other observatories have failed to

confirm this result, and Kozyrev himself subsequently could not detect this

atmospheric emission again either. At present, the existence in the Venus-

tan atmosphere of such emission detectable by an earthbound observer still

remains undecided.

The equilibrium temperatures of a perfectly black surface for the mean

distance of Venus from the sun are T, = +i91 °C and T2 = +54 °C, but a surface in

the form of a cloud layer may in reality have an entirely different tempera-

ture. Previous works (1924--1926) on radiometric determinations of this

temperature, which gave -23 to 0°C for the dark hemisphere and +25 to 50 °

(and even up to +60°C) for the i11uminated hemisphere, are now regarded

as erroneous even by the authors themselves. According to recent data,

the temperature of the apparent surface of Venus is close to -40°C for both

night and day, since hardly any diurnal temperature variation could be

observed. Sinton, in 1953, obtained -39°C for the day hemisphere, and

Pettit and Nicholson in 1955 published a new analysis of their 1923--1928

measurements, giving -37°C for the night side and -42°C for the day side;

since the sign of the difference is obviously opposite to that expected, this

difference should be regarded as unreal.

Another means of measuring the atmospheric temperature of Venus is an

analysis of the fine rotational structure of the CO 2 absorption bands. This
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gives values of the order of -10°C. Some very important data on the

temperature regime of Venus have been provided by radio-astronomical

observations. Measurements of the planetary heat on 8-ram waves give

radio-brightness temperatures up to +80°C; measurements at various

frequencies in the range from 3 to 21 cm give identical, but unexpectedly
high, temperatures, ranging from 300 to 350°C.

The considerable scatter of the temperature values obtained is quite

natural, since different methods of measurement penetrate to different

depths in the planetary atmosphere; thus, the temperatures correspond to
different atmospheric levels.

Many hypotheses have been advanced concerning the nature of Venus, the

basic assumptions being adapted to the accumulation of new facts. The once

popular hypothesis of a moist tropical climate, analogous to that prevailing

on the earth during the Carboniferous period, and also the later suggestion

that Venus is entirely covered with water, separating the solid surface from

the atmosphere, are difficult to reconcile with the negligible water-vapor

content in the atmosphere, according to spectroscopic data. At present

(summer 1963), the following three models of the planetary atmosphere are
subjects of lively discussion.

1. The greenhouse model. According to this model, the tempera-

ture of +320°C indicated by radio-astronomical observations in the 3-cm to

21-cm wavelength range represents the true temperature of the surface and

the adjoining atmospheric layer. Such a high temperature is sustained by

the greenhouse effect resulting from the exceedingly thick atmosphere.

Since carbon-dioxide gas cannot supply the required effect, we must assume

the content of water vapor in the atmospheric layer to be 10 g/cm 3.

Sagan's calculations give the following results: the atmospheric pressure

at the surface is 2 to 5 atm higher; the atmospheric layer up to a height of

36 km corresponds to the adiabatic model with a temperature gradient of

10 ° per km. At the boundary of this layer the pressure is close to 0.1 atm,

and the temperature corresponds to the value of -40°C obtained from radio-

metric observations. Under these conditions, the water vapor becomes

saturated, and a continuous cloud cover is formed at this altitude, which is

similar to terrestrial cirrus clouds composed of ice crystals. The atmos-

pheric layer between 36 and 105 km is transparent and isothermal, with a

temperature of -40°C throughout. The altitude of 105 km corresponds to

the layer in which stars disappear during occultation; the pressure at this

altitude is 2 • 10 -6 atm. It is assumed that approximately at this level another

thin haze layer exists, which is transparent to visible light but which ab-

sorbs ultraviolet rays. The structure of this layer shows up in the form of

dark formations on ultraviolet photographs. Possibly, the constituent

particles are polymers of carbon suboxide (C302)n.

2. The ee!ospheric model. This modelwas proposed by Opik.

Here it is assumed that an adiabatic layer 15 km thick adjoining the surfac_

constitutes the eolosphere, namely a zone with a high dust content and

characterized by exceptionally strong atmospheric currents. The latter are

related to a convective transfer of heat from the illuminated hemisphere to

the night side of the planet, which always turns the same side to the sun.

The high friction generated by these currents keeps the temperature above

300°C. The surface pressure is close to 4 arm. The pressure at the

boundary of the eolospheric layer is 0.6 atm, and the temperature there is
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-10°C (the value obtained from the rotational structure of the CO 2 bands).

A thick cloud layer consisting of mineral dust particles exists at this height.

At an altitude of 36km there is a second haze layer; the pressure there is

(].08atm and the temperature is -40°C. This model gives a constant

temperature for all phases, but this is true only for the radiometric

temperatures and is inconsistent with the observations at radio frequencies.

3. The ionospheric model. This model is based on the assump-

tion that the radio waves emitted by Venus in the 3 to 21 cm range are not

thermal: they are emitted not by the planetary surface but by the ionosphere,

due to electron transitions. However, to explain the observed radio

intensity, a very thick ionosphere must be assumed; in addition, the

ionospheric electron concentration must have the improbably high value of

about 109 electrons per cm 3, which in turn requires the introduction of

several additional hypotheses. Moreover, such an ionosphere would

completely absorb the radio waves used in radar techniques, and no reflec-

ted signal would be observed; it is difficult to reconeile this with the

successful probing of Venus by means of radar. Finally, according to this

model the atmospheric pressure at the planetary surface is a mere 0.3 to

1 atm, and the temperature is close to +8(]°C, the value obtained on 8-mm

waves (for which the ionosphere is transparent). At an altitude of 15km

there is a cloud layer of unknown nature which is opaque in the visible

spectrum.

Combined hypotheses have also been advanced, which assume that the

radio emission of Venus slowly varying with the phase is thermal, while

the rapid irregular fluctuations noted by some observers are due to iono-

spheric processes. Large-scale radio-astronomical observations of Venus

are rapidly filling in the blanks in our knowledge of this planet; even more

promising are investigation methods which will utilize astronautics. The

models and schemes claiming to describe the physical nature of Venus will

therefore be revised continually as new data are amassed.

§85. The earth. Geometrical, mechanical, and physical studies of the

earth are the subjects of special sciences, such as geodesy, geophysics,

geography, and geology. Therefore, here only a few problems pertaining

to the nature of our planet will be discussed.

The brightness of the earth can be found by photometric measurements

of earthlight on the moon. The brightness of limb points lying on the

intensity equator are measured to give the brightness ratio for continents

illuminated by the reflected light of the earth and the direct light of the sun.

Then, given the phase curve of lunar-limb brightness, we can find the ratio

of the earthlight to the brightness of the continents at full moon, which

directly establishes the ratio of the earth's brightness at a particular phase

to the brightness of the sun. We can thus plot a large portion of the earth's

phase curve. Finally, by extrapolating the curve to 0 ° phase angle, we can

find the brightness of the earth at full phase, and then by applying the

formulas of §77 we can calculate the various albedos.

Considerable difficulty is encountered here due to the overlapping (onto

the dark part of the disk) of the light of the crescent, which is scattered in

the earth's atmosphere and in the optics of the instruments. The most

reliable results are those obtained by the French astronomer Danjon, using

a special visual photometer of his own construction. His brightness curve
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is described by the following data:

0 _ 30 ° 60 ° 90° | 20° t 50 °

m --4.57 --4.09 --3.53 --2.79 --i.82 --0.5i

The values of m have been reduced to distances of 1 A.U. from the sun and

from the observer. The color of the earthlight is bluish, as was established

by Tikhov back in 1914. According to Markov the earth's color is in the

spectral class FO, while Orlova has given a color index of--0" 27for the

earth.

The earth's disk as viewed from space should first of all be a variable

combination of white spots, corresponding to cloudy regions. The earth's

surface will show between the clouds, but the visibility of surface features

will be lowered considerably by atmospheric air glow, particularly near

the edges of the disk.
These conclusions based on the results of earthbound observations and

theoretical arguments were fully corroborated by the observations of the

first astronauts, Yurii Gagarin and German Titov, from space. In particu-

lar, the astronauts took excellent color photographs of the earth; these

show clearly both the white clouded areas and the blue interstices between

them, where the color is determined by Rayleigh scattering in the earth's

atmosphere (this mechanism also gives the above-mentioned blue tint to the

integrated light of the earth).

A lunar eclipse is another astronomical phenomenon involving the earth's

atmosphere. Kepler observed that the reddish illumination of the lunar disk
in the earth's umbra is due to refraction; for rays tangent to the earth's

surface the refraction is twice the horizontal refraction: 2o) = 70'. These

refracted rays form a cone with its vertex lying at one third of the distance

to the moon. The entire umbral cone is therefore illuminated by the

refracted rays, and the selective extinction according to Rayleigh's Scatter-

ing law is responsible for the reddish color of this illumination. During an

eclipse, the lunar disk thus acts as a screen on which the distribution of

illumination in the umbral and penumbral cones of the earth can be observed

and measured. This is of geophysical interest as a method for the optical

investigation of the earth's atmosphere at various altitudes, and astronomi-
cal observations of lunar eclipses are regularly made at many observatories.

Such observations accomplish the following goals.

1. General description of the phenomenon. Here, the

apparent brightness, color, and visibility of lunar surface details in the

umbra and penumbra are specified. The results obtained by these highly

primitive methods of observation are not easily amenable to astrophysical

interpretation, particularly since they are strongly influenced by various

subjective factors and by atmospheric and other conditions. Nevertheless,
.... _" ob_er,,_÷_n_ show that the conditions for illumination of the lunar disk

at equal distances from the cone axis differ for differ_lt =_eo,_-_:....... ....... _

eclipses are anomalously light, while others are anomalously dark.

2. Determination of the angular diameter of the

earth's umbra. This is primarily done by observing the contact times,

that is, the times of outer and inner contact of the lunar limb with the edge

of the umbra. More extensive data are obtained from observations of the

passage of the edge of the umbra across conspicuous lunar surface features,

such as individual mountain peaks, central peaks in craters, etc. Blurring
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of theumbraedgekeepstheaccuracyof theseobservationslow, with
errors of about10or 20seconds.Observationsof this typeshowthatthe
semidiameteroftheapparentumbrais ontheaverage2%larger thanthe
geometricalshadowof theearth, dueto theshadowingeffectof the
atmosphere.

3. Integrated-light photometry of the moon. Such
measurementsaremadeduringalmosteveryeclipse. Theresultsare
generallyexpressedasthedifferencem of the stellar magnitudes of the

moon for a give phase of the eclipse and for full moon; the data are then

plotted as a function of the phase or of the angular distance between the

centers of the lunar disk and the umbra. Since the magnitude of the moon

at true full moon can be obtained only by extrapolation to 0 ° phase angle,
the results are often presented in terms of the difference m' between the

magnitude of the moon during the eclipse and its magnitude before or after

the onset of the penumbral eclipse. Such data make possible an objective

comparison between the mean conditions of illumination in the umbra and

penumbra for various eclipses.

4. Brightness measurements for individual areas of

the lunar disk. These are made by photometric methods during an

eclipse. If a single feature or a group of features (all with the same

reflectivity) is measured during the whole eclipse, then we obtain a curve

expressing the variation of illumination across a particular section of the

umbra and penumbra. The results are represented in terms of the

difference M of the brightnesses of the particular feature during the eclipse

and at true full moon, or alternatively as the difference M" of the bright-

nesses during the eclipse and under extra-eclipse conditions. Quite a few

observations of this kind have been made, but since they refer to different

photometric systems, while the umbra has a distinct color, therefore a

comparison of their results is quite difficult.

In order to interpret the results of photometric observations of lunar

eclipses, the illumination-attenuatinn curve for M in the umbral and penum-
bral cone is compared with the results of theoretical calculations for various

atmospheric models. The carrying out of such calculations constitutes a

very complicated problem in atmospheric dioptrics, which cannot be solved

without various assumptions concerning the vertical variation of both the

refractive index of air and the extinction coefficient. Such theories have

been developed by von Seeliger and Pagtzold in Germany, Richardson in England,

Fesenkov in the USSR, and recently by Link and his co-workers in
Czechoslovakia.

§86. Mars. The size and mass of Mars put it into the class of small

planets. Due to the good visibility of its permanent surface features, the

rotation of Mars has been studied more accurately than that of any other

planet. For example, the sidereal rotation period, for which Ashbrook

gives a value of 24h37m22_.6689 on the basis of observational material for the

years 1704--1952, is known to at least within ±0_ 003. In ephemeris calcula-

tions, the north-pole coordinates are taken as

a=2thll m, 8= +54°39'(t950,0),

which corresponds to a 25 ° inclination of the equator to the orbit.

latest data, obtained by Camichel after processing many years of

The
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photographicmaterialcollectedat PieduMidi Observatory,give

a=316°.81, 8= +52%94 (1950,0).

These values correspond to an equatorial inclination of 24°.80. Mars is

thus very much like the earth as far as the length of the day and the

succession of seasons are concerned, but a Martian year is 669 Martian

days long.

Integrated-light photometry gives the magnitude of the planet as --1m.85

(visual Harvard system) at mean opposition, which corresponds to a

geometric albedo of 0.139. The phase coefficient is 0.015stellar magnitudes

per degree; the phase curve can be traced up to a phase angle of _2 = 52°,

so that we can extrapolate fairly reliably to obtain the phase integral and

the spherical albedo (A s -- 0.154).

The data on the color index of Mars are highly contradictory, and the

values obtained by various authors range from +tin.3 to +2m.t. It has been

suggested that these differences are partly due to actual fluctuations in the

color of the planet, caused by variations in the atmosphere.

Martian topography has been studied in great detail. Three differently

colored area types may be distinguished on the surface of Mars: 1) c o n-

t in e n t a (continents), all having medium reflectivity and a definite yellow-

orange color; 2) maria (seas), which are less bright and have a different,

less-saturated, color; the arms of these maria are called s in i (bays) or

f r e t a (straits or channels); isolated spots the same color as maria are

called laci (lakes), and a very small spot is called an oasis; dark

rectilinear bands arenamedcanals; 3) the polar caps or polar

s p o t s, finally, are very light, whitish patches surrounding the poles of

the planet.

The outlines of the continents and maria are more or less permanent.

A special branch of Martian research, known as are o gr ap hy, deals with

the determination of the areographic coordinates (latitudes and longitudes)

of these permanent features and with their mapping. Numerous catalogs of

areographic coordinates have been published, as well as maps of the surface

of Mars. Here, the different features have been named appropriately.

The continents have colors which do not change. The colors of the maria,

on the other hand, vary, and these changes are clearly seasonal in nature.

The color generally darkens in spring in each respective hemisphere.

Subjective visual observations have repeatedly shown that the color changes

from yellowish-brown to greenish or bluish. Objective measurements,

however, show that the surface reflectivity of the maria always increases

from the violet to the red, although less steeply than for continents.

Therefore, the visually observed greenish or bluish colors are just an

optical _._'11.,_,_,,....... ,_,,_ to the strong color contrast between the saturated orange

of the continents and the brownish, though much less saturated: colors of

the maria.

The white polar caps undergo even abrupter variations. As the vernal

equinox approaches for a given hemisphere, the white cap begins to

deteriorate and its boundary recedes toward the pole. By the time of the

autumnal equinox, the white area will have shrunk to a minimum, after

which it again begins to increase. Considerable data have been accumulated

on the deterioration of the polar caps during different Martian years, on
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the distinctive features of the process in the northern and southern hemi-

spheres, and on the local characteristics of the boundary migration at

different surface points on Mars.

Photographs of Mars taken through different light filters are very

interesting. In 1909 Tikhov showed that, as we pass to shorter wavelengths,

the brightness difference between the maria and the continents diminishes,

while the contrast between the polar caps and the rest of the background

increases; this is due partly to the veiling influence of the atmosphere and

partly to the color properties of the surface. It has also been established

that in violet and ultraviolet light only the polar caps are visible, while the

other features vanish, so that the disk of Mars has a uniform appearance

reminiscent of Venus. In blue light, the maria and the continents some-

times are not visible and sometimes are faintly discernible, which should

be attributed to fluctuations of the atmospheric transparency.

The various properties described in the preceding have been the subjects

of a thorough photometric analysis. As indicated in §80, the brightness B

at any point on the surface of Mars is made up of two components: the light

reflected from the surface and the light scattered in the atmosphere. At

the time of true opposition, when the Mars-sun and Mars-earth directions

practically coincide, so that the angle of incidence i equals the angle of

reflection _, the brightness factor 0 (see §78) may be expressed as

nB
P.= _-_ =rocos_ ie-2_seci 4-×(x, i, r), (4)

where r0 is the brightness coefficient of the surface for a beam of rays

arriving and reflected along the normal (i -- e = 0°). v is theopticalthickness

of the atmosphere, and q is the smoothness factor, a special param-

eter proposed by Sytinskaya. The smoothness factor represents approxi-

mately the law of light reflection for the surface (for an orthotropic surface

q = I; for a pitted surface q < I, possibly dropping to zero; for a specular

surface q > I). The function × (r,i,r)includes all the brightness components

connected with atmospheric scattering.

It is useful to observe a certain surface area on Mars for different values

of the angle i, which constantly varies duc to rotation. Then by assuming

that the parameters in (4) remain constant in time, or alternatively by

measuring the radial brightness distribution across the disk and assuming

the conditions to be the same at all points measured, we obtain a system

of equations of the form of (4). This system can then be solved for the

parameters r, q and x characterizing the surface and atmosphere of Mars

in a certain spectral region. Such investigations were carried out by

Barabashov in Khar'kov (who calculated the function × using Schbnberg's

formulas), by Fesenkov (who proposed for × a formula which took into

account the illumination of the atmosphere by light reflected from the sur-

face, but neglected higher-order scattering), and by Sytinskaya (who

applied Sobolev's formulas, which take into account approximately both the

luminous exchange between surface and atmosphere and higher-order

scattering). As an example, Table 1 gives the results obtained using the

1939 observations. The good fit of the various sets of data for the surface,

obtained using different means of calculating _, is a consequence of

the low value ofx (a transparent atmosphere does not influence the surface

brightness much).
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TABLE 1

The true albedo r0 for the surface of Mars and the atmospheric optical thickness

(to a base 10)

Calculated for different models, according to 1939 observational data

Scatter-

ing in-
dicatrix

Higher-
order

scatter-

ing

Spectral

region,

38O

430

560

630

730

q

Rayleigh Rayleigh Elongated

neglected

r0

conti- maria polar

nents caps

0.057 0.057 0.30

0.092 0.083 0.28

0.190 0.163 0.28

0.238 0.160 0,24

0.283 0.155 0,18

1.22 1.20 --

x conti-

nents

0.205 0.051

0.175 0.039

0.103 0.134

0.080 0.286

0.051 0.278

-- 1.18

allowed for

r0

maria polar x

caps

0.051 0.32 0.145

0.089 0.30 0.101

0.159 0.28 0.047

0.160 0.24 0.031

0.159 0.18 0.023

104 -- --

ro

conti-
maria

nents

0.064 0.064

0.103 0.092

0.179 0.159

0.235 0.161

0.277 0.159

1.16 1.08

allowed for

x

polar conti- maria
caps nents

0.34 0.117 0.117

0.31 0.074 0.071

0.29 0.034 0.034

0.24 0.028 0.025

0.18 0.018 0.018

Characteristically, the variation of T with X lags behind the curve

prescribed by Rayleigh's law, which corresponds to a pure gas. Hence it

follows that the atmosphere of Mars is in fact an aerosol, that is, it contains

a substantial concentration of comparatively coarse suspended particles which

are characterized by neutral scattering; this conclusion is in full agreement

with all the other available data.

If the mass of the gas and the atmospheric pressure on a planet are

proportional to the optical thickness T (this is obviously nothing more than

a working hypothesis), then by comparing the values of z for the earth and

Mars we can find the atmospheric pressure at surface level on Mars.

Sytinskaya obtained in this way a pressure of 46 mm; Barabashov's data

gave 37 mm; de Vaucouleurs, from his naked-eye estimates of the brightness,

obtained 70 mm; Dollfus used polarimetric data to find 60 mm. The agree-

ment between the different figures is better than would be expected. On the

average, we may assume a pressure of 50ram for aneroid-barometer

readings (this being the actual pressure taking into consideration the weak

gravitational acceleration). A mercury barometer would give a reading of

130 mm, from which it follows that the gas column per unit area on Mars

is approximately 1/6 as massive as that on the earth.

It follows from the preceding that the atmospheric conditions at the

surface of Mars correspond approximately to those prevailing in the earth's

atmosphere at altitudes of 15 to 20 kin, that is, they are stratospheric in

nature, it must be kept in mknd, howover: that due to the tow gravity the

verticaI pressure gradient _ (formula (58), Chapter XI) will also be small,

so that at a height of about 30 km the atmospheric pressures on Mars and on

the earth will be the same, whereas at greater altitudes the pressure in the

Martian atmosphere will actually exceed that for the earth.

Spectroscopic investigations of the chemical composition of the Martian

atmosphere present a difficuIt problem. Numerous attempts to detect

oxygen and water vapor, using Doppler-effect measurements to distinguish

between lines of planetary and telluric origin, gave negative results.
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Therefore, it follows that the upper limit for the content of these gases in

the Martian atmosphere, relative to their content in the earth's atmosphere,

is less than 0.2% for 02 and less than i% for H20.

So far, only carbon-dioxide gas has been definitely detected in the

Martian atmosphere; its absorption bands were identified by Kuiper in the

wavelength range between 1.5 and 2p. A calibration made for the 1.605p

band by means of comparison with the CO 2 absorption spectrum in the

earth's atmosphere gives an equivalent CO 2 layer 440 cm thick for Mars

(pressure 760am, temperature 0°C), which corresponds to a partial

pressure of 0.26 mmHg.

It is thus clear that, although the amount of CO 2 in the Martian atmos-

phere is twice that for the earth, this gas is only present as a slight

admixture to some other gases, apparently nitrogen or a nitrogen-argon

mixture. Consequently, Mars, like Venus, has an atmosphere composed

of nitrogen and carbon dioxide.

The cloud formations observed in the Martian atmosphere fall into two

classes: i) yellow clouds, similar to the continents in color, or else some-

what whitish or grayish; these are visible to the eye and show up on photo-

graphs taken in the yellow-red part of the spectrum; 2) violet turbidities,

which show up only on ultraviolet photographs. Movements of the yellow

clouds make it possible to study air currents in the Martian atmosphere,
but the number of such observations made so far are too few.

A subject of lively discussion is the nature of, and the very existence

of, a special "violet layer" in the Martian atmosphere. During the 1924

opposition, Wright (at the Lick Observatory) measured the diameter of Mars

using photographs taken in various spectral regions; he found that the

diameter increased toward the ultraviolet. Wright attributed this phenom-

enon to the fact that red-light photographs give the diameter of the planet's

solid globe, while photographs taken in ultraviolet light give the diameter

of the atmospheric envelope. This interpretation gave a thickness of up to

100km for the Martian atmosphere. Later, Fesenkov showed that a

gaseous atmosphere maintained in aerostatie equilibrium (§79) and having

in it Nayleigh light scattering cannot produce this effect, since, if optically

thick, it will be white-colored and not blue. In order to explain the Wright

effect, we must assume that at a high altitude in the Martian atmosphere

there is a thin layer whieh scatters the short wavelengths of the solar

spectrum strongly. This "violet layer" has been associated with the over-

all luminous veil obscuring the planetary surface on ultraviolet photographs
and also with the violet clouds. The latter are considered to be local

condensations of the violet layer. Some very different assumptions have

been advanced to explain the constitution of this layer; it has been suggested

that the violet layer is composed of minute H20 or CO 2 erystals, or meteoric

dust, etc. Some authors endow it with extraordinary optical properties,

such as an increase of seattering power in the ultraviolet in excess of that

prescribed by Rayleigh's scattering law, or, conversely, weak scattering

and strong absorption of short wavelengths.

An alternative approach claims that the Wright effect is not a real

phenomenon, that it is produced by purely photographic effects related to

the fact that in red light Mars shows a very sharp limb darkening which
does not appear in the ultraviolet. Barabashov attributes the observed
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differencein the planet'sdiametersto anunderexposureof the limb areas
in red light, whileSharonovhasblamedit onphotographicirradiation,
whichincreaseswith thelimb brightness.

Thetemperatureconditionsonthesurfaceof Marshavebeenstudied
theoreticallyby MilankovigandHess,andexperimentallybyvariousAmeri-
canobservers. Theresultsagreeonthewholeandtheymaybesummedup
briefly asfollows. Themeandisktemperatureat oppositionis closeto
-30°C. At thesubsolarpoint(thediskcenter)it rises to+16° or +20°C,
thedarkmaria beingfrom 5 to 10° warmerthanthecontinents.At the
eveningterminatorthetemperaturedropsto 0°Cevenattheequator,and
at themorningterminatorit is as lowas -40° or -50°C. In thewinter
hemispherethedaytimetemperaturerangesfrom -50°to -80°C, andin the
zoneof uninterruptedsummerdayit is from 0° to +10°C. The latter value

is of great significence for interpretation of the white polar patches.

The various conclusions concerning the nature of the Martian surface are

based on simple eye estimates of the reflectivity (brightness, and color of

surface features during visual telescopic observations), or on determinations

of the brightness coefficients .in various spectral regions.

The continents are generally regarded as desert areas. Their smooth-

ness factors q are close to unity, indicating an exceptionally smooth surface.

The common opinion is that their surface is made up of sand, like the sandy

deserts on the earth. However, a colorimetric comparison made by
Sharonov has shown that the sands of terrestrial deserts are colored much

less strongly than the surface of Mars (for sands the mean yellowness

index is D = 0.49, and for Martian continents it is D = 1.09); only ocher

limonites (the earthy, crumbly variety of the mineral limonite, FezO3 nHzO,

for which D = 1.10) are close in this respect to the surface of Mars. Dollfus,

in his polarimetric comparison of the Martian surface with terrestrial

materials, also found no similarity to sands and clays, but he found a close

correspondence with the properties of powdered limonite.

These conclusions are consistent with the extraordinary phenomena

observed on Mars in 1956, when persistent orange-colored mists obscured

considerable parts of the disk, including the polar cap, for a few days in

succession. Sandstorms cannot persist for such long periods, but fine

limonite dust can remain suspended in the atmosphere for a considerable
time.

Researchers vary in their opinions concerning the nature of the maria.

The main difficulty is how to explain the seasonal variations in reflectivity.

The original hypothesis of Schiaparelli, according to which the dark areas

on Mars are actually water bodies, has been rejected, since a water surface

would be observed as a star-shaped reflection of the sun. The moistening

hypothesis, according to which the surface cover becomes darker because

it absorbs moistvL_e, _._ supported by some authors, but it is definitely

inconsistent with the absence of water vapor in [he Martian __tmosphere.

McLaughlin's volcanic hypothesis is currently being discussed in scientific

cireles. According to this theory, the dark cover of the maria is volcanic

ash, and the seasonal deposition and removal of the ashes is connected with

the seasonal variation of the atmospheric air currents. The most popular

point of view is the hypothesis explaining the color ehanges as being due to

the growth and withering of vegetation. Most authors regard this vegetation
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as a type of lower plant similar to lichens and algae, but Tikhov and his

co-workers maintain that higher forms of vegetation may also exist on
Mars.

Sinton's recent investigations are of considerable interest in connection

with the problem of Martian vegetation. He found that in the far infrared

the maria have wide absorption bands centered at 3.43, 3.56, and 3.67;_;

these correspond to the absorption bands of organic molecules. However,

it has stillnot been proven that a mineral cover could not produce these bands.

The question of the Martian "eanals"remains open; some observers

reject out of hand the possibility of their existence, interpreting the

phenomenon as an optical illusion, while others maintain that these are

strictly geometrical formations. Most researchers, however, are of the

opinion that although these long rectilinear formations actually exist on

Mars, they are of natural origin and have no speeial regularity.

Radio-astronomical observations on 3.15-cmwaves have detected a weak

radio emission of constant intensity coming from Mars. It is apparently

purely thermal in origin, and it eorresponds to a mean ground temperature
of -50°C.

Seasonal effects must also be taken into consideration in explaining the

existence of the polar caps. Of the four main hypotheses, namely snow

and ice eover, cloud-fog cover, solid carbon dioxide, and white-salt

efflorescences, only the first two are now eonsidered seriously. The CO2-

snow hypothesis has been rejected due to the unsuitable temperature

conditions (CO 2 solidifies only at -78°C, which is apparently attained on

Mars in winter months only) and also because aecording to Kuiper's data

the polar caps have a low reflectivity in the far infrared; this eould describe

frozen H20 but does not correspond to solid CO2, whose albedo is high in

the long-wave region also.

§87. Jupiter. As the planet with the largest mass and the largest

dimensions, Jupiter is of special interest. Taking the corresponding values

for the earth as unity, we have the following values for Jupiter: mean

radius, i0.95; volume, 1312; and mass, 316.94. A comparison of the last

two quantities gives a mean density of l.34g/em s, or 0.24 of the mean density

of the earth. The acceleration of gravity- on Jupiter is only 2.64 times that

on the earth, but the escape velocity is high, equal to 60 km/sec.

Since it is flattened considerably, the disk of Jupiter appears as an

ellipse in the telescopic field of vision. Direct measurements indicate a

flattening of 1/16, while G. Struve's calculations based on an analysis of

satellite perturbations give a value of 1/15.4

Jupiter is the first, and most characteristic, representative of the group

of four "Jovian" planets, which also includes Saturn, Uranus, and Neptune.

These planets differ from the previously considered "terrestrial" planets

in the following ways: i) they have larger masses and radii, but lower

densities (close to unity); 2) the axial rotation is more rapid; 3) there is

considerable flattening; and 4) they have low values of the parameter &

(formula (29), Chapter XI), indicating high concentrations of matter at_the

center and low densities in the peripheral layers. The structures of the

Jovian planets are thus radically different from the structures of the

terrestrial planets. Recently, some authors (including Fesenkov, Kozyrev_

and Masevich) published structural models for the Jovian planets, based on

the theory of stellar interiors. They assumed that the main bulk of the

152(;
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planetary mass consists of hydrogen, which is maintained at very high

pressures in the central parts.

Integrated-light photometry indicates a visual magnitude of -2" .29 at

mean opposition; the corresponding geometric albedo is Ag = 0.375 and the

illustrative albedo is A i = 0.56. The phase angle of Jupiter does not exceed

12 °, so that the phase curve is not known; the phase coefficient, however,

has been found to be 0.015 per degree. The color of Jupiter remained

uncertain for a long time; Russell's summary of data gives a color index

of +0m.50 which would indicate a color more bluish than the sun. The more

recent visual-colorimetric observations of Radlova and others, however,

have established definitely that Jupiter is yellower than the sun by 0m.l to
0"L2 units of color index.

The large disk of Jupiter has many different features on it. The most

pronounced of these are the dark and light bands, whose boundaries follow

the planetographic parallels. According to accepted terminology, the dark-

colored bands are called belts and the bright gaps zones. Against the

background of belts and zones may be observed various rounded bright spots,

isolated dark formations shaped like oval spots, and various elongated

strips which intersect the belts and zones at different angles.

The rotation of Jupiter is zonal: each band has its own rotation period,

the length of the periods increasing with the planetographic latitude. For

the equatorial zone, the rotation period is approximately 9t,50 m , while for

belts at latitudes of 35 to 40 ° it increases to 9h56 m. Repeated attempts to

establish a more accurate law describing the latitudinal variation of rotation
velocity did not give any definite results, since different features in the

same zone have different rotation periods.

The zonal nature of the rotation complicates the reckoning of longitudes

on Jupiter. Two systems of longitudes are used. One of these, called the

f i r s t s y s t e m, corresponds to a period of 9h50m30K003., corresponding on

the average to the rotation of features in the equatorial zone. The other

system, known as the second system, has a period of 9h55,,40_.632,
derived from observations of the so-called Red Spot.

The equatorial elements of Jupiter have been reliably determined. The

ephemerides are calculated using the following coordinates of the planet's

north pole, which were obtained by G. Struve at Pulkovo Observatory from

the theory of satellite motion and which are also in good agreement with

visual observations of the migration of spots across the disk:

a= t7h52mos.84, 6= +64°33'34".6 (]910.0).

This corresponds to a 3° inclination of the equator to the orbit, so that there

are practically no seasons on Jupiter.

The nature and the positions of features on Jupiter's disk constantly

change, sometimes quite rapidly, which is consistent with the ___ooppted

opinion that the surface of the planet is an atmospheric cloudy layer. The

planet must therefore be kept under continuous surveillance. At present

such a "Jupiter Survey" is beipg carried on by amateur observers (for

example, the Jupiter Section of the British Astronomical Association and

the VAGO* Observers' Collective). The results are published in the form

of synoptic charts of the planet's surface for each opposition, or for shorter

* [Vsesoyuznoe astronomo-geodezicheskoe obshchestvo (The All-Union Astronomical and Geodetic Society)]
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time intervals, andalsoin theform of tableslisting thelatitudesof the
boundariesof thebeltsandzones,andthecoordinatesandrotationperiods
for individualsmaller features.

Theextensiveobservationalmaterialonhandat presentindicatesthat
the overall variability of the planet's disk has a certain irregular period-

icity or cyclicity. Epochs during which the planet's equatorial region is

occupied by a bright zone with wide dark belts lying north and south of it

give way to periods during which the two dark belts merge into a single

dark-colored equatorial belt; this process is repeated at intervals of 9 to

11 years. Since the length of this cycle is close, on the one hand, to the

sidereal revolution period of Jupiter (11.9 years) and, on the other hand,

to the ll-year cycle of solar activity, many investigations have been made

attempting to establish a correspondence between the different cycles, but

no definite results have been obtained. It has also been observed that

the alteration in the distribution of zones and belts is accompanied by an

overall enhancement or weakening of the variation activity observed on

Jupiter; in addition, it affects the planet's stellar magnitude and color

index.

Besides transient formations, Jupiter also has some semipermanent

surface features. The most famous of these is the so-called 1_ ed S pot,

discovered in 1878. Although it varies in brightness and color, the Red

Spot has nevertheless been observed continuously since that date. It is

shaped like an oval, elongated along the parallel, and it is 50,000 km long

and 10,000km wide. The Red Spot remains at approximately the same

latitude (about -20 ° for the center), but it goes through complex changes

in rotation period, so that its longitude in the second system varies

constantly and irregularly. It is noteworthy that another comparatively

stable formation exists at the same latitude, namely the "southern veil" or

"south tropical disturbance." This is a dark region, with a rotation period

somewhat shorter than that of the Red Spot. Consequently, the "tropical

disturbance" overtakes the Red Spot once every two years; then, it flows

around the spot in two streamers branching to the north and to the south,

an event which is accompanied by a number of peculiar phenomena.

The disk of Jupiter has been the subject of numerous photomctric and

colorimetric investigations, including visual (Sch5 nberg, Fesenkov),

photographic (Barabashov and co-workers, Sharonov), and photoelectric

(Maggini) studies. The results indicate that the radial distribution of bright-

ness across the disk (mostly over the equator) follows an approximate

cosine law, so that the surface is close to orthotropic in its reflective

properties. The color varies away from the center (turning bluer); atequal

distances from the center the color is redder for features of low brightness.

A characteristic feature of Jupiter's spectrum is the presence of distinct

absorption bands, giving a definite indication of the type of absorption in the

atmosphere of this planet. The strongest band lies in the red region between

6450 and 6507 ._; it has a complex structure. Although these bands were

discovered at the end of the 19th century, the chemical nature of the parent

gases remained unknown for a longtime; it was only in 1931 that Wildt

showed the strongest bands to be methane (CH 4) bands and some of the less

intense bands to be ammonia (NH 3) bands. This conclusion was verified in

detail at Mount Wilson Observatory by a painstaking comparison of the

spectrum of Jupiter (as well as those of Saturn, Uranus, and Neptune) with

the absorption spectra of gases, observed under laboratory conditions
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througha 70-foottube. For NHj, 30lineswereidentifiednear64502k
o

and 39 lines near 7900 A. A comparison of line intensities gave for Jupiter

an equivalent homogeneous NH 3 layer (T = 0°C, pressure 760 mm Hg) about

5 to 10m thick. An analagous comparison for methane gave an equivalent

layer of 150m.

Methane and ammonia are clearly not the main constituents of Jupiter's

atmosphere. They account for only a small fraction of the atmospheric

gases, but the other components are not observed spectroscopically. These

may be nitrogen, argon, helium, and hydrogen. The hypothesis of hydrogen

atmospheres for the Jovian planets is the most popular one. In 1952, it

gained additional support from Kuiper's discovery that in the spectra of

Uranus and Neptune there is a weak, diffuse 8279 _ band, which was identi-

fied with the H 2 band observed by Herzberg under laboratory conditions.

Information on the constitution of the Jovian atmosphere has also been

obtained from observations of the occultation of stars by Jupiter. In

particular, during an occulation of the star # Arietis (20 November 1952),

Baum and Code used the Mount Wilson 60-inch reflector to make a photo-

electric recording of the attenuation of the stellar brightness. As observed

in §80, the variation of stellar brightness under these conditions is deter-

mined by the vertical variation of refraction in the planetary atmosphere,

and thus (since the refractive index is related to the gas density) by the

density gradient _ (chapter XI, formula (59)); the latter parameter can

therefore be found from occultation observations. For the isothermal

atmospheric model it was found that _ -- 0.12 per km. Furthermore, given

the acceleration of gravity and assuming a probable temperature value, we

can calculate the molecular weight p. For T -- 86°K, we obtain p = 3.3,

which proves the high content of light molecules in Jupiter's atmosphere

(6 H 2 molecules for each CH 4 molecule gives p = 4, while 12 H 2 molecules

for each CH 4 molecule gives p = 3).

The remoteness of the planet from the sun is responsible for the low

equilibrium temperature: T, = -100°C and Tz-- 151°C. These values are

close to the radiometric temperature at the center of the disk, -140°C,

found by Coblentz.

An interpretation of the various observational data mentioned above is

considerably difficult. We have already indicated that the apparent surface

of the planet is a layer of cloudlike aerosol, floating at a certain depth in

the gaseous atmosphere. Since the freezing point of CH 4 is -184 °, while

that of NH 3 is -78°C, it is natural to assume that the disperse phase of the

aerosol consists of ammonia crystals.

The limb darkening was previously explained as an effect of extinction

in the gas layer above the clouds, the attenuation increasing toward the limb

because the path of a ray in the gas layer becomes longer. However, this

_xplanation _nl_ if the _;as attenuates the transmitted radiant flux by

means of absorption only, and not by scattering, that is, if the brightness

factor ,1 of the gas is close to zero. Since this is unlikely for the visible

spectrum, this explanation has been rejected, particularly since, according

to Ambartsumyan's theory of scattering, a purely scattering medium

(regardless of whether it is a gas or an aerosol} produces a limb darkening

close to that actually observed for Jupiter and for other Jovian planets.

Intensity measurements for the CH 4 and NH 3 absorption bands at various

distances from the disk center showed virtually no radial variation. Hess
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hasinterpretedthis result in the light of thepreviousopinions;hesuggests
thattheheightofthecloudlayer increases,whilethethicknessof thegas
layer aboveit correspondinglydecreases,towardtheedgesofthedisk, so
asto compensatefor the increasein pathlength. Sincethescatteringis
alsoappreciableat thewavelengthsof theabsorptionbands,it is more
reasonableto explainthis fact from thepointofviewof scatteringtheory,
assumingthatthe limb darkeningdueto scatteringis thesameinsidethe
absorptionbandsandoutsideof them.

It is difficult to explainthepeculiarcoloringof thesurfacefeaturesof
Jupiter. Wildthassuggestedthattheaerosolscontainspecialcoloring
compounds,whileSharonovmaintainsthatthedifferentcolorsmaybethe
result just of appropriatecombinationsof Rayleighandneutralscattering.

ThedecameterradiowavesemittedbyJupiterwerestudiedstartingin
1950. However,it wasonlytheseriesof specialradio-astronomical
observationscarriedoutby BurkeandFranklinin 1955whichestablished
definitelythat Jupiter is a very powerful radio source. Jupiter emits radio

bursts which last from 0.5 to 1 sec, and these appear and disappear period-

ically, varying with the longitude of the central meridian. The period was

found to be close to the rotation period of the Bed Spot; the summary of

observations prepared by Douglas gives a mean period for this of 9h55m29L37.

A third system of Jovian longitudes has thus been introduced to agree with

this radio period. Here, the initial meridian is defined as the one which

coincided with the initial meridian of the second system at Oh on I January

1957.

The intensity curve for the decameter radio waves shows that there are

probably from two to four independent radio sources. If these were ortho-

tropic, then the waves from each source would be detected in a 180 ° interval

of central-meridian longitudes. Actually, the reception range is limited to

50 or 60 °, and it decreases at higher frequencies. The radio beam is thus

fairly narrow. This can be attributed to the presence of a quite powerful

ionosphere: the waves emitted by a source below the ionosphere experience

total internal reflection at the lower boundary of the ionospheric layer for

certain zenith distances, and they do not emerge from the atmosphere. This

total reflection also determines the angular span of the reception cone. The

radio waves received are circularly polarized, apparently due to certain

ionospheric processes.

Besides radio bursts, there are three other types of radio emission from

Jupiter: thermal emission, corresponding to a constant radio-brightness

temperature of-140°C; nonthermal emission which is unpolarized; and

nonthermal emission which is polarized. The nonthermal radio waves, both

polarized and unpolarized, are very useful for analyzing the physical

processes which probably occur in Jupiter's ionosphere.

§88. Saturn and its rings. The figures in Table 1 of Chapter XI show

that this planet is the second largest in the solar system; its characteristic

measurements are as follows (earth = I): equatorial diameter 9.02, volume

734 and mass 94.4. Saturn is unique with regard to some of its other char-

acteristics. It has the lowest mean density in the solar system, 0.71g/cm 3

(or 0.13 of the earth's density), and the highest oblateness '/,0. Finally,

Saturn has the lowest value of the parameter _, namely 0.62, which is close
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to thetheoretical lower limit of 0.5 andwhich indicatesan exceedingly
highconcentrationof mass at the center.

Integrated-light photometry and colorimetry studies of Saturn are

complicated by the presence of the rings. The ring brightness varies to a

great extent with the angle of elevation D of the earth above the ring plane,

and also partly with the phase, although the phase angle _p never exceeds 6 °.

The visual magnitude m of Saturn at its mean distance (h = 9.5388 A. U.,

L = 8.5388 A.U.) is generally expressed by the formula

m = + 0.79-- 2.5965 sin D -t- t.2526 sin 2 D -b 0.0436 ,. (5)

The data for D = 0 and _p = 0 give albedo values of Ag= 0.42 and Ai = 0.63,
which indicates a high reflectivity due to the cloudy nature of the surface.

Saturn is on the average yellow in color, its color index being variously

quoted as -_ I,,,.12 {Russell), +1m.22 (King), and ,t,_.18 (Radlova), which is

approximately 0'_3 to 0m 4 higher than the color index of the sun.

The planet's disk has very few visible surface features. The relatively

bright equatorial zone has dark bands adjoining it. The polar regions of

the planet also appear to be darker. Individual bright or dark spots are

very seldom observed, which complicates studies of the planetary rotation.

Observations of such spots have led to the conclusion that Saturn, like Jupiter,

has a zonal type of rotation; the equatorial period is t0_t4 ,_ , the period in the lati-

tude belt from +35 ° to 40 ° is i0h38 m , and for latitudes of ±57 ° it is more than tt:'.

The color characteristics of the surface have been established using

photographs taken in narrow spectral regions. In red and infrared light,

no surface features are observed, but the limb darkening is enhanced; in

yellow and green light, the equatorial belt is at its brightest; and in the

short-wave region, the equatorial belt and the polar areas appear to be very

dark while the limb darkening is diminished.

Several studies based on the surface photometry of Saturn's disk were

conducted by Barabashov and his co-workers at the Khar'kov Observatory,

and these provided a quantitative illustration of the color and brightness

phenomena. The absolute surface photometry of the disk carried out by

Sharonov at Pulkovo, using photographs taken with a 30" refractor, gave a

brightness coefficient of 0.68 in the photovisual system for the center of

the disk.

The spectrum of Saturn shows the same bands as the spectrum of Jupiter.

However, the CH 4 bands are enhanced, corresponding to an equivalent gas

layer 350 m thick, while the NH_ bands are weaker, giving an equivalent

layer thickness of only 2 m.

Saturn's rings are unique in the solar system. Since the rings are tilted

at 28 ° to the plane of the ecliptic, their appearance as viewed by an earth-

be,and observer varip_ with the angle D between the ring plane and the line

of sight. In the epoch when the full ring spread is visible, the rings have

the form of a wide ellipse with an axial ratioofl : 0.88, and the northern and

southern edges of the disk are projected onto the rings. The angle D then

decreases, and after 8 years it goes to zero, that is, the earth passes

through the ring plane. At this stage the rings show up as a thin line, which

even disappears completely for some time, indicating that the ring thickness

is very small. The rings then turn the other side toward the observer, and

the full spread of the rings is observed again after 15 years, the cycle

subsequently repeating itself.
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A simplevisualobservationshowsthatSaturn'srings maydefinitelybe
dividedinto thefollowingthreezones:anouterring A, separated by a

sharp black gap (called Cassini's division) from the middle ring; the

brighter middle ring B, separated by a dark gap from the inner ring; and the

semitransparent inner ring C, known as the "crepe" ring. Rings A and B

havc several narrow divisions, less sharp gaps, and gradations, one of

which is the Encke division in ring A.

The position of the ring plane is specified by the following coordinates of

its north pole, derived by G. Struve at Pulkovo:

= 36°12'.0 8= q- 83°2'.7 (i899,0).

These coordinates are also assumed to specify the north pole of the planet's

axis of rotation. The dimensions of the ring system are as follows:

outer radius of ring A .................. 275,000 km
Inner radius of ring A .................. 258,000 "
Width of Cassini' s division .............. 5.000 "

Outer radius of ring B.................. 253,000 "
Inner radius of ring B .................. 227.000 "
Gap between /] and C .................. 1.600 "

Inner edge of ring C .................. 109.000 "

The rings are exceptionally thin, no more than 15 to 20 km in width. This

follows from the fact that, when the earth passes through the plane of the

rings, they d isappear for some time and are not visible even through the

largest telescopes. Moreover, not only is the crepe ring C (through which

the plmlet's globe shows up clearly) semitransparent, but also the two other

zones are not entirely opaque either. This is obvious from observations of

the occultations of stars by the rings, and also from the visibility of Saturn's

satellites as they pass through the ring shadow.

The mass of the rings is negligible. According to G. Struve, the rings do

not exert any perturbing influence on the motion of the satellites, so that

their mass cannot be greater than I of that of the moon.

The structure of the rings was analyzed theoretically by Maxwell and

independently by Kovalevskaya. They proved that neither a solid nor liquid

formation of this shape could be maintained in equilibrium and remain stable.

Therefore, the only possibility is that the rings have a meteoritic structure,

and that a swarm of small particles, each moving independently around

Saturn in a circular orbit, is spread out to form the thin ring layer. This

hypothesis was brilliantly confirmed by the spectroscopic investigations of

Belopol'skii, Keeler, Campbell, and Deslandres, who determined the line-

of-sight velocities and revolution periods for various ring zones and showed

that the periods increase steadily with the distance from the center of

Saturn, in full quantitive agreement with Kepler's third law.

The meteoritic theory explains the existence of empty gaps such as

Cassini's division. Kirkwood has shown that particle motion at distances

from Saturn where the particle period is commensurable with the revolution

period of one of the satellites is necessarily unstable, due to the gravitational

perturbation of the satellite. Actually, the distance of Cassini's division

from the planet is such that the corresponding revolution period of particles
thein it would be _ the period of Mimas, the satellite closest to the ring, i

period of Enceladus, and i that of Tethys.
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Thesizesof theconstituentparticlesof theringsmaypossiblybe
determinedby meansof photometricinvestigation.Theimportantphoto-
metric propertiesof therings are, first, constancyofbrightnessregardless
of theactualangleof incidenceof solar raysand,second,arapid dropin
brightnesswith increasingphaseangle(thelatter propertyis expressedby
formula(5) for the integratedbrightnessoftheplanet).Thephasecoefficient
for just therings is 0.4to 0.5, whilethephasecoefficientfor Saturnitself
is toosmallto bedetermined.

Thefirst photometrictheoryof theringswhichattemptedto explainthese
propertieswasthat of theGermanastronomervonSeeliger. Heexamined
a modelof a mediumconsistingof orthotropic spheres, uniformly distri-

buted in a vacuum. At a phase angle of _ = 0% each element of the medium

hides its own shadow, so that the brightness is maximum. Then, as

increases, the shadows emerge onto the image plane, and the shadowing

effect rapidly lowers the apparent brightness.

However, this simple "shadow" theory is not adequate to explain more

recent measurements of the ring brightness under various conditions of

illumination and observation(Sch{Jnberg, Fesenkov). Schbnberg found a

certain similarity between the brightness variation of the rings and that

calculated according to Mie's theory for dielectric scattering elements with

radii of 3.6 _.

A more exact theory must take into consideration, not only the effect of

reciprocal shadowing of the particles, but also the luminous exchange

between particles, that is, higher-order scattering. Bobrov has studied

this problem and his calculations indicate that the elements constituting

rings .4 and B must be comparatively large, about the size of stones and

small boulders,

§89. Uranus, Neptune, and Pluto. Visual observations of the disk of

Uranus are difficult due to the small angular size and the low brightness.

The observations which have been made have led to contradictory results:

some observers report a system of equatorial bands, as on Jupiter, while

others report rounded spots.

The main astrophysical data on Uranus pertain to its brightness

variations. Older data disagree considerably; for example, for ,no Mfiller

obtained visually 5".86, Pickering obtained 5"_.M, and Russellassumed 5,_.74,

the latter value giving g = 6.98 and for 6, = 36".0 leading to an albedo of

Ag = 0.42. Since neither the phase curve nor the phase coefficient are known

(the phase angle of the planet does not exceed 3°), the albedo is calculated

using q = 1.5, which gives At-- 0.63. Of the more recent determinations, we

should mention the data of Parenago, who used a large series of visual

observations to obtain the value m0 = 5.64, and also the very accurate photo-

electric measurements of Giclas in 1950 -- 1952, which in the conditionally

visual systei-_] gave ,n_ - 5.52 and a color index of 0',.54.

Short-period brightness fluctuations have made it possible to determine

the rotation period of Uranus, for which Parenago gives 10h49 m. This value

is also confirmed by spectroscopic observations, which indicate retrograde

rotation. The position of the axis is specified by the following coordinates

of its pole:

a = 4h21 m, 5 = + 29°.8,
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whichgivesa98° tilt of theequatorto theorbital plane. Uranusis theonly
planetin thesolar systemwhichhasaretrograderotationandwhoseaxis
lies almostin theplaneof its orbit.

Thesuccessionof seasonsonUranusis indicatedbytheintegrated
brightness. Whentheaxispointstowardthesunandtheearth, theshort-
periodbrightnessfluctuationscease,aswasshown,for example,bythe
1950--1952photoelectricobservations.Furthermore,a long-period
brightnessvariationhasbeendetected,theperiodbeinghalf thetimefor the
revolutionoftheplanetaboutthesun; brightnessminimaoccurredin 1880
and1921,whentherotationaxiswasperpendicularto theradiusvector,
andbrightnessmaximaoccurredin 1900and1942,whentheaxispointed
towardthesun. Theamplitudeof thesefluctuations,accordingto Becker,
is closeto 0=.3. Thebrightnessvariationsaredueto theconsiderable
flatteningof theplanet(*/,8),onaccountofwhichtheprojectionareaof its
diskontotheimageplanewill vary, andpossiblydueto color differences
betweenthevariouslatitudebeltsaswell.

Theabsorptionspectrumof Uranus'satmospherecontainsmethanebands
whicharestrongerthanthosein thespectrumof Saturn; their positionin
thespectrumis responsiblefor thegreenishcolor of theplanet'sdiskas
viewedwiththeeye. Theintensityof thebandscorrespondsto a 1500-m
layer of CH 4. No ammonia bands have been detected. The diffuse 8270 _,

band found by Kuiper has been identified by Herzberg with the rotational band of

molecular hydrogen; its intensity corresponds to an equivalent H 2 layer
18 km thick.

Radiometric observations of Uranus indicate a very low planetary heat,

corresponding to a temperature lower than -200°C. The equilibrium

temperatures of the planet are --184 ° and -200°C.

Neptune is very similar to Uranus in its geometrical, gravitational, and

physical properties, although it has a somewhat larger mass. The diameter

determinations have been contradictory; older data showed Neptune to be

somewhat larger than Uranus, while newer measurements indicate tile

opposite (see Tables 1 and 2, Chapter XI). According to Russell, Neptune's

diameter is 3.92 earth diameters and according to Rabe it is 3.89 earth

diameters, the latter value also giving a somewhat higher mean density,

1.58g/cm 3. An even smaller diameter, namely 3.50 earth diameters, and

a proportionately higher density of 2.22 g/cm 3, were obtained by- Kuiper in

1948 from observations made with a disk micrometer; however, this result

requires further verification. A flattening of 1/50 was calculated using

celestial-mechanical relations.

Repeated attempts to observe surface features on Neptune have given no
definite results; therefore, if surface features do exist, then their contrasts

are even lower than those on Uranus. Consequently, the Jupiter-Saturn-

Uranus-Neptune sequence is characterized by a regular decrease in feature

visibility with increasing distance from the sun.

Neptune's disk has not yet been studied by means of surface photometry,

but many integrated-brightness measurements have been made, giving an

apparent magnitude of m0 : +7"'15 (for A = 29.07A. U. and L-- 28.07A. U.,

according to Russell's summary) and a color index close to the sun's, indi-

cating approximately neutral scattering (although the disk, when observed

visually, has a distinct greenish color). These figures correspond to an

illustrative albedo of 0.52. If we use Schatzel's latest photoelectric
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determinations, expressed in the international photovisual system of units,

and if we take Kuiper's diameter, then we find that m0 = 7m.95 and A i -- 0.49.

Short-period brightness fluctuations attributable to axial rotation have

been repeatedly observed for Neptune. All the observational material on

this subject was ree_ntly reviewed by Gfinther, who obtained a period of

0d.53020 _ 12h4J m and m0 = 7.85 ± 0.01. The brightness curve is quite compli-

eated and varies with time. It cannot be explained by the rotation of a body

with simple surface spots, and Gfinther has therefore suggested a complex

hypothetical model with a two-layer atmosphere and windows in the upper

layer, through whieh the specularly reflecting lower layer is visible.

The photometric rotation period of Neptune differs somewhat from the

15K8 period found by Menzel and Moore on the basis of speetroscopie

measurements, which showed that the planet has direct rotation. The latter

fact is of eonsiderable eosmogonic significance, since the larger satellite,

Triton, moves in a retrograde motion.

Neptune's speetrum is eharacterized by very narrow CH 4 bands, which

are even stronger than those in the speetrum of Uranus, corresponding to

an equivalent methane layer 2500 m thiek. Ammonia bands are absent, but

the 8270 Ahydrogen band is observed. The spectra of the four Jovian planets

thus fall into a sequence, in which the intensity of the CH 4 bands inereases

with the distance from the sun, while that of the NH 3 bands drops off. This

can be explained by a hypothesis according to which the NH 3 , crystals of

whieh apparently form the cloud cover of Jupiter (and possibly of Saturn as

well), freezes as the temperature drops and then precipitates to the surfaee,

exposing a deeper-layer lying of gaseous CH 4.

The only reliable physical characteristics of Pluto are those obtained by

integrated-light photometry-. The visual magnitude m0 was found to be 14" 71

(Graft), the visual-photoelectric magnitude is 14m.90 (Walker and Hardy),

and the photovisual and photographic values are 14-'.74 and 15-,.41(Baade),

which corresponds to a color index of _-0"L67 (a neutrally colored surface).

The photoelectric observations made by Walker and Hardy in 1953--1955

indicated periodic fluctuations of Pluto's brightness with an amplitude of

over 0".I and a period of 6d390 : the latter figure is accepted by the authors

as the rotation period of Pluto.

The mass of Pluto has been determined from the perturbations in the

motion of Neptune; it was found to be 0.99±0.09 of the earth's mass. The

question of Pluto's size, however, has not been settled yet. Kuiper main-

tains that he successfully resolved and measured Pluto's disk, obtaining a

diameter of about 0.5 of that of the earth. This gives an albedo of 0.17,

which is a plausible value; however, when coupled with the preceding value

of the mass, this gives a mean density of about 45g/cm 3. If we assume

that Kuiper's diameter is too low, perhaps due to strong limb darkening,

then we obtain an exceedingly low albedo (if Pluto's diameier is equal to the

earth's, then the albedo is 0.04). A s[udy of all the data for Pluto led

Caillatte to suggest the following elements as a basis for discussion:

mass, 0.99 of the earth's;

radius, 7200km;

density, 3.9g/cm 3;

geometric albedo, 0.05.

The solar irradiation at the mean distance of Pluto from the sun is i/1600

of that at the earth's orbit, which corresponds to equilibrium temperatures

of T 1 =-211°C and T2 = --229°C.
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§90. Planetary satellites. Thirty-one satellites are known at present

in the solar system. They are listed, together with some of their orbital

elements, in Table 2.

Planets and

satellites

EARTH

,',loon

M A I_.S

Phobos

I3eimos

JUPITER

V Anlalthea

I Io

II Europa

Ill Ganymede

IV Callisto

VI

VII

X

XII

XI

VIII

IX

SATUP, N

I .klimas

II Enceladus

lll Tethys

1V Dione

V Rhea

VI Titan

VII Hyperion

VIII Iapetus

IX Phoebe

URANUS

V Miranda

l Ariel

II Umbriel

Ill Titania

IV Oberon

NEPTUNE

i Triton

1I Nereid

TABLE 2

I
Mean I Sidereal Inclina-

I

distance period tion gccen- Diam-

Discoverer and year from ofrevo- of orbit tricity

of discovery planet lution to of m0 g eter
km

( 1000 ( mean planetary orbit

km) days) equator

Hall. 1877

Hall, 1877

384 27.32 18"--29" 0.055 -12.55 +0.46 3476*

Barnard. 1892

Galileo, 1610

Galileo, 1610

Galileo. 1610

Galileo, 1610

Perrine, I}104

Perrine. 1905

Nicholson. 1!138

Nicholson. 1!151

Nichoison. 1938

Mellote, 1908

Nicholson, 1914

9.4 0.32 1" 0.017 +11.5 +9.1 15

23.6 1.26 2 0.003 13.0 +10.6 8

181 0.50 0 0.003 14.0 +7.3 160

422 1.77 0 O.000 5.54 -1.16 t730"

671 3.55 0 0.000 5.69 -i.01 3150"

1,070 7,15 0 0.001 5.08 -1.62 5150"

1.881 16.69 0 0.007 6.28 -0.44 5158"

11,400 250.62 31 0.155 14.7 +8.0 130

11,700 260.07 30 0.207 17.6 +10.8 _0

11.700 254.2 -- 0.140 18.8 +12.1 2,1

21,000 620 -- 0,130 19.0 - 12.3 22

22,600 692.5 -- 0,207 18.5 +11.8 30

23,500 738.9 145 0.378 16.9 +ft.8 56

25,100 745.0 154 0.275 18.0 +11.3 27

Herschel, 1789 185 0.94 2 0.019 12.1 -2.5 650

Herschel, 1789 238 1.37 0 0.005 11.6 +2.0 80o

Cassini, 1684 294 1.89 1 0.000 10.5 +0,9 1300

Cassini. 1684 377 2.74 0 0.002 10.7 *1.1 1200

Cassini, 1672 527 4.52 0 0.001 1O.O +0.4 1750

Huygens, 1655 1,200 15.95 0 0.029 8,3 -1.3 4200*

Bond, 1848 1,500 21.28 1 0.119 13.0 +3.4 500

Cassini, 1671 3,600 79.33 14 0.028 1O.1 +0.5 1800

Picketing, 1898 12.900 550.45 149 0.166 14.0 +4.4 250

Kuiper, 1948 130 1.41 O -- 17.0 +4.9 --

Lassell, 1851 192 2.52 O 0.007 15.5 +3.4 800

Lassell, 1851 267 4.14 0 0.008 15.8 +3.7 640

Herschel, 1787 488 8.71 0 0.002 14.0 +1.9 1600

Herschel. 1787 586 13.46 0 0.001 14.2 +2.1 1450

,i

Lassell, 1816 354 5.88 0.000 13.6 -1.2 4800

Kuiper 19.19 8,000 359.4 0.76 19.5 +4.7 320

* The satellite diameters which have been measured micronletrieally are marked with an asterisk; tile

rest of the values arc hypothetical.
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Thenatureof themoonwasdiscussedin ChapterX. Theother30
satellitesarecelestialbodieswithexceedinglysmallapparentangular
diameters,andtheymustthereforebestudiedusingthesamemethodsas
areusedto studytheasteroids.

Througha largetelescope,onlythefour largestsatellitesof Jupiter
(discoveredbyGalileoandcalledthe "Galilean"satellitesinhis honor)and
Titanshowupas disks. Reportscomein occasionallythatthediskof Rhea
or someof the other satellitesof Saturnare observed,but theserequire
further verification. Theangulardiameterscanbemeasuredreliably only
withdiskmicrometers,sincethesatelliteshaveapparentdimensionsof
only1" or less.

Surfacefeaturesarediscernibleonthelargestsatellites, althoughthey
lie at the limit of resolutionfor telescopicobservations.For example,
witha magnificationof over1000times, thediskof Io measuresabout1'%
andon it darkpolarzonesanda relatively light, mottledequatorialbelt
are noticeable.Onthediskof Europa,ontheotherhand,thepolarzones
are light andtheequatorialzoneis coveredwithdarkelliptical spots.
Ganymedehasasimilar appearance,with its relativelylight polarzones.
Thesurfaceof Callisto is mostly dark, with isolated lighter spots present

against the dark background.

Observations of the apparent migration of spots across the disks of the

Gatilean satellites show that their rotation periods are equal to the

respective periods of revolution about Jupiter, so that all four of these

satellites constantly present the same hemisphere to their planet, just as

our moon does. On the disk of Titan it is possible to observe limb

darkening and some blurred bands, but no conclusions on the rotation of

this satellite have been obtained so far.

The motion of a satellite about its primary is associated with various

phenomena which are of astrophysical interest to an earthbound observer.

The most significant of these phenomena are: occultation of the satellite

by the disk of the primary; transit of the satellite across the primary;

eclipse of the satellite, that is, its passage through the umbral cone of the

primary; and transit of the satellite's shadow across the disk of the planet.

These phenomena are regularly predicted and published in astronomical

almanacs, and therefore they are systematically observed for the four major

Jovian satellites only. In the Saturn system, these events can be observed

only during the phase of ring disappearance, and special ephemerides are

published on this occasion.

The astrophysical significance of these phenomena is that they make possible

an easy comparison of the satellite albedo with the reflectivity of various

planetary surface features during the satellite transit. Moreover, observa-

tions of the brightness variations when the satellite enters or leaves the

shadow of the planet enable us to study the planet's atmosphere by the same

methods which are applied to investigate the _rth's atmosphere during lunar

eclipses. Finally, the time spent by the satellite in the shadow of the planet
indicates the satellite diameter.

The photometric studies of satellites are entirely analogous to those

carried out for asteroids. They reduce to a determination of the color index

and the apparent stellar magnitude m s by means of stellar photometric
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techniques. In addition, by applying formulas (34) and (35) of Chapter XI,

we can calculate the stellar magnitude m0 at mean opposition and the absolute

stellar magnitude g. The variations of these quantities with the phase angle

indicate the phase coefficient _, and their periodic fluctuations in time can

be regarded as a consequence of the satellite's axial rotation, so that its

rotation period can be found.

The geometric and illustrative albedos can be determined for a satellite

whose linear radius R is known fairly reliably. The corresponding results

are given in Table 3.

TABLE 3

Satellite 8x mo g Ag A i _, Color

Ampli 7
tuue oI
bright-

less _Iluc-
tuation

Moon 2".40 --t2.55 -t-0.40 0. t0 0.t5 0.025 G5 --
Io 2 .38 Jr 5.54 --t.t6 0.46 0.69 0.0t6 G9 0m.23
Europa 2 .08 nu 5.69 --t.0t 0.5t 0.76 0.0t9 G5 0 .3t
Ganymede 3 .62 -}-5.08 --t.62 0.30 0.45 0.023 G3 0 .t6
CalIisto 3 .49 -_ 6.28 --0.44 0. tt 0.t6 0.046 G9 0 .t2
Titan 2 .9 -}- 8.30 --t.26 0.33 0.50 -- -- --

Mass

(earth =

=1)

0.0t23
0.0t2t
0.0079
0.0260
0.0t60
0.0235

6, is the angular semidiameter at a distance of A = 1 A.U. The first four columns give

Russelr s data.

For satellites whose disks cannot be resolved telescopically, the reverse

problem can be solved, namely, given a certain geometric albedo, we can

find hypothetical values for the radius R. If we solve equation (33) of

Chapter XI for /_, where Ag is substituted for aF, stellar magnitudes are used,

and the sun's stellar magnitude is takenas ms=-2.51gEs, then we obtain

lg R = 0.2ms -- 0.5 lg Ag.- 0.2g.

In calculations of R for asteroids and satellites, Ag= 0.24 by convention.

Hence,

lgR = 3.31 -- 0.2g.

The hypothetical diameters 2R obtained from this formula are listed in the

last column of Table 2.

The masses of the largest satellites can be found by analyzing the

reciprocal perturbations in the system of the given planet. This requires

a large amount of observational material and an elaborate theory describing

the satellite motion in the system. Such information is now available for

the system of Jupiter and Saturn. Some of the more reliably determined

masses are given in Table 3, and we see that Ganymede is the most massive

satellite. Among the satellites of the other planets, Triton is found to be

quite massive, its mass being close to that of Titan. The masses of the

remaining satellites are very small.

Because of their small masses and their correspondingly low escape

velocities, most of the satellites should be characterized by a very rapid

dissipation of atmospheric gases. Thus, it is to be expected that the
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satellites will lack gaseous envelopes. Observations fully corroborate this

conclusion. The only exception is Titan, whose spectrum contains a
definite methane absorption band near _ = 6190 _k. The amount of methane

is equivalent to a uniform layer 200 m thick. No ammonia has been detected

in Titan's spectrum.
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Chapter XIII

N 67- 5497

PHYSICAL PROPERTIES OF THE MINOR PLANETS

§91. Orbits of the minor planets. About 2000 minor planets (also called
asteroids) with known orbits have been discovered and recorded so far. The

largest of these bodies are never brighter than stars of the 5th or 6th

magnitude, while the faintest of the newly discovered asteroids are of the

21st stellar magnitude.

Studies of the orbits of the minor planets have, by international agree-

ment, been allotted to the Institute of Theoretical Astronomy of the USSR

Academy of Sciences. These studies have shown that, although the orbits

are very diverse, still most of the asteroid trajectories lie in the region

between the orbits of Mars and Jupiter. The orbits of all the minor planets

are ellipses, with various eccentricities and various inclinations to the

plane of the earth's orbit.

The mean distances and eccentricities of some minor planets cause them

to go outside of this belt. For example, the orbit of the asteroid Hidalgo

(No. 944) has a very high eccentricity and inclination, and its mean distance

from the sun is 5.8 astronomicalunits, that is, greater than the distance

of Jupiter. On the other hand, several asteroids have been discovered which

pass inside the orbit of Mars. Moreover, there are even a few asteroids,

such as Icarus and Adonis, whose perihelia lie inside the orbit of Mercury.

The minor planet Hermes moved in an orbit which, between 25 and 30

October 1937, brought it to within a mere 580,000kin from the earth; thus,

this body approached to less than twice the distance of the moon from the

earth. It should be noted that the distance of Hermes from the moon was

then only 200,000 kin.

The total number of minor planets and their relative positions in the

solar system are very important for understanding their origin and its

relation to the formation of other members of our planetary system. The

distribution of the asteroid orbits in space was studied in detail by Hirayama

in Japan and by Putilin and Shtaude in the USSR. It was found that sometimes

two minor planets move in very close orbits, and also that many orbits
almost intersect.

As regards their orbital properties, the minor planets are divided into

5 groups. The first group includes 25 planets which move at an average

distance of 3.16A. U. from the sun. In the second group are 93 planets with

an average distance of about 3.05A. U., in the third group are 15 planets

with an average distance of about 2.90A. U., the fourth group (2.55A. U.)

includes 13 asteroids, and the fifth group (2.25A. U.) has 57 comparatively

close planets in it. Hirayama has suggested that the close similarity of the

orbital properties of the planets in each group indicates a common origin for

the asteroids in a single group.
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The total number of asteroids has been estimated by P,utilin as 140,000,

counting as an asteroid any body with a diameter of ove'r 1 kin. However,

the solar system also includes a multitude of even smaller bodies. Numerous

meteorites move in interplanetary space, and these sometimes fall onto the

earth. The largest meteorites are hundreds of thousands of tons in mass,

and their diameters may reach several tens of meters. According to

Academician Fesenkov, the meteorites and asteroids all have a common

origin.

The asteroids are classified among the minor bodies of the solar system.

The other minor bodies are the comets, the meteorites, and the meteoric

dust distributed throughout the interplanetary space. Studies of the physical

characteristics of the minor planets are of enormous significance in

explaining their properties and their origin.

§92. Physical properties of the minor planets. The minor planets, like

all the other satellites of the sun, shine by reflected sunlight only. They

are so small that with the most powerful telescopes the diameters of just

the four largest asteroids could be measured visually with a micrometer or

interferometrically (see Table i). The angular diameters of the planets

are given in the table for a distance of i A.U. As yet, it is not possible to

measure directly the diameters of asteroids fainter than those listed in the

table.

TABLE I

No. Name

ceres
Pallas
Juno
Vesta

Angular
dimensior

[" .06
) .68
) .27
) .53

Diamete:

km

767
489
193
386

Stellar magnitude
Albedo

in oppo-
absolute sition

3.83 7.4
4.55 8.0
5.9i 8.7
3.79 6.5

Color Phase co.

index efficient

0t0 +Om.7O 0".048
0.t3 +O .36 O .038
0.22 +0 .52 O .030
0.48 -- 0 .022

Therefore, to estimate the asteroid size or to study the properties and

color of the asteroid surface, we first measure the apparent stellar magni-

tude; this can be done for all these minor planets, and the measurements

are made at various positions relative to the earth and the sun. The

ephemerides of the minor planets ]2, 3/ published annually by the Institute

of Theoretical Astronomy give the following quantities, from which the

apparent stellar magnitude m is calculated:

g, the "absolute" stellar magnitude, or the stellar magnitude which the

asteroid would have in opposition at a distance of 1 A.U. from the earth and

the sun;

m0, the stellar magnitude of the asteroid at mean opposition, when it is

located at a cllstance of a astronomical units from th_ sin, and (a--l) astz-o-

nomical units from the earth. Therefore, we may write

m=g+51grA and mo=g+51ga(a--t),

where r and A are the heliocentric and geocentric distances of the asteroids

at the given time, expressed in astronomical units.

329



The data on stellar magnitudes of the minor planets are based on visual

photometric measurffments and photographic measurements. Reduction of

the photographic scale of'stellar magnitudes of asteroids to the international

system made necessary an average correction of +0".5 in the range of

magnitudes from 7.5 to 9".5 and i'_.0 in the range from 9.5 to i3'_.0.

The observations indicated a distinct dependence of asteroid brightness

on the phase angle (that is, on the angle between the directions from the

asteroid to the sun and to the earth), the dependence differing for different
asteroids (Table 1). The color index C (Table 1) or the difference between

the photographic and visual stellar magnitudes of asteroids show a similar

dependence.

CNP(HHz _;L Ha
I II I 1 I

lJSagittae --__

Moon _

Halley's

Comet

Methis

Vesta

Heba

FIGURE 123

The latter quantity makes it possible to estimate to what extent the light

reflected from the asteroid is redder or bluer than the illuminating sunlight.

The values of C for different asteroids lie in the range from +0".02 to tm.34.
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Thespectralreflectivitiesof someof theminorplanetshavebeenstudied
at Pulkovoandat theLick Observatory(USA)bycomparingtheenergy
distributionin thespectrumof thereflectedlight with thosein thespectra
of stars like thesun(Figure 123).

TheAmericanresultsalsoshowedthattheasteroidVestais similar to the
moonin its properties,whiletheasteroidMethisis similar to thenucleus
of Halley'sComet and the asteroid Heba is redder than the moon. In addition,

Deich at Pulkovo obtained certain results showing that Vesta is redder than
the sun.

Bobrovnikoff /1/ studied the spectra of 12 minor planets brighter than

the tenth visual magnitude; he used photographs taken with an 11.4-mm

dispersion spectrograph between the H_ and H, lines. By comparing these

photographs with the spectra of GO stars, he plotted the relative variation

of their spectral reflectivity and compared the results with the spectra of

the moon and comets. The asteroid spectra were found to be spectra of

reflected sunlight, without any additional absorption lines and bands. This

indicated that the minor planets have no atmospheres.

However, the surfaces of different asteroids differ in selective-reflection

properties. The violet and ultraviolet regions are mostly attenuated, and

sometimes they are entirely absent. This refers, in particular, to the

spectra of Iris and Heba, while the spectra of Vesta and Pallas (according

to Bobrovnikoff) do not differ much from the solar spectrum.

Finally, in cases when the angular diameter of the asteroid and its stellar

magnitude are known, we can compute the average reflectivity (or albedo)

of its surface (Table 1). We recall that the albedo of a reflecting surface is

the ratio of the luminous flux dispersed in all directions to the incident
luminous flux. Two mathematicaldefinitions of the albedo are used in con-

nection with the minor planets, namely the Bond (or spherical) albedo /1/

and the geometric albedo. The spherical albedo As of a diffusely

scattering sphere is the ratio of the luminous flux dispersed by this sphere

in all directions to the total luminous flux incident on the sphere.
The geometric albedo is defined as the ratio of the luminous flux

dispersed sunward by the planet in opposition (when the phase angle a is

zero) to the luminous flux dispersed under the same conditions by a body of

the same size, each surface element of which reflects an amount of light

equal to that received from the sun in the case of normal incidence. The

apparent brightness and the stellar magnitude of a body depend on the phase
angle.

The albedos of asteroids have been found to vary widely, from 0.53 to
0.04. In addition, a relation has been observed between the albedo and the

rate at which the brightness of the asteroid drops when the body goes away

from solar opposition (at which the phase angle is close to 0 °) by 1 °. The

quantity characterizing this rate is the phase coefficient (see Table

1). The higher the albedo of the asteroid, the lower will be its phase
coefficient.

The drop in planetary brightness with increasing phase angle depends on

the mountain shadows cast on its surface and on the degree of surface

roughness. For asteroids, the albedo and surface roughness are related:
the higher the albedo, the more pitted is the surface.

Figure 124 shows the phase curve of Ganymede (I) /1/, the theoretical

curve for an absolutely mat [orthotropic] sphere (IV) which reflects accord-

ing to Lambert's law /3/, and the actual phase curves for the moon (II) and

331



Mercury(IID. A comparisonof thesecurvesshowsthat notall theasteroids
havesurfaceslike thoseof themoonandMerCury,someofthembeing
considerablymorepittedthanthelatter are.

_0

t0

//

,° z_° Z0 ° 30" #a ° s# ° 6a'_

FIGURE 124

Photometric observations of the asteroids have also shown that some

have variable brightness, with variation periods of a few hours and ampli-

tudes ranging from a tenth of a stellar magnitude to i'_.5 (see Table 2).

TABLE

No. of Period,
Name Amplitude

asteroid hours

5

6

15

39

44

129

340

Astrea

Heba

Eunomia

Leticia

Nisa

Antigona

Eros

0 m.20

O. 15

O. 4

O. 45

O. 4

O. 4

O. 4

1.5 -- 0.2

3._/

3.2

3.1

2.3

3.2

2.4

9.2

5.5

These short-period brightness variations can be attributed either to the

fact that the surfaces of the asteroids are unevenly pitted or to the fact that

different areas have different albedos. In either case a brightness variation

indicates that the asteroid rotates about its axis.

A particular type of brightness variation is observed for the asteroid

Eros. The variation period for this body remains fairly constant, but the

amplitude may be as much as i".5 in some epochs and may not exceed 0=.1

in other epochs. This phenomenon, which has been proved beyond doubt to

exist, can be explained by assuming that this asteroid is double, with two

components which revolve rapidly about their common center of gravity.

'l'tle maximum a_plitudc of the brightness variation of Eros Will thus be

observed when the earth lies in the orbital plane of this double system,

since at this time one of the components can eclipse the other. Such a

conclusion has apparently been confirmed by individual non-Soviet observers,

who have reported that through very powerful telescopes they succeeded in

resolving the two components of Eros. However, when they tried to calcu-

late the orbital elements of this system, and then the mass and density of

its components, they obtained a density of over 45.0 relative to water, which

is highly unlikely. Another possible explanation of the variability of Eros
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is that its surface is covered by areas with sharply differing albedos. The

required brightness curve would then be given by a planetoid whose surface

includes three areas with albedos A,= 0.23 (mica schist), A2 = 0.56 (Etna

lava), and A3 = 0.08 (basalt). The variability of the amplitude in this case

is explained by the position of the earth relative to the rotation axis of Eros.

Since the sizes and masses cannot be determined directly for all the

asteroids, while these data are nevertheless required to establish the rela-

tions between the asteroids and other bodies in the solar system and to

reach definite conclusions concerning asteroid origins, therefore an indirect

method is now used for such calculations. It is assumed that the mean

albedo of a given asteroid is equal to the average of the measured albedo

values. The mean albedo for the asteroids is A = 0.24, and provided the

stellar magnitudes of all the asteroids are reduced to a distance of IA.U.,

v:e can calculate their diameters and volumes. (The resulting value of the

volume, of course, may be too large or too small by as much as a factor
of three.)

The mean density of the asteroids is taken as 3.7 times the density of

water. The total volume of all the asteroids taken together is equivalent to

a planet 1000km in diameter, while their total mass is about 1/1000 of the

earth's mass. The radii of the smallest asteroids, calculated using these

assumptions, are listed in Table 3. For comparison, at the bottom of the

table we give the radii of Vesta calculated using its mean and actual albedos.

Here, the actual albedo was obtained by measuring the diameter of Vesta

with a micrometer.

TABLE 3

Radius,
Number Name Stellar magnitude km

1009

719

1198

1121

Siren

Albert

Atlantic

Apollo
An]or

Hermes

Adonis

Vesta

14m.4

14 .5

14 .6

16 .0

17 .0

14 .4

18 .5

2.7

2.6

2.5

1.0

0.8

0.7

0.4

417.0

198.0

§93. The origin of the minor planets. The main reason for studying the

minor planets is to establish the part they have played in the cosmogony of

the solar system. In order to ascertain this, we must first have some

definite knowledge concerning the mass distribution in the asteroid belt and

we must also assess the cosmogonic significance of the similarity between

asteroids, comets, and meteors.

As mentioned in the last section, the total mass of all the known asteroids

is about 1/1000 of the earth's mass (more precisely, from 3-10 -4 to 3.10 -3

times the earth's mass). It is cosmogonically significant that this figure does

not agree with the mass of the asteroid belt calculated from the formulas of

celestial mechanics. These formulas take into consideration the perturba-

tions in the motions of nearby planets due to the gravitational attraction of
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the asteroid belt. Perturbation theory shows that the total mass concen-

trated in the asteroid belt should be no less than 1/10 of the earth's mass.

As new asteroids are discovered, the mass total will increase somewhat.

However, since it is the smallest asteroids which have not yet been dis-

covered, the total will not rise appreciably, at any rate not enough to agree

with the predicted value. Hence, a large part of the matter in the asteroid

belt must exist in a finely dispersed form, as meteorites and meteoric dust.

The similarity between the physical properties of meteorites and those

of the minor planets has been indicated by the spectroscopic investigations

of Krinov, which show that the reflectivities and the color indexes of the

meteorites (CI -- +t'%08) are close to those of the asteroids. Finally, it is

significant, too, that Fesenkov's orbit for the Sikhote-Alin meteorite (which

fell on the earth in 1947) is an ellipse whose aphelion lies precisely in the

asteroid belt between Mars and Jupiter. Although the mass of this meteor-

ite was of the order of 1000 tons, so that its diameter before entry into the

earth's atmosphere could not have been more than 10 m (much less than

that of Hermes, whose minimum diameter cannot be less than 500 m), still

the orbits of the two bodies were nevertheless close. We may therefore

assume that the Sikhote-Alin and Tungusska meteorites, as well as meteor

streams, had an origin common to that of the asteroid belt.

Meteorites, and also finer cosmic dust, are located in the asteroid belt

and they also travel in orbits which have been distorted into highly eccentric

ellipses by the perturbing influence of other objects in the solar system, so

that they occasionally hit the earth. These may have been formed by the

collision and disintegration of larger asteroids.

The great similarity between the spectra of the nucleus of Halley's Comet

and of some asteroids has also led astronomers to suggest that comets and

asteroids have a common origin. Some of these scientists maintain that

comets are transformed asteroids which, now moving in their elliptical

orbits, left the asteroid belt at some time in the past. The appearance of

a cometary tail near the sun is generally attributed to the heating of the

comet head by the sun.

Now, is it actually possible that the asteroid belt is a product of the

disintegration of larger bodies ? The following three facts support this

hypothesis:

1. A rapid rotation has been observed for some asteroids which have

been thoroughly studied by photometric methods and which show short-period

variations of brightness.

2. Asteroid orbits can be grouped into families. Some astronomers

maintain that each of the orbit families originated due to one of the repeated

disintegrations of the fragments of a primordial planet.
3. Meteorites, which may have had the same origin as the asteroids,

m'e (as their structures show) fragments of a previously existing large celes-

tim body (according to Zavaritskii).

Large asteroids such as Ceres, Juno, and Pallas, whose diameters reach

hundreds of kilometers, are according to this hypothesis fragments of the

primary disintegration which have retained their original size.

4. Finally, the disintegration hypothesis is supported by the fact that

some asteroids move in quite similar orbits and that a further fragmentation

of the asteroids, leading to the formation of meteorites and meteoric dust,
could be the result of collisions between these bodies.
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These hypotheses state that the origins of asteroids, meteorites, and

comets are related. This theory can be proven only by further studies of

these celestial bodies.
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O. V. DO BROVOL' SKII

N67-15498
Chapter XIV

COMETS, METEORS, AND THE ZODIACAL LIGHT

In addition to the major planets and their satellites, the solar system

also includes a great number of objects known collectively as "minor bodies."

The c o m et s are minor bodies with continually replenished atmospheres.

Minor bodies without atmospheres are divided into a s t e r o id s, which can

be seen through modern telescopes, and meteoric bodies, which are

too small to be observed directly through a telescope unless they enter the

earth's atmosphere. The light scattered by the accumulation of fine

meteoric dust near the ecliptic, and also this accumulation process itself,

are called the zodiacal light.

Comets and asteroids are also distinguished by the nature of their orbits:

the comets have eccentric orbits, while the orbits of asteroids are close to

circular. However, no sharp dividing line can be drawn between comets,

meteoric bodies, and asteroids. Asteroids may at times develop atmos-

pheres (Gerta, Elsa, etc.), while comets may for a long time be star-

shaped in appearance, without any traces of an atmosphere (Comet Neujmin),

or they may even become entirely invisible (Comet de Vico-Swift, with a

revolution period of about 6 years, had an atmosphere and was visible only

in 1678, 1844, and 1894, that is, on the average once in a century). Finally,

some asteroids (Hidalgo, Icarus, Adonis, etc.) have highly eccentric orbits,

whereas the orbits of some comets (Schwassmann-Wachmann 1 and Oterma)

are almost circular.

§94. General data on comets. A comet usually appears in the form of

a faint nebulous spot. Externally a comet is not unlike a _lobular cluster

or nebula, but it can be distinguished from the latter immediately by its

rapid proper motion relative to the stars. At the center of the nebulous

spot called the he ad of the comet, a central star-shaped condensation,

the photometric nucleus, can often be seen.

A faint telescopic cornet may not show a more developed structure.

However, when telescopic comets approach the sun, they usually develop

tails, which issue from the head or nucleus and extend away from the s_,n.

In addition to the jets which issue from the nucleus and form the tail, the

head may have other structural elements, such as halos and envelopes.

Halos are formations which are projected onto the celestial sphere in the

form of circular arcs or complete circles. The radii of halos increase

with time; they are generally concentric with or almost concentric with the

photometric nucleus. However, bright comets such as the famous Halley's

Comet have several simultaneous halo-formation centers. The envelopes

are structural elements in the comet head which are of the same type as

the halos. They differ from ordinary halos in their higher brightness and
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a l so  in the fact  that  they invariably have the fo rm of open spheres,. which 
a r e  convex toward the sun and are concentr ic  with o r  a lmost  concentr ic  
with the photometric nucleus. 

Cometary tails have been classif ied by Bredikhin into three types. 
Type-I ta i l s  a r e  formed by je t s  issuing direct ly  f rom the photometric 
nucleus and pointing away f rom the sun due to  so l a r  repulsion. The  ax is  
of a type-I ta i l  is approximately para l le l  t o  the continuation of the  rad ius  
vector  of the comet .  
rec t i l inear  r a y ,  while for  a bright comet  the type-I tail is a bundle of r a y s  
originating i n  the  nucleus and general ly  resembl ing  a n  onion. 
r a y s  of this  bundle may have curves ,  condensations, waves, o r  other  
deviations f rom therec t i l inear  fo rm.  Figure 125 is a photograph of Comet  
hlorehouse (1908 III), which has  a t a i l  of this  type. 

0 

F o r  a faint comet  the type-I ta i l  is a narrow,  a lmost  

The  individual 

FIGCRE 125 

A common dynamic feature  of a l l  type-I ta i l s  is the high accelerat ion,  
wnicn may be ieris UI. e v e i i  liiind,,ds of t ixcs  g r e ~ t e r  t k n  the  a r r e l e r a t i o n  
of the fo rce  of gravity toward the sun. This  explains why the t a i l  ax is  is 
or iented a lmost  para l le l  to the comet  rad ius  vector .  
a common molecular  s t ruc ture :  they consis t  exclusively of ions, mainly 
Co', N,+, and Co;. 

a s  a liiminous band, which a t  i t s  origin is a s  wide as the head and which 
gradually becomes wider with the dis tance from the head. The axis  of a 
ty-pe-I1 ta i l  near  the comet  head is a lmost  rect i l inear  and points near ly  along 

Type-I ta i l s  a l so  have 

A type-I1 ta i l  is an apparent continuation of the comet head. It shows up 
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the  r a d i u s v e c t o r ,  like a type-I tail.  
the  head s o m e  t?il cu rva tu re  becomes noticeable, the ta i l  deviating toward 
the direction f rom which the comet arr ived.  

rect i l inear  type-I tail and a wide curved type-I1 ta i l  with numero l~s  svn- 
chrones.  The  accelerat ions shaping the tail  can be determined from its 
curvature .  
toward the sun. 

However, even a t  a distance of 1" f r o m  

Figure 126 is a photograph of Comet Mrkos (1957 V),  which has a narrow 

These  w e r e  found to be 0.5 t o  2.5 of the acceleration of gravity 

Type-I11 ta i ls  a r e  vera s i m i l a r  t o  type-I1 tails ,  but thcy dr.\Tintc mort '  
f rom the continuation of the radius  vector.  
to accelerat ions of 0 t o  0.3 t imes  the accelerat ion of sol ' ir  ni t ra t  tlol1. 

ncnt mat ter  of the comet head. 
s i zes ;  
components and products of t he i r  decay. 

BrediUiin, these are formed by par t icular ly  ln rgc  pa r t i c l e s  in which mc tco r  
s t r e a m s  originate.  
pseudoanomalous ta i ls ,  w h i c h  a r e  o rd ina ry  typv-111 t a i l s  whosc npparcnt  

T h r i r  cu rva tu rcs  co r rc spond  

Type-I1 and type-111 ta i ls  apparently a r e  fo rmed  mainly from the compo- 
They consis t  of dust par t ic les  of var ious 

moreover ,  typc-I1 ta i ls  a lso contain neutral  mo lccu l t~s  of thc hcad 

Some comets  have anomalous ta i ls  which f n c c  sunward. t lccording to 

Thc anomalous ta i ls  should be tlistinguisheti f r o m  



sunward direct ions are due jus t  to the  way in which they are projected onto 
the ce les t ia l  sphere.  F igure  127 is a photograph of Comet Arend-Rowland 
(1957 In, which has  a type-I1 tail and a pseudoanomalous tail.  

rec t i l inear  bands, called synchrones.  
Type-I1 and type-I11 ta i l s  somet imes  have s t ruc tures  in the fo rm of 

According to  c l a s s i ca l  concepts, 
each such band is-formed due t o  the sudden 
(synchronous) ejection of a cloud of par t ic les  
of var ious  s i z e s  and thus of var ious acceler- 
ations. We distinguish between complete  
synchrones, which issue f rom the nucleus 
and are charac te r i s t ic  of type-I11 tails, and 
t e rmina l  synchrones, which or iginate  a t  
s o m e  dis tance f rom the nucleus and are 
cha rac t e r i s t i c  of type-I1 tails (F igure  126). 

The  most  complete catalog of comets  is 
that of the Royal Astronomical Society (Grea t  
Britain), which l i s t s  a l l  the  comets  f rom 
466 B.C. to  1 9 6 0  whose orb i t s  have been 
determined. Another well-known catalog 
is that of Baldet and de Obaldia, which l i s t s  
comets  up t o  1952 inclusive (763 appari t ions 
of 540 different comets). F o r  each  appari-  
tion, the catalog gives the t ime  of perihelion 
passage T, the  revolution period P, the  
longitude Q, of the ascending node (see Figure  
lB), the dis tance w of the perihelion f rom 
the node, the inclination i, the  semimajo r  
axis  a ( for  elliptical orbi ts) ,  the  eccentricity, 
and the perihelion distance q. The comets  
in th i s  catalog are divided as follows into 
orbi ta l  groups: 
353; P between l o 3  and 15 yea r s ,  56; 
P<15 yea r s ,  68. 

The average  annual number of comets  
observed in the 19th century was 3.1; for  
the period f rom 1900 t o  1960 it was 5.8; 
and in the l a s t  30 years  an average  of 7.1 
comets  were  observed annually. This  
re f lec ts  the continual improvement  of a s t r o -  
nomical  techniques and the organization of 
sys temat ic  observations. 

"f-z-i?ies. I' The Jupi ter  family includes 
66  comets  with P < 15 y e a r s  and aphelion 
dis tances  c lose  to the aphelion dis tance of 
Jupi te r  (5.5 A. U.); the Saturn family contains 
5 comets  with P from 13 to 20 yea r s ,  all 
having aDhelion distances c lose  to  that of 

hyperbolas, 63; P>lO3 y e a r s ,  

Short-per iod comets fo rm seve ra l  

- .  
Saturn (10 A.U.) ;  the LTranus family has  6 comets with P f rom 2 7  to 50  
y e a r s  and aphelia c lose  to that of Uranus ( 2 0  A . U . ) ;  and the Neptune family 
includes 10 comets  with P f r o m  50 to 100 yea r s ,  al l  having Neptune's 
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Comet

1960 i Encke

1961 g Grigg-Sk]ellerup

1',t54 Iii Honda-Mrkos-

Pa jdu_'akova

1_J57 11 Tempel 2

1927 I Ncnjmm 2

1879 1 Brorsen

1!}62 b Tuttle-Giacobini-

Kresdk

1908 II Tempel 3-Swift

1894 1V de Vico-Swift

1879 lIl Tenrpel 1

1951 VI Ports- Winnecke

1958 I Kopff

1061 a Forbes

1959 VII Giacobini- Zinner

1958 V Wolf-Harrington

19U0 j Schwassmann-

Wachmann 2

18:-12 lII Biela

1950 V Daniel

1951 XI Wirtanen

1950 11 D' Arrest

1957 VII Arend-Rigaux

1961 h Perrine-Mrkos

1960 IX Reinmuth 2

1960 VI Brooks 2

1960 VII Harrmgton

1906 Ill Hohnes

1956 V Johnson

1960 VIII Finlay

1960 V Borrelly

1969 a Harrington-Ebell

1961 c Faye

1962 f Whipple

1956 II Ashbrook- Jackson

1958 II Reinmuth

1959 V Arend

1958 IV Oterma

1960 III Scnaumasse

1959 II Wolf 1

1960 f Comas Sol_

1960 IV V/_isRl_i 1

1951 V Neujmin 3

1933 1 Gale*

1939 X Turtle 1

1925 I1 Sehwassinann-

Wachmann 1

1948 XIII Neujmin 1

1955 VI Crommelin

1'

._I

3a'30

4 .90

5 .21

5 .27

5 .43

5 .46 14 .9

5 .49 38 .0

5 .68 113 ,7

5 .86 296 .6

5 .98 159 .5

6 .12 170 ,2

6 .32 161 .7

6 .42 259 .7

6 .42 172 ,

6 .5'2 187 .0

6 .53 357 .9

6 .{;2 223 .3

6 .66 7 .2

6 .68 343 .5

6 .70 174 .4

6 .71 326 .4

6 .71 165 .D

6 .71 45 :l

6 .72 197 l

6 .80 232 ,8

6 .86 14 .3

6 .87 20a .0

6 .90 32.1 .6

7 .02 350 .9

7 .24 338 3

7 .38 191_ .1
i

7 .46 ] 190 ,0

7 .50 349 .1

'7 .65 12 .9

7 .80 44 .6

7 .92 354 .6

8 .17 51 .8

8 .43 ! 161 .1

8 .59 i 40 .0

10 .46 ] 44 .4

10 .95 144 .8

10 .99 209 .1

13 .61 207 .0

16 .10 355 .8

17 .9 _ 346 .7
I

27 .87 ] 196 .O

TABLE

3563 | 215.4
I

184 .1 233 .1

191 .0 119 .3

194 .7 328 .0

101 .3

165 .6

290 .3

48 .8

78 .8

94 .4

121 .0

25 .4

196 .0

254 .3

126 .O

245 9

69 .7

86 .5

143 .6

12-i .6

240 .3

296 .2

176 .5

119 .2

331 .7

118 .2

42 .1

76 .2

145 .9

203 .6

188 .4

2.3

123 .6

357 .6

155 .1

86 .4

203 .9

62 .8

135 .4

156 ,2

67 .3

269 .8

321 .6

347 .1

250 .4

* [This should be 1938 1 Gale (Translator)]

i a q

12 °.4 2,22 0.338

17 .6 2.89 0.855

13 .2 3.01 0.556 ]

12 .5 3.03 1.369

10 .6 3.09 1,338

29,4 hl0 0.590

13 .8 3.11 1.122

5 .4 3.18 1.153

3 . 0 3.25 1.392

9 .8 3.30 1,771

21 .7 3.35 1.161

4 .7 3,37 1,516

4 .6 3.46 1.545

30 .9 3.46 0.936

18 .5 3.48 1.605

3 .7 3.4_3 2.150

12 .6 3.5:t 0.861

19 .7 _ ,54 1.465

13 .4 3.60 1,626

18.1 3.55 1.378

1.2 3.55 1.385

17 .7 3.55 1.15o

7 .0 3.55 1.9'33

5 .5 3.66 1.763

8 .7 3.48 1.582

20 ,8 3.61 2.122

13 .9 13.61 2.259

3 .6 3.62 1.080

31 .1 3.66 1.449

16 i 8 1 785

9 .1 3.79 1.610

10 .2 3.81 2.471

12 .5 3.83 2.32,t

8 .4 ,'3.8'3 2.026

21 .7 3.',t3 1.83

4 .0 3.99 3.,106

12 .0 4.06 1.194

27 .3 4.12 2.507

13 .4 4.19 1.777

11 .3 4.79 1.741

3 .8 1,93 2.032

11 .7 4.94 1,183

54 .7 5.70 1.022

9 .5 6.39 ;5.538

15 .o 6.85 I1.545

28 .9 9.19 10.743

NI

16

10

2

12

2

5

4

4

3

3

15

8

4

7

2

6

6

4

2

10

2

4

3

10

R

3

2

'7

7

2

15

5

2

4:

2

I

5

10

5

3

2

2

8

T HIO

1961 Feb 12.8 12m.9

Dec 31.4 13..4

Feb 5.1 12..7

Feb 4.9 13 .0

Jan 16.2 10 .7--

11.9

March 31.0 9 .3

Apr 23.9 12 .0

Oct 1.4 12 .8

Oct 12.? 10 .2

blay 7.6 10 .4

Sept 8.6 14 .1

Jan 20.1 11 .2

July 24.8 13 .0

Oct 26.9 11 .8

Aug 11.7

Sept 5 10 .3

Sept 24.2 8 .1

Aug 24.3 12 .8

Aug 13.5 14 .7

June 6.6 11 .7

Sept 8.7

1962 Feb 11 9 .1

Nov 24.9 12 .2

June 17.3 13 .7

June 29.0

March 1.1.6 9 .8

July 24.2 10 .0

Sept 1.1 11 .6

June 12.6 12 .5

May 16.0 11 .1

1963 Apt 29.6 11

Apr 5.67 0- lO. 0

*larch 25.0 12 .4

Sept 1.2

June 10.5 7 .2

Apr 18.0 9--10.3

Match 21.8 13 .2

1961 Apt 4.5 9 .7

May 10.8 13 .4

May 28.4 13 .7

June 18.5 9 .2

Nov 10.1 11 ,4

1957 May 12.9 2 .5

Dee 15.9 11 .9

Oct 19.4 10 .7
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TABLE 1 (continued)

Comet P co _'_ t a

1942 IX Stephan-Oterma 38 a.96 358 ° .3 78 _ .5 17 ° .9 11.41

1913 VI Westphal 61 .73 57 .1 346 .8 40 .9 15.62
1919 III Brorsen-Metcalf 69 .06 129 .5 310 .8 19 .2 16.83

1956 IV Olbers 69 .5? 64 .6 85 .4 44 .6 16.91

1954 VII Pons-Brooks 70 .88 199 .0 255 .2 ?4 .2 17.13

1910 II Halley 76 .03 111 .7 57 .3 162.2 18.25

1939 V1 Herschel-Rigollet 156.0 29 .3 355 .1 64 .2 28.98

1907 II Grigg-Mellish 164.3 328 .4 189 .2 109.8 30.00

1.596

1.254

0.485

1.139

0.774

0.587

0.748

0.923

2

2

2

3

3

29

2

2

T HIO

Dec 19.2 9m.5

Nov 26.8 8 .8

Oct 17.4 9 .6

June 15.9 5 .5

May 23.0 6 .1

Apt 20.2 4 .6

Aug 9.5 8 .5
March2?.? lO .4

aphelion (30 A. U.) (numerical data according to Vsekhsvyatskii). All the

comets of the Jupiter family possess direct motions and have very small

inclinations. The other families include both direct and retrograde comets.

Long period and aperiodic comets have very different values of i.

All the periodic comets which were observed at least twice prior to

1 January 1963 are listed in Table 1.

To vernal

equinox

FIGURE 128

Many empirical formulas have been proposed to describe the systematic

variation of corn etary brightness with the heliocentric distance r. The

generally accepted formula is that of S. V. Orlov.-

H =m--51g{_--2.5nlgr, (1)

where Q is the heliocentric distance of the comet, m is its apparent stellar

magnitude, and H and n are photometric parameters which remain constant

for a given series of observations. H is usually called the "absolute

magnitude" of the comet, and n characterizes the rate of brightening as the

comet approaches the sun.
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Vsekhsvyatskiihascompileda catalogof thephotometricparameters
of comets,whichincludesall thecometsin thecatalogof Baldetandde
Obaldiaandalsotheapparitionsof 1953--1955;in addition,regularsupple-
mentsto this catalogare published.Themeanvalueofn according to

Vsekhsvyatskii is about 4. Correspondingly, he has proposed an alternative

definition of the absolute magnitude; according to this definition, the

absolute magnitude H,0 of a comet is the parameter H determined for

y = 2.5n= 10 (see formula (1)). In other words, Vsekhsvyatskii's absolute

magnitude of a comet is the apparent magnitude which the comet would have

at unit distances from the earth and the sun if the rate of brightening of the

comet were exactly 10.

Table 2 gives the distribution of comets in terms of Vsekhsvyatskii's

absolute magnitude H_0. The table gives values for the direct observations

of comets of 5th to 7th magnitudes which are far too low, due to the low

probability of detecting faint comets, the actual number of which is much

greater.

TABLE 2

] Number of
Range of absolute comets,correc-

magmtudes ted forvisibility

condi[ions

--3into
--2 to
--i to

0 to
| to
2 to
3 to
4 to
5 to
6 to
7 to
8 to
9 to

I0 to
tt to
12 to
t3 to

Number of

comets

--2 m 1
--i i
0 i
i 4
2 5
3 12
4 23
5 52
6 70
7 77
8 58
9 4i
i0 35
11 20
t2
t3
i4

t
4
5

i6
42

|30
236
349
430
465
52t
760

7 t 240
3
i

It should be noted that the two distribution functions of Table 2 are only

tentative. A single comet usually has different H and n during different

apparitions and even in different parts of its trajectory (for example, before

and after perihelion). This may indicate a systematic dependence of bright-

ness estimates for comets on the visibility conditions. Comets also undergo

a secular loss of brightness, which varies from a few hundredths to one or

one and a half stellar magnitudes per revolution.

§95. Cometary nuclei. The masses M_of cometary nuclei are deter-

mined the most directly from their gravitational effects. However, since these

effects are weak, only the order of magnitude of Me. can be found. When

Comet Lexell approached the earth, its period became 2.5 days shorter,

whereas the length of the year did not change at all. If the year had changed

by 1 sec, then Mo. would have been 1.3-10-4M_. The period of Comet Brooks

changed from 29 years to 7 years due to its approach to Jupiter in 1886,

while the period of Jupiter did not change noticeably. Thus we know that

Mo,¢tO-*M_. Comet Biela divided into two parts, and then the mutual

342



perturbations of the parts indicated that Mc,_4.2.t0-'M_. Finally, Comet

Wirtanen (1957 VI) ejected a secondary nucleus which had a velocity of

1.6 m/sec. Assuming that this value represents the parabolic velocity

of the nucleus and that the point of separation was 10km away from the

center of the nucleus, we obtain MQ, _ i0" grams.

A partial solution of the three-body problem gives the following condition

for stability of a cometary nucleus relative to the tidal forces of the sun:

R/q<_ (Mc,/M®)'/s. If we assume for the radius of the cometary nucleus the

high value of R = 25 km, then we obtain Me.>0.5.10 -'4 M e. These estimates

are consistent with the upper limits for the masses obtained from direct

observations. Cometary nuclei are too small to be resolved with a tele-

scope. Therefore, by taking 0".3 as the diameter of the nucleus and by

taking a density of 6 g/cm 3, Richter obtained upper limits of M_ ranging

from 1.2.10 -s M 6, or 7.3-1022 g(comet1882I), to 5.5-10-nMo or

3.3 • 1017 g (Comet Neujmin 1).

According to classical concepts dating back to Laplace and Bessel, the

nucleus consists of low-melting substances in the form of ice or snow.

Later, however, the discovery that comets and meteor streams are related

gave rise to the stony-nucleus model, which has been considered in detail

by Levin. According to Levin, volatile substances are present in the stony

nucleus in the form of sorbed gases, and the development of the atmosphere

is interpreted as a desorption of gases from the surface. The comet

brightness is iN exp( E--_'r where Eis the heat of desorption, To is the

temperature of the nucleus surface, and R is the universal gas constant.

Rijves improved this model by taking into consideration the diffusion of

sorbed gases from the interior of the nucleus to the surface; he interpreted
t

E as the activation energy- of diffusion. Then, To_r--2 (see below), and

or, in stellar magnitudes,

i _ exp ( -- ¢onst)/'7 ) (2)

m=A+BV_, (3)

where A and B are constants. This is Levin's formula, which in practice

gives the same variation of m with r as (1) does; it was checked and found

valid by Levin, by Oort and Schmidt, by Vorontsov-Vel'yaminov, and by many
others.

However, although the "stony" model gives an accurate dependence of i

on r, still it does not explain by what mechanism the dust component appears

in cometary atmospheres. This difficulty, on the other hand, is overcome

by combining the "ice" model and the "stony" model.

For example, Whipple's synthesis of the two models regards the nucleus

as a conglomerate of stony fragments and ices with various chemical

compositions (a mixture of "contaminated" ices). It is assumed here that

the surface layer contains a high proportion of the high-melting-point stony

component, which forms a protective layer through which the volatile

substances diffuse. Vsekhsvyatskii's model assumes a stony nucleus partly

covered with ice.
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Whipple'smodelhasbeenfurther developedbySwingsandDelsemme,
whonoticedthat thepartial saturated-vaporpressurep is very different

for different "parent" ices, so that the rates of vacuum sublimation should

also differ greatly, a situation which is actually not observed. The "parent"

molecules therefore must exist not in the form of pure ices, but rather as

frozen hydrates of the compound M.nH20, where M is the corresponding parent

molecule and nil20 is a certain number of water molecules which depends

on the chemical properties of the molecule M. Such compounds may form

by the accretion of molecules in a vacuum. These hydrates all have similar

physical properties; in particular, they all have almost the same heat of

vaporization, a value close to that for pure water, so that these frozen

compounds sublimate at the same rate as ordinary H20 ice.

The above inconsistency, however, could also be explained within the

framework of the "ice-mixture" model, provided a sufficiently fine dis-

persion of the mixture is assumed. Then, the amount of chemically

different gases liberated will be proportional to the vaporized amount of

the highest-melting-point component; this highest-melting component will

be H20 ice, as in the Swings-Delsemme model.

The "ice" model of Donn and Urey assumes that the free radicals

observed in cometary atmospheres are present in a free state in the solid

nucleus also, where they could appear due to freezing of interplanetary

gases consisting of these radicals. If their concentrations are not too high,

the radicals may exist in stable form at low temperatures.

Actual cometary nuclei probably include to some degree all the different

structures mentioned above: mechanical mixtures of different dispersities,

hydrates, and chemically-active radicals. Also, the surface layer may be

partly or completely covered by a high-melting-point crust through which

the volatile components diffuse.

Possible mechanisms by which matter can leak out of these conglomerate

nuclei have been considered by various authors, primarily by Whipple,

Weigert, and others. If the surface is abundantly covered with free ices

and the protective crust has not yet formed (a "young" comet which has

completed only a small number of perihelion passages}, then the sublimation

is very vigorous. The gases here entrain dust particles from the surface

of the nucleus. The spectrum of the comet is therefore predominant!y one

of reflected sunlight (as in 1957 II Arend-Rowland and 1957 V Mrkos), and

this serves as a distinguishing characteristic between "young" and "old"

comets (another distinguishing feature is the nature of the orbit).

In "old" comets the gases escape through a solid crust which covers the

nucleus; the kinetic energy of the gas is here not high enough to overcome

the cohesive forces between the dust particles of the crust. Thus, this

dust apparently is found in the cometary atmosphere only if the crust is

damaged somehow. The spectra of comets are mainly gas spectra, in

which the solar continuum shows up weakly or is missing altogether (a

typical example is Comet Encke).

The thermal regime of the surface layer of the nucleus, which deter-

mines the rate of gas liberation (and therefore the brightness of the comet

as well), is in general found by solving the heat-conduction equation:

ar a /K 0r-_ (4)
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with theboundary condition

(t -- a) -_, = -- g (grad T)0 + aT _+ b, (5)

where t is time, z is the normal to the surface of the nucleus, K is the

coefficient of heat conduction, 6 is the density and c is the specific heat of

the surface layer of the nucleus, q/r' is the thet real-energy flux incident

from the sun per cm 2 of nucleus surface, a is the albedo, --K (grad T)0 is the

heat influx to the interior of the nucleus, aT 4 is the radiation loss, and b

is the thermal energy consumed during evaporation per unit surface per

unit time. The last quantity is related to the temperature To of the vapor-

izing surface and to the saturated-vapor density p at this temperature by
the expressions

Q = b ap
' (6)

L

p = AT_C_-c)/ke KTo .

Here L = (cp -- c) To+ Lo is the latent heat of vaporization of a single particle

at the temperature To, Lo is the heat of vaporization of a single particle at

0°K, cp is the specific heat of vapor at constant pressure, rnm is the mass

of the particle (molecular mass), A is a constant, Q is the number of

particles vaporizing per unit area per unit time, and a is the vaporization
coefficient.

A numerical integration of equation (4), taking into account (5) and (6) as

well, was carried out by Minnaert and Markowitz for various values of the

thermal constants. In particular, Minnaert found that a cometary nucleus

with a diameter of 1 km moving in the orbit of Halley's Comet will have a

surface temperature of about 50eK at aphelion and about 33°K at perihelion;

the variation of the temperature is asymmetric about the perihelion

(Figure 129). Markowitz found that the results of the numerical integration

could always be approximated by the expression To = Toor-_o, where a0 -.< 0.5.

By substituting this expression for To into (6) and neglecting the variation of

T ¢%-c)/h-'/_ relative to the exponential function, we find for the rate of gas
separation from the nucleus

lg 0 = Cl + C2rao.

However, the brightness of the comet is mainly determined by the

quantity Q, since the other two factors, namely thelifetimes of the luminous

molecules of the head until dissociation (_ t/r _) and the frequency of excita-

tions by solar photons (_ r2), mutually cancel one another. Thus, we obtain

Levin's generalized formula

m=A+Sr ,

first derived empirically by Vsekhsvyatskii.

The formation of a dust atmosphere around conglomerate nuclei has been

explained as follows by Weigert. First, we write the equation of motion
4 S"

for a meteoric particle of radius h, density 8, and massrn=_nSh m the
for m

.,7 = _i,(x)-X (_),
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wheret) (x) - 2rn,, (v -- x) n (x) is the momentum increase due to collisions

with vaporizing gas molecules, n (x)= #h_Q tlJv-zxt, ,K(x)=_ is the force of

gravitational attraction of the nucleus, v is the velocity of the gas molecules,

Ro is the radius of the nucleus, and x is the distance from the center of the

nucleus. Then, for the mean density Q of the nucleus, we may write

xff+ _x + p_,-t-_,= 0,

where a= _ ,_=_, and _=_5 av=¥o--_av. When the velocity is

maximum, x = 0 and we have

vm,, = v- 1/_°_° . ( 7)
r p

At the beginning of motion, x'>_ 0, that is, y-.< 0, so that the radii of the

largest particles entrained by the gas stream are

9 Q 1/mmkT° (8)
hm = 8V--8_y k2QSR0

For example, in a nucleus with a radius of 5 km where NH 3 is vaporized

(surface temperature, To = 120°), the gas will entrain all particles with

radii _< 10-2cm.

zooF 0,
7s& I\

1o 20 ,,_ ,_o _o 2o flOyears

FIGURE 129

In "old" comets with large r, when b and oT 4 are small, the conditions

are those of the classical problem of heat-conduction theory. For periodic

heating of the surface of a rotating nucleus, when a sufficiently long time

has elapsed from the moment when heating began, the solution is independent

of the initial conditions. If the surface temperature is given by the series

T(0, t)=_T_cos(n0)tmen) (9)

with known coefficients T,_ and e. and a cyclic rotation frequency of the

nucleus _::_p#, where the thermal diffusivity k= K is constant, then the

solution has the form

r(_, t)=?gT._ I/;'__o_ 2-_-t-x .+_o . (lO)
0

152(;
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From this solutionwecandrawsomegeneralconclusionswhichare
independentof thenumericalvaluesofT_ and e_. For instance, the quantity

1 i/f_k P
_y _ is the wavelength of the nth thermal wave, which has a period ¥

The phase velocity of the thermal wave which determines the propagation

velocity of some particular phase, such as the temperature maximum, is

Vph=2 _. (11)

The amplitude of temperature variation at a depth z is _e" =V_times

the amplitude at the surface; in particular, at a depth

x,= p_F--_ (12)

the amplitude is 1/e times the surface amplitude. For example, with a

period of 24 hours ( N 10 s sec)and a thermal diffusivity k = 3.10-s cm 2 ] sec,

the nucleus can be regarded as quite isothermal even at a depth of 1 cm.

The heat flux into the interior of the nucleus, defined as

aT

P
has a phase shift of E relative to T (0, t). The temperature T (0, t) may

P
possess phase shifts from 0 to _- relative to q. The lower value corresponds

to high radiation losses, while the upper value corresponds to low radiation

and sublimation losses and to F = q.

For "old" comets with small r the radiation losses

1qeff xl/, t
r°= (.T) G (14)

/"aof_",qe L/¢
prevail. The numerical value of the constant_:_ _-) depends on the sizeof

of the body, the albedo of the surface, and the angle of incidence of solar

radiation. For normal incidence at the perfectly black surface of a massive

nucleus, qeff = q0, andthe constantis equalto 330°K. Perfectly black meteoric

dust particles (radius < 1 cm) which are heated throughout their volumes
289 °K

will, according to Zanstra, have To=--_--r"

§96. Cometary spectra. In the 19th century, observers (Donati,

Schiaparelli, Bredikhin, and others) established that cometary spectra are

made up of a continuous background with emission bands (mainly molecular)

superimposed onto it.

Continuous spectra are characteristic of the central part of the comet

head and of type-II and type-III tails. According to Shul'man and others,

with a maximum near 4700 _; the usual Fraunhofer lines of the solar

spectrum are also visible in the brightest parts of the comet-head continuum.

Therefore, the continuous spectrum is due to the scattering of sunlight by

dust particles in the comet. This conclusion is doubtless true for the

spectrum of the comet head and is also quite probable for the spectra of

type-II and type-III tails. The polarizations and colors of tails noted by

various observers also indicate this. The relative significance of the
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various f o r m s  of s ca t t e r ing  in comets  was studied by Poloskov and, in 
great  detail,  by Oiseau and Batteau, who showed that Mie-type sca t t e r ing  
at  s m a l l  dust par t ic les  with d i ame te r s  of 0.2 t o  0 . 5 ~  is the most probable. 

i ILUllE 130a 

i 

I I I 1 
I 1 i i i I 

CN @a) Cs ""y c , n q  CXr%q 
3E8?i mvJ 427%: I 4.?PS L777d 

I 1c,wr 1 mi, 

Arounci the turn of the century,  some  of the mol t cu la r  e m i s s i o n s  w e r e  
identified as C,, CH, and CN bands for comet  heads,  and as N,+ and Co+ 
bands for type-I ta i ls .  
with a p r i s m  objective: 
had a type-I1 ta i l  ( the continuous spec t rum 1s predominant),  F igu re  130b 
is the spectrum of Comet 1911 V, which had a type-I t a i l  (C@ emiss ion  
prpdominant). 
Encke (1937 XI) (he re ,  a 
c with a quartz  pr ism).  
identified in  the head, C o t  i n  the tail ,  and CH+ in both the head and the t a i l .  
A l i s t  of the principal emission bands for the head is given in Tab le  3, and 
for the t a i l  in Table 4 .  
Mg, Fe,  and N i .  The l a s t  thrcv elemcnts  w e r e  observed only a t  v e r y  s m a l l  

F igu re  130 shows two cometa ry  s p e c t r a  photographed 
Figure 130 is the spec t rum of Comet  1910 I, which 

Figure 131 shows s l i t  s p e c t r o g r a m s  of the head of Comet 

Subsequently, C,, NH, OH, NH,, and OH+ w e r e  
and b w e r e  photographed with a g l a s s  p r i s m ,  and 

The  atomic l ines  observed w e r e  those of Na, 0, 

74x 



distances f rom the sun, of the o rde r  of 10-2A.U.  (and only the Fe multi- 
plets w e r e  established with any certainty).  N a  appears  when r <0.7A. U., 
and i t  shows up as the famil iar  32P-32S doublet near  X 5890-5896 8; this 
is the r eason  for  the character is t ic  yellow coloring of the heads and tails 
of bright comets.  
and they show up as weak forbidden l ines in the green and r e d  regions. F o r  
the Comet Arend-Sowland (1957 In a transit ion was observed between the 
sublevels of the lambda-doublet of the level  J" = 1.5 of the s t a t e  TIJ,, in the 
r ad io  range (frequency, 600 Mc). 

Emissions of atomic oxygen have been found only recently,  

FIGURE 131 

Spectra of diatomic molecules a r e  thus of ve ry  great  significance in 
cometary spectroscopy. 
scopic propert ies  of these molecules. A diatomic molecule always has an 
axis  of symmetry,  namely the straight line joining the two nuclei. 
electron s t a t e  is therefore  character ized pr imari ly  by the projection L, of 
the total  orbi ta l  momentum L of the electrons onto this  axis. 
with the general  quantization ru l e s  for  mechanical momenta and their  
projections, we have 

Consequently, le t  u s  f i r s t  consider the spectro-  

The 

In accordance 

where the quantum number h may take the values O , + l ,  *2, * 3 , .  . . The 
corresponding electron s t a t e s  a r e  designated by the Greek le t ters ,  
Z, II, A,  a,. . . N o  s t a t e s  higher than A a r e  observed in cometary spectra .  
The  quantum number S of the total  spin of the electrons determines the 
multiplicity of the s ta te ,  that is, the number of component levels into which 
the given s t a t e  breaks up in an external [magnetic] field. 
is, just  as fo r  atoms, equal to  2 s  + 1, and it is designated by a superscr ipt  
to  the left of the t e r m  symbol (for example, the s ta te  with h = S = 0 is 
designated a s  12). 

introducing the vectors  ff (the angular momentum of the nuclei about the 
cen te r  of gravity) and J (the total  angular momentum). The vector J is 

The  multiplicity 

A m o r e  detailed description of the electron s ta te  can be achieved by 
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TABLE 3

Mole- Sy:tem (electron Vibrational
XX in A

culc transition) transition

C2

CN

Cs

OH

NH

CH*

CN

NH_

B2E.--X2Z.

(violet

system)

A_E ÷ _ X_I] i

Aal'l i -- X_Z -

B2X- __ XII]
A_A -- X_II

(red system)

a band of

ammonia

Av = +2

Av = + 1

Av = 0

Av = -I

Av =-2

i--0

0--0

0--0

0--0

1--1

0--0

0--0

0--0

2--0

3--1

4364.3 -- 4380.9

4669.5 -- 4734 9

509"/.3 -- 5164.9

5466.2 -- 5634.1

5959.6 -- 6186.5

35?2.2--3584.3

3851.0--3883.0

4193.0--4214.7

3950.2 -- 4137.8

3078.7--3107

3135.0--3159

3350.8--3372.0

3886.6--3921.5

4281--4348

7858--7957

8046--8164

_maz

4380

4713

5164

5634

6186

3584

3882

4214

4051

3090

3140

3358

3890

4313

7906

8106

5384

' 5428

[ 5706
5978

6299

L....

Remarks

System determines visual dia-

meter of head

Indicates a high rotational and

vibrational temperature, simi-

lar to that observed under lab-

oratory conditions (-- 3000°K).

which corresponds to a homo-

nuclear molecule.

System determines photographic

diameter of head. Very pro-

nounced characteristics of ro-

tational structure, caused by

presence of Fraunhofer lines in

solar exciting radiation; low

rotational temperature, cor-

responding to heteronuclear

molecule.

Exists in carbon stars of Class N

and in planets.

Anomalous intensity distribution.

due to Fraunhofer lines of solar

exciting radiation; low rota-

tional temperatures (hetero-

nuclear molecule).

Low rotational temperatures

Q and P branches

Q, R and P branches

Observed near nucleus. Extends

over entire visible spectrum;

in several cases superimposed

onto emission of other mole-

cules, for example, C.t at X =

5166 _.

different, depending on which two of the vectors L, 8, and N have the

strongest coupling. Four coupling modes are distinguished (a, b, c and d

according to Gund), plus some intermediate cases; cases a and b are the

most frequent. In case a, the vectors L and 8 are first added, giving a

total axial projection with a quantum number fl = L+S. This projection*

is then added to the vector N, which is perpendicular to it, giving J. The

axial projection of d has a quantum number J, which may take the values

* Vectors L and 8 precess rapidly about the axis; therefore, in the following we will consider only the

projection onto the axis which remains constant in time.
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D,.Q+ 1 .... The numerical value of _ is indicated in this case by a subscript to

the right of the term symbol. In case b, S is not coupled with the internuclear

axi s, and (.]has no physical meaning. Here Aand N have a resultant K(the total

momentum without spin). The axial component of Kis determined by the quan-

tum number K = A, A + 1 .... Finally, K+S = J is the total momentum taking into

account spin. The corresponding quantum number is J = K+S, K + S -- 1.... ,

(K -- S).Case b always occurs for states E, in which A=0 and Sis not coupled with
the interatomic axis. States l-I and A often correspond to an intermediate

state between a and b : in cases of weak rotation, a-type coupling is most

frequently observed, and in cases of strong rotation, b-type coupling is

observed. The molecules CN, N 2, etc. are good examples of this. There

is obviously no distinction between modes a and b for singlet states, when

S = 0, .Q = A, and K = J. Of particular interest is the intermediate case

when L and N are coupled. For all states with A _ 0, this coupling splits

every state with a definite J into two very close components (A-doubling).

Physically, this is due to the fact that all states withA =_ 0are doubly

degenerate (sign reversal of the angular momentum about the axis does not

change the energy). L -- Ncoupling removes this degeneracy.

Mole-

cule

CO +

TABLE 4

co¢

OH +

CH +

System (electron

transition)

A2H i _ X2_.. ÷

(system of

cometary tails)

Bt_ + -- A2H i

( 8aldet-Johnson

system)

B2__ X2r._
( negative system)

alI u -- 211 z

Vibrational

transition

6--0

5--0

6--1

4--0

3--0

4--1

2--0

1--0

2--1

I--0

0--I

3--2

1--0

0--0

1--2

0--1

I--0

2--1

0--0

2--2

0--I

1--2

0--2

0--0

1--0

0--0

_k in X

3416--3431

3580--3594

3695--3709

3781--3802

4001--4024

4124--4140

4251--4274

4544--4569

3509

3709--3726

4231

3545

3580

3913.7

4231

4274

3378

3388

3509

3545

3674

3695

3839

3594--3616

3954--3972

4225--4254

Remarks

Doublet structure, Short-wave

components slightly brighter

than long-wave components.

Low rotational temperature

(--300*K)

System intensity low, since:

1) transitions take place

between excited electron

levels; 2) excitation by

B2X ÷ -- X2_.. * transitions

occurs, in the tar ultraviolet

at k_ 2190-- _042.

Bands are usually weaker than

CO + bands, and also wider;
+

similar to Nz bands in twi-

ligtlt-arc spectrum. Rotational

temperature higher than for

CO + .

Exteuds in the tail over lesser

distances than CO + and N_ +.

In head and initial pa_t of tail.

Relatively weak intensity.

Same

P , q andR branches
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FIGURE 132

No degeneracy in this sense is observed for E states. However, we

can distinguish between Z states whose wave functions keep the same sign

when reflected from a plane through the axis (_.') and states whose wave

functions reverse the sign during such a reflection (Z). Transitions are

permitted only between _. states of like sign.

If the molecule is homonuclear (consists of two identical atoms), then

it has a center of symmetry. A wave function may either conserve or change its

sign when reflected at the center of symmetry. The states are classified corres-

pondingly as even{g) and odd {u). Transitions are permitted only between

states of different parity. When the nuclei are permutated, the wave

function may either conserve or change its sign. Correspondingly, sym-

metric (s) and antisymmetric (a) states can exist, and transitions are

permitted only between states of the same symmetry. At the rotational

levels, the s and a states alternate (even J corresponds to s-symmetry and

odd J to a-symmetry, or vice versa). Each electron state is thus split into

a series of sublevels differing in their rotational energy, as determined by

the quantum numbers J or K.

The vibrational motion of the molecule, which is accompanied by a

variation in the internuclear distance r, must also be taken into considera-

tion. The pattern of rotational sublevels is repeated for each vibrational

state characterized by a definite vibrational quantum number v (v = 0, t, 2 .... ).

Figure 132 is a diagram of the vibrational-rotational levels for two electron
states A and B.

When a molecule has several different electron states with equal

multiplicities and equal A, these states are differentiated by Latin letters

preceding the term symbol (for example, BS_.+, ).The ground-state level is

generally designated by the letter X.
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Transitionsmayoccurbetweendifferentelectronstates(electron
transitions}andalsobetweenthesublevelsof a singleelectronstate
(vibrational,rotational,andvibrational-rotationaltransitions}. In comet-
ary spectroscopy,electrontransitionsareof majorsignificance,andeach
suchtransition is accompaniedby simultaneouschangesin boththevibra-
tionalandtherotationalenergy,sothathererotational-vibrationalelectron
transitionsoccur. Thefrequenciesemittedduringthesetransitionsare
definedasfollows:

v -----_- = _t_el--AEt .--. E_ 1+ Evib -- Evib + E; ° -- EroO=

• e _ , •

. . t -1- # x 2....
--D_J"(.I'+I)'+ .... B;J"(J"+I)+DV"(J"+I)' ..... (16)

where o., x,, B_, and Do are constants, those with a single prime referring

to the upper state and those with a double prime to the lower state. Here,

the selection rules AJ=0, ± t, and for b coupling AK= + t as well (for Z--X

transitions) or AK=0, + t (for the rest of the transitions) are observed: since

the molecular vibrations are anharmonic, no selection rules are imposed

upon h_. To each pair of values of v' and v"_, there corresponds a certain

band with a more or less developed rotational structure. The transitions

withAJ = -- t, 0, +i, respectively, form the branches P, Q, and B. With b

coupling, the strongest transitions are those with AK.=AJ. Thus, for example,

for the violet CN 2 (_. -2Z) system in cometary spectra only the R and P

branches are pronounced.

Other conditions being equal, the intensity Iro of a rotational transition

is determined by the population of the level from which the transition occurs.

As a first approximation, this intensity is

lrc _ (2J + 1) e -BJ (J+t) h,/kr, (17)

where 2J + I is the statistical weight of the state; the exponential function

is Boltzmann's factor. This expression is a maximum when

2 ' (18)
i

and we can thus determine the equivalent effective rotational temperature

Tro from the shape of the profile of the rotational branch. The properties

of molecular spectra are discussed in greater detail in texts such as that

of Kondrat'ev.

By analyzing the intensity distributions in the bands, we can make some

important conclusions concerning the emission mechanism for cometary

gases. In their study of the distribution of total emission along the tail of

Halley's comet (1910 II), K.Schwarzschildand Kron expressed the opinion

that the emission of cometary gases is due to a resonance re-emission of

sunlight. The quantitative calculations of Zanstra and Wurm verified the

plausibility of this explanation. However, the decisive proof of the reso-

nance-fluorescent nature of cometary emission is provided by spectrophoto-

metric analyses of comets; this was first demonstrated by Swings for the

violet CN band (A 3883). Actually, if CN is excited only due to the absorp-

tion of solar radiation by molecules occupying the lowest vibrational level
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of the electron ground state, then the population of the excited level K' will
be

N K" _ .N"K,+ IpeJp -_ N'_,_ IPnJn. ( 19 )

Here, N_-,+t and N_-.-t are the populations of the rotational levels K"=K'+ 1

and -I/'= K'- 1 of the electronic and rotational ground states from which

electrons may pass to the levelK'; pp and pn are the corresponding transition

probabilities; and Je and JR are the intensities of solar radiation at the

wavelengths corresponding to P transitions(K'= K'+ 1) and R transitions

(K"=K'-1), as corrected for the Doppler shift caused by the radial velocity

vr of the comet relative to the sun.

For any distribution of N}, the population N'_, will depend on the distri-

bution of energy in the solar spectrum. In particular, the strong Fraun-

hofer lines of FeI (X 3878.02 and _ 3878.57) should lead to anomalously low

intensities of the P lines and R lines corresponding to K' values between

3 and 8 (depending on the Doppler shift), and for any vr values P (6) and P (7) will

always lie inside the minima. All these properties are actually observed.

A quantitative test of Swings's suggestion was first carried out by McKellar

for the CN and CH bands of some comets. A Boltzmann distribution was

assumed for N"_., and the rotational temperature was chosen so as to

achieve the best fit between the observed profiles and those calculated from

(19). Here, all the observed intensity maxima corresponded to maxima of

the calculated profile. The theoretical profile calculated from (17) neglect-

ing the solar spectrum is smooth, without any secondary maxima.
A fluorescent excitation mechanism was also verified for most of the

other molecular bands of OH, NH, CH +, and C 2. An especially elegant

confirmation of the fluorescent mechanism was obtained recently for the

spectrum of Comet Mrkos 1957 d (1957 V) (Figures 133 and 134). Figure

133 shows the rotational structure of the CN band (0--0), calculated assum-

ing a resonance-fluorescent excitation mechanism and taking into account

the solar Fraunhofer lines and their Doppler shifts. When the Fraunhofer

lines are neglected, the rotational maxima reach up to the dashed curve.

Figure 134 shows the observed structure of this same band. A comparison

of the two figures reveals acomplete correspondence between the theoretical

and experimental curves. So far, no bands of the cometary spectra have

been found whose fine structures cannot be explained on the basis of the

resonance-fluorescent excitation mechanism.

The fluorescent mechanism also explains satisfactorily the observed

rotational temperature. The absorption in the R branch is usually stronger

than in the P branch, so that the population of the level K' =K+ 1 is higher

than that of K'=K- 1 in the excited state. In the emission from K'=K+ 1,

the transition P(K+2) is stronger than P(K), so that the uFper K" levels

become overpopulated. Therefore, a high-temperature distribution of

electrons over the rotational levels may be created, especially when the

q branch is weak. Whether this distribution actually occurs, depends on

the degree of stability of the distribution, that is, on the probability of
rotational transitions to levels with lower K. For heteronuclear molecules,

such transitions are permitted, so that a low-temperature distribution is
observed (CH, OH, NH, CN, and CH+). In homonuclear molecules, such

as C12C 12, purely rotational transitions are forbidden,".' and a high-temperature

" Actually, ina purely rotational transitiot'_ aJ = ::kl , whichisforbidden due to differences in tilt.' symmetric_
(a, s) of adjacent rotational levels.
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distribution is observed (T _ 3000--4000 °K). The situation is analogous for the

vibrational temperatures: these are either low (in heteronuclear molecules)

or high (in homonuclear molecules), depending on the molecular symmetry.
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Since for resonance-fluorescence the decisive factor determining the

rotational temperature T is the ratio of the mean interval between succes-

sive absorptions to the mean lifetime of the excited rotational

---_-- _,..... _ .... ,t,,.^ . ...... +,,_ ,,_,_ _,_ a_anopd hv nh._rvin_ the cometary

spectra.

For instance, Hunaerts, in his analysis of the profile of the OH band

(0--0), found that it could be adequately interpreted only if we set K"= 0 (it

could not be interpreted assuming a Boltzmann distribution overK'). Hence

it follows that the probability of purely rotational transitions for OH is
!

greater than ¥ = 2-10 -3 sec -1 (here z is the time between two successive

absorptions at a distance of 1 A.U. from the sun; it is determined from
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the known (0--0) transition probability for OH and from the intensity of

solar radiation).

Swings's fluorescent mechanism also explains the so-called Greenstein

effect. If the image of the nucleus is projected onto the middle of the

3

L?5

oJ

East Center West

thnus, km

_2

FIGURE 135

spectrograph slit, then in the spectra of CN

and CH there may be differences of intensity

between the "top" and the "bottom" of a

given rotation line. For different lines these

intraline variations may be expressed

differently, and they may even have opposite

signs. Hence it follows that the relative

intensities of the rotational lines of a single

band will differ in different parts of the

head. This variation of the relative intensi-

ties is explained satisfactorily provided we

assume differential radial (relative to the

sun) velocities of around 1 to 3 km/sec

within the head. As a typical example, let

us consider the intensity distribution

(expressed in arbitrary units) in the head of

Comet Mrkos (1957 V), in the light of the

/t(9) and B(1 7) lines of the CN band (0--0)

(Figure 1 35). The distribution obtained by

Greenstein during observation was sharply asymmetric: in the R(9) line the

western (sunward) side was brighter, while in the /t(1 7) line the eastern side

(that facing the tail) was more intense. If the brightness asymmetry could
be attributed to the actual distribution of matter in the head or to certain

instrumental effects, then it would remain constant for both lines. The

effect is explained by the fact that the B(9) and B(17) lines lie in the wings

of strong Fraunhofer lines of the solar spectrum (Figures 136 and 137).

Due to the differential velocity distribution in the head, the western part of

the head was displaced in the direction of higher _, and the eastern part

was shifted toward lower _ relative to the head center. Of course, the

displacement was over the same interval for both lines, but in the case of

B(9) it enhanced the western part and weakened the eastern part relative to

the center, while for R(17) the opposite occurred. The origin and nature

of the differential motions observed spectroscopically in the head have still

not been explained properly. Hunaerts suggests that these motions are

manifestations of the rotation of the nucleus; Swings and his co-workers,

on the other hand, attribute them to the radial ejection of matter from the
nucleus.

FIGURE 136

C

FIGURE 137
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Most of the molecules in cometary atmospheres are free radicals. These

may exist directly in the solid nucleus of the comet at very low temperatures

or they may form due to the dissociation and ionization of some primary, or

"parent," molecules. Some probable "parent" molecules are CH 4, NH3,

(CN)2, and certain other more or less complex organic and inorganic

molecules.

A very up-to-date review of cometary spectroscopy is given in the "Atlas

of Representative Cometary Spectra, " by Swings and Haser.

Most cometary spectra possess in common certain properties of variation

with heliocentric distance. In particular, the various emissions generally

appear in the order given in Table 5.

TABLE 5

r, A.U,

>3

3

2

1.8

1.5

-<1.5

Nature of spectrum

Sunlight reflected by dust particles or scattered by polyatomic molecules.

The ( 0 -- 0) CN band appears; its fairly high abundance in the comet head is immediately

apparent.

Emission bands of the triatomic molecules C s and NH z appear ; these are much shorter than

the CN lines; the C3 intensity is higher than the intensity of the ( 0 -- 0) CN band.

Swan bands appear; their normal abundance in the head, as well as their high rotational

and vibrational temperatures, are immediately apparent.

All the other molecular emission bands of the head are observed (OH, NH, CH). Starting
here, and at smaller r, the tailemissions appear: CO +, N2+, and CO_+ have approximately

the same distributions, and the CH + and OH + emissions are less extended.

The band intensities increase to such an extent that their structures often become apparent.

The profiles of the homonuclear molecules C_ and Cz, which do not depend much on r,

remain almost unchanged with further decrease of r. The profiles of heteronuclear mole-
cules (CN, CH, OH, NH) have more developed rotational structures as r decreases. In

particular, the ( 0 -- 0) CN band, which when first observed has rotational lines up to

J= 10, has many more rotational lines (J up to several tens) when r is small.

The relative intensities of the various emissions differ for different

comets and they may fluctuate irregularly in time. Some comets have only

a continuous spectrum and the (0--0) CN band, or they may have even only

a continuum at all r (for example, 1910 I). Most comets, however, have

certain regularities in common, as far as the distribution of the relative

intensities of the various emissions is concerned.

1. Continuous spectrum. This is always predominant at large r;

the strong continuum observed in the range of r from 1.5 to 1 A.U. generally

remains for smaller r also.

2. Molecular emissio[,s. For thcb!ue-vio!etban,_ ofC3(14052).

CN (the 0--1 band near A 4193), CH (A 4313),and C 2 (the 2--0 band near

A 4381) in the central part of the head, the relative intensities C 3/CN,

CN/CH, and CN/C 2 have a tendency to increase on the whole with increasing r.
OH

The relative intensity _ in the ultraviolet also increases with r in some

comets. The rotational and vibrational temperatures of both heteronuclear

and homonuclear molecules increase as r decreases.
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$97. The apparent brightness of a comet. Masses and densities of

cometary atmospheres. For a molecular spectrum, the brightness of a

comet is determined by the number of molecules N in the ground electron

state, since the lifetimes of the excited electron states are very short. If

we agree to consider only one chemical species of molecule, then the

number of photons scattered by the atmosphere per unit time will be

Y,Np_._..f_.o., (20)
v,v*

where p_,v- is the probability of a vibrational electron transition between

the vibration levels v' and ,_", and ]_,_, is the intensity of the solar radiation

in the corresponding frequency range.

Next, by introducing the mean frequency v_,u- of the particular band

system, we can write the energy emitted by the atmosphere per unit time

as

E = N _, pv,_.Jv,v-hv_,_.. (21)
v,v _

The luminous flux • emitted by the comet is

N __j p,z_,.J_,,,,.hv,,,,,.V,,,.., (22)O=_-
v,v _

where M = 1.61 • l0 s erg/sec.lumen is the mechanical equivalent of light,

and V_,_. is the visibility coefficient for the frequency vv,_.. The illumination

produced by the comet in the neighborhood of the earth is

o
_Q_ phots.

Since the illumination produced by a star of zero magnitude is 2"10 -1° phot,

the brightness of the comet can be expressed in stellar magnitudes as

m= --2.51g (s_. t0'0 ) . (23)

If the cometary brightness is produced mainly bYoSWan bands, which lie
near the sensitivity maximum for the eye (;t = 5550 A),then q_ can be repre-

sented approximately as
N

tD= _ BI-2Jv hv, (2 4)

-_ c 1014 ,where v _-= 5.4- and B,-2 is the Einstein coefficient for the C 2 elec-

tron transition A s II_---->XSIIu. Alternatively, in terms of the oscillator

strength

chvmtB, 2
]i -a= _-nT;_e_-, (25)

which according to Clementi is _,_0.05, we can write the flux as

N 4n_e2 I n2e 2 [ N
_: -M- _,,_ l_]'2 (24 ')- 5 cm e --v _- ,

from which

m:: 2.5 lg L4McmeQ2_ v. ._ .j . (26)
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Moreover, since

where

Jv = W 2v2 hvc= t,v ' (27)
e hT --I

W = _ _ _-_- = 5.5.10 -6 r-9 (28)

is the dilution coefficient, therefore if we assume T = 5-103°K to be the

temperature of the solar photosphere, we will obtain

rnp=m-- 5 lg Q : 2.5 lg 0.8.10 s_--25 lgN,

where 0 is in astronomical units, or

N = 0.8.10a_-°'4'%. (29)

This value gives only- the lower limit of N. In reality, cometary atmos-

pheres generally contain close to a dozen other kinds of molecules, all

roughly as abundant as C 2.
By applying an analogous formula, Poloskov estimated the total number

of molecules in the heads of some of the brightest comets (Table 6).

TABLE 6

Comet N R, cm n no _, cm _0, cm

t843 I t0 a4 5.10s 2.t07 t. 6.1013 108 t03

1882 II t0 as 5.tOS 2.t011 t.6.t016 t0 a 10-1
1910 I tOsS 5.109 2.1¢_ t. 6. t019 t01o t0 a

19t0 II t0 s4 5.t09 2.t04 t.6.t011 t011 10 ¢

@
In the table, B is the head radius for which N is estimated, n is the mean

N

number of molecules per cm 3 of head volume, and n0=4---_-_ R is the number

of molecules per cm 3 of head volume in the immediate proximity- of the

comet nucleus. Here it is assumed that the density of the atmosphere obeys

an inverse-square law with respect to the distance from the center of the

nucleus:

n_
n: no'_ , (30)

where the nuclear radius B0 is 10km, and k and ko are the corresponding

mean free paths of the molecules, calculated as o_' where a = 10 -1_ cm 2

is the gas-kinetic cross section.

In the heads of the faintest comets, the gas density is even lower. For

instance, in his photoelectric observations of the intensity of the (I --0) C 2

band, Oiseau found that for I = 0.035 the density of C 2 in the head of Comet

Mrkos (1955 III) was 3.10Scm -s at a distance of 5.3. i0 s cm from the nucleus

and 67 cm -3 at a distance of 5.3 • i09.

The density of matter in cometary heads, even comparatively bright ones,

is thus fairly low, and intermolecular collisions are actually negligible
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throughout the head volume, except in the region immediately adjoining the

nucleus, where such collisions may have some importance. An exception

to this rule is Comet 1882 II, which was also exceptional in many other

respects because of its small q (10-2A. U.).

The number N is apparently related to the rate of gas liberxtion from

the cometary nucleus and to the mean lifetime • of a molecule before it

dissociates or ionizes. If No is the number of "parent" molecules in the

cometary atmosphere, and N is the number of "daughter"molecules

producing the optically observed spectrum, then according to Wurm

dN0 Q- aN, ]
-dq-= (31)

JdN aN -- [_N,

where Q is the number of "parent" molecules introduced into the atmosphere

per unit time, and a and fi are the reciprocalsofthelifetimesofthe"parent"

and "daughter" molecules. After integration, we obtain

No= _ -- Coe-_', i

N= {---C,e-_t--_°_ e -at.

For t much greater than i and 1h _, we have

No = (_- /11 *

/

(32)

(33)

Consequently, under quasistationary conditions N is equal to the lifetime r

of the molecules multiplied by the rate of liberation of "parent" molecules

from the nucleus; it is independent of the rate of breakdown of the "parent"
molecules.

The densities of the dust atmosphere were calculated by Whitney and

others. Whitney assumed the surface properties of tile dust particles to be

the same as those near the surface of Ceres. Then, since Ceres, which

has a diameter of 770km, has at opposition an absolute magnitude of 3'".7,

Whitney obtained the following expression for the decimal algorithm of the

total mass of dust particles:

r rQ385 I( 5 -1 ) z

lgM:::lg6h+ 2 lg L-_q_(a) -J -- (''')m-l-2.10,
(34)

where m is the apparent magnitude of the comet, 6 is the density of a dust

particle, h is its radius, and ¢1)is the phase function (the ratio of the bright-

ness at phase angle a to the brightness at opposition); rando are expressed

in astronomical units, and all the other quantities are in CGS units.

As an example of a determination of the density of the dust material, we

may quote Liller's result for the type-II tail of Comet Arend-Rowland near

the maximum of its development; he obtained M _ lO_g for h = 0.3p, which

gives a mean distance of about 4 m between dust particles at a distance of

2.1-106km from the nucleus. For the type-II tail of Comet Mrkos, the

same author gives a mass of_2.10t4g for h= 0.3p and a mean distance of
3m between particles 4.4.10 _km away from the nucleus. In the USSR, the

36O



surfacephotometryof cometshasalsobeendevelopedbyRijves, Konopleva,
andothers; theyhaveestablishedthatthevolumedensityn actually does

decrease as the square of the distance R from the nucleus.

Vorontsov-Vel'yaminov analyzed the brightnesses of monochromatic

images of Comet 1943 I (Whipple-Fedtke-Tevzadze) taken with a prism

objective. He found the total number of molecules in the head to be:

N(C 2) = 7 • 10 32, N(CN) = 1 • 10 33, and N(C 3) = 3 • 1031; for the observed head
radius of 3.7"105km, these figures give a density of _--lcm -3 at the peri-

phery of the head (assuming a square-law density drop with the distance
from the nucleus).

Theoretical isophotes of a cometary head were plotted by Mokhnach and

others for various assumptions concerning the ejection of molecules from

the surface of the nucleus. In particular, when the ejection from the surface

of the nucleus is proportional to the solar illumination, the isophotes

(according to Mokhnach) have the form of slightly deformed circles with

their centers displaced sunward relative to the nucleus. This, according

to Mokhnach, causes a systematic error in the determination of the nucleus

position from observations.

§98. Differentiation of matter in a cometary atmosphere under the

influence of solar heat. The observed differentiation of the matter in a

comet is caused by two factors: 1) differences in the acceleration a (pro-

ducing the three types of tails), and 2) differences in the mean lifetime T

of molecules before dissociation or ionization (causing the separation of

neutral molecules in the head and of ionized molecules in type-I tails).

The dust particles are impelled by the radiation-pressure force F of the

sun, which is equal to the volume density of solar radiation u= q (r6_ 2

(where q is the solar constant and c is the velocity of light) multiplied by the

effective cross section _ of the particle. A spherical particle of radius t_

and density b acquires the following acceleration under the action of the

force F:

3 u
a=_ fi6 Q, (35)

where Q = (_/_h2 is the ratio of the effective cross section to the geometrical
section.

The acceleration in this case may be measured conveniently in units of

kiM9 Then, the dimen-the acceleration of the [solar] force of gravity a0-- r_

sionless relative acceleration is

] F_:- 4c3q kiM"o_hb---r_Q 0.57.10-5_(h in cm, bin g/cm3). (36)

The section Q = 1 in the limiting case when h >>)_ and the refractive index

of the particle n _ co (metallic, perfectly conducting particles, or dielectric,

perfectly reflecting particles). Then, we have

0.57. i0-5 (37)
I 4- }-_= h6

For comparable h and £ and for n 4=co, the quantity Q must be determined

taking into consideration the absorption and scattering of light by the particle

according to Mie's general theory. Levin has usedMie's theory to
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calculate the values of 1 +/.4 for stone particles (real n) and iron particles

(complex n of the form a+bi). These data are given in Table 7.

TABLE 7

d

-2-, m_

5O
t00
t50
2O0
3O0
4OO

n=i.5

8=3

0 05
03
0.5
0.5
0.5
0.4

l+_t

7_:2 n_l.57X

x(t-i)
6:4 b_6

0.3 t.7

t.0 t.5

t.2

1.2

O. 7

0.5

These accelerations correspond to the values of 1 +/_ observed in the

dust of type-Ill tails.

The accelerations in type-If tails can be explained in two ways. On the

one hand, if we assume a particle density lower than that in Levin's table

or if we assume that the particles are considerably unspherical, then we

obtain correspondingly higher I +_. These assumptions can be justified

by considering various terrestrial minerals, for example, hydrocarbon

derivatives having 8_i with n as high as 2.

On the other hand, light exerts appreciable pressure on the molecules

as well. In 1909 Lebedev staged his famous experiments in which he proved

that radiation pressure is exerted upon gas molecules, and he showed this

pressure to be proportional to the selective absorption of light. The modern

theory of radiation pressure in gases was proposed by Pauli on the basis of

quantum-mechanical concepts and then generalized by Wurm. This theory

is as follows. A molecule absorbing a photon of energy hv acquires its

momentum {=_, which is directed away from the sun. When it emits this
c

photon, the molecule recoils and acquires additional momentum. In the case

of forced emission, the additional momentum compensates for the absorbed

momcntum, and the net result is zero. In the case of spontaneous emission,

the additional momentum can be oriented arbitrarily, and the mean recoil

will be zero. In comets virtually no forced emission occurs, and the force

acting on the molecules is equal to the momentum absorbed per unit time.
Bi2Jvhv

This momentum is ---_--, where Jv is the intensity of solar radiation in

the frequency interval from v to v+ l at the distance of the comet from the

sun, and

4_2e2

Bi2 -- _eh-_- c fl °. ( 38)

is the corresponding absorption coefficient (Einstein coefficient).

By substituting Jv from (27) and (28) and dividing by the molecular mass

m,_ and the acceleration of the sun's attraction a0(r._)_ we now obtain the

final expression for the relative acceleration:

l+tt_: C It2 I,,_ ,Z,_, , (39)

e kl' 1
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where

C 2n2e2hvs r_

meaoC4 r25 "

The characteristic wavelengths responsible for the selective radiation

pressure are known from spectroscopic observations. The Einstein

coefficients have been determined with sufficient accuracy only for a few

molecules, but approximate values have been obtained from quantum-

mechanical calculations. If we set /,2_ 0.05, then we find 1 = /_ _ 3 for C 2

molecules, which is consistent with the corresponding accelerations

observed in type-II tails.

In type-I tails, however, much higher accelerations are observed,

corresponding to forces 20 to 200 times (and in exceptional cases even a

thousand times) stronger than the force of solar attraction. Moreover, the

radiation pressure is always directed radially away from the sun, while the

gaseous tails can also have transverse motions in them. Thus, besides

radiation pressure, we must seek some other reasonable explanation for the

accelerations of the gaseous tails (see §99).
The lifetime ,rof a molecule in a field of Planck radiation from the sun

was studied by Wurm, Ambartsumyan, Poloskov, and others. It is clear

that h_

l mecs (ekT_:- 1), (40)
T _ BI2J_, - 8_2e2v2W

where v is the frequency of the photodissociating radiation. The

numerical values obtained using (40) are uncertain, because the effective v,

on which v depends exponentially, has not been definitely determined.

Poloskov, together with Herzberg and Phillips, has assumed that C 2 will

photodissociate for 2 = 2000 _, and thus he obtains a v value close to a half-

hour. Ambartsumyan takes h_ = 15 eV and obtains a correspondingly higher

higher T.
Nevertheless, it seems that the observed abundances of neutral molecules

in cometary heads (the sequence NH2, C s, OH, NH, C 2, CN) are directly
related to the mean molecule lifetimes in the field of Planck radiation

from the sun, since molecules of relatively complex structure, which

dissociate more readily, tend to concentrate near the nucleus.

$99. Type-I tails. The structures of ionized tails are determined,

according to present-day conceptions (Alfv4n and others), mainly by the

effects which corpuscular streams from the sun have upon comets. When

the head of a comet enters into a corpuscular stream, the ions produced in

the head form in the "ready-made" magnetic field H of the stream, regard-
less of the ionization mechanism.

The motion of the ions is described by Maxwell's equations:

curlH=_(4ni+o_t) 4_,_-,

curl E = -- i oB
C at '

where

and by Amp4re's law:

B--_H, D=eE,

d iv H = 0,

,   Io.l}

Odi- = Tdvi [iB] --Vp

(41)

(42)

(43)

(44)

(45)

(46)
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(where p is the pressure, and @is the density). From (41) and (45) we have

, 4_(_
curl curl H 4_G curl E-_-y curl [vH]. (47)

But since

curl curl -- grad d iv -- A, (48)

therefore, applying (44) and (42), we obtain from (47)

._0H._ curl {vHl: : khH. (49)
Ot

If the coordinate system moves with the medium, then v= 0 and

OOH== DAH, ' 5 O)

where D c2
- .C_aT can be interpreted as the coefficient of diffusion of the force

lines.
_'2tl T

In cometary heads, the electrical conductivity _ 2,,_ > ooj since the time

between two successive electron collisions is very high. Consequently,

D--_0 and the force lines virtually do not diffuse. This also applies to the

corpuscular stream. The force lines thus appear to be "frozen in" both in

the corpuscular stream and in the head of the comet. The formation of this

common magnetic field enveloping the comet and the corpuscular stream is

depicted, according to Alfvdn, in Figure 138.

FIGURE 138

The cometary ions in the head move collectively relative to the stream,

transporting the field with them, and gradually drifting along the force lines

they form a ray system analogous to a system of force lines.

The rays, in full agreement with the observations, are rectilinear,

gradually converging toward the axis of symmetry. The ray structure is
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observed for a long time after the stream has passed by. The wave motions

in the rays are explained in terms of Alfv_n magnetohydrodynamic waves.

Their formation has been illustrated by Alfv6n for the simplest case of a
homogeneous incompressible fluid.

Z

t v

D_c

FIGURE 139

Let us consider an infinite conducting fluid, initially at rest except for

a rectangular prism extending to infinity along the y axis and defining the

rectangle ABCD in the xz plane (Figure 139). This prism moves along the

y axis with a velocity v. If a uniform magnetic field H0 pointing along the z

axis is applied to the fluid, then an electric field E-- --_ [vH0] pointing along
c

the x axis will be induced in the prism. The field sets up a current i, which

is shorted through the surrounding stationary fluid. A force F=-_ [i, H0]
c

pointing in the negative-y direction acts on the current i. This force slows

down the moving parallelepiped and accelerates the initially stationary fluid

in the adjoining volumes ABFE and DCGH. This process continues, and as

a result a magnetic wave is generated which transmits the state of motion

along the magnetic field. Let us now calculate the propagation velocity of
the wave.

If h is the field set up by the current i, then the total field is H=Ho÷ h.

We assume that all the vectors depend on z and t only. Then, from (41)

and (42), we have v_ = 0, and since the displacement current is negligible,

we have div v = 0 and iz = 0. Also, by choosing the proper y axis, we can

make iu = 0. Then

c 8hy

ix 4n Oz ' h_ const=O (51)

and from (46)

OVy DH o Ohg

,_t - 4no Oz "
(52)

On the basis of (42), we have

and then from (45)

Ohu c OEx

Ot p_ Oz '

ix vg

E:, = -_--- tt T Ho.
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Hence,
a2hv H °_vu c azi=

= 0 at Oz obt at Oz

or, by inserting (51) and (52), we obtain

_2hlt__ _tH__ a2h_ FD °_hu (53)
8t_ -- 4_Q Oz 2 Oz_ot "

For z---> co, we have the wave equation

a_h_, V 2o_h_ (54)
Ot_- Oz_ '

where

v = ±, _/-_ (55)
Y 4_0

is the propagation velocity of the magnetohydrodynamic wave, which depends

neither on the frequency nor on the amplitude of the oscillations. For finite

_, the solution of the wave equation (53) can be sought in the form

h =.= hoeaz+i_t,

0 _ Oo eo:z+i°_t.

Here i is the imaginary unit, and o_,ho, v0, and a are constants, each of

which, except for _. maybe complex. In order to find these constants, we

can construct from (53) the equation

C20}

or !

!t_ ( i63D'_-'2a:: ± _- 1 -f---V_-j ,

which, for weak damping, when i¢oD << V _, gives

( _. 0)20 "_ (56)a'_ +_ iv ' 2V3 J '

Here, the real part of a gives the reciprocal of the distance at which the

amplitude drops to lie, while the imaginary part shows that there is a phase

difference between the velocity V and the excitation field h

In cometary tails, _ is very high, p = 1, and the propagation velocity of

the magnetohydrodynamic wave is

v= _/_-
v_o " (57)

This in principle enables us to find the cometary magnetic fields from the

apparent velocity of the waves in the tails and from the tail brightness. In

any case, (57) gives the correct orders of magnitude. For instance, for

H0= 10-5oersted and 0 = 5.10-21g/cm 3 (n = 102 particles /cm3), we have

V = 125 km/sec.

On the whole, the ray system of the cometary tail should lie approximate-

ly in the plane through the comet and the corpuscular stream. Consequently,

an observer in this plane will see a narrower tail than observers who view
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thecometatotherangles(providedthecometisnotacteduponsimultaneously
byseveraldifferentlyorientedcorpuscularstreams). Thisconclusioncan
beverifiedbyobservation.

It is known,however,thatthecometaryray systemsarenotparticularly
stable. A ray systemmayliterally decayin a fewhoursor in sometens
of hours,andmayturn intoarandomintertwiningof variouselementsand
shapelessformations. Ofcourse,it maybecomereconstructedjust as
rapidly.

Theinstabilityof theray systemsalsohasa logicalexplanation.The
stabilitycriterion for acorpuscularstreamrelativeto theturbulenceis
givenby theinequality

wherethesubscripts"m" and"s" refer to the interplanetarymediumand
thestream, respectively. If weassume0s=i0-=2g/em3; Hm= 0 and vs=i08

cm/sec, we obtain the following condition for the absence of turbulence:

Hs >3.i0 -8 oe, (59)

or, for Vs=3.1OTcm/sec,

Hs :_3.10-' oe. (60)

A corpuscular stream may thus easily become turbulent, making an ordered

ray structure impossible.

The time required for the stream to become turbulent is
l

where l is the width of the stream. If for r_t A.U., we have l_10_3cm,

Hs = 2- t0 -4 oe, Qm= 10 -_ g/cm3, and Vs=t0 S cm/sec, then Tturb_10Ssec.

Consequently, at a distance of r--t A.U., part of the stream will still have

ordered magnetic fields in it; however, as r increases, the percentage of

ordered fields relative to the turbulent areas will drop considerably.

Interactions with corpuscular streams can explain not only the shapes of

type-I tails but also the high accelerations of the cIoud formations in the

tails, and even the ionization process by which CO + ions are produced in
comets.

The reasons for the high accelerations a have been considered by Polos-

kov, Biermann, Dobrovol'skii, and others. Poloskov calculated the upper

limit for the acceleration due to radiation pressure, taking !=t as the

oscillator strength; however, since this limit is only about 50 times the

acceleration of the solar force ¢_f gravity, radiation pressure alone cannot

account for the high accelerations. Biermann explains the high a as bei.g

due to internal friction between the tail plasma and the plasma of a corpus-

cular stream. He obtained the following expression for a, if the electron

temperature of the stream is T,=i04deg:

a = i0-4.Snov® cm/sec 2,

where nQ and v® are respectively the number of particles per cm 3 of volume

and the velocity of the corpuscular stream in cm/sec. Dobrovol'skii has
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pointed out the importance of the collective particle motions which arise
when the tail interacts with a stream. It has been found recently that the

collective motions become particularly important when there is a magnetic

field "frozen into" the plasma of the stream or the comet. If, for example,

a field H is "frozen into" an ionized cloud in a cometary tail, then charged

particles cannot penetrate into the cloud further than the Larmor radius rL,

which is defined by setting the centrifugal force mv/rL equal to the Lorentz

force:

Ivlll= e-c _-UH-L'

where HI is the component of H perpendicular to v. The particles can thus
m_c

reach a depth of rL == _, or, for a solar corpuscular stream, a depth of

reff = ]r/_r_, which is the geometrical mean of the Larmor radii for an elec-

tron and a proton. For v = 10Scm/sec and H± = 10-5oersted, we obtain

rcff_ 10 7 cm, which is much less than the characteristic dimension l of the

cloud (_109cm). The stream therefore cannot penetrate into the cloud, and

it appears to "flow around" it. The momentum transferred to the cloud per

sec in this case is of the order of _mpv 2._I'_, and the acceleration is

du n o rap 0 2

a= _ _ n k m k l --X02"

Now, if we integrate with respect to time from 0 to t and with respect

to velocity from the initial value v® to v, we obtain

v®
U_

Itvozt '

and the acceleration as a function of time is

a -- (tt v® ×t)2•

The time required for a to decrease to 1/e of the initial value is

ao vGx

Thus, the acceleration may vary over a wide range, from zero to virtually

instantaneous entrainment of the cloud by a stream with a velocity v®.

For instance, for Comet Morehouse (1908 If), the mean accelerations

near the nucleus were 63 cm/sec 2, and they dropped to I/e of this figure at

distances of around 2.1012cm (distances which could be covered in about

mp _ I_ "e
5-105sec). For l = 109cm and _--28, thi_c°rresp°ndst°-h-_h =10-4 and

v®= 6-107 cm/sec, values which could have been expected. However, a

rigorous theory describing the acceleration in a magnetic field has not yet

been developed beyond the initial stages.

The ionization of cometary atmospheres was until quite recently the

stumbling block of the physical theory of comets, since neither the ultra-

violet radiation from the sun, nor X rays, nor impact ionization could

ensure a sufficiently high rate of CO + production. The formation of an

ionized atmosphere can be explained in a straightforward manner only in

terms of a charge exchange between the stream protons and the neutral

molecules of the cometary atmosphere:
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H.+{ CO= CO*+HN_=N_-pH

On account of the quasiresonant nature of the process (the ionization ener-

gies are: for H, 13.5 eV; for CO, 13.2 eV; and for N2, 15.5 eV), the

effective cross section a is close to the gas-kinetic value (6"i0-16cm 2 for
N 2 and i0"16cm2 for CO at velocities of i08 cm/sec).

The mean lifetime of a molecule before charge exchange is

= (never)-'.

If nO= lO2cm -3 and v®= 108cm/sec, then _105sec. During this time, CO

at 2

molecules can cover on the average a distance s=vot--_, a distance

which, for a velocity of ejection from the nucleus of v0 5-104 cm/sec and an accel-

eration of 0.5 cm / s ec 2, is equal to 2.5-109 c m. This distance is comparable to
the radius of the head of Comet Morehouse (101° cm), whichconsisted almost

entirely of CO + .

The irregular fluctuations often observed in the intensity of the CO + ejection

can also be explained quite naturally in terms of fluctuations in no. A compara-
tively high value of nQ ve, for the corpuscular flux, 10 or 100 times the values

measured with space rockets, is required to explain 7. Such a strong flux can be

explained, according to Marochnik, by the cumulative effect of the magnetic field

in the cometary head (see Figure 138), which enhances the value of nov® for the flux.

§100. The origin of comets. The first scientific theories on the origin

of comets were proposed almost simultaneously by Laplace and Lagrange in

1813--1814. According to Laplace, comets are captured by the solar

system from interstellar space; according to Lagrange, comets are perma-

nent members of the solar system, originally ejected by the major planets

during eruptions. Both theories were subsequently developed and still have

supporters today. An especially popular theory is that of Oort and van

Woerkom, according to which the comets form a large belt, similar to the

asteroid belt, but lying far beyond the orbit of Pluto. Comets leave the

belt and approach the sun due to the gravitational perturbations of stars.

Oort and van Woerkom's theory was expanded by V. A. Krat within the frame-

work of his new cosmogonic hypothesis. According to Krat, the solar

system formed from a cloud of solid particles much like the nucleus of a

comet. At the periphery of the cloud, beyond the present orbit of Neptune,

conditions were unfavorable for the condensation of these particles into

planets, so that the outer belt of minor bodies remained. According to the

theory, comets emerge from the trans-Neptunian region not only due to the

gravitational fields of stars but also on account of the mutual perturbations

of the minor bodies and the gravitational perturbations of the major planets.

Future research in cosmogony ;;'ill enable ,,s to decide which of the

theories explaining the origin of the comets is the closest to reality.

§101. Some unsolved problems in the physics of comets. 1. Cometary

spectra in the far ultraviolet and in the infrared and radio ranges should be

obtained. Extra-atmospheric stations will usually be necessary for this.

Such spectra will enable us to establish the chemical compositions of

cometary atmospheres, in particular, the nature of the "parent" molecules.

2. The nature of the dust particles in type-II tails should be determined.

These have been studied by measuring the polarizations and the colors of
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tails (relative to the sun) in the continuous spectrum and then comparing

the results with the theory describing diffraction about dust particles of

various sizes and compositions. This was studied in greatest detail by

Liller, who decided that the particles were iron, with radii of 0.3 _ and with

the ordinary density of iron. Other authors have maintained that the

particles are stone and have low densities (up to 0.05g/cmS). Further

detailed investigations are needed.

3. A quantitative theory of the ray systems and accelerations in ionized

tails should be formulated.

4. The nature of the sudden ejections from cometary nuclei (halos) and

their possible relations to solar activity should be studied.

5. Cometary nuclei should be simulated by releasing snowballs from

rockets at high altitudes.

6. A rocket should be sent into a comet in order to study the composition

of the head.

The Committee on Cometary Physics at the llth Congress of the Inter-

national Astronomical Union recommended that points 5 and 6 be carried

out in the very near future, in particular with regard to the 1964 apparition

of Encke's Comet.

§102. General data on meteors. A "meteor" is the name given to the

combination of phenomena in the earth's atmosphere which accompanies the

flight of a meteoric body. The kinetic energy of the meteoric body is used

for heating, for exciting the visible glow of the meteor, and for ionization

of the atmosphere. The thermal, luminous, and electrical energies of a

meteor stand in approximately the following ratio to one another: 104:102. . I.

Meteoric bodies are classified as stream [shower] meteors and sporadic

meteors. Stream meteors roughly follow the orbits of the comets producing

them and they form meteor streams. All other meteoric bodies are classified

as sporadic, and they show up as sporadic (occasional) meteors. These

may be fragments of asteroids, remnants of meteor swarms which have

dispersed or thinned out, etc. The pioneers of large-scale systematic

meteor observations were Denning in England, Olivier in the USA, and

Astapovich in the USSR.

The principal night-time meteor streams which form showers every year

are listed in Table 8. The columns "Epoch" and "Radiant" give the dates

of the beginning, maximum, and end of the shower and the Hoffmeister

coordinates of the radiant for these epochs. For some showers data are

given only for the epoch of maximum. It should be remembered that each

shower has a certain radiation area. Therefore, the values of a and b

obtained by different observers may differ by as much as a few degrees.

The "Frequency"colu_nn gives the relative shower intensity accordin E

to Hoffmeister. The numbers in this column refer to the mean number of

meteors visible in the entire sky with the naked eye for one hour during the

epoch of maximum, when the radiant is at the zenith. They can be compared

with the analogous hourly numbers of meteors not participating in showers

(about I0 meteors per hour) which have daily and seasonal variations.

The "v_" column gives the geocentric velocities of the meteors deter-

mined by radar methods (first three values in column) and photographically

(last six in column). Finally, the last two columns give the average altitudes

of the meteors, which obviously are directly related to vg.

The principal day-time streams which have been studied using radar

techniques are given in Table 9, following the general pattern of Table 8.
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All these streams are identified with corresponding night-time streams,

since their orbits meet the earth twice (also compare the night-time

_-Aquarids and Orionids).

TABLE 8

Radiant Mean altitude

Name Epoch _= vg, dis-
_r km/sec Parent comet appear- appear-a 6 9a

ance,km
ance,km

Quadrantids 2'97 ° +46 3 Jan 145 40 (Kozik-Peltier

1939 I

Lyrids 273 +35 22 Apr 40 48 1861"I

24 A pr

Aquarids 338 - 1 5 May 120 64 Halley?

345 0 21 May

Aquands 343 17 3 Aug 40 43 ?

:347 17 10 Aug

20 +46 20 July ]

Perseids ,13 +56 11 Aug 300 / 60 186') III
57 +59 19 Aug

ii Oct

19 Oct }O rionids 94 + 16 30 Oct 50 66 Halley"

/ /Taurids 58 +21 13 Nov 25 30 Encke

29 +20 10 Dec

Leonids 1.51 +21 16 Nov 20 71 1866 I

110 +28 5 Dec /

Gem inids 113 +30 12 Dec 50 36 ?

11'7 +30 19 Dec

I00 90

115 95

120 100

I00 '78

125 95

TABLE 9

Name

Arietids

Perseids

[_ Taurids

Radiant

a 8

[ 39 ° + 18 °
m

44 + 2349 +29

51 + 12
61 + 22

69 + 28

85 + 1'7

Epoch

30May

8 June

18 June

2 June

9 June

1'7 June

30June

vg, Parent

km/sec comet

nn

/ °°

31

Encke

Encke

Corresponding

night-time Remarks

shower

A_4t_arids

The small

Arietid shower

of 12 Oct

Taurids

The difference in

the epochs and

radiants o1 the

showers related

to Comet Eneke

is due to Jovian

perturbations
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Table 10 lists some streams which are not observed annually. These

may be either meteoric bodies moving in compact groups (and not dispersed

over the entire orbit), which therefore cannot be observed every year but

which when observed give heavy meteor showers (for example, the October

Draconids), or else streams which due to orbit perturbation no longer meet

the earth (the June Draconids).

TABLE 10

Name

Andromedids

June Draconids

October Draconids

Ursids

Date

27 Nov

28 June

9 Oct

22 Dec

Years

1838. 1872. 1885,

1892, 1899

1914--1921

1926, 1933. 1946.

]9 ....

1945--1946

Radiant

Parent comet
a 6

Biela 23" * 43*

Pons- Winnecke 211 +60

Giacobini- Zinner 262 *52

Tuttle 218 +q9

Meteor brightness is measured in stellar magnitudes. The visual

photometry of meteors was developed by (3pik, and their photographic

photometry by Sytinskaya, Ivanikov, and others. The luminosity function for

meteors is given in Table 11 according to the data of Cook, based on about

100,000 visual observations of sporadic and stream meteors.

TABLE II

Stellar magnitude m,

reduced to zenith

d0

1

2

3

4

5

Relative number of

meteors observed

3

12

22

2'I

22

14

Relative number of

meteors, corrected

for detectabLlity of

weak meteors

3

12

22

30

44

168

According to Levin, sporadic and stream meteors have different lumin-

osity functions. For sporadic meteors, _ A (rnq-i) -- 3, and for stream
A (,n)

meteors on the average × = 2.3, where A (rn) is the number of meteors in

[ , .]the interval rn-- }-, m + . In general, A (m) = A (0)×"'.

We can also find the mass distribution function t (M) for meteors, which is

the number of meteors per unit interval of the mass M, provided an addition-

al assumption is made concerning the relation between the luminous intensity

d of the meteor and its mass M. Generally it is assumed that ] _ M *.
2.5 A J

Then, since m--_-lg2-(6)=--2.51gj_, where y = 2.51g×, we find that
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dm i
A _ M -_ and / (M) = A _$/ Ml+s • where s = xy. From this we can calculate

the distribution function of the radii r of meteoric bodies:

i
41",

l_rJ = _+_, •

Next, by setting z = I and y = I (_¢= 2.5), we obtain the often-encountered

expressions:

](M)=M-', _p(r) r" (61)

Relations (61) have been confirmed telescopically and by means of radar

observations (see Table 12, which gives the relative number of meteors

entering the earth's atmosphere, according to Lovell).

TABLE 12

m

Number of

meteors

i23_5678 9

2 2 6 28 53 t43 292 790 2240

Measurements from space rockets and satellites, which have been

summarized by Dabin and McCracken, give the following expression for the

total particle flux I falling onto the earth (in m -2 sec-1):

lg J = -- 17.0 -- i.70 lg M

for meteor masses in the range 10-1°g<M< 10 -s g.

In order to calculate the total mass _ of meteoric matter falling onto

the earth, these distribution functions must be extrapolated beyond the range

of observed m to establish the numerical relation between rn and M. This

is impossible at present, however, without various simplifying assumptions.

Different authors may thus disagree by several orders of magnitude in

their estimates of _. A probable figure for the total mass is _ = 104 tons/day.

§103. Elements of the physical theory of meteors. A meteoric pheno-

menon will be observed differently depending on whether the mean free path

for the air molecules is larger or smaller than the radius r of the

meteoric body. For )_>> r, free molecular flow takes place. For )__ r, the

surface of the meteoric body is screened by a cloud of reflected and vapor-

ized molecules. The processes of heat and momentum transfer through

this cloud become of decisive importance. Finally, for )_<< r, the air flows

around the m_tcu_:i¢ bc, dy as a co_n_inuous fluid; a shock wave is formed.

Since observations show that the great majority of meteors ignite and

burn out at altitudes of about 120--80kin, where the first two cases apply,

the physical theory has been developed mainly for these conditions. The

principal equations are as follows.

1. The braking equation is

M_ = -- FSov', (6 2)

where S is the cross-sectional area of the meteoric body, Q is the
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atmospheric density, and Y is the resistance coefficient, which shows by

what factor the momentum SO.vs acquired by the atmosphere per unit time

(when the meteoric body captures all the molecules colliding with it) exceeds

the actual resistance force acting on the meteoric body.

2. The vaporization equation is

dM A °¢(}va
_}-= --_-_-, (63)

where Q is the energy required to break down a unit mass of the meteoric

body, and A is the coefficient of heat exchange, which shows what proportion

of the relative kinetic energy SQv 3 of the air molecules colliding with the

body per unit time is used to break up the surface layer.

3. The luminosity equation is

tYa) = 4tt] = -- T dM v _
at 2 ' (64)

where (I) is the luminous flux, J is the instantaneous luminous intensity of

the meteor, and T is the luminosity coefficient, showing what proportion of

the kinetic energy of the particles separating from the meteoric body is

used to excite the visible emission. The luminosity coefficient is generally

assumed to vary approximately linearly with v:

"r= XoOp, (65)

where p _ I.

The main object of the theory is to obtain a correct estimate of the

coefficients Q and F, and particularly x and V. The case _ >> r is comparatively

simple: all the coefficients may be taken as constant for a particular meteor,

although they depend on the nature of the meteoric body and on its velocity. On the

average: Q _, 1011 erg/g; A -- 1 for stony bodies and 0.75 for iron bodies;

F = 1.3 for iron bodies, F > 1 for rapidly moving stony bodies, and F = 1

for slow stony bodies. For )_ _ r, the coefficients depend on v, Q, r, the shape

of the body, and other factors (in particular, they depend on the distintegra-

tion mechanism: cathode sputtering, which prevails at high altitudes, gives

way to a vigorous vaporization and blowing away of minute droplets at low

altitudes). It follows from various experiments and theoretical calculations

that the numerical values of the coefficient may lie approximately between

the following limits: I > A > t0-'; i.5 > F > 0.4; 2.i0" erg/g > Q > 8.t0 '0 erg/g;

5 • 10-7lumen per erg]sec > • > 5.i0 -8 lumen per erg/sec (for p -- 1).

Of all the parameters, A varies over the widest limits; A decreases as

r, v, and Q increases, since this enhances the screening. The mean values

of A and F are close to ½.

The theory can be verified by observation. For example, if the observa-

tions give J* and v, and Q is known from independent observations, then by

eliminating dM_- from (63) and (64), we obtain

"c
4_J = _-ASQv _. (66)

• If rato is the apparent magnitude reduced to the zenith and to a standard distance of lOOkm, then

J = eonst- O. 4rnIoo.

(_pik gives a constant of 9.72. if J is expressed in erg/sec and applies to the interval 4500-- 5700/_.
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Thus,it followsthattheluminousintensityof a meteorshouldsmoothly
increaseat first (mainlydueto theincreaseinQ),andthenshoulddrop
sharply(mainlydueto therapiddecreaseof uat theendof flight); this
trendis actuallyobserved(seeFigure145). Theoccasionaldeviations
from thestandardcurvemaybeattributedto suddenchangesofS due to

fragmentation in flight (Figure 146).

The three equations, the braking, vaporization, and luminosity equations,
dM

can be solved for the three unknowns M, -_-, and QS, provided all the other

quantities are known. If the density _ of the meteoric body is also assumed

known, then from the mass M we can find the area S and the density p of

the atmosphere. This accounts for the great geophysical significance of
meteor observations.

In particular, M is usually determined from the integral form of the

luminosity equation:
td

M= S (67/
t

where td is the moment of meteor disappearance, and M is its mass at the

time t. The calculated masses have the following orders of magnitude. A

meteor with mi0o = 0m-0 and an initial velocity v0 of 40 kin/sec directed

downward along the vertical has an initial mass of M 0 = 0.055 g (Opik's old
scale) or M o = 0.56 g ((3pik's new scale). * The difference is due to the

different values of _o and p assumed.

The theory enables us to determine the conditions favorable for the falling

of meteorites. If we divide (63) by (62) and integrate, we obtain

M = Mo e-_ (v_-"2l, (6 8)

where o - A For ordinary meteors o = 10 -12 sec2/cm 2, and the residual
2tO" OVo_

mass remaining after the meteor has lost its space velocity is M' = Moe z-;

the latter is usually negligible, which justifies the application of the formula

in the footnote on the preceding page.

For M' to be large, a high M 0 and a low _,0 are needed, and these are

actually observed. Experience shows that meteorites fall only when the

parent bolides (that is, fireballs, the brightest meteors in the sky) enter the

atmosphere with velocities v0 < 11 --12 km/sec. More details are given on

meteorites in Krinov's text (see reference list at end of chapter). The

theory also makes it possible to determine the surface temperature To of

the meteoric body. In order to find this temperature, an additional heat-

conduction equation is applied for high altitudes, before intensive vaporiza-

tion sets in, and then this equation is subsequently replaced by equations (6)

of §95. The result gives To, which increases to 2 or 3 thousand degrees in

the lower part of the t_ajectory, in the zone of intensive vaporization.

§104. The results of photographic observations of meteors. Fhotographic

observations of meteors received a very strong impetus in connection with

the IGY--IQSY program. Such observations are made using special meteor

patrols comprising high-speed-film cameras. Figure 140 shows one such

• In order to pass to other rnt00 and v 0 values, we may use the approximate logarithmic relation

lg M o = const-- 0.4 ml00 --3 lg v 0 , which follows from the formula in the footnote on the preceeding page

and from (68), assumingconstant z0 and equal dependences of J on _ and t.
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meteor-patrol  unit f r o m  the Astrophysical Institute of the Tadzhik Academy 
of Sciences ( c a m e r a s  with Uran-9 objectives, 1/2.5,  f = 250mm,  and a 
rotating shut ter  which interrupts  the exposure to determine the meteor 
velocity). 



Observations from stations 30 or 40 km apart  (Figures 141 and 142) 
make i t  possible to  determine the altitudes, velocities, and accelerations 
of a l l  the points on the visible meteor trail ,  and thence the characterist ics 
of the atmosphere and of the meteor orbit. In recent years ,  very accurate 
catalogs of photographic orbits of meteors (containing over 500 orbits) have 
been compiled by Whipple and Jacchia i n  the USA, by Babadzhanov and 
Sosnova in the USSR, and by others. 
catalogs a r e  elliptical and of the quasiparabolic cometary type; asteroid- 
type orbits a r e  almost not represented at all. About 1% a r e  hyperbolic 
orbits,  which apparently pertain to  meteoric bodies of cometary origin 
whose motions have been especially perturbed. This seems to establish that 
the great majority of meteors  are the products of fragmentation of cometary 
nuclei. Individual orbits have semimajor axes a < 1 A. U. and retrograde 
motion, but the origin of these is still not clear.  

About 99% of the orbits in these 

FIGURE 142 

In addition to the famous large meteor streams, many weak s t reams 
have been discovered with radiants which a r e  scattered over the celestial  
S [ J ~ I E L - ~ ,  l ike the r-di~r??.  nf qpnradic meteors.  This confirms the opinion 
that Tporadic meteors a r e  i n  fact  the las t  stage in the dissipation of weak 
strea-ns.  The appearance and disappearance altitudes HI and I€, a n d  the 
average geocentric velocities rg of meteors have been determined accurately 
( see  Figure 143); also, thedependences ofH, (dots) and HL(crosses)  on the 
absolute magnitude mlOO have been determined (Figure 144). 

Ivanikov employed a meteor -simulation laboratory unit to study in detail 
the e r r o r s  arising during meteor photometry. 

From the photographic curves of 392 meteors, Jacchia determined the 
altitudes I ,  at which individual meteors reach a photographic magnitude of 
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÷2'_,5.Hefoundthat moremassive,brightermeteorsreachthis magnitude
at higheraltitudes; in general,h increases by 1.5 km for each stellar

magnitude of the meteor. Jacchia also studied in detail the influence which

fragmentation effects have on the nature of the photographic curve of a

meteor (Figures 145 and 146).
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Direct data have been obtained on the fragmentation of meteoric bodies.

25% of the weak meteors photographed with a Superschmidt camera (110.85,

] = 20 cm) have blurred shutter breaks due to swarms of particles separated

from the meteoric body. A unique photograph was obtained of a bolide

followed by a meteorite (the Przybram chondrite, Czechoslovakia), which

broke up into 17 bodies at an altitude of 44 to 23 kin.

Using the 48" Schmidt camera at Mount Palomar Observatory, Cook,

Hawkins, and Whipple determined the trail widths for meteors between

+t_and-{-4_; these were found to be around 1.3 +0.5m(and3mforGemin-

ids). One of the 0 '_ meteors was much wider, separating toward the end

point into three parts which diverged by 20m.

Many determinations have been made of the atmospheric parameters.

It was found, however, that the atmospheric densities obtained by meteoric

methods differ systematically from the values obtained by rocket techniques,

apparently due to the excessive values assumed for the densities of meteoric

bodies. By reversing the calculation, that is, by assuminga value of Q from

rocket observations and attempting to calculate the density 6 of meteoric

1526 378



bodies, Whipple found that as a r u l e 6 4 1 ,  and that in some cases it  dropped 
to 0.05 g/cm3. 
cometary nucleus, but they do not ag ree  very well with the r e su l t s  obtained 
for  dust  ta i ls  ($101); 6 apparently differs for  different meteor  s t r e a m s ,  and 
s o m e  improvement in the determination of this  quantity can be expected in 
view of the cu r ren t  reconsideration of the basic constants of the physical 
theory. The mos t  probable mean value for  6 is assumed to  be -1 g/cm3. 

s105. Spectra  of meteors .  The luminosit ies of the me teo r  itself, of 
the meteor  tail ( a s  observed during shut ter  breaks) ,  and of the meteor  t ra i l ,  
mainly show up as a gaseous cloud surrounding the meteoric body. 
over  t h ree  hundred meteoric  spec t r a  have been obtained, plus individual 
spec t r a  of tails and t ra i ls ;  these were obtained mostly in Canada (Millman), 
Czechoslovakia (Rajhl, Cepleha), and the USSR (Lyubarskii, Ivanikov). 

These  est imates  are  consistent with the "ice" model of the 

So f a r ,  

FIGURE 147 

The spec t r a  of me teo r s  contain atomic emission lines, mostly those of 
the multiplets CaI, CaII, FeI, FeII, NaI, MgI, MgII, SiI, SiII, MnI, CrI,  
NiI, and a l so  HI. Onto these l ines is superposed a continuum, partly due 
to  the molecular emission bands of a tmospheric  nitrogen: due to  the f i r s t  
positive sys t em ( B 3 &  + ii3Z$transition) in  the r e d  region and due to the 
second positive system (C3n, --f ~ ~ 1 1 ~  transition) in the blue-violet. Figure 
147 gives the spectrum of a Pe r se id  meteor  taken on 1 2  August 1958. The 
forbidden green l ine of 0 1  (5577 A) was a l so  observed. 
me teo r  tails and t r a i l s  contain only the l ines of the lowest excitation s ta tes  
of Fe, Ca, CaII, Na, and Mg. 

The spec t r a  of 

379 



Thebestspectrograms,withdispersionsof 15--25A/mm, includeover
250lines(RajhlandCeplehaat OndjeiovObservatory,Czechoslovakia).

TABLE 13

Stream v#, Nature of spectrum
km/sec

Giacobinids

Geminids

Perseids

Orionids

Leomds

23

36

60

68

71

Low excitation, no lines of ionized elements

Very weak Call emissions

Strong emissions Call, Mgll.of Sill

The same; MglI emissions particularly dis-

tinct, imparting to the meteors the char-

actenstic greenish hue.

The nature of the spectrum is mainly determined by the geocentric

velocity v_ of the meteor and, to a lesser degree, by the chemical compo-

sition of the meteoric body (see Table 13). Millman suggests the following

classification of meteor spectra: type Y, in which the H and K CaII emission

lines predominate; type Z, in which most of the lines are iron lines, with

CaII absent; and type X, an intermediate type. The effective temperature

Tef f of the meteor is determined as the temperature in a King furnace

required to produce the same relative intensity of the Fe multiplets as in the

raeteoric spectrum. It should be remembered, however, that in meteors

thern_odynamic equilibrium is completely absent. Teff depends essentially

on rg and varies on the average from 1700°K for vt = 12 km/sec to 3000°K

for vg = 71 km/sec; for a given value of vg, it is higher the brighter the
meteor and the lower the meteor altitude. Color indexes were determined

by hIillman by integrating the luminous intensities in the photographic
(AA 3700 --5000) and visible (AA 5000--6700) spectral regions and by comparing

the results with the values found for AO stars (the comparison star used

_.vas Vega). It was established that for type-Z meteors the color index is

close to zero, while type-Y meteors have on the average negative color

indexes which vary greatly with the brightness: they are up to +i" for

faint meteors and up to -- t".5 for bright meteors with strong H and K lines

of CaII.

Many meteors have variable spectra. For these, the excitation is

generally low at the beginning of the path and increases toward the end point,

v,here the brightness is a maximum. The temperature Tef f and the color

change correspondingly (in the Perseids, for example, from yellow to blue).

All the spectra of one meteor stream are close to one another. No system-

atic differences are observed between the spectra of shower and sporadic

meteors. The various observed features of meteoric spectra conform on

the whole to Opik's theoretical interpretation, according to which the meteor

luminosity is due to impact-excited (direct collisions of air molecules with

the atoms of the gaseous coma of the meteor) and temperature-excited

(molecular collisions in the coma) emissions. Impact excitation predomi-

nates in fast meteors. Temperature excitation predominates in slow

meteors in the lower parts of their paths, where the density of the gas coma

is quite high, particularly in the shock-wave zone. The coma, according
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to Opik, is underexcited; the brightest lines are those originating in the

lower atomic levels. Impact excitation produces the lines of various ionized

states, while temperature excitation gives only the lines of singly ionized

states of low-ionization atoms. Table 14 lists the typical spectral lines of

a Perseid meteor, according to Millman.

TABLE 14

3934. 3967
406t

4092

4t40

4t96
4226
4268

432t

4388

4425
4483

4594
47t4

4920

5037
5i76

5261, 53i9, 5424

5588
5687

5893

6i53

6249
6359

6565

I First-order
equivalent

width, A

26

3

2
i

t

2
2

4

4
5

ti

2
i

2

2
t3

9

t

2
34

3

3
23

t
I
I

Relative Atom

intensity or ion

i50 Ca I I
tt Fe I

9 Si !
5 Fe I
5 Fe I

5 Ca I

4 Fe I
5 Fe I

6 Fe I

6 Fe I

ti Mg II
2 Fe II

2
2 _ff II

3 Fe I

16 Mg I
8 Fe I
t Ca I

t Si I
i8 Na I

i _ Fe IINa I
%

2 Fe II
9 Fe II

i HI

Excitation

potential,

eV

3.1
4.6
4.9

4.5

4.4
2.9
4.4

4.4
2.8

2.8
ii.6

5.5

6.9

3.3
3.3
5.i

3.2

4.6
7.1

2.i

5.9

4.t

5.9
5.8

12.0

" Relat'ive

abundance

of atoms in

upper state

i80

iO

t0

20

30
6OO

2

8O

4O

§106. Radar observations of meteors. A meteor trail is always ionized.

The main causes of this are: impact ionization, photoionization, detachment

of ions due to cathode sputtering in the upper atmospheric layers, and

thermal ionization in the lower layers. Radar techniques can therefore be

applied in meteor research.

The mechanical characteristics (radiants, velocities, accelerations) and

physical characteristics (electron concentrations in meteor trails, rates of

diffusion) of meteors can be determined by means of radar. The methods

of radiant determination are based on the principle of mirror reflection:

the radar picks up a reflected signal only when the radio beam is perpen-

dicular to the trail.

Meteor velocities are determined in three ways:

1. By reflection from the head part of the trail (from the ion cloud

surrounding the meteoric body). U n!i_e the main reflection, this is observed

for different inclinations of the radio beam to the trail, but only for the

brightest meteors. The ion cloud apparently forms due to ionization of the

molecular oxygen in the air by the ultraviolet radiation of the meteor.

2. By the diffusion of radio waves from the trail. This phenomenon is

analogous to the Fresnel diffraction at a knife edge which is observed in

optics. The knife edge, in this case the meteor trail, moves relative to

the observer, who alternately receives diffractional maxima and minima.
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3. By the method of undamped waves. A diffraction pattern is observed

when an undamped wave sent by the transmitter interacts with a wave

scattered from the meteor trail.

Radiophysical methods of research are based on the so-called f u n da-

mental radar equation. This equation defines the total energy

supplied to the first stage of the radar receiver per unit time as

E P _ o C_._ PG_,_ (69)

Here P is the transmitter power, R is the target distance, G is the directional-

effect coeffieient of the antenna, _ is the equivalent reflecting surface of

the target lying in the plane of the main lobe of the antenna, _ is the radar
G_2

wavelength, and -_ is the effective absorbing area of the antenna.
e2

If the target is a single electron, then _ = 4_r_,where r0=_is the

classical radius of the electron. An analogous expression applies for

positive ions, but since the mass of ions [present in the meteor trail?]

is three orders of magnitude less than the mass of electrons, the ions need
not be taken into account.

A meteor leaves a trail in the form of a thin ion column. In order to

determine the corresponding E, we must add up the reflections from all

the electrons of the trail, taking into consideration phase differences due
to the different distances of the various trail elements from the receiver.

This was done by Lovell and Clegg for a linear electron density in the

meteor trail (that' is, the number of electrons per cm of trail length) of

a<10'2particles/cm (unsaturated trail). These authors obtained the

following expression for the energy:

E _2pa2_3r2" "" * (70)= -- I_R_-- watts.

It was assumed here that the electric vector was parallel to the trail, and

that the trail width was << )_.

For a > t0 _ particles/cm (saturated trail), the reflection is like that

from a metallic cylinder, so that, according to Gloos and Greenhow,

E = y?/_vC=X3rJ/_ watts. (71 )
2()_aRa

Once the trail forms, it starts to diffuse immediately, and the initial

amplitude A_ of the signal begins to decrease exponentially:

( t6n'Dt )A= Aoexp _2 , (72)

where D is the diffusion coefficient fora <10 '2particles/era.

In the limiting ease when D is very large, while the velocity of the

meteor (and therefore the rate of production of the ionized trail) is low,

the initial amplitude An cannot be established. When (l 2> t012 particles/cm,

the signal duration is

AT = r°ak_
4_zD • ( 73)

Formulas (71) and (73) enable us to determine, from the measured E, the

linear concentrations a and the diffusion coeffieient D for bright meteors,

• Unit of length, meter.
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\vhile formu}as (70) and (72) apply to faint meteors. For a typical faint

meteor (--5'")falling vertically with a velocity of 40km/sec, we find that

E _ 10-Uwatt and a _ 10*0electrons/cm; for a bright meteor (--5"), we have

a _ 5.10_, while D varies with the atmospheric density, increasing ex-
ponentially with the height of the meteor.

In addition to the three fundamental equations of the physical theory of

meteors, (62), (63), and (64), meteor radio astronomy also makes use of

the ionization equation

a dMl [_
dt v _' (74)

where _ is the mass and _ is the ionization probability of a vaporized
aM

meteoric atom. Given a, we can find _- from (63) for known J, and then

determine _. The probability _ can also be computed theoretically on the

basis of the quantum-mechanical theory of the collision of slow particles

(v << c). In the rangefrom 20 to 70 km/sec, apparently _ _ vs; for v = 40 km/sec,

= 0Ad;forv<20km]sec, _ starts to decrease rapidly; andfor v=i5km/sec,
_ 0.0006.

If _ is known, we can find the density of the atmosphere independently:
dM.

a is available from observations, _7 xs calculated from (74), and the density

can then be found from (63).

Radio-astronomical studies of meteors have developed rapidly in the last

decade. The main centers of research are: the USSR (Khar'kov, Tomsk,

Kazan'), Canada (Springhill, Saleatun, Minook, Baker Lake, Resolute Bay),

Czechoslovakia (Ondjeiov), England'(Jodrell Bank), The USA (Havana,

Illinois), Australia (Adelaide), and Japan (Tokyo).

7OOO

0000

JO00
<

_000

dO00

2000

/000

0 I I !

FIGURE 148

Radar observations are distinguished by their high capacity. For

instance, the Havana bank, operating on a 7.2 m wavelength with a peak

power of 7 row, records up Lu " ""_' --^* .... _.o,+ ...... .• u,_, ,,,_v, _ -__ hr_;,r down to meteors of

12th stellar magnitude. Thus, many millions of observations have been

accumulated so far. This vast amount of data makes it possible to obtain

reliable meteor statistics, to determine the seasonal and daily variations of

meteor activity. Figure 148 shows the seasonal variation; the ordinate

indicates the monthly average of the daily rate. Figure 149 shows the daily

variation, with a maximum near apex culmination (both curves were plotted

according to the data of the Khar'kov Polytechnical Institute). The statistical
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data available make it possible to calculate the average orbital elements of'

meteor streams with the same accuracy as photographic techniques (although

the individual orbits remain much less accurate), and to investigate with

considerable success the structure of the meteor streams. For example,

the stream cross sections of the Perseids have an almost uniform structure,

which is evidence of old age; the Quadrantids, conversely, have a large

number of small meteoric bodies in the middle of the stream, which have

not yet dispersed under the action of corpuscular bombardment and radiation

pressure (the Poynting-Robertson effect). An exceptionally concentrated

jet of meteoric particles causing heavy, but short-lived showers was

observed in the Lyrids, which in this respect was similar to the very narrow

stream of Monocerotids, which reaches a maximum on 21 November with

a visual hourly rate of up to 3000.
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Statistical data on the drift of ionized trails give a detailed picture of the

prevailing winds at the altitudes of meteor appearance. The basic 12-hour

period and the superimposed 24-hour period with half the amplitude have

been established. Figure 150 shows the diurnal variations of NS and EW

wind components (m/sec) for the months of April and May 1960. The

abscissas give the local solar time (Khar'kov); the circles mark the mean

hourly values, and the dashed lines show the 12-hour wind harmonics.

Figure 151 shows polar diagrams of the 12-hour harmonic wind component:
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a "is the diagram for the regions E and Espor for March, April, and May; b

and c are diagrams plotted from the harmonics in Figure 150 for April and

May, respectively (1960). Figure 152 shows the dependence of the initial

trail width r0 and the diffusion coefficient D on the elevation above sea level.
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The altitude as a function of meteor velocity was found to be the same as

for photographic meteors. The variation of atmospheric density with

altitude is shown in Figure 153.
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The mass distributions of meteors have been studied in detail. The

mean value of the exponent s in the distribution law was found to be close

to 2, just as for visual observations (Figure 154).
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§107. The latest research techniques. The implementation of the IGY-

IQSY program resulted in the introduction, mainly in the USSR and the USA,

of large-scale rocket and satellite studies of meteors. Some very diverse

measuring procedures were tried: pit counts on soft metal and on polished

steel, piezomicrophones, photoelectric recordings of impact flashes in

plexiglas or in an aluminized lucite disk, the resistance increase in acoated

metallic layer, the radioactivity decrease in a standard, etc. As a result,

particles with minimum energies of _ 104 eV (or minimum masses of 10"gg

fvr velocities of 40km/sec) could be detected. The results of the different

measuring techniques can hardly be compared at this stage; however, they

have already led to some important discoveries. For instance, a dust belt

was discovered, surrounding the earth up to altitudes of _105km and

gradually merging with the interplanetary dust background (the zodiacal

cloud, see _ i08 and §I09). Figure 155 gives the number of impacts N of

meteoric bodies (mass, 10-gg) per_2per see as a function of the distance

1,(kin) from the earth. At the appearance heights for meteors an atmos-

pheric aerosol layer was discovered;; this constantly present layer extends

over altitudes between approximately 80 and i00 km, with maximum densities

at 85 km in the middle latitudes and at 92 km in the northern latitudes. At

the same altitudes, mass spectroscopes detected a thin layer of metal atoms,

most likely meteoric decay products.
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In June 1961 a rocket fitted out with Mylar nitrocellulose, lucite, and

other plastic strips collected a considerable number of micrometeorites,

which were later studied in the laboratory. Most of the trapped particles

were of submieron size, and they fell intothree groups: 1) high-density

spheres; 2) medium-density irregular particles; 3) highly irregular

particles of average density ("flaky" particles). Electron-diffraction

methods, electron excitation of characteristic X rays, and neutron activa-

tion were used to determine the chemical composition of the micrometeor-

ires. Different particles were found to have differentchemiealcompositions-
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For example, some particles had high contents of AI, St, and Fe, and hardly

any Ca and Mg, while others were rich in Ti and Ca, poor in Fe and St, and

contained almost no Mg. Iron-nickel sulfide (FeNi)3S 4 was identified

definitely.

Recently, a new photoelectric method of meteor recording was developed,

and in the future it should replace low-accuracy photographic photometry.

As an addition to the laboratory experiments, some first successful trials

have been made of simulating meteors by means of ejecting bodies into the

free atmosphere from rockets.

§108. General data on the zodiacal light. In the middle latitudes the

zodiacal light is observed after twilight in the western sky from September

to May and before dawn in the eastern sky from the end of July to the middle

of March. It is cone-shaped, with its base extending along the horizon 15

to 20 ° to either side of the ecliptic and with a height of 50 to 60 °.

As the sun sinks below the horizon, the zodiacal light wanes. In the

middle latitudes it is generally visible up to elongations _ of about 90 ° from

the sun. At low latitudes, where the visibility is more favorable, the

zodiacal light can be observed up to elongations of e = 180 °. The evening

and the morning cones merge in this case, forming the zodiacal band.

The intensity of the morning zodiacal light is a maximum in January and

February, and that of the evening zodiacal light is a maximum in April and

May; during these periods the zodiacal light is appreciably brighter than

the light of the Milky Way.

The apparent axis of the cone departs somewhat from the ecliptic. In

the northern hemisphere it is a few degrees to the north, and in the southern

hemisphere it is a few degrees to the south; this phenomenon is mainly due

to atmospheric extinction. According to recent measurements made on

high mountains, the true plane of symmetry of the zodiacal light lies in the

invariable plane of the planetary system (determined by the direction of the

total angular momentum of the planetary system), and it meets the ecliptic

at a longitude of 115 °, making an angle of _I°.5 to it.

Photometric analyses of the zodiacal light were undertaken by various

authors. The most reliable observations are those made at high altitudes,

where the atmospheric interference is less. The results of recent high-

altitude observations led to the graph in Figure 156, which clearly depicts

the gradual merging of the solar corona with the zodiacal light. The left-hand

ordinate gives the surface brightness H in units of solar-disk brightness B®

multiplied by 10 -12. The right-hand ordinate is the degree of polarization

P of the light: i) of the inner corona according to van de Hulst's modified

model; 2) of the outer corona according to Blackwell's observations during

the eclipse of 30 June 1954 from a height of i0 kin; and 3) of the zodiacal

light according to the 1958 observations of Blackwell and Ingham in

Cllacuitaya(BolivianAndes)at a latitude of 16°S and an altitude of 5.1 km.

The reddening of the zodiacal light relative to the sun according to the

Chacultaya observationsisillustrated in Figure 157, which gives H in units

of I0-13B. for _ = 35 ° in three speetralregions.

H fluctuates irregularly from night to night and even from hour to hour.

The sharpest fluctuations are generally associated with chromospheric

flares and magnetic storms (see Figure 158, which correlates the incre-

ments of H with the magnetic index K, according to the Chacultaya

obs ervations).
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The spectrum of the zodiacal light is a solar Fraunhofer spectrum with

telluric emissions superimposed onto it (Figure 159). The so-called

counterglow is apparently an independent phenomenon. This shows up

as a weak increase (by 13%, on the average) of the night-sky brightness at a

point diametrically opposite to the sun. The counterglow has the shape of a

roughly elliptical spot with its major axis lying almost in the plane of the

ecliptic. The axes reach to about 10 ° and 6 °, and under favorable conditions

to 40 ° and 10% The center of the spot is displaced somewhat toward the

west, relative to the counter-solar point. The counterglow is sometimes

deformed, and extends westward in the form of a fan-shaped diverging tail

or cone, not unlike the zodiacal light. Such a distorted counterglow is called

the false zodiacal light.
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The counterglow parallax was first discovered by Astapovich. According

to the measurements of Rozhkovskii, the horizontal parallax of the counter-

glow is 3°.5.
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FIGURE 159

§109. The nature of the zodiacal light. At present, the great majority

of observers regard the zodiacal light as a cloud of scattering particles

around the sun. This cloud is lens-shaped and lies in the primary (invaria-

ble) plane of the planetary system. The object of theory is to determine,

from the apparent glow of the zodiacal light, the nature of the scattering

particles, their size-distribution function, and their volume density.

Since all these problems are difficult to solve simultaneously, additional

assumptions have to be introduced. Correspondingly, different models of

the zodiacal light have been suggested. The common premises of all these

models are the following:

1) The scattering centers are mainly meteoric particles of density 6

with radii r _ r0 = 5.7.t0 -5 8-' cm (smaller particles would have been

removed by the radiation pressure of the sun, by analogy with the particles

in cometary tails).

2. The zodiacal light is an extension of the Fraunhofer corona of the
sun.

3. The zodiacal light is continually replenished as particles fall into the

sun and as new meteoric matter is added from the planetary system by

means of radiation braking (the Poynting-Robertson effect). The radiation

braking is produced as follows: due to the aberration of light, the radiation-

pressure force departs somewhat frum the radius v_ctor., and thus has a

tangential component which is proportional to the linear orbital velocity of

the particle. Calculations show that particles with initially circular orbits

of radius a fall into the sun after t = 7.i06r6a _ years(r is in centimeters, and

6 is in g/cm3); particles with elliptical orbits will fall more rapidly, for

example, the corresponding value for the Geminid orbit (a = t.4, e = 0,9) is

t = i.4.i0* r6 years.

The characteristic features of the various models will now be outlined.
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a) Fesenkov extrapolated the distribution function for meteors (61) to

r0 inclusive, setting 1 cm >r>r0; the albedo was arbitrarily taken as I, and

6 --3 g/cm 3. He assumed that the volume density of the dust particles

D N R-x (where R is the distance from the sun), which corresponds to a

stationarity condition in the presence of radiation stopping. Fesenkov

calculated that the observed brightness of the zodiacal light can be attained

if the density near the earth is Dr = 7.6.10-ug/cm 3.

b) Allen made calculations for r = 10-2, I0 -s, and 10-4cm and for

D = const. _-i.R-2; he found that the best agreement with observations is

obtained for r = 10-3cm and D = comst - 2.t0-u g/cm s.

c) van de Hulst assumed D = const for e <30 °. Proceeding from the

theory of light diffraction by small dust particles and using the empirical

relation H _ e,.s,he obtained _ (r)= r-'.6.In this case, D = 5-10"21g/cm s fits
the observations best.

d) Behr and Siedentopf suggest that the polarization of the zodiacal light

may be due to tree electrons. By setting r = I0 -scm and attributing the

polarization to electrons only, they found D = const= I0 -2s g/cmS; the elec-

tron concentration nQ at a distance of 1 A.U. from the sun was found to be

600 electrons/cm s. This value, however, is inconsistent with present-day

spectroscopic data and must therefore be rejected. For example, the

Chacultaya observations gavean upper limit of _9 = 120 electrons/cm s.

Other authors (F_Isasser, Minnaert, Siedentopf), assumed various values

for D and _ and obtained values for Do ranging from 2.10 "2s to 6.10 -22 g/cm s.

Finally, Ingham, assuming an electron density of

nO (r) = 6.75.10'R -s (R > 6),

where /t is in solar radii, found that the Chacultaya observations can be

represented by various functions ¢p (r) in which the modal (most frequently

occurring) value of r lies near the lower limit. Depending on the actual

parameters of _(r), Do ranges between 0.33 and 5.3-10 -24g/cm s, whichcorres-

ponds to volume densities of 600 to 17 particles per km s. The albedo of the

particles varies between 0.16 and 0.56.

Attempts have been made to explain the counterglow as an accumulation

of meteoric particles near the Lagrangian point of libration L_ of the res-

tricted three-body problem (sun, earth, and meteoric body), which lies on

the continuation of the earth's radius vector (Gulden, Moulton). However,

no satisfactory agreement with observations could be obtained. A better

fit is achieved using the theory of an atmospheric origin for counterglow,

which was advanced by Zakharov and developed by Astapovich and Fesenkov.

According to this approach, the earth's atmosphere forms a rarefied,

slightly divergent tail almost parallel to the radius vector, similar to a

cometary tail. The effects associated with the glow of this tail as viewed

against the night sky provide qualitative explanations of both counterglow

and the false zodiacal light.

More reliable information on the nature of the zodiacal light will be

provided by measurements from space rockets located outside of the earth's
dust belt.
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PANNEKOEK 72, 86, 91, 109

PANOPSKY 65

PANOVKIN 237

PAN PUH 120

PARENAGO 321

PAULI 362

PAWSEY 236

PECKER 159

PEREPELKIN 109, 171

PERRINE 324

PETROVA 57

PETTENGILL 263

PETTIT 8, 112, 114--123, 133, 150, 244, 248,

249, 252, 304

Pettit's laws 124

PEY TURAUX 10

PHILLIPS 363

PICKER[NG 321, 324

PIDDINGTON 215, 237, 263

PIERCE 31

PIKEL'NER 163, 166, 167, 168

Planck's law 5, 11, 13, 87, 296
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Plafiets 264ff.; atmosphere 289--2941 color

index 282-- 283, 319; disk 265-- 270;

mass 279-- 281; phase function 281-- 283;

reflectivity 283-- 285; rotation 272-- 277,

297-- 298

PLASKETT 41

Plasma, defined 230--231; oscillations 230--

-- 236

Pluto 274, 323, 369

POGSON iii

Polarizing interference filter 112, 136, 160, 163

POLOSKOV 348, 359, 363, 367, 391

POLOZHENTSEVA 242, 243

Poynting-Robertson effect 384, 389

PRAGER 6

PRAVDYUK 109, 147

PROKOF'EV 304

PROKOF'EVA 141, 159, 162

Prominences 42, 61, 68, 111--133, 135--137,

161, 163, 175; classes 116--123;

metallic 125-- 126

PUTILIN 328, 329, 335

RABE 3, 4, 322

Radiation pressure 103, 106, 123, 362--363, 384,

389

Radio emission, lunar 249--250, 252--254;

meteoric 381--385; planetary 264, 296--298,

306, 318; solar 13, 94, 95, 101, 144--145,

159, 1_8--180, 182--237

RADLOVA 244, 315, 319

RAJHL 379, 380

RAMANATHAN 51, 67

RAMSAY 111

RAYET 111

Rayleigh-Jeam formula 187-- 188, 190, 297

REDMAN 32, 90, 106, 109

REID 147

RENSE 109

Reversing layer 37, 68, 77, 78, 160

Revised Rowland 21--22, 24, 32, 70

RICHARDSON 41, 137, 147, 301, 308

RICHTER 343, 391

RIJVES 343, 361

ROBERTS 76, 89, 98, 109, 159, 161, 162

Rocket measurements 12, 23, 101, 144, 259--

-- 263, 373, 378-- 379, 386-- 387,390

ROGGENHAUSEN 180

ROSA 4

ROSS 304

ROSSELAND 103

ROUGIER 244

ROWLAND 25

ROZHDESTVENSKII 30

ROZHKOVSKII 388

RUBASHEV 66

RUBINSTEIN 32

RUSSELL 5, 32, 77, 244, 268, 282, 299, 303,

315, 319, 321, 322

RYLE 236

SAGAN 305, 327

8AHA 69, 103

Saha's formula 32, 49, 51, 53, 84, 90--91, 93,

156

SALOMONOVICH 263, 296

SAMOILOVA-YAKHONTOVA 335

6ANDAGE 31

Satellites 324-- 327

Saturn 277, 294, 297, 318--321

SCHATZEL 322

8CHATZMAN 106

SCHEINER 182

SCHIAPARELLI 313, 347

SCHMIDT 343

SCH(SNBERG 293, 310, 316, 321

SCHR(STER 302

SCHWABE 61

SCHWARZSCHILD 14, 39, 41, 104--106, 110,

353

SEARES 55

8ECCHI 4, 44, 98, iii

Self-absorption 80, 84--89, 102, 126, 129--130,

158

SERVAJEAN 49

SEVERNYI i, 35, 67, 104, 123, 126. 133, 136,

138, 141, 143, 145, 146, 147, 181

SHAIN 150, 152

SHAPOSHNIKOVA 136

SHARONOV 263-- 264, 299, 3U3,313, 316, 318, 319

327

SHCHEGOLEV 268

SHIFRIN 327

SHKLOVSKII 35, 78, 93, 94, 95, 109, 133, 144,

150, 151, 156, 158, 163, 166--168, 197,

230, 236, 237

SHTAUDE 328

SHUL'MAN 347

SIEDENTOPF 390

SINTON 249, 253, 263, 304, 314

SITNIK 45

SLONIM 62, 67

SMITH 98, 109

SMOLUCHOWSKI 252

5OBOLEV 1, 68, 109, 111, 126, 131, 133, 136,

137, 147, 303, 310, 327

Solar constant 5-- 8

Solar flares 99, 121, 134--147, 171, 178, 185

So!_r parallax 3

Solar rotation 16--18, 20, 25, 41, 46--49, 174

Solar Survey 169-- 181

8OSNOVA 377

SOUTHWORTH 182

Spicules, chromospheric, 93--100, 104, 155,

163, 2O4-208

SPORER 64, 65, 173, 181

STAIR 263
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Starkeffect26.27.138-139
STEBBINS'7. 153

Stefan-Boltzmann law 5, 6, 32, 246, 251

STEPANOV 57. 59, 67

STESHENKO 138, 147

STEWART 65

St. JOHN 20, 21, 88--59

STRATONOV 47, 48

STRATTON 69, 70, 89

S TROMGREN 35

STRUVE, G. 314-- 315, 320

STRUVE. O 111

SUBBOTIN 327

Sun, chemical composition, 19--25. ";7;

magnetic field 53-- 57, 156, 217-- 218;

quiet 186--187, 199, 228

Sunspots 22-- 23, 37ff., 222-- 228; classes 46;

magnetic fields 54-- 56, 59-- 60: migration

64-- 65

Swan bands 350, 357, 358

SWINGS 344, 353, 356, 357, 391

SYTINSKAYA 263, 289, 310, 311, 327, 372

TANDBERG-HANSEN 126, 132, 133

TEIFEL' 243, 244, 263

IELLEP, 109

TEN BRUGGENCATE 32, 50--52, 110

TENNANT 111

TERYAEVA 137

THACKERAY 23

THIESSEN fi6, 60

THOMAS 90, 104, 110

TIKHOV 150, 168, 267, 307, 310, 314

TITOV 307
\

Transparency, atmospheric 6--8, 243, 289, 293,

310

TRELLIS, 160, 168

TROITSKII 237, 253, 263, 296

TRUMPLER 273

TSEITLIN 237

TSIMMERMAN 48

UNSOLD 6, 32-34, 36, 67, 77, 109

Uranus 278, 294, 321-322

UREY 344

VAN DE HULST32, 101, 149, 154, 156, 159,

167, 168, 202, 203, 233, 387, 380, 391

VAN MAANEN 55

VAN SLUITERS 60

VAN WOERKOM 369

Venus 267, 269, 274, 288, 294, 300--306, 310,

312

VIOLETT 109

VITKEVICH 184, 203

VOIGT 32

VON KLOBER 50--54, 56. 67

VON SEELIGER 293, 308, 321

VON ZEIPEL 66

VORONTSOV-VEL'YAMINOV 343, 361

VSEKHSVYATSKII 64, 341--345, 391

VYAZANITSYN 3. 19, 31. 68, 76, 82, 91, 98,

109, 126, 129--133, 181

WALDMEIER 4, 8--9, 18, i12, 114. 116, 133,

135, 139, 147, 151. 159, 160--162, 168,

178, 181. 202, 214, 236

WAn_N 66
WALKER 323

WEAVER 21

WEIGERT 344, 345

WESSELINK 251-- 252

WHIPPLE 343-- 344, 377-- 379

WHITFORD 153

WHITNEY 360

Wien's law ll

WILDT 70, 78, 91, i09, 316, 318

WILKINS 260

WILLIAMS 77, 77--78. 109

WILSING 47. 182, 241

WILSON 45-- 46, 59

W LERICK 154

WOLF 61, 171

Wolf number 7-- 9, 61-- 65, i13, 171-- 173

WOLFER 61

WOLLASTON 19

WOLTSER 93, 109

WOOLLEY 5, 78, 90, 101. 109

WRIGHT 31, 32, 312

WURM 353, 360, 362, 363

YAKOVKIN 158

YEH SHIH-HUI 126, 129, 132, 133

Yield function 85-- 86

ZAKHAROV 390

ZANSTRA 89. 347, 353

ZAVARITSKII 334

Zeeman effect 23, 26, 50, 53, 56, 175, 234

ZEL'TSER 155, 247-248

ZHELEZNYAKOV 236, 237

ZHURAVLEV 52, 55, 67

ZIP.IN 126. 132, 133, 140

Zodiacal light 336, 387-- 390

ZUIKOV 126, 129, 133

ZWAAN 76, 109
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